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ABSTRACT 


y 

The  primary  objective  of  the  research  described  in  this  report  was 
increased  understanding  of  solar  flares.  In  the  course  of  the  research,  many 
tasks  were  carried  out,  which  achieved  not  only  the  primary  objective,  but  also 
secondary  objectives  in  related  areas.  The  research  program  started  with  active 
participation  in  the  Sky lab  Solar  Flare  Workshop.  New  observations  of  solar 
flare  spectra  were  obtained  and  interpreted  in  terms  of  basic  solar  flare 
mechanisms.  It  was  shown  that  the  basic  process  by  which  the  X-ray  radiation  of 
flares  is  created  is  by  heating  the  flare  plasma  to  temperatures  of  about  ten 
million  degrees,  through  evaporation  of  the  chromosphere.  This  process  is  driven 
both  by  beams  of  accelerated  electrons  and  by  thermal  conduction.  However,  in 
the  major  flare  for  which  data  were  interpreted,  the  principal  energy  release 
mechanism  was  found  to  be  thermal  in  nature,  implying  that  most  of  the  flare 
energy  is  released  in  the  form  of  heat,  and  not  charged  particles. 

Theoretical  modeling  methods  were  developed  for  understanding  the  spectra 
of  solar  flares.  These  methods  were  applied  to  flare  loop  dynamics.  The  spectral 
signatures  of  both  chromospheric  evaporation  and  beams  of  accelerated  electrons 
were  established.  Finally,  a  theoretical  program  of  theoretical 
magnetohydrodynamic  stability  studies  was  begun. 
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I.  RESEARCH  OBJECTIVES 


The  primary  objective  of  this  research  was  the  significant  enhancement  of 
scientific  understanding  of  solar  flares. 

The  secondary  objective  was  to  use  the  techniques  developed  for  the 
primary  objective  to  address  other  problems,  when  it  was  in  the  best  interest  of 
the  primary  objective . 

The  specific  approach  used  was  three-fold: 

(1)  Interpret  available  solar  flare  observations.  When  this 
grant  started,  there  were  already  some  spectroscopic  observations 
available  of  the  right  general  type.  However,  they  were  totally 
inadequate  for  a  major  advance  in  cur  understanding  of  flares.  Our 
use  of  these  observations  quickly  demonstrated  their  inadequacies . 

(2)  Mate  new  improved  solar  flags  qfrgsyvfltiQng .  By  combining 
the  capabilities  of  several  observing  facilities  in  space  and  on  the 
ground,  we  were  abb.'  to  make  a  major  improvement  in  the 
observational  data  that  was  available. 

(3)  Develop  new  theoretical  techniques .  The  theoretical 
techniques  available  at  the  start  of  the  grant  were  obviously 
inadequate  to  interpret  the  data.  This  problem  was  rectified  during 
the  grant.  The  new  theoretical  techniques  turned  out  to  have  very 
general  applicability  to  problems  dealing  with  radiating  plasmas  of 


all  types . 


II .  RESEARCH  ACCOMPLISHMENTS 

a )  Solar  Flare  workshop 

Relatively  early  in  the  report  period,  both  Canfield  and  Mcciymont  began 
participating  in  the  Skylab  Solar  Flare  Workshop.  This  Workshop  was  organized 
along  team  lines.  One  team,  led  by  Canfield,  focused  its  attention  on  the 
chromospheric  and  transition  region  parts  of  the  flare,  including  the  well-known 
Ha  flare  phenomenon.  Canfield  also  led  another  special  study  of  the  radiative 
output  of  a  flare  selected  because  it  was  particularly  well  observed  by  a  wide 
variety  of  instruments.  Among  the  quantities  they  measured  was  the  radiative 
output  in  the  ultraviolet  and  X-ray  bands  relative  to  that  in  Ha.  This  is  of 
interest,  of  course,  because  of  the  terrestrial  effects  of  the  ultraviolet  and 
X-ray  flare  radiation,  as  well  as  for  the  purpose  of  understanding  flare 
physics.  Another  team,  of  which  McClynunt  was  an  active  member,  studied  flare 
mass  ejections.  Such  mass  ejections  are  of  solar-terrestrial  importance  because 
they  are  associated  with  a  variety  of  geomagnetic  phenomena.  They  also  provide 
considerable  information  on  the  magnetic  field  structure  of  the  flare  site,  and 
hence  the  the  flare  energy  supply.  These  papers  review  the  state  of  knowledge  of 
these  aspects  of  solar  flares  as  of  about  1978,  and  form  a  suitable  starting 
point  for  this  report. 

i )  The  Chromosphere  and  Transition  Region 

This  paper,  published  as  Chapter  6  of  the  monograph  Solar  Flares .  edited 
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by  P.A.  sturrock,  had  an  important  impact  on  our  research  program.  On  the 
theoretical  side,  it  showed  how  poor  the  theoretical  modelling  of  flares  had 
been  up  to  that  time.  It  became  obvious  that  such  modelling  could  provide  an 
effective  means  of  dutermining  from  observations  where  the  flare  energy  release 
was  taking  place  and  what  its  form  was  (/.*.  is  it  primarily  the  acceleration  of 
fast  protons  or  electrons,  or  is  it  primarily  heating?  It  led  us  to  start  a 
theoretical  flare  modelling  program  at  UCSD,  which  is  discussed  below.  Another 
Workshop  contribution  was  to  demonstrate  the  need  for  high  temporal  and  spatial 
resolution  observations  of  flare  spectra,  since  the  observations  to  date  had 
neither.  There  were  not  even  any  spectral  observations  during  the  most  critical 
phases  of  flares,  /.#.  just  before  and  during  the  impulsive  phase  during  which  fast 
particles  are  accelerated.  This  led  us  to  begin  the  observational  program  at 
Sacramento  Peak  Observatory,  in  conjunction  with  the  Solar  Maximum  Mission, 


described  below, 


6.  THE  CHROMOSPHERE  AND  TRANSITION  REGION 


Richard  C.  Canfield;  J.C.  Brown,  G.  E.  Brucckner,  J.W.  Cook,  I.J.D.  Craig, 
G.A.  Doschck,  A.G.  Emslie,  J.-C.  Hcnoux,  B.W,  Lites,  M.  E.  Machado. 

j.  H.  Underwood 


6.1  INTRODUCTION 


ll  is  now  genet  ally  believed  that  the  site  of  the  primary  flare  energy  release  is  in  the 
corona.  If  this  viewpoint,  which  we  call  the  canonical  view,  is  correct,  then  the 
flare  phenomena  occurring  lower  in  the  atmosphere,  in  particular  in  the  classic 
‘‘chromospheric  flare,"  must  come  about  as  a  result  of  transfer  of  energy  and 
momentum  from  the  primary  energy -release  site  in  the  corona.  It  is  important  to 
understand  the  basic  physical  processes  that  carry  out  this  transfer,  since  it  is 
probable  that  only  through  understanding  these  processes  will  the  primary  eneigy 
release  mechanism  be  understood. 

In  this  chapter  we  confine  ourselves  to  studies  of  physical  processes  that  involve 
the  low-temperature  part  of  the  flare,  principally  the  transition  region  and  the 
chromosphere.  The  interaction  of  the  corona  with  these  lower  layers  will  affort 
not  only  the  low-temperature  material,  but  will  also  have  a  profound  effect  on  the 
development  of  the  coronal  plasma.  The  two  cannot  properly  bo  treated  separately 
from  one  another.  However,  since  the  corona  and  cl  .omosphere  differ  cons.deiahly 
in  some  fundamental  respects  (c.g.,  the  corona  is  optically  thin,  wlrle  the  iow- 
temperature  regions  are  thick;  the  observational  techniques  are  very  different, 
etc.),  the  work  of  our  group  divided  naturally  into  high-  and  low-tcmpciature 
sections,  and  this  chapter  is  arranged  in  the  same  manner. 

The  physical  processes  involved  in  the  interaction  between  the  coronal  and 
chromospheric  parts  of  the  flare  can  effectively  be  studied  through  the  comparison 
of  theoretical  models  and  the -observational  data.  This  is  our  basic  approach  in  mis 
chapter.  The  fundamental  questions  we  address  concern  the  role  of  conduction, 
radiation,  fast  particles,  and  mass  motion  in  the  chiomospheric-coronal  inter¬ 
action.  The  data  used  in  our  approach  to  these  problems  are  intensities  of  lines  and 
continua  in  the  EUV  and  XUV,  broad-band  soft  X-ray  and  radio  fluxes,  spectral 
line  profiles  and  Doppler  shifts  in  the  EUV  and  visible,  and  the  variation  of  these 
quantities  with  space  and  time.  Appendix  A  on  the  radiative  energy  output  of  the 
5  September  1973  flare  contains  an  important  contribution  to  the  data  base  for 
these  studies. 

There  is  inevitably  some  overlap  of  the  material  treated  here  with  that  covered 
in  a  much  more  general  context  in  other  chapters.  We  consider  energetic  particles, 
the  impulsive  phase,  and  the  thermal  X-ray  plasma,  but  only  insofar  ;.s  they  inter¬ 
act  with  the  chromosphere  and  photosphere  or  play  a  role  in  model  flaie  atmos¬ 
pheres.  Also,  we  consider  mass  motions  but  restrict  our  attention  to  phenomena 
below  the  limit  of  present  spatial  resolution. 
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6.2  BACKGROUND 

An  important  problem  of  solar-flare  theory  is  to  explain  how  the  solar  atmosphere 
is  rapidly  heated,  and  less  rapidly  cooled,  during  a  flare.  The  flare  models  that 
describe  this  process  must  be  internally  consistent;  also,  they  must  agree  with  the 
compelling  features  of  the  data.  As  background  for  our  work  in  this  chapter, 
which  is  predominantly  observational,  we  review  the  models  that  have  haa  the 
greatest  effect  on  our  present  understanding.  We  will  not  try  to  be  encyclopedic 
in  our  discussion,  since  comprehensive  reviews  of  flare  models  have  been  given  by 
Svcstka  (1976)  and  Somov  and  Syrovatskii  (1976).  For  convenience,  we  distin¬ 
guish  between  static,  dynamic,  and  hydrodynamic  models.  We  note  that  all  these 
models  arc  onc-dinensional  and  make  the  assumption  that  the  magnetic  pressure 
greatly  exceeds  the  material  pressure,  an  assumption  we  believe  to  be  only 
marginally  satisfied. 

6.2.].  Static  Models 

The  first  attempts  at  theoretical  flare  modelling  made  the  expedient  static 
assumption,  and  concentrated  on  the  high-temperature  (coronal)  flare  in  the 
cooling  phase.  Culhanc  a  al.  (1970)  showed  that  the  coronal  flare  cooled  by 
radiation  in  optically-thin  emissions  and  by  heat  conduction  to  the  much  cooler 
chromosphere.  Strauss  and  Papagiannis  (1971)  showed  that  the  energy  input  in 
energetic  particles  necessary  to  explain  the  evolution  of  the  X-ray  intensity  of  a 
single  flare  was  compatible  with  total  flare  energy  estimates.  Without  assuming  a 
specific  energy  input  mechanism,  Shmeleva  and  Syrovatskii  (1973)  discussed  the 
two  limiting  cases  in  which  the  static  models  arc  valid:  (7)  before  mass  motion  can 
develop,  the  so-called  constant  density  limit;  and  (2)  after  motions  essentially 
cease,  the  so-called  constant  pressure  limit.  They  found  that  in  flares,  like  the 
quiet  sun,  a  very  thin  coronal-chromospheric  transition  region  occurs,  which 
explains  the  similarity  of  flare  images  over  a  wide  range  of  temperatures  around 
10s  K.  This  also  means  that  in  transition  region  lines,  the  flare  is  thin-i.e.,  that  it 
has  a  shell  structure,  in  contrast  to  the  thick  flare,  with  filamentary  structure, 
suggested  by  Svcstka  (1972)  for  the  chromosphere.  Finally,  they  showed  that  in 
the  constant-pressure  models  the  transition  region  must  shift  deeper  into  the 
atmosphere  during  flares,  compared  to  the  quiet  sun.  Antiochos  and  Sturrock 
(1976)  showed  that  the  magnetic  field  geometry  has  a  significant  effect  on  the 
heat  flux  into  the  chromosphere  and  the  total  conduction  cooling  of  the  high- 
temperature  part  of  the  flare. 

Several  papers  have  dealt  with  the  lower-temperature  flare,  i.c.,  the  chromo¬ 
spheric  flare,  in  the  constant-pressure  limit.  Brown  (1973)  calculated  a  grid  of 
models  assuming  prolonged  heating  by  fast  electrons,  i.e.,  free  expansion  was 
permitted  to  satisfy  static  energy  balance  between  electron  heating  and  radiative 
cooling.  Canfield  (1774a)  solved  the  hydrogen  equilibrium  equations  and  radiative 
transfer  equation  for  these  models,  and  showed  that  Ha  equivalent  widths, 
maximum  electron  densities,  and  integrated  second-level  populations  were  all 
typical  of  small-  and  medium-sized  flares  (cf.  Svcstka  1976).  Large  nonthcrmal 
velocities,  of  order  tens  of  km  s'1 .  were  required  to  make  computed  profiles  agree 
with  observation. 

Somov  (1975),  Henoux  and  Nakagawa  (1977),  and  Machado  (1978)  treat  an 
effect  neglected  by  all  the  above  authors,  viz.,  heating  of  the  lower  atmospheie 
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by  soft  X-ray  flare  radiation  from  the  corona.  Henoux  and  Nakagawa  construct 
model  atmospheres  assuming  a  steady  statp  between  X-ray  heating  and  radiative 
cooling,  using  a  modified  optically-thin  approximation.  They  showed  that  soft 
X-ray  heating  probably  plays  a  significant,  though  not  dominant,  role  in  the 
chromospheric  flare  energy  budget. 

Machado  and  Linsky  (1975)  took  an  entirely  different  approach  to  model¬ 
building,  the  empirical  approach.  By  trial  and  error  they  generated  a  grid  of  model 
rtmospheres  (i.e.,  temperature  as  a  function  of  column  mass)  consistent  with  the 
radiative  transfer  and  statistical  equilibrium  equations  for  model  hydrogen  and 
calcium  atoms.  These  models  reproduce  the  observed  range  of  profiles  of  Ha, 
the  Lyman  continuum,  and  the  major  Ca  II  lines  reasonably  well.  They  found: 
(/)  with  increasing  flare  importance,  the  upper  chromosphere  and  transition  region 
occur  lower  in  the  atmosphere;  (2)  there  must  be  macrovelocities  of  order  tens  of 
km  s'1,  increasing  with  height  in  the  chromosphere;  and  (3)  considerable  heating 
is  present  in  the  lower  atmosphere;  for  example,  the  temperature  increase  over 
active  regions  exceeds  10J  K  at  the  level  of  the  temperature  minimum  in  the 
quiet  sun. 

Static  calculations  of  the  effects  of  nonthcrmal  proton  beams  on  the  lower 
atmosphere  have  been  made  by  Najita  and  Orrall  (1970),  Svcstka  (1970),  Hudson 
(1973),  Orrall  and  Zirker  (1976),  Lin  and  Hudson  (1976),  and  Emslic  (1978), 
with  mixed  conclusions  regarding  the  role  of  protons.  We  icfcr  the  reader  to 
Chapter  4  for  a  discussion  of  this  problem.  In  view  of  the  difficulty  of  modeling 
the  thermal  response  of  optically  thick  layers,  the  least  ambiguous  evidence  of  the 
presence  of  nonthcrmal  protons  in  the  low-energy  range,  10  £  £  £  309  kcV,  would 
probably  be  the  assymmetry  in  the  wings  of  La  predicted  by  Orrall  and  Zirker 
(1976).  An  observational  attempt  to  detect  this  effect  has  been  made  by  Canfield 
and  Cook  (1978)  during  this  workshop  and  is  discussed  below. 

6.2.2.  Dynamic  Models 

In  the  past,  some  progress  has  been  made  by  simultaneously  solving  not  the  full 
set  of  hydrodynamic  equations,  which  we  discuss  separately  below,  but  rather 
onl.v  part  of  the  set.  For  example,  Nakagawa  et  a!.  (1973)  carried  out  a  simple 
kinematic  calculation  that  showed  that  downward-moving  shocks  caused  by  the 
impact  of  infalling  material  in  the  initial  Mach  number  range  5<M<  30  could 
account  for  considerable  heating  of  the  chromosphere  above  the  temperature 
minimum.  However,  the  Ha  profiles  computed  by  Canfield  and  Athay  (1974) 
showed  that  the  sense  of  the  Ha  core  asymmetry  is  opposite  that  which  is 
observed.  In  the  observations  of  major  flares  (see  Svestka,  1976,  p.  7),  the  red 
peak  is  brighter;  in  the  calculations,  the  blue  peak  is  brighter.  This  suggests  that 
the  observed  core  asymmetry  is  due  to  differential  expansion  of  the  chromosphere, 
not  compression  by  infalling  material. 

Antiochos  and  Sturrock  (1978)  solved  the  energy  and  continuity  equations 
and  assumed  that  upward  velocities  arc  le>s  than  the  sound  speed.  They  showed 
that  these  motions  (which  have  for  some  lime  now  been  called  by  the  somewhat 
misleading  term  "evaporation")  lead  to  reduced  heat  flux  into  the  chromosphere 
and  enhanced  EUV  flare  emission,  compared  to  their  static  model.  A  comparison 
of  the  predictions  of  the  static  and  evaporative  models  was  carried  out  during  this 
workshop  by  Underwood  et  a!.,  and  is  discussed  below. 
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6.2.3  Hydrodynamic  Models 

We  now  turn  to  what  we  call  hydrodynamic  models,  i.e.,  models  based  on  a  simul¬ 
taneous  solution  of  the  usual  continuity,  energy,  and  momentum  equations  of 
hydrodynamics.  The  calculations  described  below  of  course  differ  in  boundary 
conditions,  auxilliary  equations,  etc. 

Craig  and  McClymont  (1976)  numerically  solved  the  hydrodynamic  equations 
for  an  infinitely  long  flux  tube.  They  showed  that  the  inclusion  of  mass  motions 
has  a  major  effect  on  the  cooling  of  the  coronal  flare  plasma.  Their  calculation  is 
not  a  flare  model  per  se,  since  an  infinitely  long  flux  tube  without  fixed,  cool 
boundaries  to  represent  the  intersection  of  actual  magnetic  field  lines  with  the 
photosphere  is  a  realistic  representation  of  only  the  first  minute  or  two  of  flare- 
loop  evolution.  A  related  analytic  solution  of  the  special  case  of  spatially  constant 
pressure  was  carried  out  by  Craig  and  McClymont  (1978).  They  showed  that  only 
dynamic  models  can  predict  the  initial  rapid  decrease  of  the  temperature  of  flares 
accompanied  by  an  Increase  in  the  amplitude  of  the  emission  measure,  in  the  early 
cooling  phase. 

The  first  attempts  to  model  the  interaction  of  the  chromosphere,  transition 
region,  and  corona  in  a  hydrodynamic  framework  were  made  by  Kostyuk  and 
Pikel'ner  (1975)  and  Kostyuk  (1976a).  The  former  treats  open  field  geometry, 
the  latter  closed  loops.  They  modeled  the  effects  of  a  beam  of  electrons  of  100- 
second  duration.  Unfortunately,  no  density  profiles  are  given,  nor  can  they 
accurately  be  derived  from  the  information  given,  as  shown  by  McClymont  and 
Craig  (1977),  described  in  Section  633  of  this  chapter.  Somov  and  Syrovatskii 
(1976)  have  made  an  important  point  about  the  work  of  Kostyuk  and  Pikel’ner 
(1975)  and  Kostyuk  (1976a)-in  their  numerical  calculation  they  did  not  foresee 
the  possibility  that  the  characteristic  times  for  the  condensation  thermal  instability 
might  be  much  shorter  than  the  one-second  time  step  they  used.  For  this  reason, 
Somov  and  Syrovatskii  assert  that  the  solutions  Kostyuk  and  Pikel’ner  (1975) 
and  Kostyuk  (1976a)  obtained  are  not  valid.  With  this  qualification  in  mind, it  is  none¬ 
theless  instructive  to  consider  the  calculations  made  by  Kostyuk  (1976b),  based 
on  the  possibly  incorrect  models,  using  the  methods  of  Canfield  and  Athay  (1974) 
to  compute  theoretical  Ha  profiles.  Several  interesting  results  were  obtained.  As 
also  found  by  Canfield  and  Athay  (1974),  Canfield  (1974),  and  Machado  and 
Linsky  (1975)  the  profiles  of  Ha  were  strongly  self-absorbed  and  velocity  inhomo¬ 
geneities  were  required  to  produce  weakly-reversed  profiles  as  are  observed. 
Secondly,  the  red  asymmetry  of  Ha  was  associated  with  chromospheric  expansion, 
not  infalling  material,  consistent  with  Canfield  and  Athay ’s  (1974)  result  for  the 
Nakagawa  et  ah  (1973)  infall  models.  The  models  produce  strong  Ha  profiles— 
rather  stronger  than  usually  observed-which  appear  to  anticipate  the  workshop 
findings  of  Brown  et  al.  (1978),  discussed  below.  Finally,  study  of  the  source  of 
continuous  emission  at  two  wavelengths  shows  that  the  observed  white-light 
radiation  occurs  only  for  hard  electron  spectra  and  originates  in  the  same  region 
as  the  Ha  emission. 

The  recent  hydrodynamic  calculation  of  Somov,  Spektor,  and  Syrovatskii 
(1977)  has  a  somewhat  different  emphasis  than  the  work  of  Kostyuk.  The  treat¬ 
ment  of  radiation  from  the  chromosphere  is  not  as  complete,  neglecting  opacity 
effects.  However,  the  electrons  and  ions  are  treated  separately,  and  the  effects  of 
the  thermal  instability  are  taken  into  account.  Sufficient  information  is  given  to 
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permit  observational  comparison.  Differential  emission-measure  curves  arc  given 
at  several  times;  unfortunately,  values  for  Te'<  10s  K  arc  unrealistic  because  of  the 
optically-thin  approximation. 

The  direction  in  which  theoretical  modeling  should  go  in  the  future  is  clear. 
At  present,  the  properties  of  the  heating  and  cooling  mechanisms  have  been 
modeled  only  crudely.  There  are  no  flare  models  based  on  a  simultaneous  solution 
of  the  hydrodynamic  and  radiative  transfer  equations.  Effects  of  the  radiative 
instability  have  not  been  fully  explored.  In  short,  no  hydrodynamic  treatment 
has  yet  convincingly  handled  the  interaction  between  the  high-  and  low-temperature 
regions.  All  models  presently  treat  the  magnetic  field  only  to  the  extent  that  it 
defines  the  geometry  of  the  flare.  Finally,  there  remains  the  complication  that 
real  flares  probably  comprise  many  different  coronal  loops,  and  so  cannot  be 
identified  with  the  evolution  of  a  single  flux  tube.  At  present,  therefore,  we  have  at 
best  only  the  basic  components  of  a  realistic  flare  model;  the  problem  is  to  put 
them  together. 


6.3  THE  CORONA  AND  TRANSITION  REGION 

During  the  Workshop,  considerable  interest  centered  around  the  interaction 
between  the  chromosphere  and  Ih.  corona  during  flares;  specifically,  how  the  high- 
temperature  part  of  the  flare  (7'£  10fl  K)  cooled  by  conducting  heat  to  the 
chromosphere  and  how  the  chromosphere  responded  to  this  heating.  In  the  back¬ 
ground  section  (6.2),  we  reviewed  prc-Workshop  theoretical  models.  In  contrast, 
during  the  Workshop  we  concentrated  on  observational  tests.  Underwood  et  at. 
(1978)  studied  Skylab  UV,  EUV,  and  X-ray  data  for  the  9  August  1973  flare 
(Section  6.3.1)  and  compared  their  data  with  the  predictions  of  the  sialic  and 
evaporative  conduclivc-cooling  models  developed  by  Antiochos  and  Sturrock 
(1976,  1978),  described  in  Sections  6.2.1  and  6.2.2.  Doschck  and  Feldman  (1978) 
studied  mass  motions  in  transition-zone  lines  (Section  6.3.2);  they  searched  Skylab 
UV  spectrograms  for  systematic  relationships  between  temperature,  density,  and 
velocity  in  transition-region  lines.  Finally,  McClymont  and  Craig  (1977)  have 
partially  overcome  the  problems  caused  by  Koslyuk  and  Pikel'ner  (1975)  and 
Kostyuk's  (1976a)  failure  to  provide  density  information  for  their  models.  They 
compute  pressure,  and  coronal  and  transition-region  emission  measure  for  one  of 
Kostyuk  and  Pikel’ner's  (1975)  models  in  Section  6.3.3. 

6.3. 1.  Evolution  of  the  Coronal  and  Transition-Zone  Plasma 
Underwood  et  al.  (1978)  have  carried  out  a  study  of  the  thermal  evolution  of  the 
coronal  and  transition-region  plasma  generated  in  a  particular  flare  cvcnt-a 
particularly  simple  subflare  that  occuricd  at  1551  in,  9  August  1973.  They  investi¬ 
gate  in  particular  the  flare  decay  or  “cooling”  phase,  through  a  detailed  study  of 
its  X-ray  and  CUV  emissions  and  their  time  evolution.  Observations  of  the  9  August 
event  arc  interpreted  and  conclusions  are  drawn  regarding  the  physical  processes  at 
work  in  the  flare. 

The  models  of  Antiochos  and  Sturrock  (1976,  1978),  which  were  compared 
with  observations,  are  based  on  their  idealized  cases  of  static  and  “evapoiative" 
conductive  cooling.  These  two  models  predict  different  forms  of  the  differential 
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emission  measure  x(T),  where  x(7")  is  the  usual  emission  measure  %(T)  (cf.  Craig 
and  Brown,  1976)  multiplied  by  T.  For  example,  if  T0  is  the  temperature  at  the  top 
of  the  loop,  in  the  low-temperature  regime  ( T/To  <  1),  x(T)  'v  (T/T0) m  in  the 
evaporative  case,  but  x[T)  'u  ( T/To ) 3/1  in  the  static  case. 

The  observational  data  that  one  must  use  to  compare  a  flare  with  these  two 
models  must  cover  a  range  of  values  of  temperature.  This  was  done  by  using  data 
from  the  S0S6  soft  X-ray  telescope  and  the  X-ray  event  analyser  (X-REA) 
(Underwood  et  at.,  1977),  the  S082  A  EUV  spectroheliograph  (Tousey  et  at., 
1977),  and  the  S08'2  B  UV  slit  spectrograph  (Bartoe  et  a!.,  1977).  The  X-ray  and 
XUV  data  were  used  to  derive  To  and  n02  V.  which  are  the  two  free  parameters 
of  the  Antiochos  and  Sturrock  models.  The  EUV  data  consist  of  values  of  the 
power  radiated  by  the  whole  flare  by  several  tens  of  lines  that  span  the  temperature 
range  3.5  X  104  <,  Tm  £  1.6  X  107  K,  where  Tm  is  the  value  of  Tt  at  which  the 
line  excitation  function  G(T)  is  maximal.  Data  were  obtained  mainly  during  the 
early  decay  phase  of  the  flare,  in  the  period  1553-1557  UT. 

The  approach  used  was  to  compare  the  obsetved  intensities  with  those  predicted 
by  the  two  models,  static  and  evaporative.  The  predicted  power  radiated  in  all 
observed  lines  was  computed  using  the  forms  of  the  differential  emission  measure 
X(T)  predicted  in  the  static  and  evaporative  models,  the  values  of  7*0  and  n0}  V 
from  the  X-ray  and  XUV  data,  and  the  excitation  functions  of  the  lines,  G(T). 
Underwood  et  at.  chose  to  compare  not  the  observed  and  predicted  values  of 
power,  but  rather  the  power  divided  by  0.7  G(Tm),  which  is  approximately  the 
differential  emission  measure  in  the  line. 

In  Figure  6.1  the  observed  values  of  differential  emission  measure  relative  to 
Ca  XVIII  are  plotted  versus  log  Tm,  one  point  for  each  observed  line,  at 
1554:01  UT,  in  the  decay  phase  of  the  flare.  They  are  compared  with  the  values 
predicted  by  the  evaporative  model  with  f0  c  1.8  X  107  K,  and  the  static  model 
with  T0  ~  1.6  X  107  K.  It  may  be  seen  that  neither  predicts  even  approximately 
the  observed  emission-measure  distribution. 

Data  for  later  times  (1555:01  UT  and  1556:58  UT)  were  also  examined.  The 
inferred  temperature  gradient  is  less  steep  for  later  .times,  but,  for  1 556:58  UT, 
a  comparhon  with  the  static  model  with  T0~  MX  10'  shows  that  at  ‘hat  time 
the  static  conductive  situation  had  not  yet  been  reached.  The  evaporative  model. 
(T0  =  1.1  X  104)  is  still  in  gross  disagreement  with  the  observations.  Finally,  the 
density  in  the  flaring  plasma  was  estimated  from  line  intensity  ratios  obtained 
from  S082  B  data.  These  values  are  in  agreement  with  those  inferred  from  the 
X-ray  data  above. 

Underwood  et  al.  (1978)  conclude  that  it  is  inescapable  that  the  flare  of 
9  August  cooled  radiativeiy.  This  conclusion  is  motivated  by  the  fact  that  neither 
the  static  nor  the  evaporative  conduction-cooling  model  predicts  the  observed 
temperature  distribution  of  emission  measure  during  the  flare  cooling  phase. 

The  steep  temperature  gradients  encountered  at  and  immediately  after  the 
emission  measure  peak  of  the  flare  are  interesting.  Underwood  etal.  (1978)  suggest 
that  this  temperature  distribution,  in  which  almost  all  of  the  material  is  at 
temperatures  at  or  above  107  K,  results  from  the  heating  of  chromospheric 
material  to  coronal  temperatures  during  the  primary  energy  release  of  the  flare. 
Because  of  the  radiative  instability  below  T  =«  107  K,  the  material  will  be  driven 
rapidly  to  the  higher  temperatures,  with  a  subsequent  depletion  of  the  106  K 
material  with  respect  to  that  at  107  K.  This  depletion  appears  as  the  minimum 
in  the  curves  of  Figure  6,1 


Fig.  6.1  Emission  measure  (normalised  to  Ca  XVIII)  versus  temperature  at  155 4:01  UT.  Foints 
derived  from  the  observations  arc  plotted  as  circles.  These  are  compared  with  the  predictions 
of  the  static  cooli «•  i  model  (squares)  and  the  evaporative  cooling  model  Arianglcs). 
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The  decrease  of  the  temperature  gradient  during  the  cooling  phase  is  also  con¬ 
sistent  with  a  radiatively  dominated  model.  Although  the  radiative  instability  will 
tend  to  perpetuate  the  minimum  at  10®  K,  it  will  also  tend  to  cause  material  to 
flow  out  of  the  coronal  regions  and  the  density  to  decrease  (as  is  observed).  As  the 
density  decreases,  so  will  the  relative  importance  of  radiative  losses,  and  the 
temperature  distribution  will  approach  that  determined  by  conduction.  Evidence 
for  the  flow  of  material  out  of  the  lower  corona  and  transition  region  is  provided 
by  the  profiles  of  transition-region  lines,  which  show  persistent  redshifts  during 
the  cooling  phase  of  this  flare,  becoming  weaker  with  time.  These  observations 
are  most  readily  understood  in  terms  of  a  radiatively  dominated  model  of  flare 
cooling. 

6.3.2.  Empirical  Transition-Zone  Densities  and  Velocities 

A  hydrodynamic  model  of  the  temporal  and  spatial  evolution  of  the  flare  atmos¬ 
phere  will  predict,  among  other  things,  the  relationships  between  temperature, 
density,  and  velocity  of  emitting  material  as  a  function  of  time.  Doschek  and 
Feldman  (1978)  have  looked  for  empirical  evidence  for  such  relationships  in  the 
Sky  lab  data  from  the  NRL  S082  8  spectrograph.  With  this  instrument  one  can 
determine  densities  at  transition-zone  temperatures,  using  approximately  selected 
line  ratios.  Also,  using  line  profiles,  one  can  determine  the  velocities  responsible 
for  line  shifts  and  broadening.  Of  course,  ability  to  find  such  relationships  depends 
critically  upon  instrumental  parameters. 

Two  points  are  important  to  make.  First,  the  data  for  this  study  have  inevitably 
been  greatly  limited  by  undersampling  in  space  and  time,  as  well  as  their  photo¬ 
graphic  nature-constraints  that  had  to  be  accepted.  Second,  for  electron-density 
estimates  Doschek  and  Feldman  (1978)  used  primarily  the  01 V  technique 
explained  in  Feldman  et  ai.  (1 977)  and  Feldman  and  Doschek  (1978). 

It  is  important  to  point  out  the  criterion  for  selection  of  events  to  be  studied- 
that  the  lines  of  strong  resonance  transitions,  such  as  N  V  1239  A,  Si  IV  1402A, 
and  C  IV  1551  A,  be  appreciably  wider  than  in  typical  quiet  regions.  Because  flares 
and  flare-like  eruptions  in  the  transition  zone  are  usually  smaller  than  the  S-082B 
spatial  resolution  (2"  X  60”),  a  selection  technique  based  on  where  the  inst'ument 
was  pointed  in  particular  events  would  not  be  physically  meaningful.  The  NRL 
Skylab  plate  collection  was  visually  inspected  for  broad  lines,  and  a  list  of  plates 
exhibiting  broad  lines  was  prepared.  From  this  list,  a  sample  of  plates  was 
selected  for  detail  study 

For  each  spectrum  selected,  profiles  and  intensities  were  obtained  for  the 
following  lines:  NV  1239A  and  1243  A,  Si  III  1300  A,  0  IV  1401  A,  Si  IV  1394A 
and  1403  A,  and  Si  III  1892  A.  Because  of  the  transient  nature  of  the  events,  it 
is  necessary,  unless  we  have  data  that  show  the  lines  are  changing  only  slowly,  to 
measure  intensities  and  profiles  of  all  the  lines  from  the  same  spectrum,  even  when 
another  spectrum  may  exist  that  was  recorded  only  seconds  earlier  or  later.  The 
widths  of  the  lines  listed  above  are  not  significantly  affected  by  opacity  in  the 
quiet  sun,  even  above  the  solar  limb.  It  is  assumed  that  opacity  has  a  negligible 
influence  on  the  line  widths  in  the  transient  events  as  well. 

Doschek  and  Feldman  (1978)  selected  five  events  for  study,  on  the  above 
basis.  To  identify  the  type  of  solar  feature  observed,  they  referred  to  Skylab  Ha 
images  (Markey  and  Austin,  1977)  and  EUV  spectroheliograms  (Tousey  et  al., 
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1977).  They  stress,  however,  that  since  their  analysis  implies  that  the  volumes  of 
the  plasma  they  are  observing  are  much  smaller  than  the  spatial  resolution,  the 
precise  nature  of  the  events  as  seen  in  Ha  is  not  critically  important  to  their 
analysis.  It  is  usually  impossible  to  resolve  the  dynamical  event  observed.  In  some 
cases,  however,  the  flare  or  surge  plasma  moves  with  sufficient  speed  along  the  line 
of  sight  to  produce  a  large  Doppler  shift  of  the  lines  originating  in  the  moving 
component  (e.g.,  see  Doschck  et  at.,  1977).  In  these  cases,  emission  from  the  event 
of  interest  and  the  solar  background  can  be  accurately  resolved. 

In  order  to  measure  line  shifts  and  widths,  Doschck  and  Feldman  (1978) 
approximate  the  observed  line  profiles  as  the  sum  of  two  Gaussian  components.  In 
some  cases  it  is  obvious  that  a  nan  ,  background  component  of  the  line  is  super¬ 
posed  on  a  broader  component.  They  refer  to  the  backgiound  component  as  the 
static  component  and  the  broad  component  as  the  dynamic  component.  After 
separation  of  the  static  and  dynamic  components,  Doschck  and  Feldman  (1978) 
still  find  very  large  values  of  the  Doppicr  width  for  each  component.  Typically, 
the  turbulent  velocity  in  the  static  component  is  10-50  km  s'1 ,  and  in  the  moving 
component  it  ranges  from  30  to  190  km  s'1.  Velocities  over  80  km  s'1  arc  not 
uncommon,  being  observed  in  at  least  one  transition-region  line  in  all  five  events 
studied. 

As  an  example,  for  the  2  December  1973  event  (not  reported  as  an  Ha  flare, 
Solar-Geophysical  Data,  1974),  a  much  higher  electron  density  is  seen  in  a  moving 
turbulent  component,  relative  to  a  backgiound  static  component.  It  is  possible  that 
a  temperature  versus  mass-motion  relationship  exists.  The  dynamic  component  is 
blue-shifted  relative  to  the  static  component  for  all  lines.  The  shift  is  about 
11  km  s*1  less  for  low-temperature  allowed  lines  than  for  high-temperature  allowed 
lines.  However,  this  shift  is  quite  small  in  terms  of  wavelength  and  may  not  be 
real.  Llcctron  densities  for  this  event  arc  high  (>  10”  cm"3),  and  volumes  small 
(<  10”  cm3). 

A  second  example  is  the  13  january  event.  This  event  produced  the  widest 
transition-zone  lines  in  the  entire  Skylab  data  collection.  The  event  mav  have  been 
a  surge  associated  with  a  flare.  For  this  event,  the  bulk  motion  of  the  dynamic 
component  is  rather  large,  about  80  km  s'1 .  Contrary  to  the  2  December  event  and 
the  moving  component  of  the  15  June  1973  flare  (Feldman,  Doschck,  and 
Rosenberg,  1977),  the  density  in  the  moving  component  of  the  13  January  event  is 
comparatively  low  (==10u  cm'3),  showing  that  the  densities  in  surge-like  events 
need  not  always  be  >  to15  cm'3. 

In  summary,  this  work  shows  that  interpretation  of  T.UV  transition-zone  lines 
produced  by  flares  or  flare-like  eruptions  is  a  difficult  problem  with  the  Skylab 
data.  The  densities  in  dynamic  events  always  scent  to  be  higher  than  in  the  quiet 
sun,  by  at  least  an  order  of  magnitude.  No  obvious  correlation  of  mass  motion  with 
temperature  is  apparent,  peihaps  due  to  the  small  size  of  the  sample.  Frequently, 
the  profiles  of  these  lines  indicate  that  several  different  plasma  regions  contribute 
to  the  total  line  intensity.  The  small  volumes  implied  by  the  high  densities  indicate 
that  resolving  the  fine  structure  of  a  dynamical  event  will  require  spatial  resolution 
of  ~0.1  arcsec,  which  is  far  better  than  the  resolution  of  the  best  presently  avail¬ 
able  instruments.  The  Skylab  data  simply  do  not  have  sufficient  spatial  and 
temporal  resolution  to  provide  a  unique  comparison  of  a  single  event  with  hydro- 
dynamic  calculations.  The  best  tests  will  depend  on  statistical  comparisons  of 
amplitudes  of  observed  velocities  and  densities  at  specific  temperatures. 
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6.3.3  Implications  of  Kostyuk  and  Pikel'ner's  Models 

The  models  of  Kostyuk  and  Pikel’ner  (1975),  in  spite  of  their  deficiencies 
(Section  6.2.3),  are  nevertheless  one  of  the  most  complete  treatments  of  the 
interaction  of  the  chromosphere  and  corona  during  flares.  However,  the  failure 
of  Kostyuk  and  Pikel’ner  to  provide  density  or  vertical  displacement  information 
for  their  models  seemed  to  prevent  us  from  making  any  observational  tests,  since 
we  could  not  calculate  emission  measures,  line  profiles,  etc.,  for  their  models  with¬ 
out  knowing  density  values. 

McCIymont  and  Craig  (1977)  have  overcome  this  difficulty  to  some  extent  by 
using  the  velocity  information  presented  in  graphical  form  at  several  times.  It  is 
thus  passible  to  estimate  3 u/3f  and  then  to  obtain  pressures  by  numerical  inte¬ 
gration  of  the  momentum  equation,  assuming  t  and  v  do  not  change,  deep  in  the 
atmosphere. 

Differential  emission  measures  could  not  be  obtained  because  it  was  not  possible 
to  estimate  temperature  gradients  with  accuracy  from  Kostyuk  and  Pikel’ner’s 
results.  However,  McCIymont  and  Craig  were  able  to  estimate  total  emission 
measures  for  the  transition  region  (10s  <  T<  IQ4  K)  and  the  corona  (T>  104  K). 
These  total  emission  measures  during  the  cooling  phase  of  the  FJ0  =  10’  erg  cm"2  s'* 
model  are  shown  in  Figure  6.2  The  peak  transition-region  emission  measure  is  an 
order  of  magnitude  higher  than  the  peak  coronal  emission  measure.  This  is  just  the 
opposite  of  what  has  been  found  earlier  by  Underwood  et  at.  (1978),  as  can  be 
seen  in  Figure  6.1,  by  comparing  characteristic  emission-measure  values  for 
10s  <  T  <  104  K  to  T>  104  K.  Also,  the  temporal  behavior  of  the  former  is  much 
different  from  the  latter.  The  large  relative  values  of  the  transition-region  emission 
measure  may  be  due  to  the  open  geometry  of  the  model.  Closed  coronal  loops,  with 
their  attendant  larger  density  values,  will  give  larger  coronal  emission  measures. 
To  check  this,  a  comparison  of  the  open-  and  closed-loop  models  would  be  worth¬ 
while,  using  Kostyuk’s  (1976a)  results. 


6.4  THE  CHROMOSPHERE  AND  PHOTOSPHERE 

We  now  turn  to  that  part  of  our  research  that  is  specifically  directed  toward  flare 
physical  processes  that  take  place  in  the  chromosphere  and  upper  photosphere. 
From  the  canonical  view  of  the  flare  phenomenon,  it  is  easy  to  appreciate  the 
importance  and  utility  of  such  studies.  These  atmospheric  layers  serve  as  probes; 
they  possess  relatively  well-documented  physical  properties  in  the  steady  state, 
and  can  be  used  as  diagnostic  tools.  Their  flare  response  measures  the  role  of 
various  possible  flare  phenomena  such  as  fast  particles,  shocks,  and  radiation. 

There  are  two  different  approaches  to  model-building  that  are  used  in  this 
chapter.  The  first,  the  so-called  empirical  approach,  determines  what  flare  model 
atmosphere  is  necessary  to  give  the  observed  radiation,  consistent  with  the  known 
physics  of  formation  of  the  emergent  radiation.  This  approach  is  often  expedient 
because  one  need  not  presuppose  how  the  model  atmosphere  gets  to  be  the  way 
the  model  says  it  is.  In  contrast,  the  synthetic  approach  does  presuppose  specific 
flare  heating  mechanisms,  and  evaluates  their  consequences,  thereby  deriving  a 
model  atmosphere. 

In  our  studies  of  the  chromosphere  and  photosphere,  we  made  progress  by 
using  both  approaches.  Empirical  models  were  constructed  using  Skylab  and 
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Fig.  6.2  Emission  measures  per  eru7  column  as  a  function  of  time,  during  the  cooling  phase, 
for  Kostyuk's  (1975)  FI0  =  4  X  10'  erg  cm’7  s'1  model.  Emission  measure  is  divided  into 
transition  region  ( 10 ’  <  T  <  70‘  K)  and  coronal  (7  >  10 *  K)  regimes. 
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ground-based  observations  of  a  variety  of  lines  and  continua  to  infer  the  tempera¬ 
ture  and  density  structure  of  the  upper  photosphere  and  chromosphere.  Synthetic 
models  of  these  same  regions  were  constructed  based  on  electron,  proton,  and  soft 
X-ray  heating.  Putting  them  together,  we  were  able  to  show  what  processes  play  a 
role  during  flares. 

6.4.1.  Observations  for  Empirical  Models 

Three  observations  have  been  used  as  the  basis  of  empirical  models.  Cook  and 
Brueckner  (1979)  observed  the  ultraviolet  Si  1 3  P  and  1 D  continua;  Machado, 
et  at.  (1978)  made  Call  K-line  wing  observations,  and  Lites  and  Cook  (1979) 
observed  the  wings  of  La  and  the  blended  C 1 1 D  continuum.  The  level  of  origin 
of  the  observed  radiation  spans  the  temperature-minimum,  extending  from  the 
upper  photosphere  well  up  into  the  chromosphere. 

Cook  and  Brueckner  (1979)  studied  the  UV  continuum  from  1420— 1960  A 
in  two  flares  that  represent  the  two  extremes:  a  compact,  short-duration  flare 
(9  August  1973)  and  a  large,  long-lived,  double-ribbon  flare  (7  September  1973), 
using  the  NRL  spectrograph  (S082B).  Active-region  spectra  were  also  obtained. 
After  photographic  photometry,  smoothing,  calibration,  and  field-of-view 
corrections,  continuum  intensities  were  determined,  excluding  obvious  lines, 
and  expressed  as  brightness  temperature. 

Figure  6.3  displays  continuum  brightness  tempeiature  versus  wavelength  for 
the  earliest  flare  exposures  from  9  August  and  7  September,  the  plage  exposures, 
and  the  Samain  et  ol.  (1975)  quiet  sun.  The  instrumental  efficiency  and  declining 
intensity  make  it  impossible  to  observe  the  continuum  below  1400A  with  avail¬ 
able  exposure  times.  The  observed  brightness  temperature  minimum  of  the  plages 
is  approximately  310  K  above  the  quiet  sun,  and  the  flare  minima  around  1 70— 
280  K  (after  correction  of  9  August  for  field  of  view)  above  the  plage.  The  location 
of  the  minimum  also  moves  to  progressively  longer  wavelengths  from  quiet  sun  to 
plage  to  flare,  which  is  consistent  (because  of  the  wavelength  dependence  of  the 
continuous  absorption  coefficient)  with  the  temperature  minimum  occurring 
lower  in  ‘he  atmosphere,  in  qualitative  agreement  with  flare  atmospheres  computed 
by  Machado  and  Lir.sky  (1975).  There  is  gooa  agreement  with  earlier  quiet-sun 
and  p'uge  observations  from  1750-2100  A  by  Brueckner  et  al.  (1976). 

Machado  et  al.  (1978)  obtained  new  data  on  the  Ca  II  K-line  profiles  in  flares, 
specifically  for  the  IB  flare  of  19  February  1972,  using  the  tower  telescope  of 
Sacramento  Peak  Observatory.  The  data  are  a  significant  improvement  in  spatial 
resolution  over  K-line  data  used  previously  for  empirical  model-building  by 
Machado  and  Linsky  (1975).  It  is  immediately  evident  in  the  new  data  that  there 
are  many  inhomogeneities.  There  are  bright  structures  of  the  order  of  1000-3000  km 
in  size,  in  addition  to  an  overall  (average)  structure.  After  the  usual  reduction  of 
the  photographic  data,  including  correction  for  scattered  light,  Machado  et  al. 
(1978)  selected  spectra  that  were  characteristic  of  the  bright  structures  and  the 
average.  The  resulting  two  observed  K-line  wing  profiles  are  shown  by  the  solid 
curves  in  Figure  6.4.  Note  that  the  point  of  minimum  residual  intensity  in  the 
bright  structures  is  farther  from  line  center  than  in  the  overall  structure.  Similarly, 
though  not  shown  in  the  figure,  this  point  is  still  farther  from  line  center  in  both 
bright  and  average  structures  than  in  the  quiet  sun.  Like  the  shift  to  longer  wave¬ 
lengths  in  the  EUV  continuum  discussed  above,  this  shift  reflects  heating  of  the 
temperature  minimum  and  its  displacement  deeper  into  the  atmosphere. 
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Fig.  6.4  Residual  intensity  as  a  function  of  wavelength  from  line  center  for  the  Ca  II  K-iine 
wings.  Observed  and  computed  profiles  are  shown  for  both  bright  elements  (upper  curves/ 
and  overall  structure  (lower  curves/ 


Canfield  et  at. 


245 


Lites  and  Cook  (1979)  have  observed  the  wavelength  range  11 80-1 250  A 
with  the  NRL  spectrograph  (S082B),  which  includes  the  wings  of  La  and  the 
continuum  from  C  I  1  D,  whose  ionization  limit  appears  at  1240A,  blended  with 
the  La  wing.  (The  resonance  continuum  from  the  3P  level  is  at  1100  A,  where  the 
sensitivity  of  the  NRL  spectrograph  is  very  low.)  These  data  bear  on  the  chtonio- 
sphcric  region  somewhat  above  the  Si  I  and  Ca  II  data  discussed  above.  The  spectro¬ 
grams  used  are  the  same  as  those  used  for  the  Si  I  continua,  as  arc  the  data 
reduction  techniques.  The  resulting  profiles,  corrected  for  background  effects,  arc 
shown  by  the  dots  and  crosses  in  Figure  6.5,  for  the  flares  of  9  August  and  7 
September  1973.  Note  that  at  X>  1240A  and  X<  1200A  the  instrumental 
sensitivity  is  insufficient,  even  in  flares  at  this  relatively  long  exposuie  time,  to 
give  an  accurate  measurement  of  the  continuum  intensity.  In  the  range  1230<  X< 
1240  A,  the  measured  densities  are  only  marginally  above  the  background  fog 
level.  The  indicated  intensities  are  probably  upper  limits. 

6.4,2.  Empirical  Models 

On  the  basis  of  the  Skylab  and  ground-based  observations,  we  have  constructed  an 
empirical  model  of  the  upper  photosphere  and  chromosphere  for  the  9  August 
1973  flare. 

A.  Models  from  Si  I  and  Ca  II.  Models  that  give  synthetic  spectra  that  match  the 
observed  UV  continuum  of  Si  I  and  the  wings  of  the  Ca  II  K  line  have  been  derived 
by  Machado  et  at.  (1978).  In  the  lower  atmosphere,  where  the  K  line  determines 
the  model,  they  get  a  first  approximation  to  the  final  flare  model  atmospheres  by 
the  same  procedure  as  Machado  and  Linsky  (1975).  Under  the  assumption  that 
in  the  collisional-damping  wings  of  the  K  line  complete  redistribution  is  valid  and 
LTE  conditions  arc  met,  one  can  derive  a  relation  between  hydiogen  number 
density  /?H,  7'e,  and  AX  in  the  line  from  /(AX)  data  alone.  Then,  assuming  that  the 
conditions  for  hydrostatic  equilibrium  are  satisfied  (a  fairly  good  appioximation 
at  deep  levels),  one  gets  the  pressure  P  and  the  mass  column  density  m  -  Pig,  where 
g  is  the  solar  gravity.  In  this  manner,  from  the  measured  intensities  in  the  line 
wings,  /(AX),  one  can  immediately  get  a  Tc  versus  m  relation  that  dctcimincs  a 
preliminary  flare  model. 

Two-model  flare  atmospheres  for  the  K-line  wing-forming  region  were  deter¬ 
mined  by  trial-and-crror  adjustment  of  the  T[m)  relationship  to  provide  a  satis¬ 
factory  agreement  between  the  observed  and  synthesized  spectra  of  the  K-line 
wings  for  both  the  bright  and  average  structuies.  Machado  et  at.  (1978)  computed 
the  synthetic  profiles  using  a  partial  redistribution  technique  described  by  Linsky 
and  Ayres  (1978).  The  computed  and  observed  profiles  are  compared  in  Figure  6.4. 
One  can  readily  see  that  the  model  for  the  average  sttuctuics  reproduces  the 
observations  to  ±  0.01  in  residual  intensity  (/?/),  or  about  5—7%  of  the  intensity 
itself,  implying  an  uncertainty  fiom  this  source  of  about  1-  2%  in  tempeiaturc  at 
the  levels  at  which  the  radiation  at  AX  >  0.4  A  originates,  which  is  m  >  0.08  g  cm-2 . 
The  match  for  the  bright  model  is  equally  satisfactory  at  A  X  >  0.5  A,  while  for 
0.4$  AX  <  0.5  A, the  untcitai.uy  is0.02<  &RI  <  0.03,  i.e.,  about  10?'- in  intensity 
at  AX,  or  2-3%  in  temperature  in  the  mass  range  0.0S  <  m  <  0.12  gem"3.  The 
models  are  shown  in  Tigure  6.6,  the  bright-region  model  by  dashes,  the  average 
model  by  dots.  These  models  are  determined  by  the  Ca  II  K-line  profile  synthesis  in 
the  mass  range  log  m  >  -  1 .0. 
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Fig.  6.5  Brightness  temperature  as  a  (unction  of  wavelength  for  the  flares  of  9  August  and 
7  September  1973,  showing  the  wings  of  Lyman-o  and  the  C I  continuum.  Solid  curves  are 
computed. 
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The  average  flare  and  bright  flare  models  aic  extended  into  the  chromosphere 
to  reproduce  the  Si  I  data  of  Cook  and  Brueckner  (1979)  in  a  very  simplified  way. 
Machado  et  al.  (1978)  assume  LTE  in  the  region  of  formation  of  the  Si  I  continuum. 
They  justify  this  on  the  basis  of  the  calculations  of  Vernazza  et  al.  (1973),  which 
show  that  in  the  quiet  sun  the  departures  from  LTE  are  less  than  a  factor  of  two, 
and  arguing  that  in  the  flares  nt  is  higher,  therefore  departures  from  LTE  should 
be  very  small.  They  then  identify  the  color  temperature  at  the  head  of  the  Si  I 
continuum  with  the  electron  temperature  at  the  depth  of  formation.  This  identifi¬ 
cation  is  at  least  consistent  with  the  expected  values,  since  the  observed  values  of 
rc  are  in  the  range  5500-6300  K,  and  the  calculated  values  are  5250-6300,  when 
the  empirical  Machado  and  Linsky  (1975)  flare  models  are  used.  To  determine 
where  the  Si  I  radiation  comes  from  in  the  atmosphere,  they  also  use  these  compu¬ 
tations,  v-i'.ich  imply  a  height  of  formation  in  the  range  580  £  h  <,  700  km 
(0.02  smj  0.05  g  cm*2).  On  this  basis,  they  extend  the  T(m)  curves  as  shown  in 
Figure  6.6,  until  logm  =*-1.5.  Two  "plausible"  models  are  so  defined.  The  "bright" 
model  is  composed  of  the  results  for  the  Ca  II  K-line  bright  regions  in  the  photo¬ 
sphere  and  the  highest  temperatures  obtained  from  the  Si  I  observations.  The 
"average"  model  is  defined  by  the  overall  K-line  model  and  the  average  Si  I 
temperatures.  What  the  flare  heating  theories  must  explain  is  the  temperature 
difference  between  the  active-region  model  and  the  two  flare  models.  Unfor¬ 
tunately,  Machado  et  al.  did  not  have  observations  of  the  preflare  active  region  to 
match  the  two  flare  models,  so  they  use  the  Shine  and  Linsky  (1974)  plage  model 
for  this  purpose.  The  temperature  difference  between  the  two  flare  models  and 
this  model  is  given  in  Table  6.1 .  Interpretation  will  be  deferred  until  Section  6.4.3. 


TABLE  6.1 

FLARE  TEMPERATURE  ENHANCEMENTS  NEAR  THE 
TEMPERATURE  MINIMUM 

N  (cm'* ) 

m  (gem*’) 

Preflare  ft*) 

Flare  (Average) 
AH  K) 

Flare  (Bnght) 
A7TK) 

1.28  X  10” 

0.03 

4650 

720 

850 

2.00  X  10” 

0.05 

4600 

590 

720 

2256  X  10” 

0.06 

4645 

470 

630 

4.S7  X  10” 

0.10 

4680 

280 

430 

8.54  X  10” 

0.20 

4720 

130 

220 

1.32  X  10” 

0.31 

4855 

-0- 

43 

1.96  X  10” 

0.46 

4915 

—0 — 

-0- 

B.  Models  from  C I  and  La  wings  and  the  combined  model.  To  obtain  an  empiri¬ 
cal  model  that  extends  up  still  farther  into  the  chromosphere  than  that  based  on 
the  Si  I  continuum,  Lites  and  Cook  (1979)  have  used  the  observations  of  the  La 
wings  and  the  C  I  *D  continuum.  As  above,  they  nake  trial-and-error  adjustments 
of  the  model  atmosphere -T(m) -to  achieve  sufficient  agreement  between  synthe¬ 
sized  and  observed  spectra.  They  thus  find  the  run  of  hydrogen  ionization  that  is 
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consistent  with  the  radiative  transfer  equation,  a  steady-state  solution  of  the 
atomic  ionization-  and  excitation-rate  equations,  hydrostatic  equilibrium,  and  the 
assumed  T(m). 

The  synthesis  of  the  C  I  1  D  continuum  blended  with  the  Lyman-a  wing  is 
complicated  by  the  fact  that  the  La  wing  transfer  is  subject  to  significant  partial 
frequency  redistribution  effects,  while  the  C  I  continuum  is  not.  Details  of  this 
aspect  of  the  calculation  are  discussed  by  Lites  and  Cook  (1979).  They  approxi¬ 
mate  the  CI-CII  ionization  balance  by  specific  computation  of  the  radiative 
transfer  for  the  resonance  (3P)  continuum  (blended  with  the  Lyman  continuum) 
in  addition  to  the  1 D  continuum,  but  they  have  ignored  the  effects  of  C  I  line 
transfer  on  the  population  of  the  ground  state.  They  have  included  background 
continuous  sources  of  opacity  in  LTE  from  Si  I,  Mg  I,  Al  I,  Pe  I,  and  the  Ca  II  *’D 
continuum  at  1218  A.  Figure  6.5  shows  the  extent  of  agreement  between  the 
synthesized  and  observed  spectra.  In  the  range  in  which  the  data  are  significant, 
1200  <  X  <  1240  A,  the  synthesized  spectra  match  the  observed  brightness 
temperature  to  ±10-20  K. 

Figure  6.6  shows  the  combined  empirical  model  foi  the  9  August  flare.  This 
model  is  a  combination  of  the  photosphere  and  low  chromosphere  “average" 
model  from  Machado  cl  al.  (1978),  based  on  the  Si  I  continuum  and  K-linc  wing, 
and  the  chromospheric  model  of  Lites  and  Cook  (1978),  fiom  the  C  I  continuum 
and  the  La  wing.  The  C  I  and  La  wing  measurements  define  the  flare  model  in  the 
chromosphere  from  about  5800  K  to  about  9000  K.  The  observed  rise  in  intensity 
of  the  La  wing  for  the  9  August  1973  flare  suggests  that  the  chromosphere  in  this 
flare  was  more  pronounced  than  cither  of  the  Machado  et  al.  (1978)  models  would 
indicate.  The  intensities  of  the  La  wing  between  1220  and  1230  A  are  primarily 
responsible  for  the  sharp  rise  in  temperature  at  column  mass  10'3  in  the  model. 

Liles  and  Cook  retain  one  chaiacteristic  of  the  Machado  et  al.  (1978)  model 
that  is  crucial  to  the  results  of  the  La  line  profile  synthesis.  The  coronal  over¬ 
burden,  or  the  mass  column  density  above  the  level  of  the  Lyman  continuum 
optical  depth  unity,  is  taken  to  be  3  X  10~4  gem'3  in  these  models.  Machado 
and  Noyes  (1978)  have  studied  the  Lyman  continuum  intensities  of  several  flares 
using  the  Harvard  College  Observatory  S055  ultraviolet  spectrohcliometcr  aboard 
Skylab.  These  spectra  indicate  that  the  color  temperature  of  the  Lyman  continuum 
is  a  measure  of  the  electron  temperature  at  optical  depth  unity,  and  that  the 
brightness  temperature  at  the  head  of  the  continuum  gives  a  measure  of  the 
departures  from  LTL  in  the  hydrogen  ionization  balance.  The  later  quantity  is  a 
measure  of  the  pressure  at  optical  depth  unity  and  hence  yields  an  estimation  of 
the  coronal  overburden.  The  value  of  3  X  KT*  gem'3  is  about  75  times  greater 
than  the  corresponding  value  for  the  quiet  sun  (Vcrnazza  et  al.  1973);  hence,  the 
pressures  and  densities  in  the  flare  Juomosphcre  are  correspondingly  larger  and 
the  physical  extent  of  the  chromosphere  is  smaller.  This  compression  is  similar 
to  the  compression  of  plage  models  (Shine  and  Linsky,  1974)  and  earlier  flare 
models  (Machado  and  Linsky,  1975).  However,  observations  of  limb  flares  show 
that  Ha  emission  protrudes  considerably  above  the  surrounding  chromosphere. 
This  apparent  contradiction  is  probably  due  to  the  invalidity  of  the  hydrostatic 
equilibrium  assumption  in  the  models  above.  If  this  is  the  case,  then  what  the 
scmicmpirical  models  imply  is  that  the  pressure  is  high  in  the  regions  that  form 
the  hydrogen  spectrum,  but  not  that  the  radiation  originates  low  in  the  atmos¬ 
phere.  We  already  know  that  observations  of  transition-region  and  coronal  lines 
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during  flares  also  imply  higher  than  normal  pressures,  so  perhaps  we  should  riot 
be  surprised  that  chromospheric  lines  do  so,  also.  Another,  alternate  explanation 
of  the  Ha  emission  above  the  limb,  excitation  by  nonthermal  particles,  is  discussed 
by  Zirin  (1978). 

6.4.3.  Interpretation  Near  the  Temperature  Minimum 

We  now  turn  to  the  problem  of  reconciling  the  empirical  models  with  some  heating 
mechanism.  This  has  been  done  in  the  temperature-minimum  (7*mjn)  region  of  the 
atmosphere  by  Machado  et  al.  (1978).  They  assume  steady-state  energy  balance 
between  radiative  cooling  and  flare  heating,  taking  advantage  of  the  fact  that  at 
Tmin  levels  the  radiative  terms  are  dominated  by  the  H'ion,  due  to  the  relatively 
high  electron  pressures  and  low  temperatures  there.  Thus  the  energy  equation  is 
simply: 


£tm  (HO  »  £*,(H1  +  V  •  (Fac  +  Fcond  +  Fftjre)  ,  (6.4.1) 

where  Etm  (H‘)  and  £ab$(H*)  are  the  emitted  and  absorbed  energies,  respectively, 
of  the  H*  ion,  Fac  and  Fcond  are  the  acoustic  and  conductive  f|-  xes  respectively, 
in  the  7"min  region,  and  Fflare  is  due  to  the  enhanced  conditions  in  the  flare. 

Neglecting  V  •  Fcond,  due  to  the  low  temperatures  present,  and  eliminating 
the  absorption  of  acoustic  and  photospheric  radiation  field  fluxes  via  the  preflare 
temperature  structure  7"0(m),  it  proves  possible  to  solve  equation  (6.4.1)  analyti¬ 
cally  for  the  flare  temperature  enhancements  (7/7*0  ~  1).  for  known  V  *  Fflare. 
This  was  done  by  Machado  et  al.  (1978)  for  three  heating  mechanisms -electron 
bombardment  (c.f.  Syrovatskii  and  Schmeleva,  1972;  Brown,  1973;  see  also 
Sections  6.4.4  and  6.4.5),  proton  bombardment  (Najita  and  Orrall,  1970;§vestka, 
1970;  Lin  and  Hudson,  1976),  and  soft  X-ray  irradiation  (Somov,  1975;  Henoux 
and  Nakagawa,  1977;  Machado,  1978;  see  also  Section  6.4.6). 

The  resulting  temperature  enhancements  (over  preflare  temperature)  are  pre¬ 
sented  graphically  in  Figure  6.7,  for  three  levels  in  the  atmosphere— column 
number  densities  N-  2X  i022  cm’*,  the  preflare  7min  (dashed  curves),  N  = 
8.5  X  10”  cm-1,  deepest  reliable  A T  observation  (dot-dashed  curves)',  N  =  1: 2  X 
10”  cm*1,  flare  rmin  (solid).  For  electron  heating  (upper  figure),  the  parameters 
are  £20  kev.  the  energy  flux  (erg  cm*2  s*‘)  of  electrons  with  energy  above  20  keV, 
and  6,  the  differential  spectral  index  of  the  assumed  power-law  energy  spectra 
(c.f.  Brown,  1973).  Typically,  observed  hard  X-ray  spectral  indices  are  in  the  range 
3  £  7£  5  (c.f.  Hoyng  et  al.,  1976,  Datlowe  et  al.,  1974).  For  this  reason,  the 
calculations  of  heating  by  thick-target  electrons  (for  which  8  =  7  +  1)  are  carried 
out  for  6  =  •’•,  5,  and  6.  Energy  distributions  with  low  values  of  8  are  more  efficient 
heaters  at  all  depths  shown,  since  only  the  high-energy  tail  can  penetrate  to  those 
column  number  density  values.  The  middle  figure  shows  temperature  enhancements 
for  bombardment  by  protons  with  a  power-law  energy  spectrum  with  index  8  and 
boundary  flux  £j„\iev.  the  energy  flux  (erg  cm*2  s*1)  of  protons  with  energy 
above  20  MeV.  Here  calculations  have  also  been  made  only  for  8  =  4,  5,  and  6, 
although  values  as  small  as  8  =  2  have  been  found  for  major  flares  (c.f.  Lin  and 
Hudson,  1976).  Note,  however,  that  for  a  given  F20  MeV.  the  harder  spectra  are 
less  efficient  heaters  at  the  depths  considtsrea,  since  the  protons  that  heat  near  the 
temperature  minimum  are  those  of  £~  10—20  MeV.  The  results  given  in  the 
middle  panel  of  Figure  6.7  show  the  most  efficient  heaters  at  the  depths  of 
interest.  Results  for  other  less-effective  values  of  6,  as  low  as  5  =  2,  can  easily  be 
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estimated  from  the  results  given.  The  lower  figure  shows  enhancements  for  heating 
by  a  soft  X-ray  point  source,  with  emission  measure  £Af48  (EM  X  UP48,  cm'3) 
and  temperature  7,  (TX  10"7,  K),  situated  at  height  23  ( z  X  10'3,  km)  above  the 
heated  column  number  density. 

From  the  way  in  which  the  Machado  et  al.  (1978)  empirical  models  are  calcu¬ 
lated,  it  turns  out  that  the  most  reliable  h,T(m)  v'easurement  is  obtained  at 
m~  0.2  gem"2  (/V  =  8.5X  1022  cm-2);  the  enhancement  at  this  level  is  (Table 
6.1)  as  S%.  Reference  to  Figure  6.7  shows  that  this  implies,  for  each  mechanism 
in  turn,  either  Fjo  keV  >  10M  erg  cm'2  s~l ,  Fl0  MeV  -10*  ergcm'2  s*1 ,  or 
£Af48/z32  a  70,  respectively. 

Considering,  first,  electron  bombardment,  such  a  high  particle  flux  (especially 
some  ten  minutes  after  the  maximum  in  microw.ave  emission,  when  the  Machado 
et  al.  observations  were  made)  Is  incompatible  not  only  with  total  flare  energy 
requirements  (the  total  energy  needed  is  ~3  X  1033  erg),  but  also  with  the  low 
electron  fluxes  inferred  for  other  flares  from  the  EUV  observations  of  Emslie 
et  al.  (1978)  and  the  Ha  profile  studies  of  Brown  et  al.  (1978)  (see  also  Section 
6.4  4). 

Turning  to  proton  bombardment,  we  again  arrive  at  an  unacceptably  large 
energy  requirement,  approximately  an  order  of  magnitude  greater  than  the  inferred 
7-ray  fluxes  of  Ramaty  et  al.  (1974)  for  large  events.  The  requirement  is  even 
larger  for  the  7-ray  events,  since  for  them  6  =  2.  However,  since  the  threshold 
energy  for  7-ray  production  is  2*30  MeV,  it  is  conceivable  to  have  a  proton  energy 
spectrum  concentrated  around  10-20  MeV.  As  stated  above,  these  energies  corres¬ 
pond  to  particles  that  deposit  most  of  their  energy  in  the  vicinity  of  the  Tmin 
levels  (c.f.  Emslie,  1978),  and  the  reverse-current  stability  arguments,  which  dis¬ 
count  such  an  energy  spectrum  in  the  case  of  electrons,  do  not  hold  for  protons, 
due  to  die  much  larger  growth  times  of  such  instabilities  (c.f.  Smith,  1970). 
Machado  et  al.  find  that  such  a  mechanism  is,  in  fact,  marginally  effective  at  pro¬ 
ducing  the  observed  enhancements. 

Third,  using  emission  measures  inferred  from  SOLRAD  X-ray  data,  Machado 
et  al.  conclude  that  for  X-rays  to  produce  the  observed  enhancements,  the  source 
must  be  located  at  most  1000  km  above  the  photosphere.  The  resulting  very  small 
source  volume  (from  density  plus  emission  measure  considerations)  and  large 
temperature  gradients  near  such  a  source  make  this  model  incompatible  with 
currently  favored  models  of  chromospheric  structure.  Nevertheless,  Machado  etal. 
conclude  that  it  would  be  marginally  feasible  to  produce  their  “average”  structures 
on  the  basis  of  such  a  heating  process;  however,  reproducing  the  features  of  their 
“bright"  model  seems  very  unlikely. 

Finally,  Machado  et  al.  offer  three  suggestions  for  mechanisms  that  might 
indeed  be  operating  at  Tm-m  levels.  The  first  is  the  almost  monoenergetic  proton 
beams  mentioned  above.  The  second  is  heating  by  EUV  radiation  from  transition- 
zone  lines,  to  which  the  chromosphere  is  transparent  but  which  are  very  effectively 
absorbed  in  the  Tmin  layers.  Third,  some  form  of  local  heating  process  is  advocated, 
such  as  joule  heating  by  steady  currents. 

6.4.4.  Electron-Heated  Models 

Clearly,  the  chromosphere  is  the  first  place  to  look  fbr  the  effects  of  heating  by 
nontherma!  electron  bombardment.  For  the  chromosphere,  the  first  steady-state 
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model-building  was  done  by  Brown  (1973),  discussed  in  Section  6.2.1.  There  arc 
two  important  areas  in  which  Brown’s  (1973)  calculations  could  be  improved: 
(/)  convection  and  conduction;  and  (2)  radiative  losses.  Kostyuk  and  Pikd’ncr 
(1975),  Kostyuk  (1975a),  and  Somov  et  at.  (1977)  did  the  former;  during  the 
Workshop,  Brown  et  at.  (1978)  did  the  latter.  They  thus  assumed  that  heating 
increases  gradually  enough  to  permit  a  steady-state  radiative  solution  but  still  on 
a  time  scale  shorter  than  that  for  arrival  of  heat  flux  conducted  from  the  corona. 

Brown  et  at.  (1978)  obtained  quasi-stcady-state  solutions  of  the  energy  balance 
equation  assuming  heating  by  a  flare  electron  spectrum  of  power-law  form.  If  such 
electrons  arc  injected  downward  into  the  chromosphere  (thick-target  model)  the 
injection  rate  and  spectral  index  are  given  from  the  hard  X-ray  observations  by  the 
expressions  in  Biown  (1975).  Parameters  of  the  heating  are  F j0  uv  and  6,  as  in 
Section  6.4.3. 

This  heating  is  balanced  by  radiative  cooling.  In  the  chromosphere,  three 
radiative-loss  contributions  are  important:  heavy  clement  lines  and  continual  H" 
continuum;  and  the  hydrogen  Lyman  and  Balmcr  lines  and  continua.  Heavy 
element  lines  and  continua  were  crudely  estimated  by  assuming  them  to  be 
optically  thin,  using  an  extrapolation  of  McWhirtcr  ct  at.  (1975)  to  lower  tem¬ 
perature.  The  H*  and  optically-thick  Ha  and  La  losses  were  based  on  Canfield’s 
(1974b)  probabilistic  radiative-loss  technique.  Ha  and  La  were  assumed  to  be  the 
only  hydrogen  radiative-loss  contributions.  The  validity  of  this  approximation  can 
only  be  checked  by  a  more  complete  calculation.  However,  it  is  known  that 
Canfield's  (1974a)  assertion  that  continuum  losses  were  unimportant  was  incorrect, 
and  is  now  known  to  be  model-dependent  (Labonte,  1979).  Optical  depth  effects 
were  incorporated  by  numerically  solving  a  probabilistic  form  of  the  radiative 
transfer  equation,  whereas  H*  was  assumed  to  be  optically  thin.  The  energy  balance 
equation  was  solved  by  an  iterative  scheme,  adjusting  F  at  each  level  in  the  model 
grid  (at  constant  pressure)  until  a  model  converging  on  a  steady  state  was  obtained. 

Brown  et  at.  (1978)  have  calculated  models  for  a  single  election  energy  dif¬ 
ferential  spectral  index,  5  =  4,  and  four  values  of  the  cneigy  input  rate  for  electrons 
(C>20kcV),  Fjo  kev  =  108,  109 ,  1 0* 0 ,  and  10' 1  erg  cm‘:  s'1 .  The  resulting 
model  atmospheres  are  shown  in  Figure  6.8  in  lei  ms  of,  respectively,  T(z)  and 
A'h(^)  (total  hydrogen  density)  as  functions  of  height  2  above  the  photosphere.  In 
general,  the  results  differ  from  Brown  (1973)  in  deeper  penetration  of  the  heating 
(due  to  reduced  radiative  losses)  and  in  local  features  on  the  T(i)  profiles  due  to 
the  hydrogen-line  losses.  The  plateau  at  7"  =  104  K  is  due  to  the  manner  in  which 
the  optically-thin  radiative  losses  wcic  cut  off  and  so  may  be  spurious.  Particularly 
interesting  in  view  of  the  ATM  observations  of  EUV  continua  of  neutral  and 
singly-ioniaed  elements  is  the  healing  between  500 and  1000  km  (c.f.  Section  6.4.2). 
It  is  cut  off  at  the  lower  end  by  reduced  penetration  of  heating  and  increased 
effectiveness  of  radiative  cooling,  primarily  due  to  1 1".  The  models  can  be  checked 
for  self-consistency.  The  result  is  that  they  are  only  maiginally  self-consistent  in 
that  the  radiative  response  time  is  only  marginally  less  than  typical  beam  durations, 
of  order  100  s.  They  are  fully  self-consistent  from  the  point  of  view  of  conduction; 
TCOnd  5  10s  s-  However,  the  check  neglects  the  possibility  that,  in  reality,  transient, 
steep  conduction  fronts  may  be  picscnt. 

6.4.5.  Tests  of  Flection-Heated  Models 

The  obvious  way  to  test  the  chromospheric  electron-healing  models  is  to  establish 
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Fig.  6.S  Computed  temperature  (lop)  and  hydrogen  density  ('boiiomj  distributions  of  electron 
heated  models  for  F  . .  -  10*.  109.  !0X9.and  10xx  erg  cm  1  s  *. 


Fig,  6.9  Computed  and  observed  Ha  line  profiles  for  electron-heated  models.  Cashes:  computed 
from  the  models  for  given  F,0  values.  Dashes  between  various  symbols:  two  observed  7  August 
1972  flare  kernels,  each  at  1518  and  1521  UT  (Tanaka,  1977).  Solid:  combination  of 
computed  profiles  with  F!0  =  10'  and  10'°  erg  cm"1  s’1 ,  after  smoothing  with  60  km/s 
random  velocities. 
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the  relationship  between  some  chromospheric  observable  and  the  energy  injection 
rate  of  electrons  above  20  keV,  via  the  models,  and  then  to  check  whether  this 
relationship  is  supported  by  the  observational  data. 

Brown  et  at.  (1978)  have  computed  theoretical  Ha  profiles  following  Canfield 
and  Athay  (1974).  The  computed  Ha  profiles  for  the  four  model:  (F20  =  10®, 
109,  1010,  and  10u  erg  cm'1  s'*)  are  shown  in  Figure  6.9.  Three  facts  immediately 
emerge  from  a  comparison  of  the  computed  Ha  profiles  in  the  figure  and  typical 
flare  Ha  profiles  (c.f.  Svestka  1976,  p.  7): 

(7)  Large,  unresolved  variations  of  the  radial  velocity  from  point  to  point  in  the 
flare  are  implied,  since  the  observed  profiles  do  not  show  the  strong  central 
reversal  found  in  the  computed  profiles.  The  characteristic  velocity  ampli¬ 
tudes  must  be  of  order  several  tens  of  km  s'* . 

(2)  The  observed  total  intensities  of  even  major-flare  Ha  profiles  are  less  than 
those  of  the  F20  keV  3  1010  or  10"  erg  cm'1  s'* ;  most  flares  correspond  to 
Fjo  k*v  <  10’  erg  cm'1  s'* . 

(3)  The  observed  line  widths  of  major  flares  give  a  similar  picture,  i.e.,  they  fall 
between  the  calculated  profile  half-widths  for  FJ0  keV  =  109  and  F20  kev  3 
10*°  erg  cm'1  s'*. 

Brown  et  at.  (1978)  are  able  to  make  a  strong  test  by  using  observations  of  the 
large  flare  of  7  August  1972,  which  was  observed  in  both  hard  X-rays  and  Ha.  From 
the  observed  hard  X-ray  fluxes,  Hoyng  et  ol.  (1976)  infer  a  total  energy  input  rate 
above  20  keV,  or  3  X  1019  ergs'* .  Lin  and  Hudson  (1976)  obtain  2  X  1019  ergs'* . 
If  one  assumes  that  the  hard  X-ray  impact  area  is  that  of  the  broad,  bright  Ha 
flare  kernels  observed  by  Zirin  and  Tanaka  (1973),  i.e.,  6  X  10* 8  cm1 ,  a  value  of 
Fjo  kev  of  3-4.5  X  10**  erg  cm'1  s'*  is  implied.  Brown  et  at.  (1978)  fino  that 
the  best  match  b>  tween  the  observed  and  computed  Ha  half-widths  and  total  inten¬ 
sities  implies  a  value  of  FJ0  keV ,  averaged  over  the  kernel,  of  3  X  109  erg  cm'1  s'* , 
but  concentrated  in  about  1/3  of  the  observed  area.  Four  observed  flash-phase 
Ha  profiles  from  Zirin  and  Tanaka’s  (1973)  work  were  provided  by  Tanaka  (1977). 
These  are  shown  in  Figure  6.9  ( dashes  connecting  various  symbols).  Also  shown  is 
a  theoretical  profile  (solid  curve),  a  sum  of  the  FJ0  kev  =  109  and  10*°  erg  cm'1  s'* 
profiles  convolved  with  a  Gaussian  function  of  60-km/s  nonthermal  Doppler  width 
to  mimic  the  spatial  variation  of  the  radial  velocity,  and  scaled  to  match  the  central 
intensity  of  the  observed  profiles.  The  theoretical  profile  has  a  half-width  that 
matches  the  observations  within  their  observed  scatter. 

The  result  of  the  comparison  of  the  observed  and  computed  profiles  is  that  the 
response  of  the  chromosphere  in  Ha  seems  to  imply  a  nonthermal  electron  input 
that  is  1-2  orders  of  magnitude  less  than  that  which  would  be  inferred  on  the  basis 
of  purely  thick-target  bremsstrahlung  X-ray  emission.  Since  this  result,  if  confirmed 
in  general,  would  have  important  implication  for  the  electron  acceleration  process 
in  flares,  Brown  (1978)  has  attempted  to  extend  this  analysis  to  other  flares.  He 
has  undertaken  a  search  for  suitable  further  candidates  for  tests  among  the  ATM 
flares  but  has  met  with  severely  limited  success.  The  chief  difficulty  in  the  problem 
lies  in  getting  simultaneous  flash-phase  observations  of  hard  X-ray  and  Ha  kernel 
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spectra.  Problems  with  the  hard  X-rays  lie  in  instrumental  sensitivity  and  lack  of 
continuous  coverage.  Problems  with  the  Ha  observations  result  from  the  difficulty 
of  covering  a  flare  kernel  with  a  spectrograph  slit  at  the  right  time  (even  with  a 
multislit  spectrograph)  and  frc.n  the  lengthy  data  reduction  required  if  filtergrams 
are  used.  One  would  hope  that  the  kind  of  difficulties  that  have  been  encountered 
will  act  as  a  stimulus  to  obtain  go'-d  observational  coverage  and  coordination  in 
fugure  missions  such  as  SMM  and  to  include  rapid-scanning  slit-spectrograph  obser¬ 
vations. 

Of  the  ATM  flares,  only  that  of  21  January  1974  was  covered  in  hard  X-rays 
(by  OSO-7),  but  there  were  no  Ha  spectra  for  this  event.  For  a  number  of  flares, 
however,  it  was  possible  to  use  microwave  data  to  get  a  rough  estimate  of  the 
electron  flux,  using  the  method  of  Hudson  et  al.  (1978),  which  is  based  on  the 
empirical  relationship  between  hard  X-ray  flux  and  microwave  flux. 

Brown  (1978)  has  shown  another  approach,  which  is  theoretical,  rather  than 
empirical.  He  uses  the  relationship  given  by  Brown  and  Hoyng  (197S)  (for  an 
electron  spectral  index  8  a  3,  since  for  a  thin  target  8  =y-  1  and  typically  y  =  4 
in  X-ray  spectra,  as  discussed  above)  between  the  number  of  elections  N(E  >  20  keV) 
instantaneously  in  die  microwave  source  and  the  microwave  flux  density 
(■„  (10'“  Wm'5  Hz'1)  they  produce  at  frequency  v(GHz);  viz, 


/V  as  1 03 1  ljv(8im)'2  ,  (6.4.2) 


where  B  is  the  source  magnetic  field  in  gauss.  The  thick-target  power  P2 o  keV 
depends  on  the  lifetime  r  of  electrons  in  the  microwave  source  for  precipitation 
into  the  chromosphere, 
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Comparison  of  Eq.  (6.4.3)  with  Hudson  etal.  (1978)  fort>  a  10  GHz  (X=  3  cm) 
and  8  =  3  shows  that  the  average  value  of  tB 2  over  many  events  is  given  by 
<t(B/100)j  >  a  2  X  10'3.  If  the  lifetime  r  is  interpreted  as  i/tTe  for  a  source  size 
L,  then  the  typical  microwave  source  dimension  should  be  L  a  100  km  for  5  2  100 
gauss.  Though  this  is  not  unreasonable,  it  will  dearly  vary  from  flare  to  flare,  as 
will  B,  hence  contributing  to  the  scatter  of  about  one  order  of  magnitude  in  the 
observed  correlations  used  by  Hudson  et  al.  (1978).  Thus,  one  cannot  expect  to 
obtain  PJ0  keV  for  any  individual  event  to  better  than  an  order  of  magnitude  by 
this  method.  The  actual  thick-target  energy  flux  (erg  cm'5  s'* )  is  uncertain  by  a 
further  factor  in  the  impact  area  A,  but  this  difficulty  applies  equally  to  use  of  hard 
X-ray  data  without  spatial  resolution. 

David  L.  Croom  has  provided  microwave  data  (mostly  from  AFCRL)  for  five 
ATM  flares  in  the  form  of  peak  fluxes  at  a  variety  of  frequencies  v,  as  listed  in 
Table  6.2.  Also  listed  are  the  values  inferred  for  P2 0  following  from  Hudson  et  al. 
(1978)  for  an  assumed  spectral  index  of  4,  applied  to  data  in  the  3-10  GHz  range. 
One  of  these  four  flares,  that  of  5  September  1973,  was  also  covered  by  the  multi¬ 
slit  Ha  spectrograph  described  by  Martin  (1974).  Detailed  versions  of  these  Ha 
results  have  been  provided  by  Stephen  A.  Schoolm?,’.. 
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Examination  of  the  Ha  spectra  shows  that  the  Ha  line  width  maximized  about 
4  minutes  after  the  microwave  peak.  This  delay  does  not  necessarily  arise  from  the 
properties  of  the  flare  itself,  but  may  arise  merely  because  none  of  the  spectrograph 
slits  drifted  across  any  flare  kernel  until  that  time,  The  best  one  can  do  in  these 
circumstances  is  to  utilize  the  fact  that  as  a  matter  of  experience  (Martin,  1977) 
the  Ha  widths  in  the  main  phase  of  flares  set  a  lower  limit  to  those  in  the  impulsivt 
phase.  Brown  (1978)  has  therefore  measured  the  half-width  at  half  maximum  at 
the  time  of  maximum  width,  and  full  equivalent  width  of  the  flare  Ha  profile  in 
the  brightest  flare  knot  After  convolution  with  a  60  km  s'1  Gaussian  profile  to 
remove  the  central  reversal,  the  best-fit  model  profile  from  Brown  et  ol.  (1978) 
was  found  to  be  that  for  an  average  FI0  kev -  kev/A  s  109  ergem"2  s*1 
over  the  flare  kernel,  concentrated  in  about  1/3  or  in?  observed  kernel  area.  Fora 
kernel  area  of  1 01 8  cm2,  the  total  thick-target  power  required  to  heat  the  Ha  flares 
is  thusPjo  keV  £  10”  ergs*1. 

Reference  to  Table  6,2  shows  that  the  value  of  P2o  *ev  obtained  by  use  of  the 
microwave  data  is  approximately  6  X  1021  ergs-1,  which  is  a  factor  of  six  higher 
than  the  lower  limit  needed  for  Ha  heating.  Thus,  this  result  for  the  5  Sept,  f  are 
is  not  inconsistent  with  the  discrepancy  found  by  Brown  et  at.  (1978),  since  it  is  in 
the  same  direction.  However,  it  can  in  no  way  be  regarded  as  serious  support  for 
the  result,  since  the  P J0  keV  value  for  Ha  here  is  only  a  lower  limit  and  the  P20  w 
value  from  microwaves  is  uncertain  by  at  least  one  order  of  magnitude,  as  dis¬ 
cussed  above. 

6.4. 6.  Soft  X-Ray  Heated  Models 

In  Section  6.2  we  reviewed  the  pre-Workshop  theoretical  basis  on  which  to  expect 
measurable  heating  of  the  chromosphere  due  to  photoionization  by  soft  X-rays. 
Observationally,  heating  by  short-wavelength  radiation  was  first  proposed  by 
Jefferies  (1957)  and  Svestka  (1957)  to  explain  some  peculiarities  in  flare  spectra 
in  the  visible.  Thomas  and  Teske  (1971)  found  a  strong  statistical  correlation 
between  Ha  X-ray  flare  emission  for  a  large  number  of  flares.  Falciani  et  at.  (1977) 
have  recently  found  a  close  relationship  between  the  temporal  behavior  of  Ha 
and  soft  X-rays  within  flares.  There  seems  to  be  little  doubt  that  soft  X-ray  heating 
accounts  for  part,  though  not  all,  of  the  flare  response  of  the  chromosphere. 

Henoux  and  Nakagawa  (1978)  have  recently  extended  their  theoretical  work  on 
soft  X-ray  heating  by  constructing  dynamic  models  of  the  heating  of  the  chromo¬ 
sphere  by  the  1-300  A  X-ray  flux.  The  basic  heating  mechanism  is  generation  of 
photoelectrons  from  helium  and  other  abundant  elements  (C,  N,  0)  through 
absorption  of  soft  X-ray  photons,  followed  by  rapid  thermalization  of  photo¬ 
electrons  through  elastic  collisions  with  background  electrons,  as  well  as  direct 
ionization  and  excitations  of  hydrogen  by  the  photoelectrons. 

They  solve  the  basic  hydrodynamic  equations,  and  in  addition  incorporate  the 
rate  equations  for  excitation  and  ionization  of  hydrogen.  The  amount  of  energy 
deposited  by  soft  X-rays  is  added  as  a  source  term  in  the  energy  equation.  These 
are  balanced  by  mass  motions  and  radiation,  which  in  their  calculation  is  H~, 
Ha,  and  the  Balmer  continuum.  Simultaneous  solution  of  the  radiative  transfer 
equation  is  avoided  by  an  approximate  empirical  approach.  Work  is  cutrently  in 
progress  to  improve  on  this  approximation. 

Numerical  solutions  are  obtained  assuming  a  constant  soft  X-ray  flux  after 
2  =  0.  The  initial  atmosphere  is  the  HSRA,  and  extends  over  the  column  mass 
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range  -4.35  g  log  m  £0.05.  The  top  point  corresponds  to /»*=  1200  km  in  the 
steady  state;  motions  are  forced  to  vanish  at  the  bottom.  At  t  >  0,  the  atmosphere 
moves  to  achieve  a  new  equilibrium  state.  The  extent  of  the  atmosphere  considered 
first  increases  from  1200  km  at  m  =  lO"4,35  to  1500  km  in  the  first  4  min,  then 
decreases.  The  new  equilibrium  atmosphere  extends  to  1400  km.  First,  the  motion 
starts  as  upward  expansion  with  the  maximum  speed  reaching  4  km  s"1  after  100  s, 
while  the  velocity  amplitude  is  always  decreasing  deep  in  the  atmosphere.  The 
temperature  and  Velocity  both  then  begin  to  oscillate,  with  a  period  of  approxi¬ 
mately  270  s.  During  the  oscillation,  the  temperature  increase  coincides  with  down¬ 
ward  motion.  One  would  expect  a  real  flare  to  be  spatially  and  temporally  inhomo¬ 
geneous.  If  these  inhomogeneities  were  below  the  limit  of  spatial  resolution,  the 
only  effect  would  be  a  red  asymmetry  in  chromospheric  line  profiles,  as  is  observed. 

The  nearly-relaxed  state  of  the  atmosphere,  after  30  min  of  X-ray  irradiation,  is 
shown  in  Figure  6.10,  for  a  typical  soft  X-ray  flare  (T  -  107  K,  EM  -  2  X  1049cm'3, 
A  -  2  X  101*  cm2).  Compared  to  the  HSRA  (Gingerich  et  at.  1971),  one  can  see 
that  the  heated  region  extends  down  to  about  column  mass  m~10*‘  gmem'2. 
Since  the  initial  atmosphere  was  the  HSRA,  not  an  active-region  atmosphere,  the 
considerable  disagreement  with  die  empirical  Machado-Linsxy  (1975)  model  at 
m  ;>  10“2  gem-2  is  not  surprising.  Certainly  there  is  good  agreement  form  s  10'2. 
The  implication  of  this  figure  is  that  one  can  account  theoretically  for  at  least  some 
heating  of  the  chromosphere  during  flares  by  soft  X-rays. 

6.4. 7.  Observational  Evidence  for  Soft  X-ray  Heating 

Machado  (1978)  has  searched  for  quantitative  observational  evidence  for  soft 
X-ray  heating  in  the  upper  chromosphere,  as  is  predicted  by  the  theoretical  calcu¬ 
lations  (c.f.  Section  6.4.6),  He  has  used  Skylab  data  from  the  Harvard  College 
Observatory  EUV  spectroheliometer,  specifically  La  and  Lyman  continuum  (Lc) 
intensities.  These  data  are  a  useful  estimate  of  the  total  chromospheric  radiation, 
since  hydrogen  is  a  major  contributor  to  the  radiative  output  of  flares  (c.f. 
•Appendix  A,  Radiative  Output  of  the  5  September  1973  Flare).  The  basic  approach 
taken  is  to  identify  theoretically  the  region  from  which  the  observed  hydrogen 
radiation  originates  and  to  compare  it  with  both  the  expected  soft  X-ray  heating 
of  the  region  and  the  observed  hydrogen  radiation  of  flares  of  known  X-ray  intensity. 

First,  Machado  (1978)  estimated  the  region  of  formation  of  the  emergent  La 
and  Lc  radiation,  in  a  two-level  atom  approximation,  using  the  method  of  Athay 
(1972).  He  then  used  the  same  methods  as  Machado  et  al.  (1978)  to  estimate  the 
amount  of  soft  X-ray  radiation  absorbed  in  these  regions.  Photons  in  the 
30  £  100  A  region  are  most  important  in  heating  the  La  and  Lc  formation 

regions.  One  would  then  expect  that  if  soft  X-ray  heating  is  playing  a  dominant 
role  in  heating  some  part  of  the  chromosphere  of  a  flare,  the  amount  of  La  and  Lc 
radiation  should  not  exceed  energy  abosrbed  from  the  soft  X-rays  known  to  be 
incident  but  should  be  approximately  10-30%  of  this  value,  (c.f.  Appendix  A) 
bearing  in  mind  uncertainties  in  the  observations  and  calculations. 

The  flare  of  9  August  1973  gives  the  opportunity  of  testing  these  ideas.  It  is 
a  compact  flare,  not  so  close  to  the  limb  to  have  serious  projection-effect  problems. 
One-dimensional  scans  of  La  with  5  arc  second  resolution  through  the  brightest 
kernel  of  the  flare  show  a  clear  gradual  decrease  of  the  La  intensity  with  increasing 
distance  from  the  kernel,  as  in  Figure  6.11  (dashed  curves).  These  data  were 
obtained  during  the  decay  phase  of  the  flare.  The  solid  lines  in  Figure  6.11  are 


)  fhe  variation  of  electron  temperature  Tf  with  column  mats  m  for  X-ray  heated  models.  Solid  line:  temperature  distribution  after  30  min 
irradiation.  Dashed  line:  Machado  and  L  insky  flare-model  I.  Dotted  dashed  tine:  HSR  A  model. 


Fig.  6. It  Calculated  frolidj  and  observed  /'dished^  La  intensities  a:  a  function  of  distance 
from  the  9  August  1973  flare  kernel,  at  three  different  times:  (\)  1555  UT;  (2)  1558  UT;and 
(2)  1601  UT.  The  arrow  at  the  bottom  shows  the  extent  of  the  soft  X-ray  kernel  region. 


Canfield  et  at. 


263 


theoretical  estimates  of  the  energy  deposited  by  soft  X-rays  in  the  region  of  origin 
of  La,  convolved  with  a  5  arc  second  resolution  function.  They  have  arbitrarily 
been  scaled  (by  a  factor  of  1 .5)  to  agree  at  the  location  of  the  observed  bright 
X-ray  kernel,  assuming  the  source  to  be  a  point  located  5000  km  above  the  chromo¬ 
sphere  with  the  observed  iemperature  (1.4X107K)  and  emission  measure 
(1.3  X  10*’  cm”3)  of  the  9  August  flare,  using  Solrad  data.  Bearing  in  mind  the 
uncertainties  of  the  observation  and  calculation,  the  model  obviously  agrees  satis¬ 
factorily  with  the  observations. 

Machado  (1978)  also  found  other  observational  support  for  the  belief  that  soft 
X-ray  heating  plays  a  role  in  the  chromosphere  from  the  flare  of  7  September  1973, 
which  is  a  large,  double-ribbon  flare,  also  observed  in  La  (and  other  lines).  Features 
observed  in  La  include  bright  regions  with  sharp  boundaries,  thought  to  be  foot- 
points  of  hot  loops,  with  conductive,  chromospheric  heating,  and  a  diffuse  overall 
structure  (see  description  of  this  event  in  Chapter  8).  Measurements  were  obtained 
of  the  La  intensity  in  both  types  of  structures.  The  energy  deposited  in  the 
hydrogen-line  forming  region  by  soft  X-rays  from  a  source  of  height  15,000  km, 
between  the  bright  ribbons,  is  estimated  to  be  about  1 .3  X  1 06  erg  s'1 ,  as  compared 
with  an  observed  La  +  Lc  flux  or  2.3  X  1 06 1  rg  s”1 .  Here  it  does  not  appear  .o  be 
possible  to  account  for  the  radiation  solely  by  soft  X-ray  heating. 

Studies  carried  out  previously  of  Ha  filtergrams  have  not  shown  the  soft  X-ray 
halo  predicted  theoretically  and  reported  in  observations  by  Machadj  (1978). 
The  only  observations  of  apparent  halos  in  Ha  indicate  that  they  are  flash-phase 
phenomena,  and  have  a  much  more  impulsive  temporal  behavior  than  soft  X-rays 
(Martin,  1978).  One  would  expect  halos  in  Ha  if  they  are  present  in  La.  The 
observational  evidence  for  soft  X-ray  heating  of  the  chromosphere  must  therefore 
be  considered  to  be  very  weak  at  this  time. 

i 

6.4.8.  Search  for  Chromospheric  Flare  Protons 

Recently,  Orrall  and  Zirker  (1976)  have  suggested  a  method  for  detecting  the 
existence  of  1 0-300  kcV  nonthermal  proton  beams  impinging  on  the  chromo¬ 
sphere  from  above.  Downward-injected  fast  nonthermal  protons  exchange  electrons 
with  ambient  neutral  hydrogen  atoms,  producing  downward-moving  nonthermal 
neutral  hydrogen  atoms.  Some  fraction  of  these  atoms  are  excited,  or  become 
excited,  and  radiate  La  photons.  The  effect  on  the  flare  La  profile,  viewed  from 
above,  is  a  net  red-shift  of  the  emission  due  to  the  nonthermal  proton  beam.  Orrall 
and  Zirker  (1976)  go  on  to  show  that  this  effect  should  be  observable  even  if  non¬ 
thermal  protons  carry  only  1  percent  of  the  total  flare  energy. 

Canfield  and  Cook  (1978)  carried  out  a  search  for  this  effect  using  La  data  from 
the  NRL  UV  spectrograph  (Bartoe  et  at.,  1977),  S082B;  these  data  were  also  used 
by  Lites  and  Cook  (1979),  c.f.  Section  6.4,1,  Their  initial  examination  of  the  data 
for  the  flares  observed  by  S082B  (Packer  et  at.,  1977)  revealed  asymmetry,  but  i’, 
could  always  be  ac-cribed  to  Doppler  shifts,  the  Cl  1240  A  ionization  continuum, 
the  decreasing  sensitivity  of  the  instrument  toward  shorter  wavelengths,  or  the 
wavelength  dependence  of  the  Planck  function.  No  other  type  of  asymmetry,  such 
as  a  flare-related  broad  excess  intensity  centered  5-10  A  red  ward  of  La  center, 
was  apparent. 

The  9  August  1973  flare  was  chosen  for  detailed  study  because  it  is  the  most 
likely  flare  of  those  observed  to  show  impulsive-phase  proton-induced  asymmetries 
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in  La.  Preflare  spectra  were  available  near  the  location  at  which  the  flare  occurred, 
which  reduced  uncertainties  due  to  calibration  and  blends.  The  flare  occurred  close 
enough  to  disk  center  ( latitude  8°  N,  longitude  49°  W)  to  retain  reasonably  high 
Doppler  sensitivity  to  downward  motions.  The  on-board  Ha  monitor  and  coalign¬ 
ment  with  S082  slit  covered  the  point  common  to  the  two  observed  flare  loops, 
the  point  most  likely  to  show  impact  pehomena.  The  loop  orientation  made  it 
unlikely  that  downward-injected  protons  spiraling  along  the  field  lines  of  the  loop 
would  have  no  significant  line-of-sight  component.  Furthermore,  a  long-exposure 
(20s)  spectrogram  was  taken  at  1554  UT.at  which  time  solar  microwave  emission 
was  detected  at  a  variety  of  stations  [Solar-Geophysical  Data,  1974).  Data  from 
two  observatories  showed  this  radiation  to  be  partially  polarized,  which  is  evidence 
for  non  thermal  electrons. 

After  the  usual  photometry  and  calibration,  Canfield  and  Cook  (1978) 
compared  the  red  and  blue  wings  of  La  in  the  preflare  active  region  to  the  flare. 
They  found  that  the  flare  profile  showed  a  slight  red-wing  excess  relative  to  the 
preflare  profile.  In  the  inner-wing  region,  5  <  AX  <12  A,  they  obtain  a  flare 
excess  A Tb  -  37  ±  17  K,  where  Tb  is  the  brigntness  temperature.  This  value,  since 
it  is  not  statistically  significant  at  the  3o  level,  is  viewed  as  an  upper  limit.  The  value 
applies  to  1554  UT;  later  in  the  flare  AT  decreases  further.  This  excess  must  be 
corrected  for  dilution  with  the  active-region  spectrum  ( the  flare  fills  about  one- 
fourth  of  the  slit  area  of  2  X  60  arcsec).  The  result  is  that  the  excess  intensity  in 
the  red  wing  at  AX  =  8  A  from  the  flare  itself  is  A/  **  2  X  103  erg  cm'2  s'1  sr'1  A'1 . 

The  results  of  Orrall  and  Zirker  (1976)  were  then  used  to  compute  the  limits 
on  the  incident  energy  flux  in  protons.  They  calculate  the  nonthermal  La  radiation 
to  be  expected  at  various  AX  values  for  a  power-law  spectrum  of  protons,  for  three 
different  exponents  6P.  Canfield  and  Cook  (1978)  used  their  results  at 
AX  =  8A  for  6P  =  3  and  Fp  )0  xev  =  107  erg  cm'2  s'1,  where  Z^iokev  is  the 
incident  energy  flux  of  protons  above  lOkeV.  They  adopt  6P=3,  and  assume 
that  the  calculated  La  excess  scales  linearly  with  F>  l0  kev-  Also,  for  comparison 
with  electron  fluxes  (see  below)  they  convert  this  to  F p  |0  kev-  The  result  is  that 
the  observed  upper  limit  to  the  La  red-wing  asymmetry  corresponds  to  an  input 
proton  energy  flux  R  J0  keV  S  2  X  101  erg  cm'2  s'* . 

Since  the  proton  flux  must  be  expected  to  vary  considerably  from  flare  to 
flare,  the  most  interesting  quantity  is  probably  the  nonthermal  proton/electron 
energy  flux  ratio.  Using  the  method  of  Hudson  et  at.  (1978)  it  is  possible  to  obtain 
the  power  in  thick-target  electrons  from  the  observed  3-10  cm  microwave  flux 
density  SR.  At  1554  UT,  SR  was  about  7  solar  flux  units  and  showed  significant 
polarization  (Missandrakis  and  Kundu,  1975;  Matzler,  1977).  Since  the  spectral 
index  of  the  electrons  is  unknown,  a  value  typical  of  smati  flares (8*  =4)  is 
adopted.  This  leads  to  a  power  in  injected  electrons  of  1 .3  X  1027  erg  s"1 .  An  upper 
limit  to  the  compact  area  is  certainly  the  Ha  flare  area,  which  to  within  a  factor 
of  two  is  A  =  1,2 X  1018  cm2.  The  implied  value  of  F*0  keV=/>!o  kev/A55 
109  erg  cm-2  s'*.  The  electron  impact  area  is  probably  much  less  than  the  entire 
Ha  area,  so  the  value  of  F2*0  Rev  is  a  conservative  lower  limit,  i.e., 
FI o  keV  >  10’  ergem'2  s'1. 

The  upper  limit  to  the  ratio  Ff0  k ev/F20  keV,  by  the  above,  is  2  X  1 CT2 , 
with  an  uncertainty  of  about  an  order  of  magnitude.  This  large  uncertainty  can 
be  ascribed  to  several  elements  of  the  theory  and  observations.  On  the  theoretical 
side,  the  calculations  of  Orrall  and  Zirker  are  highly  simplified.  Observationally, 
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uncertainty  comes  from:  (7)  only  one  flare  has  been  observed  by  S082B  at  a  time 
when  there  is  a  possibility  of  nonthermal  electron  injection  into  the  chromosphere; 
(2)  the  spatial  resolution  of  the  ATM  data  is  rather  low,  so  the  La  radiation  comes 
from  places  in  the  loop  other  than  just  the  footpoints,  where  the  proton  motions 
would  be  most  parallel  to  the  line  of  sight;  (3)  the  electron  flux  is  estimated  by  the 
method  of  Hudson  et  at.  (1978),  which  has  an  uncertainty  of  about  an  otder  of 
magnitude.  Of  course,  if  the  precipitation  fraction  of  electrons  were  small,  say 
10~‘,  as  suggested  above  (see  Section  6,4.5),  then  the  upper  limit  to 
F-fo  kev/^ao  key  would  increase  by  an  order  of  magnitude.  However,  the  very 
conservative  value  of  the  lower  limit  adopted  fo,  Fjo  i^y  compensates  for  this 
partial  precipitation,  making  it  unlikely  that  Ff0  kev/^:o  kev  was  greater  than 
2  X  10"a,  with  the  uncertainty  specified  above. 


5.5  CONCLUSIONS 

At  corona'  and  transition-zone  t;mperatures,  the  ATM  data  have  offered  ha-d  tens 
for  some  models  and  have  been  discouragingly  inadequate  to  test  others.  We  found 
by  observing  the  amount  of  emission  at  T ^  10s  K  compared  to  T  £  106  K  that 
the  models  of  Antiochos  and  Sturrock  (1976,  1978)  did  not  pass  the  test  for  the 
small,  compact  flare  of  9  August  1973.  During  the  cooling  phase  of  this  flare,  at 
any  rate,  the  introduction  of  cool  chromospheric  material  into  the  hot  flare 
volume,  and  its  subsequent  effect  on  conductive  cooling,  evidently  does  not  play 
an  .important  role.  The  dominant  energy-loss  process  at  coronal  temperatures  in 
the  cooling  phase  of  this  flare  seems  to  be  radiation,  and  the  relative  lack  of 
transition-region  radiation  may  well  be  an  effect  of  radiative  instability. 

Our  efforts  to  provide  observational  data  with  which  to  test  the  predictions 
of  hydrodynamic  models  of  the  flare  atmosphere  have  been  partially  frustrated 
by  spatial  and  temporal  resolution  inadequate  to  resob  e  a  unique  event  within  the 
field  of  view  of  the  instrument.  However,  this  difficulty  has  been  overcome  to  some 
extent  by  modeling  the  lower  transition-zone  data  assuming  two  components 
within  the  field  of  view,  one  moving  and  one  static.  This  has  revealed  tantalizing 
suggestions  of  temperature,  density,  and  velocity  interrelationships.  The  densities 
in  dynamical  events  always  appear  to  be  at  least  an  order  of  magnitude  greater 
than  in  the  quiet  sun,  suggesting  shock  phenomena.  In  all  flares,  the  volumes 
implied  by  observed  densities  and  emission  measures  are  small,  of  order  one  second 
of  arc  along  a  side.  Finally,  in  the  events  we  have  studied,  which  were  chosen  for 
their  wide  line  profiles,  the  nonthermal  broadening  velocities  often  exceed 
100  km  s'1 ,  reaching  almost  2C0  km  s'J  in  one  extreme  case.  This  is  obvious 
evidence  for  either  chaotic  motions  or  waves  whose  amplitude  is  much  in  excess 
of  what  is  normally  found  in  active  regions. 

We  have  been  able  to  demonstrate  that  the  numerical  hydrodynamic  models  of 
Kostyuk  and  Pikel'ner  (1975)  show  rapidly  decreasing  temperature  and  increasing 
soft  X-ray  emission  measure  in  the  early  cooling  phase,  which  Craig  and  McClymont 
(1978)  have  shown  to  be  a  general  characteristic  of  dynamic  models.  It  is 
particularly  interesting  that  these  models  also  predict  that  the  emission  measure 
per  column  of  unit  cross-section  should  peak  considerably  later  at  transilion-icgion 
temperatures  (10s  <  7" <  1 06  K)  than  coronal  temperatures  (T>  106  K).  The  iisc 
in  transition-region  emission  measure  lags  the  coronal  component  by  about  eight 
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minutes  in  the  model  examined,  and  the  fall  is  much  slower.  Finally,  the  transition- 
region  emission  measure  is  an  order  of  magnitude  greater  than  the  coronal  emission 
measure,  which  certainly  is  not  what  Underwood  et  at.  (1978)  found  for  the 
9  August  flare.  These  conclusions  need  to  be  strengthened,  both  observationally 
and  theoretically. 

In  the  chromosphere  and  upper  photosphere  we  have  made  considerable  progress 
on  sorting  out  the  mechanisms  for  the  flare  as  manifested  in  the  lower  flare  atmos¬ 
phere.  We  have  begun  by  using  the  observations  to  measure  empirically  the  amount 
of  flare  heating  as  a  function  of  depth  in  the  atmosphere.  Our  ATM  observations 
of  ultraviolet  continua  and  line  wings  in  the  visible  confirm  that  during  flares  the 
chromosphere  is  heated  more  than  the  lower  atmosphere,  pushing  the  point  of 
minimum  temperature  down  deeper  during  flares.  Considerable  energy  is  radiated 
by  these  layers,  as  can  also  be  seen  in  the  5  September  1973  flare  study  (Appendix 
A).  Continuous  heating  of  the  temperature-minimum  region  is  required  during  the 
cooling  phase.  We  have  constructed  empirical  heating  models  with  temperature  and 
density  distributions  that,  when  used  to  compute  synthetic  spectra,  result  in  a 
satisfactory  match  to  the  observations.  These  models  exttnd  from  the  temperature 
minimum  well  into  the  chromosphere,  up  to  about  T~  9000  K. 

The  empirical  models  have  been  compared  with  theory  primarily  near  the  base 
of  the  chromosphere,  at  the  temperature  minimum.  Our  efforts  to  explain  the 
empirical  models  in  terms  of  the  "canonical”  model  of  heating-i.e.,  as  a  secondary 
effect  of  primary  energy  release  elsewhere  in  the  flare-suggest  that  this  model 
may  not  be  fully  justified  near  the  temperature  minimum.  Although  it  is  hard  for 
particles,  conducted  heat,  shocks,  or  radiation  to  penetrate  below  the  temperature 
minimum,  it  is  also  true  that  the  heating  at  that  depth  is  observed  to  be  small- 
small  enough,  in  fact,  that  the  uncertainty  of  the  measurements  made  to  date  is 
too  great  to  rule  out  some  heating  sources.  At  about  the  flare  temperature 
minimum,  on  the  other  hand,  the  heating  is  enough  so  that  the  observed  enhance¬ 
ments  are  marginally  significant;  there,  we  find  that  we  can  completely  rule  out 
heating  by  nonthermal  protons,  except  under  very  specialized  assumptions  of 
almost  monoenergetic  beams  of  deka-MeV  protons.  Electrons  probably  cannot 
account  for  more  than  a  modest  fraction  of  the  observed  heating  in  the  lower 
chromosphere,  although  higher  in  the  atmosphere  (say  the  Ha-forming  region) 
they  can  do  the  job  with  energy  to  spare.  We  believe  the  most  likely  source  for 
heating  the  temperature-minimum  region  is  probably  soft  X-rays.  They  can  account 
for  much  of  the  relatively  homogeneous  structure;  on  the  other  hand,  spatially 
well-defined  features  are  observed  that  are  almost  certainly  caused  by  some  other 
mechanism,  perhaps  UV  or  EUV  radiation.  Further  observations  at  this  level  of  the 
atmosphere  are  certainly  needed,  but  they  must  include  the  preflare  state  at  the 
flare  site. 

In  the  chromosphere,  on  the  other  hand,  there  is  no  doubt  that  the  observed 
heating  can  be  understood  in  terms  of  the  canonical  model.  We  have  evidence 
that  heating  by  nonthermal  electrons  is  more  than  sufficient  to  produce  observed 
Ha  flare  kernel  spectra.  In  fact,  comparison  of  hard  X-ray,  Ha,  and  EUV  obser¬ 
vations  for  the  same  flares  implies  that  all  the  available  electrons  do  not  penetrate 
to  the  chromosphere-if  they  did  so,  the  effect  on  the  chromosphere  would  be 
larger  than  observed,  even  in  kernels.  We  have  been  partially  frustrated  by  the  lack 
of  hard  X-ray  instrumentation  on  ATM,  for  the  determination  of  high-energy 
electron  properties.  We  have  managed  to  offset  this  in  part  by  empirical  and 
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theoretical  methods  using  microwave  data,  but  these  are  beset  by  an  uncertainty 
of  about  an  order  of  magnitude.  Another  result  that  has  emerged  both  during  the 
Workshop  and  before  is  the  large  flare  mass  motions  implied  by  the  large  widths 
of  strong  lines  from  the  chromosphere.  The  velocities  implied  arc  intermediate 
between  the  small  values  from  weaker  photospheric  and  lower-chromospheric 
lines  and  the  larger  values  from  the  transition  region.  The  fact  that,  in  the  visible, 
narrow  metal  lines  are  observed  in  flares  must  be  due  to  their  origin  deeper  in  the 
atmosphere  than  lines  like  Ha  or  Ca  II  K,  where  motions  are  apparently  relatively 
small.  Finally,  it  seems  clear  theoretically  that  some  flare  heating  in  the  chromo¬ 
sphere  must  occur  because  of  irradiation  by  soft  X-rays.  Our  study  of  the  Skylab 
data  shows  effects  quantitatively  consistent  with  the  theoretical  calculations,  with 
regard  to  both  amplitude  and  spatial  dependence  of  the  heating. 

Our  search  for  evidence  of  injection  into  the  chromosphere  of  fast  protons  in 
the  10-100  keV  range  has  yielded  negative  results.  The  data  for  the  ATM  flares 
showed  none  of  the  expected  wing  asymmetry  in  La  due  to  these  protons.  For 
the  only  flare  studied  quantitatively,  an  upper  limit  of  about  2X  10*2,  with  an 
uncertainty  of  about  one  orde*  of  magnitude,  could  be  placed  on  the  proton- 
electron  energy  flux  ratio,  assuming  a  thick  target  and  complete  precipitation  for 
both  electrons  and  protons.  Since  we  find  that  one  would  also  not  expect  proton¬ 
heating  effects  at  the  temperature  minimum,  and  since  the  identification  of  McV 
protons  with  white-light  flares  is  quite  uncertain,  the  only  evidence  for  the 
injection  of  non  thermal  protons  into  the  chromosphere  during  flares  seems  to  he 
the  7-ray  emission  (see  Chapter  4). 

We  would  like  to  close  by  discussing  a  simplified  model  of  the  horizontal 
structure  of  a  flare  as  seen  in  the  chromosphere,  which  summarizes  our  view  of  the 
processes  affecting  the  tower  atmosphere  during  flares.  This  model  is  suggested  by 
our  Workshop  results,  building  on  previous  knowledge.  At  risk  of  oversimplification, 
we  represent  in  Figure  6.12  the  phenomena  that  one  might  see  along  a  line  through 
a  classical,  large,  two-ribbon  flare,  starting  in  a  bright,  chromospheric  flare  kernel. 
The  abscissa  represents  the  amount  of  flare  heating;  the  ordinate  is  the  horizontal 
distance  from  the  kernel.  Region  a  is  the  flare  kernel.  This  is  most  probably  the 
site  of  heating  by  electrons,  and  is,  of  course,  connected  by  magnetic  field  lines 
to  the  site  of  particle  acceleration.  It  is  also  part  of  a  flare  ribbon,  so  here  normal 
ribbon-heating  processes  also  obtain  (see  below).  The  temporal  association  of 
chromospheric  flare  kernels  with  microwave  and  hard  X-rays  supports  the  identifi¬ 
cation  of  nonlhermal  particles  as  the  source  of  heating  in  kernels.  Any  models  that 
invoke  the  presence  of  nonthermal  particles  therefore  presumably  apply  only  to 
kernels.  White-light  emission  coincides  spatia’  -  with  kernels,  but  there  is  contro¬ 
versy  about  whether  this  is  caused  by  proton.  *-i  electrons.  Region  b  lies  between 
the  flare  ribbons,  and  apparently  is  heated  in  p  •  v  soft  X-ray  radiation  from  the 
overlying  arcade  of  coronal  loops.  At  this  time,  however,  we  believe  that  other 
sources  of  emission  may  exist,  and  the  evidence  for  the  soft  X-ray  heating  is 
primarily  theoretical.  Region  c  is  the  flare  ribbon,  sharpest  on  the  outer  edge.  The 
ribbons  are  known  from  the  Workshop  and  before  to  be  connected  by  blight 
X-ray  loops.  Hence,  soft  X-ray  heating  contributes  here,  but  cannot  be  the 
dominant  heating,  since  the  outer  edge  is  sharp.  It  would  seem  that  thermal 
conduction  is  probably  dominant  here,  but  we  know  of  no  quantitative  confir¬ 
mation  of  this  specula. ion.  The  theory  of  Kopp  and  Pncuman  (1976)  leads  us  to 
believe  that  the  loops  that  connect  to  the  outer  edge  of  the  ribbon  aie  hottest, 
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Fig.  6.12  Schematic  representation  of  chromospheric  flare  features  along  a  horizontal  line 
through  a  flare,  starting  in  a  kernel. 
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which  would  imply  greater  conductive  flux  to  the  chromosphere,  and  account  for 
the  greater  brightness  at  the  outer  edge.  It  is  possible  that  shock  heating  plays  a  role 
at  some  point  within  the  loops,  since  observational  evidence  for  infalling  material 
exists  here.  We  have  not  considered  either  of  the  latter  two  topics  in  quantiative 
modeling  during  the  Workshop;  both  are  discussed  by  Svcstka  (1976)  and  in 
Chapter  8.  Finally,  region  d  is  the  soft  X-ray  halo,  for  which  observational  evidence 
is  very  spare  at  present.  Heating  in  the  halo  is  due  to  soft  X-rays,  and  is  rather  weak 
compared  to  heating  in  the  kernel  and  ribbon.  The  heating  fails  off  gradually  with 
distance  from  the  soft  X-ray  source,  simply  due  to  the  decrease  of  the  intensity  of 
incident  soft  X-ray  radiation. 
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ii)  Radiative  Energy  Output  of  the  5  September  1973  Flare 

This  paper,  published  as  Appendix  A  of  the  monograph  Solar  Flares .  edited 
by  P.A.  Sturrock,  is  a  benchmark  reference  paper;  it  is  the  only  available 
measurement  of  the  radiative  energy  output  of  any  flare  over  such  a  wide  range  of 
the  spectrum  (X-rays  to  radio).  In  research  work  it  has  been  useful  often,  to 
demonstrate  that  the  kinetic  energy  that  flares  put  into  mass  ejections  is  often 
one  to  two  orders  of  magnitude  more  than  their  radiated  energy.  It  has  also  been 
used  as  the  observational  data  for  theoretical  studies;  among  other  things,  it 
demonstrates  the  role  of  thermal  conduction  in  determining  the  structure  of  the 
flare  plasma. 
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A.l  INTRODUCTION 


In  this  appendix  we  present  results  of  a  unique  study:  for  the  first  time,  we  have 
measured  the  radiative  energy  output  of  a  single  flare  over  a  range  of  mote  than 
ten  decades  in  wavelength,  from  below  one  Angstrom  to  above  one  meter.  Our 
data  permit  us  to  determine  the  absolute  intensity  of  radiative  energy  output  over 
this  entire  range  at  the  time  of  flare  maximum  (1831  U1 ,  5  September  1973). 
Previous  estimates  of  the  distribution  of  radiation  over  a  wide  range  in  flare  spectia 
have  been  made  by  Ellison  (1963),  Bruzck  (1967),  dc  Jagcr  (1970),  Lin  (1974), 
Lin  and  Hudson  (1976),  and  others.  Our  data  represent  an  important  improvement, 
since  they  apply  to  a  single  flare;  the  next  step  is  to  repeat  what  we  have  done,  for 
a  variety  of  flares. 

This  flare  was  chosen  for  analysis  because  it  was  well  obseived  from  both  Skylab 
and  Earth.  We  provide  only  limited  moiphological  detail  below;  further  infoimation 
appears  in  Appendix  13,  in  Chapter  .2,  and  in  Solar-Geophysical  Data  (1971).  We 
have  deliberately  chosen  to  present  these  data  in  uninterpreted  form;  we  expect 
that  their  utility  will  be  amply  demonstrated  by  their  use  in  the  future. 

Throughout  this  appendix,  we  will  assume  that  the  specific  intensity  of  the 
radiation  emerging  from  the  flare  volume  is  isotropic.  We  also  assume  that  radiation 
emitted  back  toward  the  sun  is  subsequently  reemitted,  so  that  the  rauiated  power 
is  obtained  by  multiplying  the  observed  specific  intensity  by  2n  stcradians  and  the 
projected  area  of  the  flate. 


A.2  SOFT  X-RAYS  (1-20  A) 

The  X-ray  flux  at  1  AU  in  the  band  0.5-20 A  was  measured  from  SOLRAD-9. 
The  instantaneous  X-iny  fluxes  were  determined  once  pet  minute  in  the  bands 
0.5-3A,  1-8 A,  and  8-16A.  The  values  given  by  Dere  ct  al.  (1977)  aic  shown 
in  Figure  A.l.  This  figure  also  shows  the  times  of  measurements  at  other  wave¬ 
lengths,  reported  latci  in  this  appendix.  The  apparent  constancy  of  the  1-8  A  and 
8-20  A  channels  near  Hare  maximum  is  due  to  coarse  digitization  of  the  ioni¬ 
zation-chamber  currents.  The  eirois  in  these  flux  values  due  to  detector  uncei  tain  lies 
probably  do  not  exceed  20%. 

The  flux  values  aie  derived  from  the  ioni/ation-chamber  cuirents  assuming  a 
solar  gray-body  spectrum.  The  observed  solar  spcctium  in  this  \sasciength  region 
is  produced  by  optically  thin  thermal  bremsslruhlung,  radiative  recombination, 
and  line  emission.  If  sucit  a  spectrum  is  used  lor  the  5  September  flare,  the  derived 
0.5-3  A  flux  values  are  increased  by  a  factor  1.5  and  the  1-8  A  flux  is  decicascd 
by  a  factor  of  about  0.7  (see  Dere  ci  a!.,  1974). 
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Observatory  Ha  multislit  spectrograph  (see  Sect.  A.6); 
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In  Table  A.1,  columns  2  and  3,  we  give  the  SOLRAD-9  fluxes  in  the  1-8  A  and 
8-20  A  bands.  Powers  of  ten  are  enclosed  in  parentheses.  In  column  4  we  have 
determined  the  radiative  power  output  appropriate  to  the  flare  itself  in  the  1—20  A 
range  by  first  subtracting  background  flux  values  from  both  1-8  A  and  8-20  A 
channels,  then  computing  the  radiative  power  output  P  from  the  flux  at  1  AU,  F : 

P  =  'lit  (1  au)2  F-  1.41  X  1027  F  (cgs).  (A.2.1) 


A.3  XUV  LINES  (171-345  A) 

The  Naval  Research  Laboratory’s  Skylab  XUV  spcctrohcliograph  (S082A)  obtained 
photographic  flare  images  at  1831  UT  and  1837  UT  (sec  Fig.  A.1).  Both  covered  the 
wavelength  region  171-345  A,  and  were  short  exposures,  so  that  spectroheliograms 
in  only  the  most  intense  lines  were  recorded.  Values  of  radiated  power  at  these  two 
times  arc  given  in  Table  A.2.  These  are  based  on  the  flux  measurements  of  Derc 
et  al.  (1977)  and  Eq,  (A.2.1),  except  for  the  He  II  lines,  which  have  not  been 
published  previously,  but  are  determined  by  the  same  method.  The  accuracy  of  the 
data  is  approximately  a  factor  of  two  in  absolute  power,  except  for  He  II  30*1  A, 
which  is  probably  good  to  only  an  order  of  magnitude  due  to  overexposure  of  its 
very  intense  image.  Preflare  background  power  values  have  not  been  subtracted,  but 
they  arc  negligible  (within  the  accuracy  of  the  data)  for  all  lines  except  possibly 
He  II  304  A  and  He  II  256  A.  Note  that  since  the  304  A  line  dominates  the  XUV 
lines,  and  is  good  only  to  order  of  magnitude,  the  total  contribution  of  XUV  lines 
in  the  table  is  also  good  only  to  order  of  magnitude.  For  304  A,  the  background 
contribution  is  certainly  less  than  20%,  for  256  A,  the  background  contributes 
still  less. 

The  time  histories  of  these  emissions  are  consistent  with  those  observed  in  other 
flares,  such  as  that  of  9  August  1973  (Derc  and  Cook,  1979).  Thcie  the  flare 
(T~107K),  lower  transition-zone,  and  chromospheric  lines  monotonically  fall 
during  the  decay  phase,  while  the  coronal  and  upper  transition-zone  lines  exhibit 
a  dramatic  (as  much  as  a  factor  of  10)  rise  and  fall  during  this  same  peiiod  of  time. 


A.4  Mg  X  625  A,  H  I  LYMAN-a  AND  C  II  1335  A 

The  tlarvaid  College  Observatory  F.UV  spcctroheliometei  (S055)  on  Skylab  (Reeves 
et  al.,  1977)  operated  in  two  modes  during  this  flaie:  one-dimensional  “line  scans” 
(5"  X  300"  with  5  minute  time  resolution),  and  “raster  scans"  (<300"X  300" 
with  <5.5  minute  time  resolution).  In  both  modes,  spatial  icsolution  was  5"  X  5". 
Table  A.3  summarizes  the  S055  observations;  timing  relative  to  other  data  is 
indicated  in  Figure  Al.  It  is  important  to  note  that,  near  flaie  maximum,  the 
instrument  wa>  in  the  line-scan  mode,  so  to  infer  the  powei, radiated  by  the  whole 
flare  it  is  necessary  to  extrapolate  from  the  line  scan  to  the  whole  flare  area.  Four 
two-dimensional  raster  scans  (Table  A.3)  are  used  for  this  purpose. 

The  reduction  procedure  consisted  of  the  following  steps.  (7)  Using  the  cali¬ 
bration  of  Reeves  et  al.  (1977),  dctennine  the  intensity  as  a  function  of  position 
and  time  J(x,f)  along  the  line  scan.  (2)  Form  the  differenced  intensity 
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Table  A.1 

SOFT  X-RAYS  (1- 

-20  A) 

Time 

Flux  at  1  AU 

Power 

(ur) 

(erg  cm'1  i' ) 

(erg  s'1 ) 

1-8  A 

8-20  A 

1-20  A 

1827 

4.4(— 4) 

9.0(—  3) 

2.2(24) 

1828 

7.9(-4) 

1.01-2) 

2.7(24) 

1829 

2.3(-3) 

1.4  (-2) 

1.1(25) 

1830 

6.5(-3) 

2.4(-2) 

3.1(25) 

1831 

1.3(-2) 

4.0(— 2) 

6.3(25) 

1332 

1.3(-2) 

4.0(-2) 

6.3(25) 

1833 

1.3(-2) 

4.0(-2) 

6.3(25) 

1834 

1 -3(— 2) 

4.0(-2) 

6.3(25) 

1835 

7.3(-3) 

-4.0(-2) 

5.5(25) 

1336 

5.21-3) 

4.0(-2) 

5.2(25)  . 

1837 

3.6(—  3) 

2.5(-2) 

2.5(25) 

1S38 

2.2(— 3) 

1J»(-2> 

1.8(25) 

‘  1839 

1.5  (-3) 

1-61-2) 

1.2(2 S) 

1840 

7.9(-4) 

1.31-2) 

6.9(24) 

1841 

6.1  (—4) 

1.K-2) 

3.9(24) 

1812 

6.1  H) 

9.2  (-3) 

1.3(24) 

1813 

3.S(— 4) 

9.0(-3) 

7.0(23) 

1844 

S.2(-4) 

8.5{-3) 

2.4(23) 

1845  4.4{-4)  8.7(-3)  4.1(23) 


Canfield  ct  uL 


TABLE  A .2 


BRIGHTEST  XUV  LINES  (171-345  A) 

Ion  \(A)  Power  (ergs*1 ) 

1831  UT  1837  UT 

Me  II 

23-1 

1.5(23) 

~ 

237 

1.8(23) 

5.5(22) 

243 

3.4(23) 

1.1(23) 

256 

9.0(23) 

1.7(23) 

304 

1.0(25) 

1.4(24) 

Ca  XVII 

193 

- 

1.4(23) 

Cj  XVIII 

345 

- 

5.6(22) 

Fe  XIII 

204 

- 

8.9(22) 

252 

- 

3.5(22) 

Fe  XIV 

211 

- 

8.9(22) 

219 

- 

1.4(23) 

252 

- 

4.5(22) 

265 

2.8(23) 

1.4(23) 

274 

- 

7.1(22) 

Fe  XV 

234 

- 

1.1(23)  b 

244 

- 

1.1(23) 

284 

1.1(24) 

1.1(24) 

Fe  XVI 

251 

•• 

1.4(23) 

263 

2.2(23) 

2.8(23) 

335 

2.2(24) 

2.8(24) 

Fe  XXIII 

264 

8.9(22) 

- 

Fe  XXIV 

192 

5.6(23) 

- 

255 

2.8(23) 

- 

Ni  XVII 

249 

- 

1.8(23) 

Ni  XVIII 

234 

- 

1.1(23)  b 

321 

- 

1.8(23) 

Toul 

1.6(25) 

7.5(24) 

Mole:  b  -  blended 
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TABLE  A.3 

SUMMARY  OF  EUV  SPECTROMELIGMETER  OBSERVATIONS 


Sort  End  Scan  Pointing  Data  Quality  Remarks 

5  September  1973  Mode 


X  1335 

vO 

ri 

< 

CN 

r-v 

o 

< 

r* 

Ox 

< 

968  Y 

CN 

VO 

< 

•/*» 

cn 

< 

1653:36 

1659:06 

Raster 

McMath  510 

<2 

a 

a 

a 

c 

a 

a 

PrcfUre 

1824:58 

1828:55 

Raster 

McMath  S10 

a 

a 

a 

a 

a 

a 

a 

Flare  Rise, 

1829:05 

1833:05 

Line 

Thru  Flare 

b 

b 

c 

d 

e 

a 

d 

Flare  Rise, 
Maximum, 
Fall 

1838:45 

1848:44 

Line 

20"  W  of  Flare 

a 

a 

c 

c 

e 

a 

d 

Flare  Fall 

1850:18 

1855:48 

Raster 

McMath  5 1 0 

a 

a 

a 

a 

c 

a 

a 

Flare  Fad 

1903:57 

1909:30 

Raster 

McMath  510  ' 

a 

a 

a 

a 

X 

a 

a 

Post-Flare 

Notes:  a-good  data;  b-1  or  2-bit  overflows  (recoverable):  c-3  or  more  bit  overflows 

(irrecoverable);  d -high-voltage  tripouts  during  flare  peak;  e-small  amount  of  data; 
x-no  data. 


l{x,t)s  J  (x,t)  -  J(x,  )826  ut}.  (3)  Oblain  the  flare  power  in  the  line  scan 
/y  (/)  by  integrating  l(x,t)  along  the  line  scan  and  multiplying  by  2ti.  (4)  Multi¬ 
ply  this  power  by  an  extrapolation  factor  to  oblain  the  total  radiated  flare  power 
P(t)  for  the  three  spectral  lines  scanned  throughout  the  flare. 

The  extrapolation  factor  in  step  (4)  is  P(l)/P'(t).  Flare-rise  and  flare-fall  values 
of  ihis  factor  were  determined  for  each  line  from  the  differenced  intensity  rasters, 
Figure  A, 2.  This  Fgure  shows  the  two-dimensional  distribution  of  differenced 
intensity  on  a  simple  five-level  scale  based  on  /c,  the  cutoff  value  of  /  that  defines 
a  differenced  intensity  slightly  above  the  "noise"  level  of  intensity  changes  that 
arc  not  specifically  related  to  the  flare.  Some  areas  in  the  raster  darken  between 
the  prcflarc  and  flare-rise  rasters,  which  accounts  (or  areas  for  which  /  <  0.  The 
flare-rise  and  flare-fall  values  of  the  extrapolation  factor  were  determined  for  each 
line  from  the  differenced  intensity  rasters  shown  in  Figure  A.2.  Flare-rise 
(/  1829  UT)  values  of  the  extrapolation  factor  were  2.2,  -1.3,  and  2.1  for  X 1216, 

X  1335  and  X625,  respectively.  Corresponding  flare-fall  (t  ~  1833  ut)  values  were 
12,  16,  and  16.  We  were  forced  by  lack  of  alternatives  to  adopt  a  linear  time- 
dependence  of  these  P(t)iP'(t)  values  to  interpolate  between  1829  UT  and 
1833  UT.  This  technique  docs  not  strictly  give  a  unique  result  because  of  the 
limited  field  of  view  and  possible  subflares  between  the  flare-rise  and  flare-fall 
spectroheliograms.  Nevertheless,  various  trials  with  subsets  of  the  spectroheliograms 
suggest  that  the  extrapolation  factor  is  accurate  to  within  about  a  factor  of  2.  The 
absolute  intensities,  on  the  other  hand,  arc  better  determined,  with  an  estimated 
uncertainty  of  35%. 


I  in.  A. 2  Spatial  distributions  of  differenced  intensities  I  from  the  f.UV  spectroheliometer.at  flare  rise  (upper  row)  and  flare  fall  ("lower  rowJ.  I( 
IS  a  cutoff  value  of  I  chosen  to  define  the  flare-related  briahteninqs.  Solar  latitude  and  longitude  is  given  at  the  lower  right. 
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Table  A.4  lists  the  observed  radiated  power  in  the  line  scan  P'(t)  and  the  extra¬ 
polated  total  radiated  power  P(t),  using  the  adopted  flux:cxtrapolation  factors. 


TABLE  A.4 

LYMAN-a,  C  II  1335  A,  Mg  X  625  A 

Time  UT  Line  Scan  Power  P'  Total  Flare  Power  P 

(erg  s'1 )  (erg  s*' ) 


1216  A 

1335  A 

625  A 

1216  A 

1335  A 

625  A 

1826:26 

5.2(23) 

2.8(22) 

6.8(20) 

1.1(24) 

1.2(23) 

1.5(21) 

1829:05 

5.6(24) 

6.4(23) 

2.0(22) 

1.2(25) 

3.6(24) 

7.2(22) 

1829:35 

6.4(24) 

6.8(23) 

2.8(22) 

2.2(25) 

4.0(24) 

1.1(23) 

1830:05 

6.6(24) 

8.0(23) 

2.8(22) 

2.4(25) 

4.8(24) 

1.2(23) 

1830:35 

6.0(24) 

8.6(23) 

1.7(71) 

2.2(25) 

5.4(24) 

7.0(22) 

1831:05 

5.6(24) 

5.6(23) 

1.4(22) 

2.2(25) 

3.6(24) 

6.6(22) 

1831:35 

4.8(24) 

6.2(23) 

1.2(22) 

2.0(25) 

4.2(24) 

6.2(22) 

1832:05 

4.2(24) 

5.4(23) 

1.1(22) 

1.8(25) 

3.8(24) 

5.8(22) 

1832:35 

3.8(24) 

6.0(23) 

1.1(22) 

17(25) 

4.4(24) 

6.2(22) 

1833:05 

3.6(24) 

4.8(23) 

1.4(22) 

1.7(25) 

3.6(24) 

8.0(22) 

1851:52 

7.0(23) 

3.4(22) 

7.0(20) 

8.2(24) 

5.4(23) 

1.1(22) 

A.5  EUV  LINES  (1175-1863  A)  AND  CONTINUA  (1400-1960  A) 

Two  sequences  of  photographic  exposures  (2.5,  10,  40,  160s)  were  obtained  with 
the  Naval  Research  Laboratory’s  EUV  slit  spectrograph  on  ATM  (S082B)  (Bartoc 
et  al.,  1977),  starting  at  1831  and  1841  UT,  respectively,  as  shown  in  Figure  A.1. 
The  S082B  slit  subtends  2"  X  60”,  some  of  which  covered  nearby  nonflaring  active 
region.  Figure  A.3  indicates  the  slit  position  (centered  on  the  cross-hairs),  relative 
to  the  Ho  flaic  at  1831  UT,  from  the  on-board  Ha  camera  (Markcy  and  Austin, 
1977).  This  picture  has  been  used  to  estimate  both  the  fraction  of  the  slit  filled 
by  the  flare  and  the  total  area  of  the  flare,  on  the  assumption  that  the  Ha  flare 
and  EUV  flare  horizontal  dimensions  arc  the  same  to  within  the  factor-of-two 
accuracy  desired  for  this  project. 

The  optical  densities  were  convened  into  absolute  intensities  by  employing 
absolute  calibrations  from  exposures  obtained  with  a  calibration  tocket  flown 
on  4  September  1974.  The  calibration  is  estimated  to  give  measured  absolute 
intensities  an  accuracy  of  ±35%  (rms).  Detailed  descriptions  of  the  calibrations 
of  the  NRl.  spectrograph  have  been  given  by  Brucckncr  et  al.  (197C)  and  by 
Kjcldscth  Moc  and  Nicolas  (1977). 


Ft  X2I  335 


KITT  PEAK  MAGNETOGRAM 


18  37  •  16  24  UT 

60" 

H . — 1 

SLIT 

Fig.  A.3  The  slit  position  of  the  NRL  spectrograph  (S082B).  The  slit  is  pointed  at  one  ot  the 
ribbons,  as  shown  in  the  picture  token  by  the  Ha  telescope  on  Sky  lab.  The  XUV  spectrohelio- 
grams  were  taken  by  the  NRL  slitless  spectrograph  (S0S2A)  on  Skylab.  The  arrow  on  the 
magnetogram  shows  the  position  of  the  S0S2B  slit. 
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To  determine  the  intensity  of  the  flare  itself  from  the  observed  intensities, 
one  assumes  the  observed  intensity  /0  is  the  weighted  sum  of  flare  and  background 
active-region  intensities,  /f  and  /ar  respectively: 

©** 

11 

+ 

1 

(A.5.1) 

or 

lt  ~  loa~'  -  (« '  "  1 )  lir  , 

(A.5.2) 

where  a  is  the  fraction  of  the  slit  filled  by  the  flare.  From  the  Ha  pictures  (Fig.  A. 3), 
a  =  0.27  at  1831  UT  and  a  =  0.13  at  1841  UT.  For  the  background,  a  previous 
exposure  of  the  same  active  region  was  used,  corrected  to  the  same  value  of  cost? 
as  the  flare,  using  the  1400-2000  A  limb  darkening  functions  from  Samain  et  at. 
(1975). 

In  Table  A. 5,  we  estimate  the  power  radiated  in  the  continuum  between  1400 
and  1900  A.  These  values  are  based  on  the  continuum  intensities  /  of  Cheng  and 
Kjeldseth  Moe  (1978),  which  have  been  corrected  using  Eq.  (A.5.2)  and  the 
specified  values  ol  a.  The  power  values  have  been  computed  from  the  intensities  by 

P  =  2irATA  AX  ,  (A.5.3) 

whore  AY  is  the  observed  average  intensity  difference  (flare  minus  background) 
in  the  interval  AX,  and  A  is  the  estimated  flare  area. 

The  flare  area  A  was  estimated  from  the  I  la  observations.  Three  independent 
estimates  gave  the  following  lla  areas:  on-board  ATM  camera,  2.7  X  1013  cm5  at 
1831;  Sacramento  Peak  Observatory,  3.3  X  10* 8  cm2  at  1835;  Lockheed  Solar 
Observatory,  4.2  X  1018  cm1  at  1831.  Since  the  last  value  is  thought  to  be  an 
overestimate  due  to  atmospheric  deterioration  of  spatial  resolution,  we  adopt 
A  =  3  X  10' 8  cm5,  with  an  uncertainty  of  ±40%. 

Power  radiated  in  lines  in  the  range  1 1 75—  1 S63  A,  by  the  whole  flaic,  at 
1831  UT,  is  given  in  Table  A. 6.  These  values  are  the  result  of  the  same  reduction 
procedure  as  for  the  continuum,  except  that  the  preflarc  active-region  va.acs  have 
not  been  subtracted.  They  are  based  on  the  same  observations  as  Cheng  (1978), 
using  1  slightly  different  calibration  (specified  above).  The  strong  lines  are  nearly 
saturated,  so  the  power  values  given  may  be  affected,  and  should  not  be  used  for 
line-ratio  density  diagnostics,  etc.  For  Lyman  a,  the  value  given  is  a  lower  limit. 
However,  evidence  that  the  strongest  lines  are  reasonably  good  is  provided  by 
comparing  the  S055  and  S0S2B  data  for  HI  1216  A  (La)  and  C  II  1335  A.  For 
La  at  1831  UT  we  find:  S0S5.P  =  2.2  X  105S  eig s'1 ;  S082B,/5  =  7.5  X  I054  ergs"1. 
Since  \\c  know  that  the  La  value  from  S082B  is  a  lower  limit,  we  adopt  the  S055 
value.  For  C  II  1335  A  at  1831  UT:  S055,  P  =  3.6  X  1054  erg  s'1 ;  S0S2B, 
P-  4.7 X  !054  ergs*'. 


A. 6  H  I  BALMER  a  (Ha) 

Photographic  observations  of  lla  throughout  the  flare  were  obtained  with  the 
Lockheed  Solar  O'oscivatory’s  Ha  multislit  spectrograph  (M.ulin  et  al ,  1974). 
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TABLE  A. 5 

EUV  CONTINUUM  (1400-1960  A) 

Wavelength  Interval 

Flare  Power  (erg  s'1 ) 

(A) 

1831  UT 

1841  UT 

1400-1420 

1.25(24) 

2.03(23) 

1420-1440 

1.52(24) 

1.92(23) 

1440-1460 

1.79(24) 

2.30(23) 

1460-1480 

2.03(24) 

2.88(23) 

1480-1500 

2.25(24) 

3.62(23) 

1500-1520 

2.49(24) 

4.17(23) 

1520-1540 

2.12(24) 

3.62(23) 

1540-1560 

1.61(24) 

3.03(23) 

1560-1580 

1.57(24) 

2.87(23) 

1580-1600 

1.52(24) 

3.11(23) 

1600-1620 

1.45(24) 

3.03(23) 

1620-1640 

1.43(24) 

2.59(23) 

1640-1660 

1.44(24) 

2.55(23) 

1660-1680 

1.45(24) 

1.89(23) 

1680-1700 

1.85(24) 

5.17(23) 

1700-1720 

2.57(24) 

1.01(24) 

1720-1740 

3.40(24) 

1.40(24) 

1740-1760 

4.66(24) 

2.11(24) 

1760-1780 

5.84(24) 

2.90(24) 

1780-1800 

6.39(24) 

3.87(24) 

1800-  1820 

6.51(24) 

4.78(24) 

1820-1840 

6.63(24) 

5.52(24) 

1840-1860 

6.64(24) 

5.85(24) 

1860  1880 

6.68(24) 

5.59(24) 

1880-1900 

7.07(24) 

5.04(24) 

1900-1920 

7.52(24) 

5.40(24) 

1920-1940 

7.8S(24) 

6.94(24) 

1940-1960 

8.14(24) 

8.78(24) 

TOTAL. 

1400- 1960 


1.06(26) 


6.4  (25) 
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TABLE  A.6 


Ion 

EUV  EMISSION  LINES  (1175-1863  A) 

Wavelength  Power  {1831  UT) 

(A)  (ergs'*) 

II  1 

1 215.7 

7.5(24)  a 

He  II 

1640.4 

1.9(23) 

C  1 

1656.3 

1656.9 

1657.0 

1657.4 

6.0(23) 

1657.9 

1658.1 

C  II 

1335.7 

4.7(24)  a 

C  III 

1174.9 

1175.3 

1175.6 

1 1 75.7 

1.2(24) 

1 1 76.0 

1 1 76.4 

C  IV 

1548.2 

1.9(24) 

1550.8 

4.7(24) 

N  V 

1238.8 

3.0(23) 

1242.8 

1.9(23) 

0  1 

1301.2 

1.9(23) 

1304.8 

1.9(23) 

1306.0 

1.9(23) 

A  III 

1670.8 

1.9(23) b 

1854.7 

6.0(22) 

1862.8 

6.0(22) 

Si  II 

1260.4 

7.5(22) 

1264.7 

9.4(22) 

1309.3 

9.4(22) 

1526.7 

2.4(23) 

1533.4 

2.4(23) 

1808.0 

6.0(22) 

1816.9  ] 

6.0(22) 

1817.5  ] 

Si  III 

1206.5 

1.9(24) 

1294.5 

1.5(23) 

1296.7 

1.2(23) 

1298.9 

3.0(23) 

1301.1 

9.4(22) 

1303.3 

1.2(23) 

Si  IV 

1393.8 

1.9(24) 

1402.8 

1.9(21) 

Total 

3.0(25) 

Note:  a-also  measured  by  S0S5,  see  section  A.1;  b- blended. 
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The  instrument  was  operating  in  a  patrol  mode,  taking  a  Ha  spectrogram  and  a 
Ha  slit-jaw  filtcrgiam  every  15  s.  Data  have  been  teduccd  only  at  flare  maximum. 

Figure  A.4  shows  both  the  f iltci gram  [left)  and  the  spectrogram  {right)  obtained 
at  1830:45  UT,  the  time  of  brightest  Ha  emission.  The  vei  tical  datk  lines  in  the  filter- 
gram  are  the  multiple  spectrograph  slits.  The  slit  to  the  right  of  the  sunspot  passes 
through  the  center  of  an  intense  flaic  knot  (the  lowest  bright  flare  feature),  and 
crosses  a  bright  flaic  ribbon  near  the  edge  of  the  penumbra.  The  spectrogram  in 
which  the  dark  vei  tical  lines  are  the  cores  of  the  Ha  lines  correspond  to  the 
multiple  spcctrogiaph  slits.  It  can  be  seen  that  the  Ha  profile  from  the  slit  to  the 
right  of  the  spot  shows  the  brightest  and  widest  Ha  profile  at  the  lower  bright  knot, 
with  fainter  emission  from  the  upper  ribbon:  the  spatial  resolution  was  no  better 
than  3-  4  arcscc,  due  to  poor  atmospheric  conditions. 

Data  reduction  consisted  of  relative  photographic  photometry  and  elimination 
of  wavelength-dependent  instrumental  transmission  effects  and  scattered  light  by 
fitting  the  quiet-sun  profiles  to  photoelectric  Ha  profiles  of  White  (1964).  This 
was  carried  out  for  the  spectra  at  1830:45  UT,  along  the  slit  that  passed  through 
the  flare.  The  quiet-sun  spectra  were  than  subtracted  at  each  point  along  the  slit 
to  determine  the  excess  flare  (and,  to  a  small  extent,  active-region)  emission  along 
the  slit.  At  the  center  of  the  bright  spot  this  differenced  Ha  intensity  was 
A/  =«  5.5  X  106  erg  cm-2  s'1  sfl.  The  differenced  intensity  averaged  over  Use  flare 
as  a  whole  was  approximately  2.4  X  106  erg  cm'2  s'1  sr'1  -  observed  over  a  (seeing- 
broadened)  area  of  4.2  X  10* 8  cm2.  Since  the  ditferenced  intensity  and  the  area  arc 
affected  in  compensating  directions  by  seeing,  their  pioduct  should  be  valid.  Thus, 
the  flare  power  radiated  in  Haat  1830:45  UT  is  about  2rr(A/)/1  =  6.3  X  102$  erg  s'1 . 
The  active  region  probably  contributes  less  than  10%  of  this  value.  An  independent 
value  of  the  powci  radiated  in  Ha  appears  in  the  following  section. 


A.7  VISIBLE  LINES  AND  CONTINUA  (3700-8700  A) 

Observations  of  the  visible  spectrum  covering  the  range  3700-  8700  A  were 
obtained  at  1835:40  (lime  1)  and  1836:50  UT  (lime  2),  with  the  universal  slit 
spectrograph  at  Sacramento  Peak  Observatory,  with  accompanying  Hu  slit-jaw 
and  flare-patrol  images  to  determine  the  Ha  area  of  the  flare.  The  slit  intersected 
two  flare  kernels  (called  kl  and  k2  hcie)  at  time  1  and  the  brighter  kernel  (hi )  at 
time  2. 

The  original, data  are  photographic.  Relative  intensities  were  determined  using 
a  step  wedge.  Absolute  calibration  was  accomplished  by  fitting  selected  quiet-sun 
continuum  windows  to  the  data  of  Labs  and  Ncckcl  (1970),  with  limb  darkening 
data  from  Pierce  and  Waddell  (1961).  By  this  means,  calibrated  spectra  wcic 
obtained  at  many  locations  along  the  slit,  ranging  from  the  flare  kernels  to  the 
quiet  sun.  At  each  position  along  the  slit,  a  differenced  spectrum  was  computed 
by  subtracting  a  refcicnce  scan,  which  was  the  average  of  several  quiet  scans,  there¬ 
by  obtaining  the  radiative  excess  (due  to  the  flaic  and  active  region)  for  all  points 
along  the  slit.  The  power  in  all  lines  that  showed  a  significant  flare  enhancement 
is  given  in  Table  A.7,  at  the  two  times  indicated.  Columns  3,  4,  and  5  give  the 
differenced  intensity  in  each  line,  at  the  center  of  the  observed  kernels.  Columns 
6  and  7  arc  estimates  of  the  radiative  power  output  of  the  entire  flaic.  These  were 
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obtained  using  the  observed  kernel-center  diffccnccd  intensities  /k,  and  /k2: 

P  =  2t {If  A  (A. 7.1) 

where  A  =  3  X  1018  cm2,  as  above,  and  37  =  0.63(A/kl  +  A/k2)/ 2  at  time  1  and 
A/  =  0.50  A/k2  at  time  2.  The  values  0.63  and  0.50  (at  times  1  and  2,  respectively) 
express  the  ratio  between  the  observed  kernel-center  intensities  and  the  observed 
average  intensity  for  the  kernels  and  intermediate-intensity  flare  areas. 

Calibrated  Ha-line  center  filtergrams  at  one-minute  intervals- have  been  used  to 
estimate  the  ratio  of  power  at  1831  UT  and  that  at  times  1  and  2.  A  twenty-level 
linear  brightness  scale  was  established,  with  level  20  assigned  to  the  maximum 
intensity  (film  saturation)  and  level  10,  the  average  intensity  for  the  whole  frame. 
In  practice,  pixels  at  and  above  level  15  best  defined  the  flare  area.  The  flare 
measurements  of  Ha  flare  power  P  (flare  minus  preflarc)  from  points  at  intensity 
level  15  and  higher  imply  that  the  ratio  A(1831  UT)  /A(time  1)  is  2.1  and 
P(1831  UTj/Aftime  2)  is  2.6.  If  the  cutoff  is  at  level  20  instead  of  level  15,  the 
ratios  are  1.5  and  1.8,  respectively.  The  former  is  thought  to  be  a  better  value, 
but  the  uncertainty  must  be  regarded  as  at  least  50%.  We  note  that  this  value  is 
also  a  lower  limit  to  the  true  power  ratio,  due  to  insensitivity  of  the  extrapolation 
method  to  very  broad  line  profiles  that  extend  beyond  the  bandwidth  of  the  filter. 

We  now  combine  these  Sacramento  Peak  Observatory  lesuits  with  the  Ha 
measurements  at  1831  UT  from  Lockheed  Solar  Observatory.  From  Sacramento 
Peak,  PI|Q  ( 1831  )  =  (2.1)  (1.0X  102S)  =  2.1  X  1025  ergs*’.  From  lockhced  Solar 
Observatory,  P\\a  (1831)  *=  6.3  X  1025  erg  s'1 .  We  therefore  adopt  the  average  value 
of  4  X  1025  ci g  s'1  with  a  probable  enor  of  ±2  X  1025  erg  s'1 ,  as  the  Ha  output  at 
flare  maximum,  1831  UT.  To  obtain  the  output  in  the  other  lines  in  Table  A.7  at 
1831  UT  one  should  therefore  multiply  the  power  at  1835:40  by  a  factor  of  4,  or 
the  power  at  1836:50  by  a  factor  of  6. 

In  addition  to  the  flare  enhancements  in  visible  lines,  it  is  well  known  that,  on 
occasion,  Hares  show  continuum  radiations.  This  flare  appears  to  be  such  a  "white- 
light”  Hare.  It  is  evident  that  in  the  region  below  3900  A  there  arc  continuum 
enhancements  near  the  center  of  the  kernels.  The  enhancements  arc  only  2-3% 
on  the  average,  and  vary  appreciably  with  wavelength,  apparently  disappearing 
entirely  at  some  wavelengths  and  reaching  5%  at  others.  Since  the  average 
enhancement  is  on  the  older  ot  the  accuracy  of  the  process  of  photographic  photo¬ 
metry,  we  cannot  be  sure  what  the  energy  output  should  be  on  a  level  of  accuracy 
comparable  with  the  estimates  of  line  radiation  in  Table  A.7.  We  can  only  estimate 
the  possible  order  of  magnitude  of  the  contribution.  The  obseived  intensity  of  the 
mean  solar  disk  (Allen,  1973)  at  3900  A  is  about  1.5  X  1010  eigsr'1  cm'2  p'1  s'1. 
If  the  flare  intensity  excess  /,  is  2%  of  this,  then /f  =  3  X  108  ergsr'1  cm'2  if'  s'1. 
Since  we  have  no  clear  spectioscopic  evidence  on  what  the  radiation  mechanism 
might  be,  we  can  only  guess  the  spectral  variation  of  /f.  If  this  ladiation  extends 
uniformly  over  the  visible  band  (say  over  a  band  AX  =  0.3 pm  width),  and  the 
emitting  area  A  is  10%  of  that  of  the  observed  Ha  kernels,  i.e.,/1  =  3  X  1017  cm2, 
then  the  power  from  the  whole  flare  in  this  continuum  would  be  P~~  2n  lf  AX /I 
~2  X  1026  ergs'1.  Clearly,  the  possible  importance  of  this  radiation  cannot  be 
overstated,  since  this  power  is  quiet  comparable  to  that  of  all  lines  in  this  wave¬ 
length  region  combined,  and  also  of  the  same  order  as  the  total  obseived  radiative 
power  output  at  flare  maximum  (see  below). 
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A. 8  RADIO  EMISSION  (CENTIMETER-METER  WAVELENGTHS) 

Observations  at  ladio  wavelengths  arc  available  from  the  dynamic  spectrographs  of 
Harvard  and  the  University  of  Colorado  and  fixed-frequency  radiometers  at  centimeter 
and  decimeter  wavelengths  as  compiled  in  Solar-Geophysical  Data  (1974).  At  centi¬ 
meter  wavelengths  the  radio  emission  was  quite  weak,  only  about  10  sfu.  It  started  at 
about  1828  UT,  lasted  only  about  5  to  10  minutes,  and  was  classified  mostly  as  a  simple 
burst.  At  meter  and  decimeter  wavelengths,  the  emission  consisted  of  a  strong,  complex 
group  of  Type  III  bursts  from  about  1828  UT  to  1840  UT  and  a  strong  Type  II  burst 
from  about  1833  UT  to  1900  Ur. 

The  power  output  of  the  flare  at  centimeter  wavelengths  can  be  estimated  from  the 
published  flux  density  5  at  Earth  at  flare  maximum  and  the  frequency  band  covered  A f: 

P  =  2rr(1  AU)J  5  Af  (A.8.1) 

From  the  published  data  we  find  Ss  3X  10*JI  Wm‘!  Ha*1  and  AfsIO'’  MHz  (1000 
to  15400  Mila,  with  the  largest  flux  density  at  about  5000  MHz).  Thus,  the  power  out¬ 
put  at  the  peak  of  theccntimctric  burst  (duration  t  «  500  s)  was  Pcm  «  4.2  X  10' 9  erg  s'1 . 
The  uncertainty  in  this  estimate  is  about  a  factor  of  3.  The  duration  of  the  burst  was 
about  500  s. 

At  meter  wavelengths,  the  radiative  energy  output  from  the  flare  can  be  estimated  in 
a  similar  fashion.  The  Type  III  bursts  were  reported  as  intensity  3,  which  gives 
S  s  10*19  W  m*5  Hz*1 ,  and  covered  a  band  of  about  100  MHz.  Thus  F’m  *5 1.4  X  1019 
ergs*1.  The  uncertainty  in  this  estimate  is  larger,  about  a  factor  of  10,  because  the  flux 
calibration  of  spectrographs  is  poorer  than  radiometers.  The  group  of  bursts  lasted 
about  400  s. 

For  the  Type  II  burst,  which  occurred  between  about  5  and  30  minutes  after  flare 
maximum,  S  s  10*19  \Vm*:  Hz*'  and  A/'s  10  MHz.  Thus  =»  1.4  X  1018  erg  s*1 . 
Again,  the  uncertainty  in  this  estimate  is  about  a  factor  of  10. 


A.9  SUMMARY 

The  best-determined  observational  quantities  for  this  flare  arc  the  estimates  of  the  power 
output  at  flare  maximum,  approximately  1831  UT.  Wc  summarize  these  in  Table  A.8. 
The  total  power  in  observed  wavelength  regions  is  probably  unceitain  by  at  least  half 
an  order  of  magnitude,  and  perhaps  even  more,  for  a  simple  reason:  the  dominant 
contributors,  the  EUV  and  visible  radiation,  are  unceitain  by  that  amount.  There  are 
several  reasons  for  this  large  uncertainty.  First,  in  both  these  wavelength  regions  we 
were  able  to  measure  the  flare  output  along  only  a  single  line  through  the  flare.  The 
methods  available  for  extrapolating  from  power  radiated  along  this  line  to  power 
radiated  by  the  whole  flare  are  uncertain  by  at  least  a  factoi  ol  two  or  three.  Second, 
and  possibly  of  greatest  impoitancc,  the  photographic  nature  of  the  visible  observations 
has  made  it  impossible  to  accuiately  measure  the  amplitude  and  spatial  distribution  of 
the  continuum  enhancements.  In  Section  A. 7  we  estimate  that  this  radiation  may  carry 
away  as  much  eneigy  as  all  visible  lines,  but  this  is  only  an  order-of-magnitude  estimate, 
and  not  a  measurement.  Third,  the  accuiacy  of  our  estimates  would  have  been  much 
higher  had  coordination  between  facilities  covering  different  wavelength  regions  been 
carried  out  in  advance.  A  glance  at  Figure  A.l  shows  how  poor  and  haphazard  the  time 
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TABLE  A.8 

OBSERVED  RADIATIVE  POWER  OUTPUT  AT  FLARE  MAXIMUM 

Wavelength  Region 

Power  (erg  s’1 ) 

X-Rays,  1—20  A 

6.3  X  10’* 

XUV  Lines,  174-345  A 

1.6  X  10” 

EUV  Continuum,  1400-1960  A 

1.1  X  10” 

Lyman  a  (La) 

2.2  X  10” 

Other  EUV  Lines,  1  1  75-1863  A 

2.3  X  10” 

Balmer  a  (Ha) 

4.0  X  10” 

Other  Visible  Lines,  3700-8700  A 

2.7  X  10“ 

Radio  Continuum,  cm-m  Wavelengths 

5.6  X  10” 

Total  in  Observed  Wavelength  Regions: 

5.4  X  10“ 

coverage  is.  A  factor  that  docs  not  seem  lo  be  a  serious  source  of  error  in  our  present  work 
is  absolute  calibration— this  potential  problem  has  been  kept  under  control  better  than 
those  discussed  above.  The  three  sources  of  uncertainty  discussed  above  are  those  that 
we  would  identify  as  the  areas  needing  greatest  attention  in  future  observations. 

Another  factor  to  be  borne  in  mind  is  that  we  have  observed  only  parts  of  the 
spectrum.  Most  important  in  the  total  radiative-energy  budget  is  probably  the  unobserved 
range  1960-3700  A,  where  the  most  important  lines  and  continua  are  due  to  atoms  and 
ions  abundant  at  chromospheric  and  photosphcric  temperatures.  Next  most  important 
is  the  icgion  3*15-1 1 75  A,  dominated  by  the  Lyman  continuum  and  chromospheric  and 
transition-region  lines.  The  omission  of  measurements  at  and  above  X-ray  energies  is 
diagnostically  important,  but  has  little  consequence  in  the  total  radiated-power  estimate. 
At  best  we  can  only  estimate  that  these  missing  regions  contribute  roughly  as  much  as 
the  observed  regions,  bringing  the  total  powei  at  flare  maximum  to  Pmxx  ~  1  /  10J7ergs~'. 

For  estimation  of  the  total  amount  of  tnergy  radiated  during  the  full  duration  of  the 
flare,  one  must  know  the  time  history  of  at  least  the  most  important  emissions.  Unfor¬ 
tunately,  the  data  are  not  sufficient  for  this  purpose.  At  this  time,  the  best  that  we  can 
do  is  use  the  characteristic  time  that  one  would  infer  from  the  best  currently-reduced 
data,  i.c.,  the  soft  X-ray  data.  If  we  define  t  to  be  the  time  between  rise  and  fall  through 
the  SOLRAD-9  half-maximum  power  levels  in  Figure  A.l,  then  r(l  -8  A)  *  320s  and 
r(S— 20  A)  =4S0  s,  so  we  adopt  t  =  400  s.  Ihc  total  energy  radiated  by  the  flare,  \V(, 
is  given  approximately  by  the  product  Pmax  t.  From  our  estimates,  we  obtain 
W,  -4  X  I0:9  erg. 
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iii  ^  Maas  Ejections 


This  paper  is  published  as  Chapter  7  of  the  monograph  Solar  Flares .  edited 
by  P.A.  Sturrock.  One  of  the  main  results  of  this  team's  work  was  to  show  that 
some  flare-associated  mass  ejections,  including  so-called  "sprays",  take  place 
because  the  entire  magnetic  field  structure  overlying  the  flare  is  torn  apart, 
whereas  other  mass  ejections,  such  as  "surges",  follow  existing  magnetic  field 
structures.  Parts  of  the  paper  to  which  McClymont  contributed  include  numerical 
modelling  of  shocks,  which  showed  that  observations  of  flare-associated  shocks 
far  from  their  source  will  be  of  little  value  in  ascertaining  the  nature  of  the 
energy  release  that  gave  rise  to  the  shock.  McClymont  also  studied  the 
acceleration  of  solar  surges  by  release  of  energy  in  the  chromosphere;  he  showed 
that  this  mechanism  can  eject  mass  in  a  manner  that  matches  the  surge 
observations.  Because  of  the  realization  that  much  useful  information  about 
flares  could  be  deduced  from  comparison  of  the  results  of  numerical  models  with 
observations,  we  started  a  much  more  sophisticated  program  of  numerical 
modelling  at  UCSD.  This  program  is  discussed  in  a  later  section. 
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7.  MASS  EJECTIONS 


David  M.  Rust  and  Ernest  HUdner;  M.  Dryer,  R.T.  Hansen,  A.  N.  McClymont, 
S.  M.  P.  McKenna  Lawlor,  D. ).  McLean,  E.  J.  Schmahl,  R.S.  Stcinolison, 
E.  Tandberg-Hanssen,  R.  Tousey,  D,  F.  Webb,  S.T.  Wu 


7.1  INTRODUCTION 


7.1.1.  Purposes  of  the  Study 

The  purpose  of  our  study  was  to  discover  what  role  mass  ejections  play  in  the 
flare  phenomenon.  We  sought  to  determine  the  energy  and  mass  of  the  ejecta 
and  tr.  discover  the  forces  that  propel  matter  from  the  flare  site  and  constrain  it 
as  it  moves.  We  tried  to  determine  the  physical  conditions  in  the  ejecta  and  in  the 
disturbed  atmospheic.  Although  the  study  of  ejecta  may  not  bear  directly  on  the 
energy-release  process  in  flares,  it  provides  insight  into  the  origins  of  the  flare 
plasma,  the  height  and  duration  of  energy  release,  and  the  large-scale  magnetic 
field  configuration  before  and  after  flare  onset. 

7.1.2.  Definitions 

We  shall  define  mass  ejections  as  those  transient  phenomena  in  which  large-scale 
(cross-section  >  500  km)  motion  away  from  the  sun  takes  place;  that  is,  where 
the  Doppler  effect  has  been  detected,  or  is  delectable,  at  least  in  piinciplc.  Coronal 
ejecta  arc  usually  detected  by  their  continuum  emission,  but  there  is  little  doubt 
that  if  a  spectrograph  could  be  made  with  sufficient  sensitivity,  the  Doppler  shift 
in  faint  coronal  lines  could  be  detected.  Note  that  matciial  need  not  escape  the  sun 
to  be  termed  an  ejection.  The  terms  usually  used  to  describe  the  various  mani¬ 
festations  of  mass  ejection  arc:  eruptive  prominence,  spray,  surge,  and  coronal 
transient.  A  brief  discussion  of  each  follows.  For  a  more  detailed  description, 
see  Tandberg-Hanssen  (1977). 

A.  Sprays.  Sprays  arc  fast  ejections  always  associated  with  flares,  their  velocities 
frequently  exceeding  the  velocity  of  escape.  The  ejection  is  extremely  violent, 
and,  contrasting  with  surges,  in  narrow-band  observations  matter  appears  not  to  be 
contained  by  the  magnetic  field,  but  to  fly  out  in  fragments  (Warwick,  1957; 
Zirin,  I960;  Smith,  1968).  More  recent,  broadband  observations,  however,  indicate 
that  most  of  the  material  is  in  fact  entrained  on  expanding  loops.  The  spray 
matciial  reaches  its  high  velocity  in  a  few  minutes.  A  spray  is  shown  in  Figure  7.1. 

11.  Eruptive  prominences  (filaments).  An  eruptive  prominence  has  a  prcflarc 
existence,  eithei  as  an  active-region  piominencc  or  as  a  quiescent  prominence,  often 
located  far  from  active  regions  with  sunspots.  During  a  “disparition  brusque” 
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Fig.  7.1  Hoc  photographs  of  the  flare  spray  of  12  August  1972. 
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|  (sudden  disappearance)  the  prominence  erupts  and  ascends,  slowly  at  fiist,  then  at 

s  increasing  velocity.  The  eruptive  prominence  of  19  December  1973  is  shown  in 

|  Figure  7.2.  The  term  "filament”  is  used  for  prominences  on  the  solar  dish.  There 

:  is  no  physical  distinction  between  prominences  and  filaments,  so  the  two  terms 

i  will  be  used  interchangeably  except  in  describing  specific  observations. 

j  C.  Surges.  These  ejections  of  chromospheric  material  originate  neat  sunspot 

i  pcnumbrac  (Giovanelli  and  McCabe,  1958)  or  polarity  reversals  associated  with 

i  satellite  sunspots  (Rust,  1968).  Velocities  arc  about  100-200  km  s'1 .  In  most 

i  cases,  a  small  flaic  or  chromospheric  brightening  is  observed  at  the  base.  Surges 

’  follow  long,  straight,  or  curved  columnar  paths  upwatd  and  return  along  the  same 

I  trajectories.  These  probably  outline  magnetic  flux  tubes.  The  initial  acceleration  of 

•  the  surge  may  be  due  to  Lorent7  forces  or  to  heating  at  the  base,  as  assumed  in 

j  several  models  described  in  the  present  teport.  A  major  sutgc  is  illustrated  in 

'  Figure  B.2  of  Appendix  B. 

I 

D.  Corona I  transient.  Changes  in  coronal  brightness  patterns  on  time  scales  of 
i  tens  of  minutes,  indicating  outward  mass  motions  at  ~100  to  1000  km  s'1,  arc 

■  called  coronal  transients.  One  is  illustrated  in  Figure  7.3.  These  mass  ejections  arc 

l  most  spectacular  in  white  light,  although  their  manifestations  are  also  seen  in 

i  X-rays  and  in  the  Fc  XIV  green  line.  In  white-light  observations,  the  main,  dense 

j  part  of  a  transient  is  surrounded  by  a  region  of  enhanced  density  called  a  fore¬ 

runner,  which  contains  ~20  percent  of  the  total  excess  mass  thrown  into  the 
;  corona  above  2  61*,.  Coronal  mass  ejections  arc  often  associated  with  ejections 
of  low-temperature  material  in  flares  and  radio  bursts.  Large;  flares  aic  almost 
always  accompanied  by  coronal  transients,  though  the  causal,  physical  mechanisms 
linking  the  two  arc  not  well  understood.  Indeed,  the  forces  driving  transients 
outward  are  the  subject  of  debate.  Coronal  transients  appear  to  represent  a  major 
energy-loss  mechanism  in  flares. 

Not  usually  included  in  lists  of  flare  mass  motions  are  the  flare,  or  Murcton, 
waves  described  by  Smith  and  Harvey  (1971).  Many  large  flares  generate  a  wave 
front  that  moves  across  the  chromosphere  at  ~  1000  km  s'1  in  a  wide  arc  outward 
from  the  flare  center.  These  waves  have  been  recorded  to  distances  of  ~1  if>tt 
from  the  flaring  active  region,  and,  according  to  Uchida  et  al.  (1973),  they  arc 
shock  waves.  However,  in  the  course  of  our  study,  we  have  found  reason  to  assert 
that  some  flare  waves  are  due  to  fast-moving  ejecta  rather  than  shocks. 

7.J.3.  Approach  to  the  Problem 

The  approach  of  the  Team  to  the  problem  of  mass  ejections  has  been  to  study 
Skylab  and  other  observations  of  each  kind  of  phenomenon  separately  and  to 
simulate  all  but  the  flare  waves  with  various  models.  No  attempt  was  made  to  study 
the  magnetic  field  instabilities  that  might  propel  filaments  and/or  coronal  loop 
transients,  but  several  models  of  expanding  magnetic  loops  were  developed  during 
the  Flare  Workshop  by  nonmembers  of  the  Team,  and  these  arc  mentioned  in 
this  chapter.  Magnetic  field  instabilities  a;e  discussed  in  Chapter  2  with  prcflare 
phenomena. 

Skylab  observations  obtained  near  solar  minimum  were  the  focal  point  of  our 
"erk.  New  data  on  mass  motions  were  obtained  principally  with  the  I IAO  white-light 
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f/j.  7.j  The  coronal  transient  of  10  June  1973.  The  support  for  the  coronagraph  occulting 
disk  costs  a  shadow  at  solar  north;  the  crescent  opposite  the  support  shadow  is  an  artifact. 
The  field  of  view  is  12  (tg  diameter  (Hildner  et  at,  1975b). 
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Kas  pressure,  r  -  temperature,  IS  -  maj;nci>c  field  strength,  V  =  characteristic  velocity,  A  =  change  from  surroundings 
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coronagraph,  the  AS&E  and  the  Marshall/Aciospace  soft  X-ray  telescopes,  and 
the  Harvard  photoelectric  spcctrohcliograph,  which  operated  in  the  extreme  ultra¬ 
violet.  The  NRL  objective  grating  telescope  and  the  NRL  spectrograph  yielded 
striking  images  of  ejecta  at  the  solar  limb  and  spectra  of  erupting  filaments  on 
the  disk.  Throughout  the  study,  the  focus  was  on  the  solar  phenomena  and  not 
on  the  interplanetary  manifestations  of  mass  ejections.  We  refer  the  reader  to 
Shea  et  al.  (1977)  for  a  recent  review  of  travelling  interplanetary  phenomena. 

Following  the  separate  studies  of  surges,  sprays,  eruptive  piomincnccs,  and 
coronal  transients,  we  sought  to  identify  their  common  characteristics  and  impor¬ 
tant  differences.  Table  7.1  is  a  very  rough  summary  of  some  of  the  results.  We 
have  collected  existing  and  new  knowledge  about  the  mass,  energy,  size  range, 
etc.,  on  flare-associated  ejecta.  As  the  table  makes  clear,  ejecta  carry  off  a  major 
portion  of  a  flare’s  energy.  And,  an  amount  of  material  equivalent  to  evacuation 
of  the  entire  corona  over  the  flare  appears  to  leave  the  sun,  delivering  kinetic, 
thermal,  and  magnetic  energy  to  the  interplanetary  medium. 

Exciting  new  results  on  many  aspects  of  mass  ejections  arc  reported  in  what 
follows,  but  equally  important  and  unanswered  by  our  work  is  the  question  of 
causality;  that  is,  do  the  great  ejections  start  just  before  the  flare  emission  or  just 
after?  Are  the  ejecta  entrained  in  opening  magnetic  fields,  which  then  collapse 
and  cause  the  flare,  or  are  the  ejecta  driven  by  forces  or  shocks  that  originate  in 
the  flare?  Can  mass  motions  tell  us  something  fundamental  about  the  energy- 
release  process  by  showing  how  energy  is  partitioned  between  bulk  acceleration 
of  the  plasma  and  heating? 
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7.2  SPRAYS  AMD  ERUPTIVE  PROMINENCES 
7.2.1.  Introduction 

Over  the  years,  several  schemes  have  been  devised  to  classify  prominences.  Among 
the  parameters  used  in  these  classifications,  the  motion  of  the  prominence  plasma 
has  played  an  important  role.  With  the  advent  of  space  observations,  renewed 
interest  in  prominences  and  in  prominence-corona  interactions  has  developed,  and 
of  prime  importance  for  these  interactions  is  the  motion  of  ascending  prominences. 
There  is  a  bewildering  diversity  in  the  way  prominences  rise  in  the  solar  atmosphere 
and  become  associated  with  coronal  response. 

Recent  space  observations  show  that  both  sprays  and  eruptive  prominences 
are  associated  with  transient  coronal  phenomena  (white-light  change,  Type  ll/IV 
radio  bursts  and  X-ray  emission).  While  the  physics  of  neither  sprays  nor  eruptive 
prominences  is  well  understood,  the  latter  arc  more  easily  observed  in  the  early 
stages  of  their  development,  and  the  relationship  to  preexisting  prominences  is 
well  documented.  In  the  case  of  sprays,  it  is  very  difficult  to  ascertain  where  the 
ejected  material  comes  from. 

One  difficulty,  already  pointed  out  by  Bruzek  (1969),  is  that  routine  flate 
patrols  with  nariow  wavelength -band  filters  inevitably  miss  ejecta  with  line  of 
sight  velocities  greatcr  than  about  100  km  s’1 .  Furihei  more,  what  is  observed 
arc  "blobs"  of  material  that  happen  to  have  slightly  lower  line  of  sight  velocities, 
resulting  in  the  familiar  "dumpiness”  reported  for  spiay  prominences. 

The  study  of  sprays  was  a  prime  objective  of  the  Flare  Woikshop  Team  on 
Mass  Ejections  because  all  sprays  originate  in  flarci  and  probably  all  major  flares 
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are  accompanied  by  sprays.  We  found,  however,  that  the  distinction  between  j 

eruptive  prominences  and  sprays  is  probably  not  fundamental,  and  it  results  more  j 

from  the  limitations  of  earlier  observing  techniques  than  from  physical  differences.  j 

The  observations  of  Rust  and  Webb  (1977)  suggest  that  the  X-ray  signatures  of  the  j 

two  phenomena  are  similar.  During  the  Workshop,  Tandbcrg-Hansscn,  Martin,  and  ; 

Hansen  showed  that  no  sharp  distinction  between  eruptive  prominences  and  sprays  | 

may  be  drawn  from  Ho  observations.  '  I 

However,  sprays  are  frequently  associated  with  flare  waves,  which  have  been  ; 

described  by  Smith  and  Harvey  (1971)  and  Martin  (1978),  who  thought  the  \ 

emission  fronts,  of  which  most  flare  waves  consist,  are  mass  ejecta  seen  in  pro-  j 

jeetion  against  the  disk.  Alternatively,  flare  waves  have  been  interpreted  by  Uchida  J 

et  at.  (1973)  as  evidence  for  the  skirts  of  MHD  shocks  on  the  chromosphere.  The  j 

X-ray  observations  from  Skylab  have  provided  yet  another  interpretation:  that 
spray  ejecta  successively  fall  into  and  excite  the  chromosphere  after  traversing 
progressively  longer  magnetic  loops  which  have  one  footpoint  near  the  flare  site 
(Section  7.2.7). 

7. 2  2  Observations  of  Sprays 

Our  view  of  flare  sprays  (or  "spray  prominences")  has  changed  considerably  in  the  j 
last  several  years.  This  is  due  to  the  introduction  of  powerful  new  instruments  ‘ 

and  observing  techniques,  including:  high-resolution  cinematography;  tunable  and  j 

broadband  filters;  multislit  spectroscopy;  extended  field-of-view  coronagraplw;  j 

and  soft  X-ray  telescopes.  During  the  Workshop,  Tandberg-Hanssen,  Martin,  and  ) 

Hansen  consulted  data  obtained  with  the  first  four  techniques,  relying  in  particular  . 

on  observations  from  the  Mauna  Loa  Observatory.  Jackson,  Hildner,  Rust,  and 
Webb  studied  the  Skylab  soft  X-ray  and  coronagraph  data.  j 

7.2.3.  Acceleration  Profiles  j 

A  list  (Smith,  1968)  of  sprays  studied  over  the  period  1937-1966  svas  augmented 
by  Tandberg-Hanssen,  Martin,  and  Hansen  with  additional  flare  sprays  documented 
during  solar  cycle  No.  20  (sec  Table  7.2).  Several  of  the  events  listed  in  Table  7.2  ■ 

were  recorded  in  sufficient  detail  to  allow  determination  of  the  height  of  the  j 

accelerated  material  above  the  solar  surface  versus  time.  From  these  events,  whose  j 

height  vs  time  curves  arc  shown  in  Figure  7.4,  Tandberg-Hanssen,  Martin,  and  j 

Hansen  found  that:  i 

j 

a.  The  height  versus  time  curves  for  most  spray  prominences  indicate  constant 
velocity  for  the  ejected  material  above  200  Mm,  although  acceleration  is  quite  ; 
evident  below  that  height. 

b.  The  velocities  of  sprays  cover  a  wide  range,  and  the  concept  that  the  motion 
of  the  ejecta  may  be  represented  by  one  or  two  particular  curves  (Valnicck,  1964) 
is  misleading. 

7. 2  4.  Morphology  of  Sprays 

Observations  of  flare  sprays  projected  above  the  solar  limbs  show  that  the  overall 
shape  of  the  envelope  containing  spray  elements  may  be  described  as  “loop-shaped,” 
and  one  can  nearly  always  distinguish  two  legs  of  a  loop  tying  the  spray  to  the 
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I  id.  7 A  Height  vs  time  for  flare  sprays  observed  from  I960  through  19 ?i.  Heavy  lines  are  for 
flaie  sprays  photographed  above  the  limb  by  the  High  Altitude  Observatory  at  Manna  Loo, 
Hawaii,  because  some  onainated  behind  the  limb  and  flare  starting  times  are  unknown,  zero 
,  time  tor  all  events  is  taken  to  be  the  protection  to  zero  height  of  the  straight-line  part  of  the 

.  velocity  curve.  Hie  curve  for  27  October  1973  is  the  tangential  velocity  from  Ha-disk  movies 

taken  by  USAf  Air  Weather  Service  at  Ramey  Air  force  base.  Lighter  lines  are  for  spravs 
Pbotogiatihed  on  the  disk  with  Lockheed's  multispeclrograph.  flu  3  lul >  1972 and  IS  /  ebruary 
>'>‘3  curves  give  the  tangential  velocity  deuced  from  motion  across  the  disk.  I  lie  resultant 
ol  both  radial  and  tangential  velocities  is  shown  ’or  the  5  juts  deni.  The  early  accelerations 
i  “I  several  events  are  guile  evident  in  figure  7,-ib,  an  expansion  of  the  low-altitude,  low-speed 

i  Portion  ol  I  igure  7.  ij. 
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chromosphere  as  the  envelope  expands.  The  broadband  observations  have  drastically 
reduced  the  “dumpiness"  of  the  ejected  material,  refeued  to  by  earlier  observers, 
and  most  of  the  matter  appears  to  be  entrained  in  expanding  loops.  Some  material 
drains  down  along  one  or  both  loop  legs  into  the  chromosphere,  while  material  in 
the  upper  part  of  the  loop  rapidly  moves  outward.  In  a  few  cases,  the  outermost 
extremity  of  .no  loop  seems  to  become  detached,  forming  a  separate  "bubble." 

F.xccptionally  fine,  high-resolution  filtergrams  taken  at  the  Sacramento  Peak 
Observatory  on  21  August  1973  show  quite  clearly  the  movement  of  prominence 
knots  up  one  side  of  the  loop  and  downward  on  the  other.  With  less  certainty, 
such  motions  have  been  infer  red  for  the  1?  August  1972  spray  (Riddle  et  at., 
1974)  and  for  the  17  january  1974  event,  by  comparison  of  Mauna  Loa  Hu  films 
with  Naval  Research  Laboratory  photographs  of  the  same  prominence  in  He  II 
304  A .  In  addition  to  this  up  or  down  motion,  there  is  sometimes  observed  a 
spiralling  of  the  falling  material.  It  is  likely  that  this  helical  motion  is  responsible 
in  part  for  the  clumpy  "bits-and-pieccs”  appearance  when  viewed  with  narrow 
band-pass  filters. 

In  the  several  instances  foi  which  concomitant  coional  observations  were 
available  (12  August  1972,  11  January  1973,  21  August  1973,  17  January  1974), 
major  disiuptions  in  the  overlving  co'ona  were  observed  cither  as  "depletions” 
of  the  lower  corona  (Hansen  et  at.,  1  r/74)  or  as  rapidly  rising  white-light  plasma 
clouds  associated  with  flare  sprays  (Howard  et  at.,  1976;  MacQucen  et  at.,  1976). 
Consequently,  it  seems  that  the  dare-spray  phenomenon  is  only  one  facet  of  a  very 
widespread  disturbance  affecting  a  large  part  of  the  solar  atmosphere. 

Because  sprays  are  acccleiated  to  velocities  of  500 -1000  km  s'1  in  a  few 
minutes,  observations  of  them  on  the  disk  are  among  the  most  difficult  to  obtain. 
Nevertheless,  in  the  last  several  years  there  has  been  convincing  evidence  that  sprays 
are  just  fast  filament  eruptions.  From  disk  observations  of  the  start  of  several 
spray  prominences,  Tandbeig-Hanssen,  Martin,  and  Hansen  concluded  that  sprays 
consist  of  material  cycled  from  a  previously  extant  active-region  prominence. 
Figure  7.5  is  a  generalization  from  the  events  studied  and  depends  on  interpretation 
of  observations  of  the  many  flares  studied  at  the  Lockheed  Solar  Obscrvatoiy 
during  solar  cycles  Nos.  19  and  20  (Martin  and  Ramsay,  1972).  An  essentially 
identical  picture  could  be  drawn  for  disparition  brusques,  except  that  in  the  latter 
case,  there  may  be  no  Ho  flaie. 

In  addition  to  the  new  inference  that  sprays  typically  originate  in  filaments, 
Figure  7.4  shows  that  sprays  gradually  accelerate  from  rest,  as  do  eruptive 
prominences.  Perhaps  due  to  the  stronger  magnetic  field  and  field  gradients  at  their 
origins,  spiays  tend  to  accelerate  to  higher  speeds  than  eruptive  prominences  and 
to  achieve  constant  speeds  at  lower  heights.  These  differences  seem  less  important 
than  the  similarities;  we  will  regard  sprays  as  fast  eruptive  prominences  in  what 
follows  and  treat  both  together  by  she  term  eruptive  prominence. 

7. 2. 5.  MHO  Interpretation  of  Eruptive  Prominences 

A  most  interesting  comparison  of  theory  and  observation  has  been  published  by 
T.  Sakurai  (1976).  Sakurai  assumed  that  piominencc  material  is  an  infinitely 
conducting,  nonviscous  fluid  that  Outlines  magnetic  flux  tubes  with  shaip 
boundaries  Also,  nc  assumed  that  these  tuVs  expand  into  a  perfectly  conducting, 
unmagneti/ed  fluid  of  negligible  density.  He  treats  the  eruption  of  prominences  as 
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r<g.  7.5  Schematic  description  of  a  Hare  spray  or  a  prominence  eruption  suggested  by  Tandberg-llanssen,  Martin,  and  Hansen  (1978).  Eruption 
starts  with  darkening  (tog  Ml)  of  a  filament  (prominence  seen  on  the  solar  disk).  Then,  the  whole  structure  expands  radially  flop  right;  with  the 
internal  structure  takinu  on  a  helical  shape  fbottom  IcfU.  In  many  such  ei options,  a  two-ribbon  Hare  appears  at  the  site  formerly  occupied  by  the 
filament  and  the  two  ribbons  arc  linked,  by  bright  post-flare  loops  fbottom  right;.  At  the  same  time,  material  from  the  eruptive  may  still  be  falling 
to  {he  surface. 
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Fig.  7.6  Computed  motion  of  a  magnetic  flux  tube.  A  uniform  pinch  of  radius  R,  length  L, 
pitch  P,  and  AlMn  speed  is  modeled,  with  gravitational  force  neglected  and  external 
pressure  assumed  constant.  The  unit  of  time  is  R/V^,  P/R  =  1/4  and  L/R  20,  in  the  case 
illustrated  (Sakurai,  1976). 
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Fig.  7.7  Computed  rising  motion  for  several  model  tlux  tubes.  I  he  units  of  height  h  and 
time  t  are  R  and  n  /  V^,  respectively.  According  to  this  hgure,  only  the  more  strongly  twisted 
tiu\  tubes  will  rise  indefinitely  (Sakurai,  1976). 
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evidence  for  a  magnetohydiodynamic  instability  in  a  twisted  magnetic  field.  The 
slow-rise  phase  frequently  seen  in  ciuptives  is  identified  with  the  onset  of  the 
instability.  A  more  rapid  rise-phase  follows,  figures  7.6  and  7.7  illustrate  the 
types  of  motion  that  Sakurai  modeled.  (For  a  general  discussion  of  instabilities, 
we  refer  the  reader  to  Chapter  2  dealing  with  pteflarc  phenomena.) 

As  is  apparent  from  figure  7.6  and  7.7,  the  rate  of  rise  of  the  prominence 
depends  upon  the  degree  of  twist  and  the  length  of  the  field  lines,  i.c.,  the  length 
of  the  prominence.  Some  of  the  curves  in  Figure  7.7  are  suggestive  of  the  curves 
(Figure  7.4)  plotted  by  Tandbeig-Hansscn,  Martin,  and  Hansen  from  observation. 
Note  that  the  pinch  that  rises  without  deceleration  has  no  axial  magnetic  field. 
This  would  seem  to  be  in  disagreement  with  observations  of  active-region 
prominence  fields,  which  have  strong  axial  components  (Tandberg-Hansscn.  1967, 
1974).  Sakurai  finds  that  deceleration  of  his  model  pinches  (prominences)  is  due 
to  the  tension  in  the  axial  magnetic  field.  Gravity,  if  included  in  the  model,  would 
add  to  the  deceleration. 

7.2.6.  Physical  Conditions  of  the  P.ruptive  Prominence  of  19  Dccembet  1973 
The  trajectory,  temperature,  and  density  of  the  classic  helical  eiupthc  prominence 
of  19  December  1973  were  studied  by  Schmahl  and  llildncr  (1977).  A  large, 
loop-shaped  coronal  transient  preceded  the  previously  quiescent  prominence 
through  the  outer  corona.  Since  this  event  can  be  considered  as  an  archetype  for 
other,  less  well-observed  transients,  it  will  be  discussed  here  in  some  detail. 

On  18  December  the  piominencc  showed  helical  structure,  and  the  electron 
temperatuie  of  the  material  within  the  preemptive  prominence  was  8000  ±  600  K, 
close  to  the  average  electron  temperature  of  nine  other  prominences  observed  in 
the  EUV  (Orrall  and  Schmahl,  1976;  Schmahl  et  al.,  1974).  The  preemptive 
prominence  was  A  great  extent,  stretching  ~44°  in  position  angle,  but,  at 

2  X  10IS  g,  it  was  not  exceptionally  massive  (Tandberg-Hansscn,  1974). 

At  about  0449  UT  on  19  December,  the  central  portions  of  the  prominence 
started  to  rise,  although  the  noithcrn  and  southern  footprints  remained  fixed, 
and  the  tightly  wound  spirals  within  the  preemptive  prominence  uncoiled,  by 
0632  UT  the  coils  were  nearly  unwound  (as  figure  7.1  shows). 

When  the  prominence  reached  ~1.6i?w  from  sun  center,  bright  knots  became 
visible  in  white  light  at  the  same  positions  as  the  Ha  and  He  II  piomrnence  material 
seen  with  other  instruments  The  heights  of  these  knots  are  plotted  t's  time  in 
Figure  7.8.  The  prominence  reached  1 .3  with  its  tcmpciature,  mass,  and  density 
essentially  unchanged  fiom  the  preemptive  values.  However,  the  mass  of  cool 
material  observed  above  1 .6  decreased  monotonicalh'  by  ~-25  neiccnt  over 

3  hours  as  the  prominence  rose  from  2  2  to  3.0<ftQ.  During  this  time,  the  outei- 
most  prominence  temperature  rose  from  16,000  to  20,000  K  as  its  density  fell 
(30  X  10s  to  8  X  108  cm"3).  Temperature  increased  and  density  decreased  with 
height  in  the  prominence;  also,  at  each  height  temperature  increased  and  density 
decreased  with  time. 

The  warming  and  rarefaction  experienced  by  the  prominence  material  were 
surprisingly  slight,  considering  the  lime  lag  (up  to  7  hours  after  eruption)  and  the 
distance  travelled  (~2  41w)  through  the  corona.  Schmahl  and  llildncr  speculate 
that  the  rapid  dispersion  and  dimming  of  the  prominence  material  after  the  leading 
edge  rose  above  3  0  d?0  indicates  that  theimal  insulation  between  the  prominence 
and  its  hot  coronal  surroundings  abruptly  bioke  down. 
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Fig.  7.S  Height  versus  time  for  expelled  material  (Schmuhl  and  Hildner,  1977). 
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About  one-half  hour  after  the  eruption’s  start,  fine  vcitical  threads  of  falling 
material  appeared  in  EUV  emission  below  the  still-rising  prominence.  Perhaps 
as  much  as  1  percent  (2X  1013  g)  of  the  mass  of  the  preemptive  prominence  fell 
into  the  chromosphere  in  these  threads.  Evidently:  (/)  only  a  small  fraction  (~10 
percent)  of  the  preemptive  prominence  rose  into  the  corona  above  1.6  <R0  as  cool 
material;  and  (2)  the  amount  of  cool  prominence  material  above  1 .6  ol0  decreased 
with  time. 

This  event  is  an  example  of  the  heating  and  rarefaction  of  cool,  rising 
prominence  material.  The  unity  of  the  prominence  material  was  maintained  during 
its  early  ascent,  and  it  appears  that  the  material  was  still  concentrated  into  small 
(<10"),  cool,  unresolved  structures  at  3  <R0.  As  in  other  events  (Gosling  et  al., 
1974;  Dulk  et  al.,  1976;  Hildner  et  al.,  1975b)  a  coronal  loop  transient  above  the 
19  December  1973  prominence  eruption  carried  off  the  bulk  of  the  ejected  mass. 

This  work  and,  for  other  mass  ejection  events,  the  work  of  Stewart  et  al. 
(1974b),  Dulk  et  al.  (1976),  and  Wu  et  al.  (1975)  has  made  clear  the  positional 
and  temporal  unity  of  prominence  eruptions  and  coional  transients.  Munro  et  al. 
(1978)  showed  that  nine  of  ten  flares  with  ejections  of  chromosphciic  material 
were  associated  with  coronal  transients,  indicating  that  great  volumes  of  solar 
atmosphere  becon  e  unstable  at  times  of  ejections.  Schmahl  and  Hildner  wcie  led 
to  suggest  that  a  piomincnce  and  the  corona  around  it  are  permeated  by  a  magnetic 
field  which  becomes  unstable  everywhere  nearly  simultaneously.  As  the  field  rises, 
it  carries  outward  the  various  highly-conductivc  features  strung  upon  it. 

7.2. 7.  Mass  Motions  In  Coronal  Loops  Associated  with  Spiays;  X-ray  Observations 
Rust  and  Webb  (1977)  examined  all  large-scale  f>  60,000  km)  soft  X-ray  enhance¬ 
ments  observed  in  active  regions  during  the  Snylab  mission  to  detciinine  tlicir 
morphological  characteristics  and  the  number  associated  with  mass  ejections. 
One  hundred  fifty-six  enlargements  and  loop-like  extensions  of  well-established 
active  regions  appeared  on  the  X-ray  pictures.  Of  these,  126  accompanied  some 
form  of  ll«  filament  activity.  Of  these,  94  were  associated  with  activity  of  a  clearly 
eruptive  nature.  Sixty-nine  of  the  156  X-ray  events  were  definitely  or  probably 
associated  with  reported  Ha  flares,  as  listed  by  Hirman  et  al.  (1975).  Of  these, 
63  occurred  in  conjunction  with  at  least  one  of  the  categories  of  eruptive  oi  active 
filaments;  only  6  flares  occurred  in  the  absence  of  other  Ha  activity. 

Dark  Ha  material,  where  observed,  was  ejected  from  the  flaring  active  regions 
along  trajectories  paralleling  the  X-ray  loops,  but  it  is  impossible  to  say  that  the 
dark  material’s  path  was  within  the  observed  loops.  In  general,  the  Ha  ejecta  were 
too  faint  or  too  diffuse  to  be  identified  on  single  prints  from  the  flare-patrol 
movies,  and  Rust  and  Webb  iclied  upon  chains  of  chromospheric  brightenings  to 
indicate  the  progiess  of  Ha  excitation.  An  example  is  shown  in  figure  7.9.  The 
exposure  at  1013  ui,  about  4  hours  before  the  events,  shows  McMath  12387 
with  some  faint  X-ray  loops  surrounding  it.  A  2B  flare  began  at  1419  and  peaked 
in  X-rays  at  about  1^30.  When  the  fust  post-event  X-ray  images  were  obtained 
at  1755  u  r,  a  scries  of  360,000-km-long  loops  arched  toward  the  southwest.  They 
were  6-10  times  brighter  than  the  loops  in  the  same  region  before  the  flare,  and 
they  appeared  somewhat  less  twisted.  In  the  24  hours  after  the  flarc,  the  loops 
faded  and  resemblance  to  the  preflare  morphology  increased.  The  flare  clearly 
preceded  the  Ha  brightenings  at  the  remote  ends  of  the  interconnecting  X-ray 


ay  and  Ha  observations  of  a  2H  flare  on  16  fune  1973.  At  flare  onset,  the  narrow,  dark  filament  (1411  UT  image)  spray  t 
of  the  A  rav  enhanced  loop.  Arrows  indicate  the  apparent  intersections  of  the  loop  with  the  chromosphere  (Rust  ant 
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loops,  which,  Rust  and  Webb  suggest,  guided  material  or  a  shock  from  the  flare 
site.  The  excitation  velocity,  deduced  from  the  5-minulc  inteival  between  flare 
onset  and  the  1424  UT  brightening  at  the  nearest  Ha  patch  ( indicated  by  an  unow), 
was  1200±  300  km  s'1.  The  loops  in  Figure  7.9  were  attached  to  the  active 
reg'ort  at  the  base  of  an  Ha  spray. 

Rust  found  evidence  for  a  “knot”  of  high-temperature  material  associated  with 
a  spray  on  6  September  1973.  In  this  event,  a  number  of  loops  were  excited, 
apparently  by  the  passage  of  material  from  the  active  region.  Magnclogiams  indi¬ 
cated  that  almost  all  the  Ha  brightenings  at  one  end  of  the  loops  in  the  active 
region  oveilay  positive  Fields,  while  the  bright  Ha  aichipclago  traced  by  the 
opposite  ends  of  the  loops  followed  a  chain  of  negative  field  patches.  The  infci red 
piopagation  velocity  of  material  moving  along  the  loops  from  the  flare  site  was 
400-1000  km  s'1 .  It  appeared  that  the  enhanced  loops  lay  just  below  the  spray 
trajectory  and  that  the  excitation  velocity  in  the  loops  was  compaiablc  to  the 
spray  velocity.  The  sequential  brightening  of  Ha  patches  along  a  chain  stretching 
from  the  active  region  resembled  the  phenomenon  usually  called  a  "flare  wave” 
(Smith  and  Harvey,  1971).  Rust  concluded  that  some,  peihaps  many,  flare  waves 
may  be  due  to  the  sequential  excitation  of  loop  footpoints  outside  active  regions 
with  mass  ejections,  although  at  least  Dryer,  Slcinolfson,  and  Wu  felt  that  a  shock 
such  as  that  proposed  by  Uchida  et  ai.  (1973)  could  also  be  responsible. 

A  photograph  that  shows  directly  the  moving,  X-ray -emitting  ejecta  appears  in 
Figure  7.10.  In  the  event  illustrated,  both  hot  (X-ray-emitting)  and  cooler  (Ho- 
emitting)  ejecta  were  escaping  from  the  sun.  This  event  was  associated  with  a  major 
distuibancc  of  the  white-light,  outer  corona  and  a  Type  II  radio  burst,  which 
started  as  the  X-ray  ejecta  rose  above  the  limb  (Webb  and  Jackson,  1979).  The 
mass  ejection  was  likely  associated  with  a  flare  over  the  limb  (Tousey,  1975). 

In  this  17  january  1974  event,  an  X-ray -emitting,  expanding  aich  rose  through 
the  lower  corona  at  ~40Q  km  s"1 .  Webb  and  Jackson  concluded  that  the  tops  of 
the  X-ray  and  lla  arches  were  coincident  and  that  the  X-ray  .trch  coincided  with 
that  side  of  the  Ha  arch  which  was  rising  and  most  rapidly  detaching  fiom  the 
solar  surface.  Webb  and  Jackson  interpret  these  observations  as  evidence  for  the 
rapid  heating  of  cool  prominence  material  to  coronal  temperatures.  Heating  of 
erupting  material  has  been  implied  in  observations  of  other  events  (Roy  and  Tang, 
1975;  Rust  and  Webb,  1977;  Zirin  et  a!.,  1969).  Schmahl  and  Hildner  (1977)  also 
inferred  ongoing  heating  of  cool  material  to  coronal  temperatures  from  obser¬ 
vation  of  a  slow  (~75  km  s'1 )  prominence  eruption. 

From  photometric  analysis  of  the  X-ray  films,  Webb  and  Jackson  concluded 
that  the  corona  was  depleted  behind  the  lising  aich  of  prominence  material  newly 
heated  to  coional  temperatures.  In  addition,  a  knot  containing  piee\isting  hot 
coronal  material  was  ejected.  T  his  does  not  mean  that  the  knot  contained  only 
preexisting  coional  material,  since  an  adniixtuie  of  cool  piommence  and  hot 
coronal  material  may  have  coexisted  in  the  knot  to  great  heights. 

X-ray  observations  of  transients  in  the  innci  coiona  led  us  to  a  picture  of  loop¬ 
shaped  features,  probably  one  or  more  magnetic  flux  tubes,  expanding  above 
eruptive  prominences  and  carrying  1 01 4  — 1 0* 5  g  of  coronal  material  into  inlei- 
planctary  space.  As  in  the  17  January  event,  a  knot  of  X-ray -emitting  material 
may  be  ejected  at  the  same  time  as  overlying  loops  expand. 
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7.2.8.  Mass  Motion  in  Corona!  Loops  Associated  with  Sprays;  A  Model 
During  the  course  of  the  Workshop,  McClymont  continued  his  work  with  Craig 
on  mass  motions  confined  to  magnetic  flux  tubes.  In  the  following,  we  describe 
their  model,  and  we  suggest  that  it  will  explain  the  principle  features  of  the  fast 
X-ray  loop  brightenings  observed  by  Rust  and  Webb,  may  have  relevance  to  the 
knots  of  X-ray-cmitting  material  ejected  from  active  regions,  and  may  have 
important  implications  for  the  flare  energy-release  process  itself. 

In  earlier  work,  Ciaig  and  McClymont  (1976)  found  that  the  injection  of 
energy  into  the  upper  part  of  a  high-density  coronal  loop  leads  to  the  formation 
of  shock  fronts  that  propagate  down  to  the  chromosphere,  thus  carrying  off  a 
sizeable  fraction  of  the  flare  .energy.  In  a  new  model,  McClymont  and  Craig 
(1978)  assume  that  heating  takes  place  at  one  end  of  a  horizontal  tube  of  uniform 
cross-section  in  which  the  magnetic  pressure  dominates  the  gas  pressure.  The  flux 
tube  can  then  be  regarded  as  rigid.  The  initial  density  and  temperature 
(1.6  X  106  K)  arc  taken  to  be  uniform,  and  gravity  is  neglected. 

To  simplify  the  model,  the  response  of  the  chromosphere  at  the  end  of  the  tube 
to  energy  deposition  in  the  tube  is  ignored  by  imposing  the  boundary  condition 
that  no  mass  flows  from  the  energy  injection  site.  The  cncigy  input  function 
comprises  a  half  sine  wave  in  both  space  and  time,  of  half-width  X  in  space  and 
full-width  r  in  time. 

Variations  in  the  initial  formation  of  shocks  for  a  range  of  energy  inputs  arc 
shown  in  Figure  7.11.  For  each  case,  the  ambient  density  is  1010  cm"-1;  the  size 
of  the  energy  injection  region,  3X  109  cm;  and  the  energy  injection  peiiod,  1 
minute.  The  same  size  and  heating  dotation  apply  to  all  the  results  given  here 
unless  X  and  r  arc  otherwise  specified.  Each  curve  is  labelled  by  the  relevant  value 
of  x  =  l°8ro  (<?/»),  where  Q  is  the  total  energy  injected  into  unit  cross-section  at 
the  base  of  the  flux  tube  (erg  cm'5).  Thus  \  is  a  mcasuic  of  the  injected  energy 
per  particle.  The  full  line  indicates  the  Mach  number  A/,  determined  fiom  the 
Rankinc-Hugoniot  conditions  applied  across  the  wavefront,  while  the  broken  line 
shows  the  Mach  number  A/,  corresponding  to  the  propagation  speed  of  the 
disturbance.  Stiictly  speaking,  the  initial  disturbance  is  not  a  fully  developed  shock 
until  the  two  curves  join  (A/,  =A/2)  at  t  =s  2  min,  although  the  wavefront  may, 
for  most  purposes,  be  regarded  as  a  shock  at  times  as  early  as  ~  1  min. 

In  Figure  7.12,  the  initial  development  of  shocks  in  plasmas  of  different  ambient 
densities  is  compared.  The  three  curves  in  Figure  7.12  arc  labelled  by  logio  •*>; 
in  each  case  x~Vi.  From  Figures  7.11  and  7.12,  it  can  be  inferred  that:  (/ ) a 
ihock’s  final  Mach  number  depends  stiongly  on  input  energy,  but  only  weakly 
on  ambient  density,  and  (2)  the  time  to  achieve  a  fully  foimcd  shock  at  fixed 
energy  per  particle  depends  upon  ambient  density.  Inis  latter  effect  may,  in  part, 
be  due  to  the  increased  ratio  of  the  thermal  conduction  time  scale  to  the  dynamical 
time  scale  at  lower  densities. 

The  effect  of  different  energy-injection  length  scales  and  time  scales  were 
investigated  and  shown  to  be  minor.  The  characteiistics  of  the  fully  developed 
shock  depend  principally  on  the  amount  of  energy  injected.  The  initial  evolution 
was  computed  for  the  case  /r  =  1010  cm'3 ,  \  =  'A.  Energy  injection  lengths  of 
X  =  3  X  108  cm  and  3  X  109  cm  were  used  with  injection  durations  r  =  15,  30, 
and  60  s.  As  expected,  rapid  heating  (smaller  t)  produces  a  faster  risetime  and  a 
higher  peak  speed  of  the  wavefront.  However,  by  the  time  the  shocks  arc  fully 
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developed,  the  time  scale  of  heating  has  ceased  to  have  an  effect  on  the  Mach 
number.  After  3  minutes  the  shock  fronts  arrive  at  the  same  position,  regardless 
of  the  extent  X  of  the  heated  region. 

Since  the  plasma  in  the  flux  tube  is  still  approximately  at  constant  density  when 
shocks  form,  the  pressure  gradients  which  drive  the  shocks  arise  mainly  from 
temperature  gradients.  Therefore,  a  strong  correlation  between  the  peak  shock 
speed  and  the  maximum  temperature  reached  in  the  heated  region  is  expected. 
McClymont  and  Craig  show  that  for  models  spanning  ranges  ot  density 
(108</t<10n  cm"3),  energy  input  (-1/2  <  x  ^  3/2),  heating  times  (15<r«J 
60s),  and  length  scales  (3  X  108  <X*S3X  109  cm),  the  shock  speed  increases 
logarithmically  with  maximum  temperature. 

Having  established  that  the  propagation  of  shocks  does  not  depend  sensitively 
on  details  of  the  energy  injection,  Craig  and  McClymont  examined  the  decay  of 
shocks  as  a  function  of  ambient  density  and  energy  input.  It  is  difficult  to  discuss 
the  decay  rate  of  shocks  in  a  simple  but  quantitative  manner  since  the  behavior 
depends  on  the  evolution  of  the  entire  region  behind  the  shock;  but  the  evolution 
of  shocks  in  plasmas  of  ambient  density  n  =  108, 109,  and  1010  cm"3  was  followed 
to  1000  s  for  values  of  the  energy  input  parameter  x  =  0,  1/2,  1 ,  and  3/2.  Shocks 
previously  found  to  form  more  slowly  in  a  lower  density  plasma  also  take  longer 
to  develop  as  the  energy  per  particle  (x)  increases.  As  expected,  the  rate  of  shock 
decay  increases  with  increasing  Mach  number.  Results  are  relatively  insensitive  to 
the  ambient  density;  at  a  given  Mach  number,  the  decay  rate  increases  slowly  with 
increasing  density. 

In  Figuie  7.13,  the  distribution  of  temperature  and  pressure  in  the  flux  tube 
after  1000  seconds  is  shown  for  n  =  109  cm"3  and  x  =  0,  1/2,  and  1.  These  distri¬ 
butions  were  also  computed  for  a  density  1010  cm"3.  Although  the  temperature 
distribution  is  different  in  this  case,  the  pressure  distribution  is  found  to  be  almost 
identical  when  scaled  according  to  the  ratio  of  ambient  densities. 

Finally,  the  average  velocity  of  shock  propagation  over  the  interval  t  -  0  to 
1000  s  was  studied  as  a  function  of  energy  input  x  for  n  =  108,  1 09 ,  and  1010  cm'1  • 
The  velocity  increases  from  ~250  km  s'1  at  x=0  to  ~500  kms"’  at  x*l-5- 
Velocity  decreases  slightly  with  increasing  ambient  density. 

The  general  characteristics  cf  the  shocked  atmospheres  in  the  theoretical  flux 
tubes  arc  similar  to  those  observed  in  tire  X-ray  corona.  The  X-ray  "nhancements 
studied  by  Rust  and  Webb  propagate  with  velocities  between  -100  and  1  zud  km  s"1 . 
The  degree  of  enhancement  over  the  presptay  emission  level  is  consistent  with  the 
temperature  increases  predicted  by  McClymont  and  Craig. 


7.3  SURGES 

7.3.1.  Introduction 

In  this  section  we  discuss  new  observational  studies  of  surges  and  two  new 
approaches  to  modeling  them.  Before  launching  into  the  new  observations,  we 
summarize  the  characteristics  of  surges  that  we  believe  are  especially  important  for 
understanding  their  physical  mechanisms. 

(/)  Suiges  have  a  continuous  distribution  in  size.  Very  small  surges  accompany¬ 
ing  small,  impulsive,  chromospheric  brightening  arc  much  mote  common 
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Fig.  7.13  Ihslnbution  of  temperature  and  pressure  in  a  flu\  tube  at  t  ~  WOO  s  for  n  =  70’  cm"1. 
Curves  are  labelled  by  the  value  of  the  energy  input  \.  (McOymont  and  Craig,  197S). 
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than  large  surges  associated  with  major  flares  (Vorpahl  and  Pope,  1972; 
Roy  and  Lcparskas,  1973). 

{//)  Chromospheric  brightenings  ("bombs,"  Ellcrman,  1917)  from  which  all 
nori-flarc-associated  surges  appear  to  originate  (Roy,  1973a)  arc  found  at 
magnetic  polarity  reversals  (satellite  sunspots;  Rust,  1968).  Many  bombs 
are  associated  with  satellite  spots  too  small  to  be  apparent. 

(///)  These  bombs  lie  deep  in  the  chromosphere,  around  the  temperature 
minimum,  and  require  a  continuous  input  of  energy  (Bruzek,  1972), 
They  appear  as  a  rapid  brightening  (time  scaic  of  a  few  minutes),  after 
which  the  brightness  remains  roughly  constant  for  ~10-40  minutes, 
followed  by  a  rapid  decay  (Bruzek,  1972;  Roy  and  Lcparskas,  1973). 
They  appear  to  be  closely  connected  with  photosphcric  facular  granules 
(Bruzck,  1972), 

(/V)  Surges  on  the  disk  frequently  appear  bright  in  Ha  initially,  but  darken 
rapidly  after  leaving  the  chromosphere  (Bruzek,  1969). 

(v)  During  their  acceleration  phase,  which  normally  lasts  several  minutes, 
the  mean  (upward)  acceleration  is  ~1-5  times  the  solar  gravitational 
acceleration  (Roy,  1973b;  Platov,  1973).  During  this  time,  the  Ha  line 
width  indicates  macroscopic  velocities  of  ~  20-50  km  s-1,  or  kinetic 
temperatures  of  £  105  K.  The  line  width  drops  sharply  at  the  end  of 
the  acceleration  phase  (Platov,  1973). 

(w)  Magnetic  field  measurements  indicate  that  the  field  strength  in  surges  is 
higher  than  would  be  expected  if  the  field  is  due  only  to  photosphcric 
sources.  The  field  strength  decreases  with  height  (Tandberg-Hanssen  and 
Malville,  1974). 

(vii)  Once  the  surge  begins  to  decelerate,  its  velocity  decreases  more  rapidly 
0. an  can  be  accounted  for  by  giavity  alone.  During  its  return  to  the 
surface,  the  surge  velocity  is  less  than  the  frccfall  velocity  (Roy,  1973b; 
Platov,  1973). 

(»'///)  Soft  X-ray  measurements  indicate  that  no  appreciable  heating  of  coronal 
material  at  T >  I06  K  takes  place  (see  Sections  7.3.2  and  7.3.3,  below). 

(lx)  Type  III  radio  bursts  are  often  associated  with  surges.  Usually  the  radio 
burst  appears  considerably  later  (~  10  min)  than  the  surge  (Westin,  1969). 

(a)  Pressure  gradients  along  the  surge  trajectory  may  be  sufficient  to  drive 
it  (Schmahl,  1978). 

(a/)  Surges  have  a  strong  tendency  to  recur;  a  series  of  surges  at  a  rate  >  1 
per  hour  may  erupt  from  a  given  location  (e.g.,  Tandberg-Hanssen,  1967). 

7.3.2.  Observations  in  the  EUV 

Throughout  the  Skylab  mission,  nearly  continuous  solar  observations  were  made 
in  the  F.UV  (300<X<  1350  A)  by  the  Harvard  College  Observatory  spectrohelio- 
meter  (Reeves  et  at.,  1977).  Partial  or  complete  observations  of  more  than  250 
flares  were  obtained.  From  these  data,  Schmahl  chose  a  subset  of  21  well-observed 
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events  for  which  simultaneous  Ha  flare  observations  were  available.  Three  more 
EUV  flares  without  reported  Ha  flares  were  found.  Ha  images  of  each  of  the  24 
flares  were  obtained  from  the  NOAA  flare-patrol  films.  In  the  three  cases  wheic  no 
flare  was  reported,  small,  unreported  flares  were  found. 

Twlevc  of  the  24  flares  had  reported,  associated  Ha  surging.  In  the  events  where 
no  surge  was  observed  in  Ha,  the  lack  of  an  event  report  was  likely  due  to  the  poor 
quality  of  patrol  films,  and  in  two  cases  where  no  EUV  suige  was  associated  with 
the  Ha  surge,  the  flare  loops  were  very  compact  and  the  post-flare  observation 
period  was  very  short,  or  the  flare  event  was  close  to  the  edge  of  the  field. 

The  EUV  data  suggest  that  surges  may  be  associated  with  all  flares.  In  Ha, 
however,  flares  lead  to  surges  only  about  20  percent  of  the  time,  although  all 
surges  seem  to  follow  flares  or  puffs  (Giovanelli  and  McCabe,  1958). 

In  the  typical  event,  a  flaic  appears  first,  near  or  on  a  preexisting  loop  (or  set 
of  loops)  visible  in  highest  contrast  in  spectral  lines  formed  near  105  K  (sec  l;oukal, 
1975).  The  flaring  region  (denned  by  isophotes  of  a  coronal  line  such  as  Mg  X 
X625  or  Si  XII  X521)  is  frequently  elongated  along  the  axis  of  the  loop.  The 
second  stage  begins  near  flare  maximum,  when  a  preexisting  loop,  flaring  near  one 
end,  brightens  in  transition-zone  lines  further  along  its  length  toward  the  other 
end  of  the  loop.  Almost  simultaneously  and  co-spatially,  a  dark,  Ha  surge  advances. 
Coronal  lines  are  not  strongly  enhanced  in  the  surge  loop,  confirming  the  obser¬ 
vations  of  Rust  et  at.,  1977  (and  Section  7.3.3),  who  give  evidence  for  the  absence 
of  coronal  heating  in  surges.  The  third  stage  is  the  flare  decline,  during  which  the 
surge  cither  falls  back  along  the  loop  or  fades  out  during  its  advance  along  the  loop. 

In  only  a  few  of  the  flare/suigc  events  studied  by  Sdimahl  did  the  EUV  emission 
features  fall  back  towards  their  source,  though  such  behavior  is  common  in  lla 
surges.  Another  interesting  result  is  the  absence  of  any  infall-impact  phenomena 
(Hyder,  1967a,  b)  at  the  end  of  the  EUV  surge  loop  opposite  the  flaring  end. 

The  emission  from  transition-region  lines  arises  from  the  surge-corona  interface 
between  the  Ha-absorbing  material  and  the  ambient  corona  (Kirschncr  and  Noyes, 
1971).  Surges  appear  in  highest  contrast  (~10)  in  lines  formed  at  temperatures 
between  5X  104  and  7X  105  K  (Cli  X  1335,  O  II  X834.C  III  X977, 0  IV  X 1032, 
NeVII  X465,  and  Ne  VIII  X780),  and  in  low  contrast  ( ~  1 .3)  in  H  I  Lyman-alpha 
and  the  Lyman  continuum.  No  enhancement  of  a  surge  loop  is  observed  in  lines 
formed  at  temperatures  above  1  X  106  K  (Mg  X  X635,  Si  XII  X521,  Te  XVI  X361). 

Schmahl’s  observations  of  surges  yielded  several  important  new  results  bearing 
on  the  physical  mechanism  of  surge  acceleration. 

1.  The  pressure  gradient  from  flares  into  surge  loops  increases  about  a  factor 
of  two  above  the  preflare  stale.  The  logarithmic  pressure  gradient  along  the  loop 
appears  sufficient  to  drive  material  outward  at  the  observed  rates  and  distances. 
After  the  surge  is  ejected,  the  pressure  gradient  relaxes  to  prcflare  conditions. 

2.  The  c-folding  length  of  intensity  along  a  given  surge  is  approximately 
the  same  in  all  layers  of  the  surge-corona  transition  region,  so  that  the  logarithmic 
pressure  gradient  along  the  surge  can  be  inferred. 

3.  Coronal  lines  are  at  most  very  slightly  enhanced  :n  the  moving  emission 
feature  after  separation  from  the  flare. 
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4 .  Little  or  no  heating  occurs.  The  temperature  layers,  3  X  IQ4  to  3  X  10s  K, 
of  the  surge-corona  transition  zone  are  more  enhanced  over  presurge  values  than 
others,  and  the  intensity  w  temperature  profile  of  the  loop  is  the  same  five  minutes 
after  the  passage  of  the  surge  as  before.  A  simple  explanation  for  this  selective 
enhancement  of  the  transition  zone  is  that  the  ejected  cool  material  within  the 
zone  compresses  the  warmer  layers  momentarily.  Even  with  an  adiabatic  com¬ 
pression,  the  transition  zone  will  radiate  more,  since  increasing  the  pressure  while 
conserving  mass  increases  the  emission  measure. 

7.3.3.  Lack  of  Coronal  Effects  Due  to  Surges 

It  has  been  reported  that  brief  X-ray  bursts,  as  recorded  by  fuh-sun  detectors, 
accompany  surges  (Tcskc,  1971).  Does  the  passage  of  a  surge  through  the  corona 
lead  to  heating  cither  of  the  surge  materia*  itself  or  of  the  coronal  material  in  its 
path?  Schmahi's  EUV  results  imply  it  docs  not.  However,  the  flare  volume,  as 
defined  by  the  Mg  X  extent,  does  increase  dramatically,  indicating  some  heating 
behind  the  surge  volume.  To  pursue  the  matter  further,  Rust  etal.  (1977)  searched 
for  surge-associated  X-ray  emission  on  high-resolution  images  obtained  with  the 
AS  &  E  soft-X-ray  telescope  (Valana  et  at.,  1977)  between  28  May  and  27 
November  1973.  During  that  period,  several  hundred  "dark  Ha  surges  on  the  disk" 
were  reported,  and  io  study  their  effects  upon  the  corona,  Rust  et  at.  selected 
events  for  which  X-ray  observations  obtained  not  more  than  8  h  before  and  not 
more  than  4  h  after  surge  onset  were  available.  In  only  6  of  54  selected  cases  was 
there  a  noticeable  change  in  the  brightness  or  size  of  any  X-ray -emitting  region  with 
a  surge.  Enlargements  of  active  regions  of  less  than  15"  in  one  dimension  or 
brightenings  in  loops  of  less  than  15"  cross-section  were  not  noted.  These  cases 
appeared  to  be  related  to  rapid  active-region  evolution  and  not  necessarily  to  surge 
activity  alone.  Nine  of  the  events  were  inconclusive  because  of  obscuration  from 
bright  flares  and/or  emission  associated  with  active  filaments.  This  left  39  of  the  54 
events  with  no  apparent  change  in  X-ray  emission  at  all.  Rust  et  at.  concluded 
from  the  lack  of  detectable  brightness  change  that  <6X  10s  electrons  cm’3 
were  added  to  the  corona  at  2X  105  K,  or,  alternatively,  that  the  temperature 
did  not  increase  from  2  to  2.4  X  106  K,  for  example.  The  minimum  detectable 
density  enhancement  was  less  than  5  percent  of  the  density  of  most  surges. 

Rust  et  al.  concluded  that  surges  pass  through  the  corona  without  significant 
heating,  that  is,  without  leaving  a  noticeable  X-ray  brightness  increase.  This 
conclusion  is  compatible  with  the  slight  enhancement  seen  by  Schmahl  in  Mg  X 
loops  during  the  course  of  surges.  It  is  also  qualitatively  consistent  with  Stcinolfson 
and  Schmahi’s  computational  results  (Section  7.3.7)  which  show  weak  shocks 
propagating  ahead  of  surge  ejecta  and  slight,  transient  coronal  heating.  We  inter¬ 
pret  the  present  results  as  confirmation  of  the  customary  view  of  surges  as  cool 
ejections  following  preexisting  field  lines.  Thus,  surges  are  to  be  contrasted  with 
sprays  and  filament  eruptions,  which  appear  to  distort  the  magnetic  fields  and 
certainly  leave  heated  loops  in  the  corona. 

7.3.4.  Mass  Ejections  Accompanying  the  Flare  of  5  September  1973 

In  a  large  flare,  many  forms  of  ejecta  may  be  observed,  and  it  is  important  to 
learn  how  they  interact  with  each  other.  The  flare  with  the  most  complete  comple¬ 
ment  of  observations  occurred  at  1826  ut  on  5  September  1973.  There  is  an 
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extensive  discussion  of  the  flare’s  morphology  in  Chapter  2  and  Appendix  B, 
and  a  discussion  of  the  5  September  flare’s  radiative  and  mechanical  energy  budgets 
in  Appendices  A  and  B,  respectively. 

On  5  September,  the  Skylab  instruments  recorded  a  preflarc  enhancement  of 
soft  X-ray  emission  from  an  activated  filament.  Many  instruments,  including 
ground-based  limited-field  and  full-disk  Ha  patrols,  recorded  the  flare  onset  and  the 
spectacular  filament  eruption,  flare  wave,  and  surge  that  followed.  Because  of  the 
excellent  coverage  of  this  flare,  McKenna-Lawlor  (1977)  was  able  to  determine 
the  release  sequence  of  the  ejecta,  measure  their  trajectories,  and  estimate  the 
energies  involved.  This  work  is  discussed  in  Appendix  B.  Hetc  we  present  a  brief 
description  of  the  surge  which  occurtcd  during  the  flare  and  was  perhaps  the  largest 
of  such  events  during  the  Skylab  mission. 

In  the  5  September  flare,  a  dark  filament  erupted  ~5  minutes  before  the  onset 
of  the  surge.  Then,  at  1833  UT,  blue-shifted  surge  material  became  visible  behind 
the  erupting  filament.  By  1834  UT  the  developing  surge  appeared  in  projection  to 
have  “passed  through"  the  eruptive  and  to  be  moving  slightly  ahead  of  it.  The 
surge  differed  from  the  filament  eruption  in  the  following  respects.  (7)  It  began 
close  to  the  base  of  a  leg  of  the  filament  which  had  exhibited  downflow  prior  to 
the  flare,  i.c.,  the  surge  was  not  spatially  coincident  with  the  ejected  portion  of 
the  filament.  (2)  The  surge  travelled  more  slowly  than  the  erupting  filament.  The 
maximum  line-of-sight  velocity  in  the  surge  was  1 50  ±  ~20  km  s'1 ,  occurring  al 
1838  UT,  when  the  total  velocity  of  the  surge  was  — 195  t  20  km  s*1 .  (3)  The 
surge,  unlike  the  erupting  filament,  followed  a  sharply  curved  trajectory.  (4)  The 
surge  slowed,  stopped,  and  fell  back  into  the  sun  nearly  along  its  original  trajectory, 
while  the  hulk  of  the  ejected  filament  continued  to  ascend.  (5)  T  he  outward 
motion  of  the  surge  lasted  ~90  min,  indicating  sustained  energy  and  mass  input 
at  the  base,  (See  Figure  B.8  in  Appendix  B.)  On  the  other  hand,  mass  input 
occurred  at  the  base  of  the  ascending  filament;  the  filament  eruption  consisted 
solely  of  outward  streaming  of  material  previously  suspended  above  the  chromo¬ 
sphere.  (6)  Except  for  a  flare-like  brightening  at  the  base  of  the  surge,  no  coronal 
X-ray  enhancement  was  observed.  This  is  in  contrast  to  the  filament  eruption, 
which  began  with  X-ray  brightening  over  the  whole  length  of  the  filament  and 
with  brightening  in  a  coronal  loop  that  extended  from  the  site  of  the  flare  across 
the  solar  equator  to  another  active  region  (sec  figure  7.14).  The  bright  loop  coin¬ 
cided  closely  with  the  eruptive  filament  trajectory,  and  not  with  the  surge  tra¬ 
jectory. 

7.3.5.  Models  and  Simulations 

Except  for  the  work  by  Altschuler  et  al.  (1968),  little  attention  has  been  paid  to 
simulating  the  hydrodynamic  aspects  of  surges,  although  other  sorts  of  mass 
ejections  have  been  simulated  (Nakagawaer  al.,  1975;  Wluetal.,  1978;  Steinolfson 
‘7  al.,  1978b).  There  are  severe  practical  difficulties  in  achieving  a  complete 
theoretical  description  that  includes  heating,  conduction,  and  radiation,  as  well 
as  convective  or  turbulent  processes.  Heating,  for  example,  of  coronal  loops  and 
of  the  flare  plasma  is  of  unknown  origin  (Emslie,  1977).  Conduction  is  well  under¬ 
stood  but  difficult  to  simulate  because  the  computation  requires  an  implicit, 
rather  than  an  explicit,  numerical  differencing  scheme.  Radiation  in  the  optically 
thin  regime  ( 7' >  1 04  K)  may  be  approximated  by  the  Cox  and  Tucker  (1969) 
formalism,  but  for  the  optically  thick  regime  it  requires  treatment  by  various 
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approximate  formulas  for  opacity  effects,  (Brown,  1973).  In  view  of  these  diffi- 
:  culties  and  uncertainties,  we  restricted  our  theoretical  analyses  of  surges  to  simpler, 

gas-dynamic  modeling.  McClymont  developed  a  new  nonmagnetic  surge  model  in 
which  radiation  is  treated  in  an  approximate  manner,  and  Steinolfson  and  Schrnahl 
attempted  a  hydrodynamic  simulation  of  a  surge  and  its  effects  in  the  corona. 

Specifically,  the  modelers  set  out  to  answer  the  following  questions: 

(/)  Can  a  thermal  gradient  provide  a  sufficient  pressure  gradient  to  account 
for  the  surge  acceleration? 

(//)  Is  it  possible  to  introduce  the  required  heating  in  such  a  way  that  the 
surge  material  remains  cool?  If  the  surge  is  heated  appreciably,  will  it 
cool  rapidly  enough  for  compatibility  with  observation? 

McClymont  considered  a  very  simple,  but  illustrative,  model  in  which  the  surge 
material  is  ejected  en  masse  by  the  adiabatic  expansion  of  an  impulsively  heated 
layer  of  the  chromosphere  beneath  the  surge  base.  The  lower  boundary  of  the 
"explosion  site"  is  regarded  as  fixed,  and  the  gravitational  potential  energy  of  the 
f  heated  material  is  neglected. 

For  simplicity  a  vertically  emerging  surge  above  a  high-pressure  region  of  vertical 
extent  x  (initial  extent  x0)  was  considered.  Thus  x(t)  measures  the  height  of  the 
trailing  edge  of  the  surge  above  the  lower  boundary  of  the  heated  region, 
i  In  the  adiabaticallv  expanding  hot  region,  the  pressure  and  density  arc  given  by 

P~py,  and  p  —  1  /x  .  (7.3.1) 

•  The  equation  of  motion  is  then 

o  u  =  P  -  a  g  ,  (7.3.2) 

or 

6/9  =  (1+{)(*/*oP  -1  ,  (7-33) 

where  a  is  the  column  density  of  the  surge  above  the  heated  region,  v  -  x ,  P0  and 
,  P  are  the  gas  pressures  in  the  heated  region  initially  and  during  the  surge, 
respectively.  In  Equations  7.3.2  and  7.3.3,  g  is  solar  gravity,  7  =  5/3  ;s  the  ratio 
of  specific  heats  for  a  fully  ionized  gas,  and 
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Note  that  £  is  the  initial  acceleration  in  units  of  p. 

For  various  initial  accelerations  and  a  fixed  maximum  height  of  3  X  1C4  km, 
the  thickness  of  the  heated  region  (x0),  the  height  above  the  initial  position  at 
which  deceleration  begins  (x,  -  x0),  and  the  maximum  velocity  emax  attained  at 
this  point,  are  shown  in  Table  7.3.  The  case  %  -*  00  corresponds  to  impulsive 
ejection  of  the  surge,  which  then  follows  a  ballistic  trajectory,  f  rom  Table  7.3 
we  can  rule  out  values  of  ij  <  10,  since  the  required  thickness  of  the  heated  region 
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TABLE  7.3 


PARAMETERS  DEPENDING  ON  f  FOR  SURGE  HEIGHT 
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is  then  larger  than  the  depth  of  the  chromosphere.  Although  the  thickness  of  the 
heated  layer  (660  km)  is  reasonable  for  $  =  30,  the  mass  of  the  heated  region  is 
then  large  compared  to  the  surge  mass. 

The  time  to  reach  maximum  height  is  only  weakly  dependent  on  £,  For  accept¬ 
able  values  of  £  (as  defined  above)  this  is  reasonable,  since  the  velocity  profile  is 
not  too  different  from  the  ballistic  (£  *♦  °°)  case.  A  vertically  moving  surge  takes 
9.3  minutes  to  reach  a  maximum  height  of  3X  104  km  for  £  =  10,  while  for 
£  **  it  takes  7.8  minutes. 

McClymont  also  considered  conditions  in  the  heated  region  driving  the  surge. 
He  found  that  we  might  expect  to  see  a  brief  (1  —20  s)  burst  of  EUV  emission  at 
the  surge  base.  He  also  found  that  the  gas  expands  so  rapidly  that,  in  practice, 
heating  cannot  be  regarded  as  impulsive. 

The  total  energy  input  required  to  drive  the  surge  can  be  estimated  by  calcu¬ 
lating  the  energy  to  maintain  the  expanding  hot  region  in  its  assumed  adiabatic 
state.  rhis  is  men  by 


e 


Ax(t)njt)2  f(r(t)jdt  , 


(7.3.5) 


where  f0  is  the  time  to  reach  maximum  height,  f(t)  is  the  radiative  loss  function 
(Tucker  ar.d  Koren,  1971),  and  A  is  the  surge  area.  The  energy  required  to  offset 
radiative  losses  as  a  surge  of  mass  1 014  g  ascends  to  a  height  of  3  X  104  km,  accord¬ 
ing  to  (7  3.5),  is  shown  in  Table  7.4.  These  values  may  be  compared  to  the  mechan¬ 
ical  energy  requirements  of  ~  8  X  1027  erg  (see  Table  7.1) 
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the  radiative  loss  function 
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j  Except  for  large  values  of  $,  the  bulk  of  the  injected  energy  is  lost  to  radiation, 

i  If  £  is  as  small  as  30,  the  total  energy  required  is  comparable  to  a  large  flare  energy 

j  release,  while  for  |  in  the  range  100-300  the  energy  requirement  ir  that  of  a  small 

’  flare.  For  a  less  massive  sutge  (smaller  base  area)  the  case  %  a  300  is  also  compar¬ 
able  with  the  radiated  energy  of  an  Ellerman  bomb, 

*  McClymont  showed  that  the  hot  region  becomes  optically  thick  for  100, 
so  that  the  large  radiated  energies  found  in  Table  7.4  for  £  ~30  are  in  fact  over- 

|  estimates.  The  more  acceptable  values  for  §  >  1 00  are  realistic, 
j  Next,  McClymont  calculated  the  temperature  fe(1  at  which  radiative  heating 

•  of  the  surge  material  is  balanced  by  radiative  losses  from  the  surge  (assumed 

j  optically  thin).  The  opacity  of  the  surge  in  its  initial  state  was  found  to  be  high  for 

j  (j  <  300.  The  equilibrium  temperature  was  calculated  taking  into  account  the 

radiation  from  the  hot  region  (Table  7.4),  the  surge  opacity,  and  the  radiative 
losses  from  the  surge.  The  calculated  equilibrium  temperatures,  summarized  in 
Table  7.5,  arc  compatible  with  observation. 


TABLE  7.5 

RADIATIVE  HEAT  ING  OF  SURGE 

o  (g  cm’1 )  = 

Iff* 

io-’ 

i<r* 

lo8.o  f 

rRAI)  <K) 

re„  (K) 

1.5 

10* 

Hot  region  optically  thick, amount  of  radiation 
escaping  to  heat  surtte  unknown. 

2.0 

5  X  10’ 

6.5  X  10* 

7.S  X  10* 

9  X  10* 

2.5 

10‘ 

10‘ 

1.5  X  10* 

2  X  10* 

3.0 

5  X  10‘ 

Little  effect  on  surge 

Unfortunately,  McClymont’s  analysis  breaks  down  for  the  most  promising 
accelerations,  £  s  30,  because  the  mass  of  the  heated  region  is  comparable  to  the 
mass  of  the  surge;  radiation  is  important;  and  the  dynamic  time  scale  is  too  short 
for  the  assumed  impulsive  heating  to  be  realistic.  The  constant  brightness  of 
chromospheric  "bombs”  implies  a  continuous  energy  input,  whereas  the  energy 
input  used  here  diops  rapidly  as  surge  expansion  begins.  The  model  cannot  repro¬ 
duce  observed  surge  trajectories  under  the  impulsive-heating  hypothesis,  although 
an  energy  input  with  a  rise  time  of  ~2  min,  the  rise  time  of  bomb  brightenings, 
could  well  satisfy  observed  trajectories. 

An  alternative  model  for  the  hydrodynamic  simulation  of  a  surge  was  investi¬ 
gated  by  Sk'inolfson  et  al.  (1978a).  Since  flare-associated  surges  emanate  from 
flare  sites  that  lie  near  the  footpointsof  preexisting  coronal  loops  (Schmahl,  1977) 
or,  in  sonic  eases,  from  flare-puffs  (Giovanclli  and  McCabe,  1958).  Stcinolfson 
et  al.  modeled  the  flare  source  by  an  impulsive  increase  in  the  pressuie  p  at  the 
base  of  a  hydrostatic  atmosphere.  Large  flares  show  pressure  enhancements  p/p0 
(where  subscript  0  represents  the  initial  base  value)  on  the  order  of  p/p0  ~  100 
(Svestka,  1976;  Pallavicini  et  al.,  1977).  Many  such  flares  were  associated  with 
mass-ejections  much  more  energetic  than  surges;  smaller  flares  and  subflarcs 
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presumably  have  smaller  pressure  enhancements  and  aic  associated  with  the  less 
energet.c  surge  ejections.  Hence  the  impulses  used  in  the  computations  by 
Steinoi'son  et  ol,  (1978a)  to  simulate  small  flares  fall  in  the  range  p/p0  =  5  to  30. 
Further,  observations  indicate  that  the  material  motion  in  surges  is  parallel  to 
inferred,  long-lived  magnetic  structures  emanating  from  sunspot  umbras  (Tandborg- 
Hanssen,  1974).  This  flow  is  constrained  by  the  field,  so  it  is  essentially  hydro- 
dynamic  and  nearly  one-dimensional.  Therefore,  Steinolfson  et  et/.’s  computations 
sverc  one-dimensional  and  neglected  curvature.  The  computations  were  carried  out 
in  spherical  coordinates  with  spherical  symmetry.  Comparison  to  observed  surges 
was  obtained  by  considering  only  a  small  section  (“-10*4  sr). 

The  one-dimensional  hydrodynamic  equations  used  are  (assuming  spherically 
symmetric  and  polytropic  flows): 


dp  9  .  .  2 pv 

— ~  +  — (pu  +-f_  =  o  . 

9/  9  r  KP  '  r 

bv  9u  1 9  p  GM„ 

—  +  or-  +  — —  +  — T2-  =  0  , 
9/  dr  pt.r  r 


(7.3.6) 


(7.3.7) 


9 p  Ou  bp  2ypu 

bt  w  br  br  r 


(7.3.8) 


where  p  is  the  density,  v  the  velocity,  p  the  pressure,  y  the  polytropic  index,  G 
the  gravitational  constant,  and  iKe  the  solar  mass. 

The  initial  conditions  were  specified  to  satisfy  the  hydrostatic  equilibrium 
equation  with  temperature  increasing  from  a  plateau  (the  chromosphere),  at  104  K 
through  the  transition  region,  with  constant  conductive  flux  (T512  dT/dr  = 
constant),  to  the  corona  at  1.2X  106  K.  The  conductive  flux  thereafter  was  not 
computed,  and  its  neglect  will  be  discussed  later.  The  initial  density  at  the  top  of 
the  chromosphere  (considered  as  the  base  in  the  following  discussion)  was  taken  to 
be  10"  cm'3.  A  polytropic  index  of  5/3  was  used. 

The  hydrodynamic  response  of  the  atmosphere  to  a  5-min  pressure  pulse  of 
strength  p/p0  =  10  is  shown  in  Figures  7.15,  7.16,  and  7.17.  The  dashed  curves  in 
Figures  7.15  and  7.16  illustrate  the  initial  temperature  and  density  profiles. 

A  shock  forms  ahead  of  the  disturbance  and  is  shown  on  the  t  =  3  min  curves. 
At  later  times  it  has  propagated  beyond  the  region  shown  in  the  figures.  The  shock 
travels  at  approximately  240  km  s'1,  so  its  Mach  number  is  1.34,  and  the  increase 
in  the  thermodynamic  variables  across  the  shock  is  small.  I  he  amplitude  of  the 
post-shock  temperature  (density)  enhancement  is  about  1.3  (1.5)  X  ambient.  The 
degree  of  enhancement  remains  almost  constant  as  the  shock  propagates  thiough 
the  corona.  The  material  accelerated  to  the  highest  velocities  by  the  shock  is  the 
hottest  and  least  dense  material  in  the  event. 

Following  far  behind  the  leading  shock  is  the  contact  surface  (labelled  by  the 
solid  vertical  tick  marks)  defined  by  the  fluid  particles  ejected  from  the  base  at 
t  -  0.  The  contact  surface  (the  leading  edge  of  the  ejected  material)  lies  near  the 
minimum  of  the  tcmpeiature  profile  at  all  times  throughout  the  pulse.  The 
temperature  at  the  contact  sutface  decreases  with  time  until  infall  occurs  aflei  the 
pulse  is  removed.  Since  the  pressuie  pulse  is  doing  work  on  the  gas  and  since 
thermal  and  radiative  losses  are  not  included,  the  first  law  of  thermodynamics 
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pd  (1/p)  +  cvdT  =  0,  cv  the  specific  hcnt  at  constant  volume,  requires  that  the 
temperature  increase  ahead  of  the  contact  surface  as  the  density  decreases.  These 
steep  temperature  and  density  gradients  ahead  of  the  contact  surface  may  corres¬ 
pond  to  the  surge-corona  interface  observed  in  the  EUV,  and  the  relatively  cool, 
dense  materia!  behind  the  gradients  may  correspond  to  the  surge  material.  After 
the  pulse  is  removed,  some  of  the  material  starts  failing  downward,  due  to 
gravitational  forces,  as  shown  by  the  negative  velocities  in  Figure  7.17. 

The  vertical  dashed  line  on  the  curves  indicates  the  height  at  which  the  density 
drops  to  2  percent  of  the  base  density,  or  2  X  109  cm*3.  This  value  was  (arbitrarily) 
selected  as  being  representative  of  the  leading  edge  of  the  cool,  dense  region  created 
by  the  pressure  pulse.  It  is  clear  that  the  contact  surface  is  not  a  good  indicator  of 
this  quantity  since  it  is  embedded  within  the  cool,  dense  material.  The  trajectories 
of  the  2%  base  density  level,  contact  surface,  and  the  shock  arc  summarized  in 
Figure  7.18  for  this  case.  As  shown  in  the  figure,  the  2%  base  density  indicator 
mimics  the  vertical  motion  of  the  contact  surface  in  that  it  first  moves  upward 
and  then  (after  ~10  min)  falls  back  down  as  the  material  below  it  heats  up  and 
becomes  less  dense -ultimately  acquiring  characteristics  not  representative  of 
surge  material. 

Intuitively,  one  expects  that  more  intense  pulses  will  eject  more  material  to 
greater  heights,  and  that  sufficiently  intense  pulses  will  eject  material  from 
gravitational  confinement.  To  compare  with  such  expectations,  Steinolfson  et  at. 
(1978a)  computed  the  effect  of  pulses  of  various  strengths  (p/p0  =  S  to  30)  and 
two  kinds  (thermal  and  adiabatic).  The  results  are  shown  in  Table  7.6  where 
rnux  '*  the  maximum  height  achieved  for  the  contact  surface,  is  the 
maximum  height  reached  by  the  level  at  which  the  density  falls  to  2%  of  the  base 
value,  f(r,,"x )  is  the  time  at  which  the  2%  density  level  reaches  the  maximum 
height,  and  is  the  maximum  velocity  of  the  2%  density  level.  The  shock 
velocities  are  given  for  t  -  5  min.  The  results  confirm  our  qualitative  expectations: 
larger  pressure  pulses  generate  higher  and  faster  surge  ejections. 

Finally,  we  Find  that  “thermal"  pulses -corresponding  to  rapid  heating  of  the 
chromosphere-can  account  for  the  gross  features  of  surges.  "Adiabatic"  pulses 
were  less  satisfactory.  As  Table  7.6  shows,  adiabatic  pulses  produce  significantly 
smaller  ejection  heights  and  velocities  than  do  thermal  pulses  of  equivalent 
p/po  .  This  results  because  the  additional  mass  ejected  in  an  adiabatic  pulse  is  more 
retarded  by  gravitation.  The  adiabatic  pulses  produce  more  compression  and  lower 
temperatures  at  the  contact  surface  than  do  thermal  pulses. 

The  predicted  surge  acceleration  is  not  in  good  agreement  with  Roy's  (1973b) 
and  Plalov’s  (1973)  observations,  which  show  a  steady  acceleration  of~l-5Xj;9. 
Hydrodynamic  effects  were  not  found  to  produce  the  rapid  deceleration  near  the 
top  of  the  surge  trajectory  found  by  Roy  (1973b);  Figure  7.17  shows  that  the 
deceleration  is  less  than  at  both  the  contact  surface  and  the  base  density  level. 
Acceleration  during  downward  motion  is  less  than  frccfall,  in  agreement  wiih 
Roy’s  observation.  The  one  event  studied  by  Roy  (1973b)  that  decelerated 
gravitationally  was  a  limb  event;  those  that  decelerated  more  rapidly  were  disk 
events.  The  possibility  that  the  apparent  rapid  deceleration  is  due  to  the  leading 
edge  of  the  surge  becoming  optically  thin  (suggested  but  discounted  by  Roy) 
should  be  carefuiiy  investigated.  Finally,  on  the  question  of  dynamics,  it  is 
interesting  to  note  that  Figure  7.17  shows  that  the  velocity  of  the  model  surge 
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reverses  first  near  the  solar  surface;  lower  material  starts  draining  back  before  the 
upper  material. 

Where  they  can  be  compared,  the  results  of  McClymont’s  and  Steinolfson 
et  al.’s  surge  models  are  qualitatively  quite  similar.  Table  7.3  for  McClymoht’s 
model  surge  of  height  3  X  104  km  and  log£  =  1.0  can  be  compared  to  Steinolfson 
et  al.’s  model  in  Table  7.6  with  initial  thermal  pulses  p/p0  =  10  and  15.  Speeds  and 
maximum  heights  arc  in  good  agreement  between  the  two  models,  despite  the  fact 
that  the  one-dimensional  flosv  in  McClymont's  model  is  confined  to  a  tube  where 
it  is  a  spherically  expanding  shell  in  the  model  of  Steinolfson  et  at.  This  and  the 
other  differences  between  the  models  may  mean  that  the  agreement  between  their 
results  is  only  fortuitous. 


7.4  CORONAL  TRANSIENTS 


7.4.1.  Introduction 

Coronal  transients  are  mass  ejections  seen  in  the  outer  corona  (see  Figure  7.3). 
Such  mass  ejections  were  seen  but  their  true  nature  went  unrecognised  during 
at  least  three  eclipses  between  1860  and  1941  (Shklovskii,  1965;  Eddy,  1974; 
MacQuccn,  1977).  More  recently,  satellite-borne  coronagraphs  have  imaged  more 
than  one  hundred  rapid  changes  in  the  appearance  of  the  Thomson-scattering 
white-light  corona. 

Coronal  transients  were  frequent  near  the  minimum  between  solar  cycles  20 
and  21.  At  least  115  transient  biightcnings,  including  77  definite  mass  ejections, 
were  imaged  during  the  Sky  lab  coronagraph’s  227  observing  days  in  1973  and 
early  1974  (Munro  et  a!.,  1979).  Some  20  of  the  ejections  had  a  loop  appearance. 
Other  classes  are  amorphous  clouds  (13  events)  and  material  injected  into  streamers 
(12  events).  The  remaining  32  events  can  be  put  into  classes  containing  no  more 
than  S  examples  each;  14  events  defy  classification  (Munro,  1977, 1978). 

From  the  projected  appearance  of  transients  some  inferences  about  their  sizes 
can  be  drawn.  Hildner  (1977)  indicates  that,  as  seen  from  sun  center,  very  few 
Skylab  transients  wcie  larger  than  65*  in  apparent  extent,  and  they  were  relatively 
low-latitude  phenomena.  Transients  appeared  to  subtend  smaller  and  smaller  solid 
angles  as  they  progressed  from  2  to  6  contrary  to  what  one  might  expect  for 
shocks. 

Some  quite  narrow  transients  are  seen  in  the  Skylab  data.  The  variation  of 
polarization  with  height  for  one  of  these,  the  event  of  10  January  1974,  is 
consistent  with  a  nearly  planar  loop  seen  edge-on  (Munro,  1978).  If  this  event 
was  a  planar  loop  seen  edge  on,  it  was  ~0.8<fto  thick  perpendicular  to  the  loop’s 
plane. 

7.4.2.  PI i y steal  Pai  ameters 

During  the  Woikshop,  Jackson  and  Hildner  (1978)  discovered  and  reported  that 
transients  arc  surrounded  by  broad  regions  of  slightly  enhanced  coronal  density. 
The  mass  excess  over  the  pie-event  background  in  a  forerunner  is  typically  20% 
of  the  excess  mass  of  its  associated  transient.  These  surrounding  regions  were 
associated  one-to-one  with  transients  and  moved  outward  at  approximately  the 
same  speed  as  their  underlying  transients.  These  regions,  called  forerunners  by 
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Jackson  and  Hildncr,  certainly  arrive  earlier  at  a  given  point  in  the  corona  than 
their  associated  transients.  Jackson  (1979)  has  inferred  that  a  forerunner  is  in 
motion  prior  to  the  onset  of  its  associated  Ha  surface  activity.  This  work  is  dis¬ 
cussed  in  more  detail  in  Chapter  2. 

Table  7.7  lists  24  mass  ejections  for  which  some  analysis  has  been  carried  out. 
The  tabulated  mass,  in  most  cases  taken  from  Jackson  and  Hildncr  (1978),  is  the 
excess  mass  in  the  field  of  view  of  the  coronagraph  as  determined  by  the  method 
described  by  Hildncr  et  al.  (1975b)  and  therefore  includes  the  excess  mass  of  the 
forerunner.  For  two  reasons  the  listed  values  arc  lower-limit  estimates  for  the 
mass  lifted  into  the  corona  during  the  transient  event.  First,  the  lower  corona  is 
occulted,  so  that  only  mass  above  a  certain  height  (2  4?0  in  the  case  of  the  Skylab 
instrument  and  3  <fi0  in  the  ease  of  the  OSO-7  instrument)  is  measurable.  Second, 
the  masses  arc  determined  assuming  that  the  excess  material  was  at  the  limb, 
where  a  minimum  amount  of  material  would  give  the  observed  brightness  change. 
The  mass  expelled  from  the  lower  corona  during  mass  ejections  appears  to  escape 
to  the  interplanetary  medium,  and  no  obvious  down  draining  of  material  has  been 
observed  in  the  outer  corona. 

The  speeds  of  the  transients'  leading  edges,  taken  primarily  from  Munro  et  al. 
(1978),  arc  given  in  the  third  column  of  Table  7.7  and  are  determined  by  visual 
inspection  of  images  of  each  event.  Speeds  for  several  of  the  events  are  quite 
pooily  determined  (±  several  hundred  km  s'1)  due  to  a  paucity  of  observations, 
but  a  more  typical  uncertainty  is  ±  100  km  s'1 .  For  those  events  which  accelerate, 
an  average  speed  is  entered  in  the  table. 

Gosling  et  al.  (1976)  and  larkson  (sec  Hildncr,  1977)  have  shown  that  no 
events  show  strong  decelerations.  Figure  7.19,  taken  from  Hildncr  (1977),  shows 
speed  voisus  height  for  10  events.  It  is  apparent  from  the  figure  that  a  strong 
init:al  acceleration  is  required  to  boost  the  mass  from  rest  near  the  solar  surface 
to  its  observed  speed  at  ~3  <R0,  For  example,  the  leading  edge  of  the  10  August 
event  shows  ».•  average  acceleration  of  0.9  m  s'5  from  ~460  km  s'1  at  3.5  6?0  to 
~510kms"'  at  5.5  <R0,  while  an  average  acceleration  of  72  m  s*J  is  required  for 
the  leading  edge  to  start  from  wo  speed  at  1  <K0  and  reach  ~450  km  s'*  at  3  fl0. 

Column  4  of  Table  7.7  gives  the  magnetic  field  strengths  which  have  been 
inferred  from  radio  measurements  of  two  transients.  Unfortunately,  the  direction 
of  the  magnetic  fields  is  not  known.  The  magnetic  field  strengths  indicate  that 
die  material  within  a  transient  is  a  low-6  plasma  (0  =  2nekT/(Bz  /Stt) ) ;  that  is,  the 
magnetic  energy  density  dominates  the  thermal  energy  density  in  the  plasma.  For 
the  1 5  September  event,  Dulk  et  al.  (1976)  estimate  (3  =  0.007  and  suggest  that  the 
magnetic  energy  density  exceeds  the  kinetic  energy  density  as  well. 

Potential,  kinetic,  and  total  energy  estimates  for  the  transients  are  listed  in 
columns  10,  II,  and  12  of  Table  7.7.  The  potential  energy  or  work  required  to 
lift  additional  mass  from  the  solar  surface  to  achieve  the  observed  excess  mass 
distribution  is  determined  by  integration  over  the  transient.  Because  the  mass 
values  are  lower-limit  estimates,  the  potential  energy  estimates  obtained  in  this 
fashion  represent  lower  limits.  The  listed  kinetic  energies  assume  that  all  the  mass 
moves  outward  at  half  the  speed  of  the  leading  edge.  The  potential  and  kinetic 
energy  of  material  out  of  sight  below  the  occulting  disk  arc  not  included.  Note 
that  one-half  of  the  work  expended  to  lift  material  from  the  solar  surface  to 
infinity  is  expended  to  raise  the  material  to  2  fi0.  In  Table  7.7,  neither  the  thermal 
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Fig.  7.19  Speeds  of  loop  transients'  leading  edges  versos  distance  from  son  center,  fach  point 
is  plotted  at  the  mid-height  ot  the  interval  used  to  determine  it.  The  points  for  each  c\ent  are 
connected  to  guide  the  eye.  All  hut  the  limitary  (197-i)  events  occurred  in  1973.  An  f  u.  r. 
after  the  dale  indicates  that  the  etect'on  was  associated  with  a  flare  or  eruptive  prominence, 
respectively.  (Alter  Gosling  ct  al„  1976,  as  revised  by  /achson,  1977.) 
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energy  supplied  to  or  given  up  by  the  trans'-ent  material,  nor  the  magnetic  energy 
contained  within  the  volume,  is  listed.  The  thermal  and  magnetic  energies  delivered 
to  the  interplanetary  medium  by  the  flare  of  5  September  1973,  for  example,  are 
estimated  by  Dulk  and  McLean  (1978a)  as  a  few  times  1030  erg  and>1G31  erg, 
respectively,  in  Appendix  B,  The  simulation  of  a  tiansient  described  in  Section 
7.4.4  implies  much  larger  thermal  energies.  Note  that  much  of  the  thermal  and 
magnetic  energy  of  the  expelled  material  resided  in  the  material  prior  to  lire 
ejection  and  is  convcctcd,  rather  than  created,  by  the  event  which  caused  the 
ejection. 

The  amount  of  energy  liberated  by  a  coronal  transient  in  the  form  of  radio 
bursts  is  negligible  in  comparison  with  kinetic,  potential,  and  magnetic  energies 
(Dulk  and  McLean,  1978b).  The  energy  released  by  transients  in  the  form  of 
energetic  particles  is  probably  small  but  is  unknown  at  the  present  time;  an 
association  between  energetic  particles  and  coronal  transients  will  be  mentioned 
below. 

Because  of  their  large  energies  and  frequent  association  with  flares,  it  is  apparent 
that  coronal  transients  play  an  important  role  in  the  flare  process.  The  sizes  and 
trajectories  of  flare-associated  transients  indicate  that  large  volumes  of  the  corona 
above  the  flare  site  are  affected  by  a  transient’s  passage.  As  indicated  in  Table  7.7, 
a  great  deal  of  energy,  often  comparable  to  the  energy  liberated  in  other  mani¬ 
festations  of  a  flare,  is  necessary  for  production  of  a  coronal  transient. 

The  association  between  coronal  transients  and  other  forms  of  solar  activity 
is  traced  by  Munro  et  <//.  (1979)  for  transients  observed  from  Skylab.  For  the  34 
Skylab  transients  that  can  be  definitely  or  probably  associated  with  Ha  surface 
activity,  only  8  were  associated  with  phenomena  far  from  an  active  region.  That 
is,  approximately  3 lA  of  all  transients  with  associated  Ha  activity  apparently 
originated  in  or  near  active  regions,  though  not  all  of  the  ttansients  associated 
with  active  regions  were  accompanied  by  reported  flares.  In  two  cases,  one 
originating  in  a  spotless  active  region,  the  other  adjacent  to  an  active  region,  a 
prominence  erupted  followed  by  a  flare  in  the  same  location.  Cvcn  though  these 
two  transients  were  associated  with  flares,  the  timing  implies  that  the  flares  were 
an  effect  of  the  eruption  and  coronal  disturbance,  not  a  cause. 

There  is  a  strong  correlation  between  transients  and  Ha  activity  «uch  as  brighten¬ 
ing  or  movement.  Considering  those  Skylab  events  that  can  be  associated  with  I  la 
phenomena,  some  half  of  the  ttansients  were  associated  with  eruptive  prominences 
or  filament  disappearances  in.  the  absence  of  flares,  as  shown  by  the  value  in 
Table  7.8.  The  other  values  in  Table  7.8  give  the  fraction  of  transients  in  the 
presence  or  absence  of  events  (shown  by  the  row  and  column  headings).  Clearly, 
transients  are  more  closely  associated  with  eruptions  than  with  flares. 

The  association  between  soft  X-ray  activity  in  the  low  corona  and  white-light, 
outer  coronal  transients  is  not  yet  clear.  Kahlcr  (1977)  and  Shecley  et  al.  (1975) 
found  a  dose  correspondence  between  coronal  transients  and  soft  X-ray  brighten- 
ings  of  the  low  corona  tint  had  a  long  decay.  Why  the  eruptions  of  coronal 
transients  lead  to  long-lasting,  soft  X-ray  enhancements  in  the  lower  cotona  (or 
conversely)  is  obscure,  although  Dryer,  Steinolfson,  Wu,  and  colleagues  have 
presented  simulations  which  require  long-duration  heating  at  the  base  of  the 
corona.  Little  has  been  done  to  analyze  individual  soft  X-ray  events  in  conjunction 
with  individual  white-light  coronal  transients,  though  Rust  and  Hildnci  (1976) 
and  Webb  and  Jackson  (1979)  have  associated  outward-moving,  X-ray-cmitting 
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material  with  coronal  transients  seen  later  in  white  light  in  the  outer  corona. 
Sheridan  et  al.  (1978)  report  that  the  very  slow  (~60kms'')  coronal  transient 
of  21  January  1974  was  detectable  in  the  80  MHz  quiet-sun  radiation  formed  at 
about  2  SiQ  as  an  enlargement  of  the  emission  region  at  the  limb  of  the  sun. 
Comparison  of  the  remarkably  similar  properties  of  green-line  events  (De  Mastus 
et  at.,  1973)  and  transients  lead  Wagner  and  De  Mastus  (1977)  to  suggest  that 
white-light  mass  ejections  and  the  subset  of  green-line  disturbances  not  associated 
with  surges  arc  but  different  observational  manifestations  of  the  same  parent 
phenomenon  (though  practical  difficulties  have  so  far  precluded  observation  of 
both  manifestations  of  any  particular  event). 

7.4.3.  Origin  of  the  Ejected  Mass 

The  material  ejected  in  a  coronal  transient  appears  to  come  from  the  low  corona. 
With  at  least  5  transients,  those  of  16  June  1972  (Koomen  et  a!.,  1974),  11  January 
1973  (Stewart  et  a!.,  1974a,  b),  13  August  1973  (Rust  and  Hildncr,  1976),  and 
17  January  1974  (Webb  and  Jackson,  1979),  the  lower  corona  changed  markedly. 
The  K-coronameter  polarization  X  brightness  (pB)  signal,  almost  solely  due  to 
Thomson  scattering  of  photospheric  light  from  free  electrons,  showed  enhance¬ 
ments,  particularly  at  the  positions  of  the  legs  of  the  loop  transients,  or  depictions 
in  the  height  range  1 .1  to  1 ,8  <ft0  for  all  five  events. 

Using  coronal  models  such  as  that  of  Saito,  1970  (or  Saito  et  ah,  1977),  it  is 
possible  to  show  that  the  corona  typically  has  an  abundant  supply  of  material  at 
heights  below  1.3  <10,  more  than  adequate  to  provide  the  excess  material  seen  in 
coronal  transients.  Further,  it  has  been  shown  that  the  eruptive  prominence  often 
associated  with  a  coronal  transient  does  not  supply  the  majority  of  the  mass  in  the 
coronal  transient  (Schmahl  and  Hildner,  1977;  Poland  and  Munro,  1974;  and 
Ui'dneret  al.,  1975a). 

7.4.4.  Numerical  Simulation  of  a  Coronal  Tiansient 

During  the  Workshop,  concurrently  with  the  analysis  of  observations,  numerical 
simulations  of  coronal  transients  were  developed.  These  simulations  have  pro¬ 
gressed  from  one-dimensional  hydrodynamic  codes  to  two-dimensional  magneto¬ 
hydrodynamic  models  with  adjustable  initial  temperature  and  density  perturbations 
and  almost  arbitrarily  selectable  initial  conditions.  After  the  perturbation  is  intro¬ 
duced,  the  reaction  of  the  corona  is  followed  in  time  and  space;  then,  the  modeled 
configuration  is  compared  with  observations.  It  should  be  kept  in  mind  that 
numerical  solutions  of  all  MUD  models  are  nonunique.  That  is,  the  results  depend 
upon  a  number  of  parameters:  (/)  initial  equilibrium  atmosphere,  (/>')  magnetic 
topology,  and  (///)  magnitude  and  duration  of  the  pulse  that  drives  the  transient 
response.  Effects  of  various  magnetic  topologies  arc  illustrated  in  Figure  7.20. 

Ad  hoc  pulses  have  been  used  heretofore  (e.g.,  Wu  etal.,  1978,  and  Steinolfson 
et  al.,  1978b),  but  recently,  Smith  et  al.  (1977)  provided  3  quantitative  analysis 
(see  Figure  7.21)  of  the  soft  (8-20  A)  X-ray  emission  from  an  intensely  bright, 
coronal  condensation  associated  with  an  eruptive  prominence  on  21  August  1973. 
The  condensation  remained  at  enhanced  densities  and  temperatures  for  more  than 
three  hours.  Values  of  T  and  nc  estimated  by  Smith  et  al.  were  used  by  Dryer, 
Nakagawa,  Steinolfson,  and  Wu  (“Dryer  et  al.")  as  a  pressure  pulse  for  simulating 
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r ig.  7.20  The  velocity  and  magnetic  field  changes  resulting  from  an  impulsive  temperature 
enhancement  (T=10T„)  of  is  duration,  (it)  Velocity  vectors  in  a  nonmagnetic  flow  at 
t  =  10  min.  (b)  Velocity  vectors  and  magnetic  field  lines  in  an  open  magnetic  conliguration 
with  Q  =  0.7  (computed  at  i  -  7,  i  =  2).  Magnetic  field  lines  are  plotted  fur  1  =  0  (dished) 
lines  and  for  T  -  10  min  (solid)  lines,  (c)  Velocity  vectors  and  magnetic  field  lines  in  a  closed 
magnetic  configuration  with  p-  0.7  (compult  d  at  i  =  1,  |  -  2).  Magneto  field  lines  are  plotted 
for  t  =  0  (dished)  lines  and  for  l  =  10  min  ( solid ^  lines  fit 'u  et  aL,  1978). 
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Fig.  7.21  Electron  temperature  and  density  vs  lime  lor  the  eruptive  prominence  event  on  21 
August  1973  as  derived  from  the  iXASA/Marshall  Aerospace  Corporation  X-ray  experiment 
(Dryer  et  al.,  1979). 
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the  21  August  coronal  transient  (Poland  and  Munro,  1976).  The  earlier  simulation 
of  Smith  et  at.  (1977)  used  an  input  pressure  pulse  iteratively  adjusted  until  the 
velocity  in  the  simulation  matched  the  observed  velocity  of  the  eruptive  prominence. 

The  Ha  part  of  the  21  August  event  began  with  the  eruption  of  a  quiescent 
prominence  on  the  northeast  limb  (Smith  et  al.,  1977)  at  ~1300ur.  X-ray 
emission  commenced  at  ~  1 340  UT.  At  1410  UT,  the  rising  prominence  was  visible 
at  1.42  d?0  and  the  observed  velocity  exceeded  200  km  s'1.  The  prominence  was 
photographed  in  Hell  emission  at  1441  ut.  The  first  white-light  observations 
were  obtained  at  the  same  time,  and,  as  Poland  and  Munro  (1976)  said:  ", . .  the 
total  event  svas  much  larger  than  the  Ha  and  He  II  eruptive  prominence.  The 
leading  edge  of  the  white-light  event  was  more  than  a  solar  radius  above  the  farthest 
extent  of  the  moving  prominence  material . . .  and  was  also  much  larger  in  latitu¬ 
dinal  extent  than  the  prominence."  The  thickness  of  the  transient  was  estimated  by 
Poland  and  Munro  to  be  approximately  0.2  d?0. 

Temperature  and  density  in  the  X-ray  emitting  region,  as  found  by  Smith  ct  ai., 
are  shown  in  Figure  7.21.  The  tempcratuie  peaks  within  20  min,  while  the  density 
continues  to  rise  (by  more  than  a  factor  of  ten)  for  ~1  h  after  onset.  According  to 
Smith  et  at.,  the  temperature  remained  above  10’  K  for  ~3h.  F.ncrgy  and  mass 
addition  for  a  period  of  hours  is  strongly  suggested. 

The  simulation  was  carried  out  only  foi  the  period  1 340—1 555  UT.  This  means 
that  the  energy  and  mass  added  to  the  model  corona  during  the  simulation  must 
be  considered  as  tower  bounds  to  the  amounts  adoed  to  the  real  corona,  since 
Figure  7.21  shows  that  the  pressure  at  the  base  of  the  corona  remained  elevated 
long  after  the  simulation  ended.  All  macroscopic  physical  processes,  except  for 
radiative  heating  and  losses  (which  are  negligible  as  noted  by  Stcinolfson  et  til., 
1978b),  resistivity,  and  thermal  conduction  were  considered. 

The  full  set  of  equations,  a  description  of  the  physics  of  MHO  fast  and  slow 
wave  phenomena  (such  as  their  steepening  into  shock  waves),  and  the  numerical 
procedures  for  their  solution  are  discussed  by  Nakagawa  et  al.  (197S),  Wu  et  al. 
(1978),  and  Steinolfson  ct  at.  (1978b)  and,  therefore,  arc  not  repeated  here. 
Instead,  we  briefly  note  that  a  poly  tropic  (index  =  1.08)  solar  atmosphere  was 
assumed,  with  the  following  unperturbed  conditions  at  the  coronal  base  (taken  as 
1  <1e):  electron  (or  proton)  density,  n  =  S  X  10’  cm'3 ;  T -  2  X  104  K.  The  model 
density  is  lower  than  the  value  usually  given  (~3  X  10*  cm'3)  for  the  equatorial 
minimum  density  (Saito  1 970;  Sarto  e/  <//.,  1977). 

The  assumed  perturbation  is  sinusoidal  in  space  over  a  10°  latitudinal  range 
centered  at  the  equatorial  plane  and  on  the  axis  of  a  so-called  "open”  magnetic 
portion  of  a  six-lobed  hexnpole.  It  is  not  clear  whether  the  preemption  field  in 
actual  events  is  open  or  closed,  and  since  simulations  with  closed  fields  cannot 
match  the  properties  of  transients,  an  open  field  was  chosen. 

Two  values  of  the  initial  magnetic  field  strength,  B,  were  chosen  such  that  the 
ratio  of  gas  pressure  to  magnetic  energy  density  (0  =  16  ttnKkT/B *)  at  the  corona! 
base  and  on  the  axis  of  symmetry,  was  either  1.0  or  0.1.  Thus,  B  =  0.834  G  for  the 
6  =  1.0  case  and  B  =  2.64  G  for  0  =  0.1 .  In  the  initial  (hexapole)  field  configuration, 
8  increases  rapidly  with  height.  For  the  0(1.0  <$?0)  =  1.0  case,  0(1.8  <ft0)  =  5;  for 
0(1.0  «J  =  0.1,  0(1.8  d?0)  =  0.7.  The  relative  importance  of  the  magnetic  field 
diminishes  rapidly  with  height  in  this  initial  configuration.  The  model 
values  may  be  compared  with  an  inferred  0  (<f>  1.8  4?0  )=  0.035  in  a 
transient  studied  by  Dulk  et  at.  (1976).  These  authors  also  suggest 
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i  that  0.04  <0<  0.11  is  appropriate  for  the  ambient  medium  ahead  of  the  shock 

!  front  for  that  event.  Alternatively,  Dulk  and  McLean  (1978)  point  out  that  the 

value  of  0  is  not  well  known  for  the  pre-event  corona,  and  Kuijpcrs  (197S)  has 
!  suggested  values  of  (3  ranging  between  0.5  and  12.6  and  of  8  ranging  between  0.36 

and  36  G.  In  view  of  the  uncertainty  in  magnetic  field  strengths,  the  rather  high 
;  0  used  in  the  simulations  may  possibly  be  within  the  range  indicated  by  observations, 

j  In  Figure  7.22  the  effect  of  the  magnetic  field  is  clearly  seen:  the  plasma  behind 

*  the  shock  moves  several  tenths  of  a  solar  radius  farther  in  the  weaker  fields  (hence, 
smaller  induced  Loren  tt  forces)  for  (3  =  1.0  than  does  the  corresponding  plasma  in 
the  stronger  fields  of  the  (3  =  0.1  ease.  The  material  motion  behind  the  0  =  0.1 
shock  is  more  constrained  laterally  by  the  larger  J  X  B  forces.  In  general,  however, 
the  shape  of  the  peak  density  surface  (particularly  that  for  the  0  =  0.1  ease! 
resembles  the  white-light  coronal  transient  observed  at  1441  UT  by  Poland  and 
Munro  (1976,  Figure  lb). 

The  simulated  shock  and  contact-surface  (or  piston)  trajectories  and  velocities 
are  compared  to  observations  in  Figure  7,23,  drawn  for  the  axis  of  symmetry.  Note 
that  the  shock  velocity  responds  very  sensitively  to  the  temporal  variations  in  the 
input  temperature  and  density  at  the  coronal  base  (reference  Figure  7.21),  while 
;  the  contact  surface  responds  more  gradually.  According  to  the  simulation,  the 

t  plasma  moved  radially  into  the  interplanetary  medium  and  laterally  in  the  corona 

i  close  to  the  base. 

i  Computer-generated  plots  of  the  local  density  ratio  nfn0,  instantaneous  plasma 

.  velocity  vectors  V,  local  temperature  ratio  T/T0,  and  excess-density  n-n0  contours 

are  presented  for  the  case  0  =  0.1  in  Figure  7.24  for  I  =  60  min  (i.e.,  1440  ut). 
The  subscript  0  refers  to  the  local  undisturbed  state.  Results  for  the  0  =  1.0  case 
are  generally  similar.  In  Figure  7.24,  the  density  enhancement  takes  the  shape  of 
an  expanding  loop.  This  shape,  and  the  maximum  dcnsification  ratios  of  5.9  and 
4.9  for  0  =  1 .0  and  0.1 ,  respectively,  are  consistent  with  the  observations  of  white- 
1  light  transients  (Hildner,  1977).  The  simulation's  latitudinal  extent,  however,  is 

much  larger  than  observed. 

•  Figure  7.24  also  shows  the  local  plasma  velocity.  The  shock  and  contact  surface 
tCS)  velocities  (along  the  axis)  are  listed  for  reference.  The  high  velocities  shown 

j  are  due  to  the  continued  energy  input  at  the  coronal  base.  Note  that  most  of  the 

,  motion  is  radially  outward,  with  some  lateral  movement  along  the  base. 

The  region  of  elevated  (up  to  6.7  times  the  ambient  value)  temperature  extends 
j  from  the  source  of  energy  and  mass  addition  up  to  the  contact  surface,  as  shown 

j  in  Figure  7.24.  The  temperature  is  anticorrclated  with  the  density.  The  shock 

!  increases  the  temperature  only  by  a  factor  of  ~2,  as  indicated  in  the  key  for  the 

i  half-tone  graphical  presentation. 

i  The  excess  mass  distribution  along  radical  scans  through  the  simulated  excess- 

density  distributions  are  shown  in  Figure  7.25  for  the  0=1.0  case  at 
14I0UT  </ <  1455  UT  at  the  latitudes  of  ±40°.  The  distribution  shown  is 
relevant  to  the  plane  of  the  sky  in  a  two-dimensional  model.  Incorporating 
variation  in  the  longitudinal  dimension,  i.e.,  a  three-dimensional  model,  might 
change  the  plotted  values  appreciably. 

Poland  and  Munro  proposed  an  upper  limit  of  0.2  6?@  on  the  thickness  of  the 
transient  in  the  line  of  sight,  and  this  value  is  used  to  compare  observation:  and 
J  simulation  of  the  21  August  1973  event.  Multiplication  of  the  vertical  scale  of 
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Tig.  7.22  Simulated  shock  and  contact-surface  positions  at  t  -  1440  UT,  for  (3=  1.0  and 
P  =  O.I  (Dryer  et  at,  1979). 
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Figure  7.25  by  1.4  X  TO10  cm  results  in  simulated  column  densities,  which  can  be 
compared  directly  with  observational  s’cans.  For  example,  at  t  =  1425  UT,  there 
are  9X10*  electrons  cm"3  (1.8  X  1 0" 1 7  g  cm'3)  at  1.9  <fi0,  40°  from  the  simulated 
transient's  centerline. 

The  energies  and  mass  added  to  the  solar  atmosphere  by  the  simulated  transient 
can  be  quantitatively  compared  to  those  inferred  from  Skylab  coronagraph  obser¬ 
vations.  The  net  mass  addition  over  the  whole  transient  per  unit  thickness  along  the 
line  of  sight  at  — 1510  UT  is  1.7  X  10"  g  km'1  for  the  0  =  1.0  ease.  Using  a  thick¬ 
ness  of  1,4  X  10*  km  (0.2  <fte),  the  total  additional  mass  is  2.3  X  1016  g  in  the 

1  to  6  and  ±  85°  computational  field  of  view;  this  compares  favorably  with 
the  additional  mass  of  5  X  1015  g  given  by  Jackson  and  Hildner  (1978)  for  the 

2  to  6  coronagraph  field  of  view. 

The  various  energies  (magnetic,  gravitational,  thermal,  and  kinetic)  in  the  simu¬ 
lation  arc  shown  versus  time  in  Figuic  7.26.  The  total  excess  energy  which  is 
distributed  to  the  solar  wind  by  ~  1510  ur  is  1.4  X  1037  erg  km"1  or  3.9  X  1032  erg 
for  the  entire  transient  of  thickness  0.2  (R0. 

Comparison  of  simulated  with  observed  values  is  qualified  by  the  differences  in 
the  fields  of  view  between  the  computation  (1  to  6  (R0)  and  the  coronagraph 
(2  to  6  <S?0).  Further,  neither  the  temperature  nor  the  magnetic  field  distributions 
within  the  actual  transient  could  be  measured.  Thus,  the  observed  total  energy  in 
Tables  7.7  and  7.9  is  the  sum  of  kinetic  and  potential  energies  only,  whereas  all 
the  energy  modes  arc  known  for  the  simulation.  Table  7.9  shows  (at  1510  ut) 
the  energy  and  excess  mass  densities  and  their  totals  for  the  simulation;  it  includes 
estimates  for  the  observed  kinetic  plus  potential  cncigy  (Hildner,  1977).  Simulated 
and  observed  mass  estimates  arc  in  fair  agreement,  but  the  energy  of  the  simulated 
transient  is  much  greater  than  that  inferred  from  observations,  even  after 
considering  the  differing  fields  of  view. 

7,4.5,  Magnetic  Loop  Models  of  Corona I  Transients 

In  contrast  to  the  pressure  pulses  which  drive  the  numerical  simulations  described 
in  Section  7.4.4,  an  alternative  explanation  of  coronal  transients  is  that  magnetic 
forces  raise  material  from  the  lower  into  the  outer  corona.  That  is,  a  magnetic 
instability  rather  than  a  thermodynamic  (pressuic)  perturbation  provides  the 
necessary  forces.  This  idea  is  in  keeping  with  the  low  values  of  p  inferred  from 
observation  (Dulk  et  al.,  1976;  Gergely  et  al.,  1979),  and  has  been  put  forward 
at  least  semiquantitativcly  by  Dulk  et  at.  (1976),  Mouschovias  and  Poland  (1978), 
and  An/cr  (1978).  Numerical  modeling  of  the  coronal  response  to  magnetic  forces 
induced  by  emerging  magnetic  flux  at  the  solar  surface  is  being  started  by 
Stcinolfson,  Dryer,  and  Wu,  but  results  are  not  yet  available.  The  other  magnetic- 
forcing  studies  have  been  analytic  in  nature. 

At  least  three  variations  on  the  theme  of  magnetic  forces  driving  transients 
outward  have  been  put  forward.  Dulk  et  at.  (1976)  suggest  that  the  mass  within 
the  loop  of  the  15  September  1973  event  was  ejected  because  there  existed  an 
inward  (radial)  giadient  of  axial  (along  the  loop)  magnetic  field  strength  in  and 
around  the  transient.  To  contain  the  material  in  the  loop  and  account  for  the 
near-constancy  of  the  width  of  the  loop,  they  invoke  a  circumferential  (around 
the  loop  the  short  way)  magnetic  field  component.  Thus,  the  icsultant  field  within 
the  loop  is  a  helix;  this  field  has  a  strength  of  appioximatcly  1.7  G  and  a  pitch 
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Fig.  7.20  Simulated  temporal  energy  addition  to  the  corona  and  solar  wind.  As  this  energy 
is  transmitted  to  the  solar  wind  (outside  of  the  field  of  view),  this  value  would  of  course, 
decrease  to  the  final  equilibrium  state,  which  need  not  he  the  same  as  that  existing  at 
<  1340  UT  (Dryer  ct  al.,  i979). 
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TABLE  7.9 


Comparison  of  Observed  and  Simulated  Energy  and  Mass  Ejected  into  the  Interplanetary 
Medium  (per  unit  depth  in  km  unless  noted  otherwise). 
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Energy 
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Simulated  ficid*of*view: 


1-6  -85°  <0<  +  85°. 


Observed  field-of-vicw:  2-6  4{&;  -180°  <  0  <  +  180° 

(Poland  and  Munro,  1976;  h'ildncr,  1977;  and  Jackson  and  Hildncr,  1978). 
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angle  of  30°  when  the  top  of  the  loop  is  at  3.1  d?0.  The  ratio  of  thermal  to 
magnetic  energy  within  the  loop  at  that  height  is  approximately  /J  =  0.007,  indi¬ 
cating  that  the  magnetic  energy  density  dominates  the  thermal  energy  density. 

The  proposal  of  Mouschovias  and  Poland  (1978)  is  somewhat  different.  Like 
Dulk  et  al.  (1976),  they  suppose  that  a  loop-shaped  transient  has  within  it  a  helical 
field,  but  they  assume  that  the  outward  force  arises  from  the  circumferential 
rather  than  the  axial  field  of  the  loop.  The  loop’s  curvature  ensures  that  the  cir- 
cumrerential  field  is  stronger  on  the  underside  of  the  loop  than  at  the  top,  and 
this  magnetic  field  gradient  tends  to  drive  the  transient  outward.  In  the  Mouschovias 
and  Poland  model,  the  ambient  field  around  the  loop  is  considered  unimportant. 
For  one  transient  (10  August  1973)  observed  rising  from  2.2  to  5  <R0  this  model 
successfully  reproduces  the  observations  of  the  broadening  and  the  change  in 
the  radius  of  curvature  of  the  transient  loop  with  time.  For  this  event,  they  found 
that  a  helical  field  of  strength  ~1  G  with  pitch  angle  S0°  is  appropriate  when  the 
top  of  the  loop  is  at  2  <R0.  At  that  height  their  model  field  strength  and  the 
observed  density  indicate  that  the  ratio  of  thermal  to  magnetic  energy  density  is 
/3  «=  0.2.  In  agreement  with  Dulk  et  al.  (1976),  they  conclude  that  a  reasonable 
magnetic  field  configuration  provides  adequate  forces  to  drive  mass  ejections 
outward,  and,  if  transients  are  magnetically  driven,  the  gas  pressure  is  unimportant. 

Anzcr  (1978)  investigates  a  similar  physical  mechanism  but  uses  the  concept 
of  a  ring  current  carried  by  the  loop  of  the  transient.  After  several  simplifying 
assumptions,  Anzcr  finds  that  an  average  field  strength  of  ~0.5  G  is  sufficient  to 
drive  the  average  transient  outward  as  observed.  Whereas  Mouschovias  and  Poland 
assume  a  constant  outward  transient  speed  above  2  6?e,  An/cr  obtains  curves  of 
velocity  as  a  function  of  height.  These  curves  show  rapid  initial  acceleration 
followed  by  nearly  constant  velocity,  successfully  matching  the  observed  speed 
vs  height  curves  of  Figure  7.20. 

None  of  these  three  approaches  addresses  the  question  of  the  origin  of  the 
motion  of  coronal  transients.  Each  of  these  three  analytic  treatments  considers 
a  coronal  transient  already  in  existence  at  the  time  the  analysis  and  modeling 
begins,  ignoring  the  coronal  evolution  leading  to  a  transient. 


7.5  SUMMARY  AND  CONCLUSIONS 

7.5.1.  Introduction 

The  objective  of  our  study  of  mass  ejecta  was  to  discover  what  forces  accelerate 
and  channel  bulk  motion  before  and  after  flares.  Wc  also  wished  to  know  whether 
ejecta  are  incidental  to  flares  or  whether  they  reveal  something  fundamental  about 
the  energy -release  process.  We  believe  that  good  progress  has  been  made  toward 
realization  of  these  goals. 

7.5.2.  Effects  of  Magnetic  Forces 

From  our  study  of  sprays,  it  appears  that  no  purely  hydrodynamic  model  will 
explain  the  motion.  The  classical  picture  of  sprays  is  that  of  violently  heated 
material  tearing  free  of  the  magnetic  fields.  Eruptive  prominences,  on  the  other 
hand,  have  always  been  supposed  to  illustrate  j  X  B  forces.  New  observations  by 
Tandberg-Hanssen,  Martin,  and  Hansen  removed  the  supposedly  fundamental 


distinction  between  s; 
material  originates  in  p 
is  confined  within  stc 
envelopes.  Part  of  the 
loops.  Limb  observat 
of  which  sprays  seem 
to  those  often  notice 
and  eruptive  prominc 
magnetic  forces  in  la 
surface.  If  this  picture 
the  loops  often  arc  di 
unstable  pinches  (m 
Mouschovias,  1978)  : 
has  not  been  taken  int 
Work  performed  b 
that  at  least  some  ( 
undergoing  very  little 
vation  to  be  evidcnc 
enough  to  insulate  thi 
weakening  during  exp 
Confirming  earlier 1 
and  sprays  in  that  si 
lines,  while  eruptive  p 
fields. 

Dulk  and  Mel 
energy  expelled  from 
coronal  transient  is  al 
and  the  kinetic  enc 
transients  arc  magneti 
Magnetic  loop  mo< 
along  a  flux  tube  to  < 
properties  of  corona 
However,  neither  a  p 
model  is  completely 
occur  in  a  magnetic 
planetary  space,  but, 
infer  that  the  magneti 
Current  models  of 
corona  through  whic 
and  into  the  chrome 
way. 

Forerunners,  the  i 
coronal  transients,  ' 
(Jackson  and  llildnci 
that  coronal  mass  is 
suifacc,  Ho  manifesi 
1979,  and  Chapter  2 
of  the  total  ejected 
gasdynamic  forces. 

I 

i 

i 


1 

i 


i 


i 


u 


f  "■'v  atvj»t0^vm^rf9 ; 


P.tr1 


^p.  The  ratio  of  thermal  to 
fproximatcly  0  =  0.007,  indi- 
the  thermal  energy  density, 
is  somewhat  diffcient.  Like 
'ansient  has  within  it  a  helical 
cs  from  the  circumferential 
jrvaturc  ensures  that  the  cii- 
e  loop  than  at  the  top,  and 
outward.  In  the  Mouschovias 
?  is  considered  unimportant, 
from  2.2  to  5  <R0  this  model 
ladening  and  the  change  in 
c.  For  this  event,  they  found 
50°  is  appropriate  when  the 
lodel  field  strength  and  the 
i  magnetic  energy  density  is 
ncludc  that  a  reasonable 
i  1 1  drive  mass  ejections 
■  {,as  pressure  is  unimportant, 
anism  hut  uses  the  concept 
>t.  After  several  simplifying 
h  of  ~0.5  G  is  sufficient  to 
eas  Mouschovias  and  Poland 
?Ql  An/er  obtains  curves  of 
w  r  -|  initial  acceleration 
alii  the  observed  speed 

estion  of  the  origin  of  the 
lalytic  treatments  consideis 
the  analysis  and  modeling 
lent. 


US 


over  what  faces  accelerate 
so  wished  to  know  whether 
meriting  fundamental  about 
less  has  been  made  toward 


hydrodynamic  model  will 
s  that  of  violently  heated 
rromincnces,  on  the  other 
.  ces.  New  observations  by 
.  supposedly  fundamental 


Rust  et  at.  333 

distinction  between  sprays  and  eruptive,  prominence-.  We  conclude  that  (/)  spray 
material  originates  in  preexisting  active-region  filaments,  and  that  (//)  spray  material 
is  confined  within  steadily  expanding,  loop-shaped  (i.c.,  magnetically  controlled) 
envelopes,  Part  of  the  material  drains  back  down  along  one  or  both  legs  of  the 
loops.  Limb  observations  through  very  wide-band  filers  reveal  that  the  clumps, 
of  which  sprays  scent  to  be  composed,  arc  really  linked  in  helical  strands  similar 
to  those  often  noticed  in  eruptive  prominences.  The  helical  loop-shape  of  sprays 
and  eruptive  prominences  leads  us  to  conclude  that  these  ejecta  are  confined  by 
magnetic  forces  in  large  flux  tubes  as  these  tubes  expand  away  from  the  solar 
surface.  If  this  picture  is  more  or  less  correct,  the  details  remain  uncertain  because 
the  loops  often  arc  difficult  to  observe  in  their  full  extent,  and  current  models  of 
unstable  pinches  (magnetic  loops)  (Sakurai,  1976;  Anzer,  1978;  Poland  and 
Mouschovias,  1978)  arc  rudimentary  since  the  response  of  the  solar  atmosphere 
has  not  been  taken  into  account. 

Work  performed  by  Schmah!  and  Hildner  (1977)  during  the  Workshop  showed 
that  at  least  sonic  eruptive  prominences  endure  to  approximately  3  while 
undergoing  very  little  change  in  temperature  or  fine  structure.  We  take  this  obser¬ 
vation  to  be  evidence  for  magnetic  fields  in  the  prominence  which  are  strong 
enough  to  insulate  the  cool  material  from  the  surroundings  even  after  considerable 
weakening  during  expansion  into  the  outer  corona. 

Confirming  earlier  studies,  we  found  that  singes  differ  from  eruptive  prominences 
and  sprays  in  tht '.  surges  appear  to  follow  unmoving,  preexisting  magnetic  field 
lines,  while  eruptive  prominences  and  sprays  appear  entrained  in  moving  magnetic 
fields. 

Dulk  and  McLean  (1978a;  Appendix  B  this  volume)  estimated  that  the  magnetic 
energy  expelled  from  the  sun  and  deposited  in  the  interplanetaiy  medium  by  a 
coronal  transient  is  about  1031  erg.  They  estimated  the  thermal  energy  at  1030  erg 
and  the  kinetic  energy  at  3X103Ocrg.  These  results  indicate  that  coronal 
transients  arc  magnetically  driven. 

Magnetic  loop  models  of  coronal  transients  that  invoke  a  helical  magnetic  field 
along  a  flux  tube  to  drive  the  tube  out  were  successful  in  matching  some  observed 
properties  of  coronal  transients  (Mouschovias  and  Poland,  1978;  Anzer,  1978). 
However,  neither  a  pressure-pulse  model  (sec  below)  nor  the  helical-field-in-a-tube 
model  is  completely  realistic.  The  pressure-pulse  model  presumes  that  transients 
occur  in  a  magnetic  configuration  where  the  fields  are  weak  and  open  to  inter¬ 
planetary  space,  but,  in  fact,  transients  occur  above  neutral  lines  where  one  can 
infer  that  the  magnetic  fields  arc  closed  and  that  fi(\6nnl<T/B2)  <  1. 

Current  models  >  f  moving  flux  tubes  ignore  any  possible  effects  of  the  ambient 
corona  through  which  the  loops  rise.  Too,  the  current  flowing  along  a  flux  tube 
and  into  the  chromosphere  to  sustain  the  helical  field  must  evolve  in  a  specified 
way. 

Forerunners,  the  regions  of  enhanced  density  surrounding  the  main  bodies  of 
coronal  transients,  were  discovered  in  the  Skylab  data  during  the  Workshop 
(jackson  and  Hildner,  1978).  The  existence  and  locations  of  forerunners  indicate 
that  coronal  mass  is  moving  outward  well  above  and  perhaps  prior  to  the  near- 
surface,  lla  manifestations  of  solar  activity  associated  with  transients  (Jackson, 
1979,  and  Chapter  2  this  volume).  Forerunners  comprise  approximately  20  percent 
of  the  total  ejected  mass.  It  is  not  dear  whether  they  arc  driven  by  magnetic  or 
gasdynantic  forces. 
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7,5,3.  Effects  of  Gasdynamic  Forces  > 

Sprays  and  eruptive  prominences  are  correlated  with  coronal  heating  and  with  : 

coronal  transients.  Therefore,  we  thought  it  reasonable  to  simulate  the  effects  of  a  i 

pressure  pulse  at  the  bottom  of  the  corona.  Theoretically,  the  sudden  injection  of  ; 

heated  material  into  the  corona  should  cause  a  substantial  disturbance,  and  coronal  I 

transients  might  be  the  manifestation  of  this  disturbance.  I 

Models  of  the  effects  of  a  sudden  pressure  pulse  upon  the  corona  were  con-  < 
structed,  and  many  aspects  of  coronal  transients  were  simulated.  A  two-dimensional,  s 
self-consistent,  planar  MHD  model  was  used  to  simulate  some  features  of  the 
coronal  disturbance  associated  with  the  eruptive  prominence  of  21  August  1973.  I 
We  used  experimentally  determined  values  of  density  and  temperature  increases  ' 
at  the  base  of  the  disturbance  as  an  extended  thermodynamic  pulse.  The  trajectory  i 
and  the  amount  of  mass  and  energy  added  to  the  corona  resembled  the  values 
inferred  from  observations.  However,  increasing  t>e  magnetic  field  strength  to  the 
values  indicated  by  observation,  and  placing  the  I'-nurbation  in  a  region  of  closed 
(rather  than  open)  field  greatly  reduced  the  agfc-micnt  between  simulated  and  ; 
observed  trajectories.  With  the  (weaker  than  observed)  simulated  magnetic  field 
reacting  so  as  to  slow  plasma  flow,  the  21  August  1973  mass  ejection  was  repro-  I 

duccd  only  at  the  expense  of  injections  of  possibly  unrealistic  levels  of  thermal  ) 

energy.  Perhaps  this  type  of  simulation  describes  those  transients  accompanying 
very  large  flares  better  than  it  describes  the  far  more  common  transients 
accompanying  eruptive  prominences  and  small  flares.  In  fact,  the  survey  of  coronal  j 
transients  made  during  the  Workshop  (see  Table  7.7)  shows  that,  on  average, 
coronal  transients  associated  with  flares  are  more  massive,  faster,  and  more 
energetic  than  those  associated  with  eruptive  prominences. 

Observations  in  soft  X-rays  by  Rust  and  Webb  (1977)  showed  that  the  response 
of  the  X-ray  emitting  corona  is  similar  for  sprays  and  eruptive  prominences.  In  the 
low  corona,  some  of  the  material  from  the  filament  is  heated  to  several  milliori’ 
degrees  and  may  appear  as  a  faint,  rapidly  moving  knot,  but  the  major  portion  of 
the  coronal  heating  does  not  begin  until  after  the  eruption  is  well  on  its  way. 

This  means  that  coronal  transients  associated  with  such  events  can  hardly  be 
started  by  the  coronal  heating,  although  it  seems  likely  that  mass  flow  within 
long-lived  transients  may  be  sustained  by  it. 

Work  by  Martin,  McKenna-L.awlor,  Webb,  and  Rust  indicated  that  some  flare 
waves,  or  “Moreton"  waves,  may  not  be  the  purely  MHD  wave  phenomena  modeled 
by  Uchida  et  al.  (1973).  Some  kinds  of  flare  waves  (i.c.,  chains  of  successively 
illuminated  points  in  the  chromosphere)  were  associated  with  hot  and  cold  ejecta 
originating  in  the  flare  center  and  travelling  along  field  lines.  Rust  and  Webb  (1978) 
suggested  that  material  was  ejected  from  the  flare  site  into  magnetic  flux  tubes  of 
various  lengths.  As  the  material  traverses  the  tubes,  the  ejecta  in  the  shorter  flux 
tubes  reach  the  surface  at  the  far  end  of  the  tubes  before  material  in  the  longer 
flux  tubes.  The  appearance  of  the  brightenings  at  the  impact  points  at  the  far  ends 
of  the  tubes  is  that  of  an  excitation  front  moving  across  the  solar  disk  from  the 
flare  site. 

Numerical  modeling  by  McC’/mont  and  Craig  (1978)  showed  that  a  flare  at  one 
end  of  a  rigid  flux  tube  produces  a  shock  whose  speed  depends  almost  entirely  on 
the  total  energy  input  from  d'e  flare.  The  shock  speed  does  not  depend  so  strongly 
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on  the  density  within  the  flux  tube,  on  the  size  of  the  energy  deposition  region, 
or  upon  the  duration  of  the  energy  deposition  so  long  as  the  rate  of  energy 
deposition  is  sufficiently  fast.  This  result  allows  one  to  model  shocks  at  a  distance 
from  their  sources  without  worrying  too  much  about  the  details  of  the  energy 
deposition  which  produced  the  shock.  That  is,  one  need  not  care  if  the  shock  was 
produced  by  a  pressure  pulse,  a  pure  density  pulse,  a  pure  thermal  pulse,  etc. 
Conversely,  these  results  imply  that  is  is  futile  to  use  observations  of  a  shock  far 
from  its  source  to  ascertain  the  details  of  the  energy  deposition  which  produced 
the  shock. 

Extreme  ultraviolet  observations  of  surges  during  the  Skylab  mission  showed 
that  the  e-folding  length  of  intensity  along  the  surge  is  the  same  in  all  layers  of  the 
surge-corona  transition  region  (Schmahl,  1978).  from  these  observations,  ihc 
logarithmic  gradient  of  pressure  along  the  surge  can  be  inferred  for  each  layer. 
This  longitudinal,  logarithmic,  pressure  gradient  is  found  to  be  sufficient  to  drive 
the  surge  material  outward  without  invoking  any  other  type  of  force  (c.g.,  ctia- 
magnetic  forces)  if  the  heating  extends  deep  into  the  chromosphere,  almost  to  the 
temperature  minimum.  The  pressure  at  the  base  of  the  surge  is  approximately  twice 
the  pressure  here  prior  to  the  occurrence  of  the  surge. 

The  ext'ome  ultraviolet  observations  analyzed  by  Schmahl  also  indicate  that 
surges  do  not  heat  the  corona  significantly.  That  is,  there  is  only  a  slight,  brief 
enhancement  of  the  EUV  corona  at  the  time  of  a  surge.  This  lack  of  significant 
coronal  heating  with  surges  is  confirmed  by  Rust  el  at.  (1977),  who  show  that  the 
X-ray-e  nitting  corona  above  and  around  surges  is  enhanced  so  little  that  the  upper 
limits  on  temperature  and  density  changes  arc  0.4  MK  above  2  MK  or  the  density 
is  increased  by  less  than  5  percent. 

During  the  Workshop,  surges  were  numerically  modeled  with  two  quite  different 
techniques  (McClymont  and  Craig,  1978;  Steinolfson  ct  at.,  1978a),  both  of  which 
employed  impulsive  heating  low  in  tire  chromosphere.  The  results  of  the  two 
modeling  efforts  arc  surprisingly  similar  and  show  that  impulsive  healing  low  in 
the  chromosphere  can  yield  ejections  which  have  the  same  observational 
characteristics  as  surges.  The  validity  of  the  models  could  be  tested  by  specific 
observations. 
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7.5.4.  Concluding  Remarks 

As  the  Workshop  progressed,  it  became  increasingly  clear  to  the  Team  members 
that  understanding  the  magnetic  field  is  crucially  important  to  understanding 
mass  ejections.  Even  though  an  ejection  might  be  driven  l>v  a  pressure  pulse  at  its 
base,  as  for  surges  and,  perhaps,  coronal  transients,  the  magnetic  field  guides 
and  constrains  the  motion.  Ejections  such  as  ciuptivc  piominences,  sprays,  and, 
perhaps,  coronal  transients,  appear  iO  be  both  driven  and  guided  by  magnetic 
forces. 

The  numerical  MHD  simulations  of  transients  have  been  carried  about  as  far  as 
they  can  be  until  the  magnetic  field  is  incorporated  as  an  active  agent.  Until  now, 
the  numerical  MHD  models’  magnetic  field  has  tended  to  retard  or  delay  the 
outward  movement  of  the  ejected  material.  Alternatively,  pci  haps  the  magnetic 
field  is  actually  forcing  the  motion  of  the  ejecta  in  ways  that  have  not  yet  been 
modeled. 
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One  area  which  frustrated  the  mass  ejections  Team  is  the  general  question  of  j 

timing.  For  instance,  is  there  a  hard  X-ray  burst  coincident  with  the  beginning  of  j 

a  surge,  in  agreement  with  the  predictions  of  tiic  thermai-pulsc  models  of  surge 
initiation?  As  other  examples:  Are  Typo  III  metric  radio  bursts  associated  with 
surges?  Do  coronal  transients’  forerunners  begin  before  their  associated  Ha  mani¬ 
festation  at  the  surface  of  the  sun?  Rach  of  these  timing  questions  requires  new 
observations,  but,  when  anssvered,  will  yield  clues  to  the  physical  mechanisms 
at  work  in  mass  ejections. 

Our  present  understanding  of  the  relation  between  mass  ejections  and  solar 
magnetic  fields  seems  analogous  to  our  understanding  of  solar  flares  and  the 
magnetic  field.  In  both  cases  it  is  apparent  that  the  magnetic  field  must  be  the  ! 

ultimate  source  of  the  energy  which  drives  the  observed  phenomena.  In  both  cases  ' 

the  magnetic  field's  three-dimensional  configuration  and  temporal  evolution  are 
extremely  difficult,  if  not  impossible,  to  obseive  or  deduce.  In  our  view,  the  key  to  . 
understanding  mass  ejections  lies  in  the  better  understanding  of  solar  magnetic  fields. 
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hi  galas  Flag?  and  interpretation 


Observational  and  interpretive  studies  have  been  a  significant  part  of  the 
research  program.  The  first  four  papers  are  based  on  observations  obtained  by 
other  people;  in  all  cases,  the  low  spatial  and  temporal  resolution  leaves  much 
to  be  desired.  The  fifth  paper  is  based  on  our  new  observations  from  Sacramento 
Peak  Observatory  (SPO);  the  conclusions  from  this  paper  are  much  more 
compelling,  owing  to  their  superior  spatial  and  temporal  resolution,  as  well  as 
their  coordination  with  the  Solar  Maximum  Mission  (SMM),  the  Air  Porce  Solar 
Observing  optical  Network  <SOON),  and  other  facilities. 

The  objective  of  this  research  is  to  determine  the  nature  of  the  physical 
processes  that  heat  the  chromosphere  during  flares.  The  main  results  of  these 
papers  are: 

1.  At  the  peak  of  a  small  flare,  much  less  energy  was  present  in  the  form  of 
accelerated  protons  than  electrons, 

2 .  During  the  major  fleure  of  7  August  1972  the  chromosphere  was  heated  by  a 
purely  thermal  process. 

3.  During  a  compact  flare  observed  well  from  the  SMM  and  SPO,  proof  was 
obtained  that  the  hot  flare  plasma  originated  in  the  chromosphere . 

11 M2S  Evidence  isi.  1  Low  Nonthermal  Proton/Electron 
Energy  Flux  Ratio  in  Solar  Flares 

This  paper,  and  the  following  one,  are  part  of  a  program  to  infer  the 
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properties  of  flares  from  their  spectrum  in  the  hydrogen  Lyman- a  line.  In  this 
flare  we  were  able  to  establish  an  upper  limit  to  the  anount  of  energy  in 
accelerated  protons.  The  limit  was  interesting,  because  its  value  was  much 
smaller  than  the  energy  in  accelerated  electrons.  However,  the  result  is  only 
suggestive,  since  it  is  based  on  only  a  single  good  flare  observation,  and  it  is 
always  possible  that  it  is  compromised  by  poor  temporal  and  spatial  coverage, 
our  attempts  to  do  the  problem  better  from  SMM  were  rebuffed,  and  the  observation 
was  not  made  at  all  during  the  nine  months  of  normal  SMM  operation,  before  its 
pointing  system  failed  in  late  1980.  Whether  or  not  it  is  possible  to  follow  up 
with  better  observations  in  the  near  future  is  unknown  at  this  time . 
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ABSTRACT 

We  have  carried  out  an  observational  search  for  asymmetry  in  the  wings  of  La  during  flares, 
produced  by  beams  of  uonthermal  protons  injected  into  the  chromosphere  from  the  corona  as 
suggested  by  Orrall  and  Zirker.  The  data  base  is  the  ATM /Skylab  EUV  spectrograms  from  the 
NRL  S082B  spectrograph.  We  first  discuss  the  asymmetries  we  would  expect  to  be  present  in  the 
normal  thermal  profile.  We  consider  in  detail  the  1SS1  UT  1973  August  9  flare,  observed  during 
the  nonthermol  phase.  In  this  flare  only  very  small  La  asymmetries  are  observed,  not  large  enough 
to  be  statistically  significant.  V/e  show  that  this  result,  combined  with  microwave  radio  data  for 
information  on  nonthermal  electrons,  implies  that  the  energy  flux  of  nonthermal  protons  injected 
into  the  chromosphere  at  energies  above  20keV  is  less  than  approximately  2  x  10" 2  that  of 
electrons  of  the  same  energy  range  in  the  observed  events. 

Subject  headings:  Sun:  chromosphere  —  Sun:  flares  —  Sun:  spectra  —  ultraviolet:  spectra 


I.  INTRODUCTION 

In  a  recent  paper  in  this  Journal  Orrall  and  Zirker 
(1976)  suggested  that  La  profiles  from  solar  flares 
should  show  detectable  asymmetry  due  to  effects  of 
nonthermal  proton  beams  impinging  on  the  solar 
chromosphere  from  above.  They  draw  the  following 
picture  by  analogy  with  that  of  the  generation  of  hard 
X-rays  by  thick-target  bremsstrahlung  from  down¬ 
ward-injected  beams  of  nonthermal  electrons  (Brown 
1971):  Downward-injected  fast  nonthermal  protons 
exchange  electrons  with  ambient  neutral  hydrogen 
atoms,  producing  downward-moving  nonthermal 
neutral  hydrogen  atoms.  Some  fraction  of  these  atoms 
are  excited  or  become  excited  and  radiate  La  photons. 
The  effect  on  the  Hare  La  profile,  viewed  from  above, 
is  a  net  redshift  of  the  emission  due  to  the  nonthermal 
proton  beam.  Orrall  and  Zirker  (1976)  go  ou  to  show 
that  this  effect  should  be  observable  even  if  nonthermal 
protons  carry  only  1%  of  the  total  flare  energy. 

In  this  paper  we  present  and  interpret  the  results  of 
our  search  for  this  proton-induced  asymmetry,  using 
data  from  the  Naval  Research  Laboratory’s  S082B 
EUV  slit  spectrograph  on  ATM  /Skylab. 


*  Supported  by  the  Air  Force  Office  of  Scientific  Research, 
Air  Force  Systems  Command,  USAF,  under  grant  AFOSR- 
76-3071. 
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II.  OBSERVATIONS 
a)  General 

We  began  by  making  a  visual  inspection  of  La  on 
the  original  spectrograms.  We  considered  those  flares 
listed  in  the  summary  of  NRL  flare  observations 
compiled  by  V.  E.  Scherrer  (Packer  et  al.  1977).  We 
visually  inspected  the  data  for  those  flares  thought 
most  likely  to  show  the  predicted  asymmetry,  i.e., 
those  with  proper  exposure  (20  s  or  more)  obtained 
early  in  the  flare,  never  later  than  1  minute  after  the 
peak  time  of  soft  X-rays.  This  defines  a  group  of  13 
flares,  none  of  which  is  associated  with  one  of  the  13 
major  proton  (E  >  20  MeV)  events  detected  during 
ATM  by  the  Goddard  Space  Flight  Center  cosmic  ray 
experiments  on  IMP  7  and  8  (Lin  1977). 

The  visual  inspection  revealed  only  two  types  of 
asymmetry,  neither  of  which  bore  an  obvious  resem¬ 
blance  to  an  impulsive-phase  proton-induced  effect. 
First,  the  core  region  of  La,  the  central  1-2  A,  was 
often  seen  to  be  redshifted  relative  to  the  geocoronal 
feature,  by  an  amount  corresponding  to  Doppler 
velocities  in  the  range  5kms*,^uD<40kms"1. 
Second,  the  C I  continuum  with  an  edge  near  1240  A 
(discussed  below)  always  appeared,  both  in  flare  and 
in  active  region  spectra,  if  the  exposure  was  sufficiently 
long.  This  feature,  combined  with  the  decreasing 
sensitivity  of  the  instrument  toward  the  blue,  often 
created  an  apparent  red-enhanced  asymmetry,  both  in 
flares  and  in  active  regions.  Sintc  no  hare  showed 
visible  effects  of  the  type  expected  from  the  work  of 
Orrall  and  Zirker  (1976),  we  decided  to  select  for 
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Fio.  1.— S082B  spectra  near  L «  of  the  1973  September  2  Hire,  Exposure  times  of  2.3,  iO,  40,  end  160  s  have  been  used  to  make 
this  composite  spectrum. 


careful  photometry  a  single  flare  that  might  provide 
the  strictest  upper  limits  on  protons.  This  flare,  that  of 
1551  UT  1976  August  9,  is  discussed  in  §  He.  We  first 
discuss  sources  of  asymmetry  not  related  to  the  proton 
effect. 

b)  Other  Asymmetry  Sources 

Figure  1  shows  a  composite  spectrum  for  the  flare 
observations  of  1973  September  2  1904  UT.  The 
center  of  La,  associated  with  the  geocoronal  absorp* 
tion  feature,  is  indicated  in.  order  to  make  the  asym¬ 
metry  particularly  evident.  The  asymmetry  is  due  in 
part  to  the  wavelength  dependence  of  the  source 
function.  For  this  reason  we  measure  the  intensity  of 
the  spectrum  in  terms  of  the  brightness  temperature 
(see  below). 

An  important  source  of  asymmetry,  intrinsic  to  La 
itself,  is  due  to  Stark  broadening.  Recent  experimental 
work  by  Fussmann  (1975)  shows  a  wavelength- 
dependent  asymmetry  of  the  wing  absorption  coeffi¬ 
cient  in  the  range  of  interest  here.  From  2  to  20  A  from 
line  center  the  absorption  coefficient  has  a  red-excess 
asymmetry  of  from  8%  to  14%.  There  is  reasonably 
good  agreement  between  these  experimental  results 
and  theoretical  work  by  Bacon  (1977). 

Shortward  of  1240  A  is  the  ionization  continuum 
of  C  i,  whose  limit-  corresponds  to  the  transition 
C 1 2 p2  lDa- C  it  2 p  aP*us,3n-  This  identification  seems 
well  established  from  the  work  of  Feldman  et  al. 
(1976).  We  are  aware  of  no  experimental  measure¬ 
ments  of  the  value  of  the  ionization  cross  section  for 
this  transition.  Theoretical  calculations  by  Henry 
(1970)  indicate  that  it  increases  very  slowly  with 
decreasing  wavelength  below  1240  A,  reaching  a  broad 
maximum  at  A  z  1160  A.  Here  its  value  exceeds  its 
threshold  value  by  only  1%,  so  it  is  nearly  constant 
over  La. 

There  are  several  other  possible  blends  (excluding 
lines)  that  should  be  mentioned,  though  they  could 
make  only  a  small  contribution.  These  include  doubly 
excited  H  ~  and  ionization  continua  of  Ca  it  and  Ne  u. 
The  total  continuous  absorption  for  transitions  to 


doubly  excited  states  of  H"  has  been  calculated  by 
Jacobs,  Bhatia,  and  Temkin  (1975).  Two  broad  peaks 
are  present  in  their  calculations  but  are  not  present  in 
a  long  exposure  of  an  active  region  spectrum  from 
S082B,  furnished  by  Feldman  (1977). 

Ionization  limits  of  continua  of  Ne  n,  suggested  by 
Zirker  (1977),  correspond  to  the  transitions  Ne  n 
3p  iO> i/a.3ia.5/3.7/a-Ne  in  2p*  *?0.i,a  and  fall  in  the 
range  1200-1230  A.  Their  actual  importance  is  ruled 
out  by  the  absence  of  the  strongest  Ne  n  lines  in  the 
1600-2000  A  region  in  the  S082B  flare  spectra  fur¬ 
nished  by  Doschck  (1977). 

Ionization  limits  of  continua  of  Ca  n,  suggested  by 
Sandlin  (1977),  correspond  to  the  transitions  Ca  n 
3daDj;2iWa-Ca  Ill  3 p*  lS0  and  fall  at  1218  A.  Using  a 
7  minute  active  region  exposure  which  we  scanned 
over  the  La  region  during  this  project,  we  have 
observed  weak  Ca  n  lines  from  the  series  Ca  ii  3d 
a^s/a.3«-«/aF’%ii.T/a  up  to  n  -  19,  using  line  -dentifi- 
cations  from  Sandlin  (1977),  and  C  I  lines  from  the 
series  C  I  2 p* 1  D3~2pnd  lF*s  up  to  n  <*  29  and  C  l 
If  1D3-2pnd3F03  up  to  n  ~  22,  using  line  identifica¬ 
tions  from  Feldman  et  al.  (1976).  We  conclude  from 
comparison  of  intensities  of  unblended  Ca  n  and  C  l 
lines  of  equal  n-value  that  the  Ca  n  continua  below 
1218  A  contribute  negligibly  (less  tl>\.  ^  the  C  i 
continuum  intensity  at  1239  A)  to  i»  e  observed 
intensity  of  La. 

c)  The  Flare  of  1551  UT  1973  August  9 

This  flare  was  chosen  for  detailed  study  because  it  is 
the  most  likely  fiare  of  those  observed  by  ATM  to 
show  impulsive-phase  proton-induced  asymmetries  in 
La.  Prefiare  spectra  are  available  near  the  location  at 
which  the  flare  occurred,  which  reduces  uncertainties 
due  to  calibration  and  blends.  The  fiare  occurred  close 
enough  to  disk  center  (N8W4S)  to  retain  reasonably 
high  Doppler  sensitivity  to  downward  motions.  From 
the  on-board  Ha  monitor  and  from  coalignment  with 
S082A  spectroheiiograms,  it  appears  that  the  S082B 
slit  covered  the  point  common  to  the  two  observed 
flare  loops,  the  point  most  likely  to  show  impact 
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phenomena.  The  loop  orientation  makes  it  unlikely 
that  downward-injected  protons  spiraling  along  the 
field  lines  of  the  loop  will  have  no  significant  line-of- 
sight  component.  Furthermore,  a  long-exposure  (20  s) 
spectrogram  was  taken  at  1554  UT,  at  which  time 
solar  microwave  emission  was  detected  at  a  variety  of 
stations  ( Solar-Geophysical  Data  1974).  Data  from  two 
observatories  (discussed  below)  show  this  radiation  to 
be  partially  polarized,  which isevidencefornonthermal 
electrons. 

Information  on  pointing  comes  from  the  on-board 
Ha  monitor  and  from  the  NRL  S082A  slitless  XUV 
spectroheliograph  (Packer  et  al.  1977).  Both  Ha  and 
XUV  images  indicate  that  about  i  of  the  2'  x  60' 
slit  of  the  S082  spectrograph  was  filled  by  flare  emis¬ 
sion  at  1554  UT. 

Photographic  photometry  was  carried  out  using  the 
NRL  Grant  microdensitometer.  We  used  the  absolute* 
calibration  of  Kjeldseth  Moe  and  Nicolas  (1977), 
which  at  La  is  probably  uncertain  to  a  factor  of  2  and 
is  based  on  a  calibration  rocket  flight  (Nicolas  1977). 

Figure  2  shows  values  of  the  measured  brightness 
temperature  of  the  red  and  blue  wings  of  La,  with  the 
blue  wing  reflected  about  line  center.  The  upper  part 
of  the  figure  shows  the  flare  spectrum;  the  lower  shows 
the  spectrum  of  the  preflare  active  region.  The  axis, 
AA,  is  the  distance  from  the  center  of  La,  measured  by 
the  geocoronal  absorption  feature.  The  red  wing  is 
indicated  by  crosses,  the  blue  wing  by  circles.  The 
values  of  Tb  in  the  blue  wing  for  A  A  >  15  A  should  be 
ignored  because  of  low  photographic  density  on  the 
original  spectrograms. 
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Fig.  2.— Observed  brightness  temperatures  of  the  red  wing 
( crosses )  and  blue  wing  ( circles )  of  the  La  line.  The  upper 
figure  was  obtained  during  the  impulsive  phase  of  the  flare; 
the  lower  is  the  nonflaring  active  region. 
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The  important  feature  of  Figure  2  is  that  the  flare 
profile  shows  a  slight  red-wing  excess  relative  to  the 
preflare  profile,  in  the  region  A  <  15  A,  where  the 
data  are  photometrically  reliable.  A  useful  measure  of 
the  change  is  the  average  value  of  Tnd  -  rWu,  for  the 
three  points  in  the  range  5  A  <  AA  <  12  A,  which  we 
call  <8r>  (we  do  not  use  the  point  at  AA  =  4  A,  since 
it  primarily  measures  the  Doppler  shift  of  the  core 
region).  Before  the  flare  <8T>  =  — 17  ±  12  K;  during 
the  flare  <8J>  =>  +20  ±  5K.  Hence  the 'flare  red 
excess  A T,  defined  by  AT  a  <Sr>nM,  -  <Sr>prrtUr?, 
has  the  value  AT  »  37  ±  17  K.  Clearly,  this  value  is 
not  significant  at  the  3  a  level.  Four  other  profiles  were 
obtained  in  the  interval  1554-1556  UT,  during  which 
time  the  flare  La  intensity  decreases  by  a  factor  of  3. 
These  profiles  also  do  not  show  statistically  significant 
AT  values.  For  our  calculations  below,  we  characterize 
our  observations  by  an  upper-limit  temperature 
excess  AT  =»  35  K  at  AA  -  8  A  in  the  red  wing.  At  this 
value  of  AA,  the  observed  flare  brightness  temperature, 
uncorrected  for  dilution  with  the  active  region,  is 
6425  K  at  1554  UT. 

Ill,  INTERPRETATION 

a)  Protons 

We  now  interpret  quantitatively  the  observed 
(upper-limit)  excess  La  red-wing  intensity,  using 
Orrall  and  Zirker’s  (1976)  calculations.  We  neglect 
factor-of-2  effects  such  as  might  exist  because  of 
deviations  of  the  beam  direction  from  the  line  of  sight. 
The  observed  AT  and  T  values  correspond  to  an 
intensity  enhancement  A/s5x  10s ergs cm'as*1 
sr“‘A’1.  Corrections  must  be  made  to  obtain  the 
enhancement  to  the  flare  itself,  since  the  observed 
value  is  a  mixture  of  both  the  flare  and  the  neighboring 
active  region.  The  slit  was  about  J  filled  by  flare  (see 
above);  the  rest  was  active  region.  The  latter  is  so 
much  fainter  than  the  flare  that  it  is  negligible  to  an 
accuracy  of  a  few  percent.  To  obtain  the  flare  enhance¬ 
ment  itself,  the  correction  for  this  dilution  is  thus 
simply  a  factor  of  4.  The  excess  red-wing  radiation  at 
AA  =  8  A  in  the  flare  itself  must  be  A lnt„  s  2  x  10- 
ergs  cm*a  s'1  sr*1  A'1. 

Orrall  and  Zirker  (1976)  calculate  the  excess  red¬ 
wing  radiation  due  to  a  specific  incident  energy  flux. 
We  measure  the  incident  energy  flux  by  the  energy 
of  all  injected  nonthermal  particles  of  species  i  above  a 
specific  energy  >?,  per  unit  area  and  time.  Orrall  and 
Zirker  (1976)  assume  a  total  incident  energy  flux  of 
protons  above  lOkeV  =  10Tergscm'as'1  and 
calculate  the  effect  of  various  values  of  the  exponent 
of  the  power-law  proton-number  distribution  S’, 
specifically,  Sp  =  2.5, 3.0,  and  4.0.  We  adopt  S’  =  3  as 
representative.  For  comparison  with  the  electron 
results,  for  which  a  minimum  energy  of  20  keV  rather 
than  10  keV  is  usually  chosen,  we  want  to  know  how- 
much  proton  energy  lies  above  20  keV.  Since  oc 
^-4»+a,  Orrall  and  Zirker’s  (1976)  calculation  corre¬ 
sponds  to  *^op  =  •^o’’/2  =  5  x  108ergscm"as'\ 
for  which  they  find  that  the  excess  red-wing  photon 
flux  <J>  at  AA  =  8  A  is  4  x  lO^rgscm^s^sr'1 
A " l.  We  now  assume  that  the  photon  intensity  scales 
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linearly  as  the  proton  energy  flux.  This  leads  to  the 
result  that  the  observed  red-wing  excess  at  AA  =  8  A 
in_  La  corresponds  to  an  input  proton  energy  flux 
y-to*  x  2  x  107  ergs  cm-3  s~\ 


b)  Electrons 

We  now  use  the  limited  data  available  to  infer  the 
rate  of  energy  deposition  by  nonthermal  electrons.  We 
are  aware  of  no  hard  X-ray  data  for  this  flare,  so  we 
must  use  indirect  means.  Microwave  radio  data  on 
this  flare  were  obtained  by  many  stations  ( Solar- 
Geophysical  Data  1974).  It  is  particularly  important  to 
look  for  evidence  that  the  emission  is  nonthermal. 
Such  evidence  is  provided  by  the  polarization  observed 
at  3.7  and  11.1  cm  at  the  National  Radio  Astronomy 
Observatory  (Alissandrakis  and  Kundu  1975)  and  at 
2.9, 3.4,  and  3.6  cm  at  the  University  of  Bern  (Matzler 
1977).  The  former  data  show  polarization  of  several 
tens  of  percent  when  observations  started,  at  1 555  UT. 
The  latter  show  about  10%  polarization  from  1553:30 
to  1556  UT.  The  differences  in  level  of  polarization  axe 
probably  due  to  the  higher  spatial  resolution  of  the 
former  data. 

Hudson,  Canfield,  and  Kane  (1978)  show  how 
observed  correlations  between  microwave  emission 
and  X-ray  emission  (Kane  1974)  can  be  used  to  infer 
the  energy  flux  of  thick-target  nonthermal  electrons 
(we  note  that  this  correlation  has  a  scatter  of  about  an 
order  of  magnitude).  The  electron  spectral  index  y*  is 
not  known.  There  seems  to  be  no  reason  to  require 
/  *»  /,  so  we  adopt  a  typical  observed  X-ray  spectral 
index  /  •  4  (Datlowe,  Elcan,  and  Hudson  1974).  For 
this  value  of  y*.  Hudson,  Canfield,  and  Kane  (1978) 
give  fV/S*  -  1.9  x  103®,  where  PJ0*  is  the  total 
oower  of  injected  electrons  (ergss-1)  and  .S*  is  the 
observed  impulsive  3-10  cm  microwave  flux  density  in 
solar  flux  units  (sfu).  For  the  August  9  flare  at  1554 
UT,  the  3-10  cm  flux  density  SK  was  about  7  sfu 
(decreasing  to  1  sfu  by  1556  UT),  soP20*  ss  1.3  x  1037 
ergs  s_l  is  implied.  The 'area  observed  to  brighten  in 
Ha,  to  within  a  factor  of  2,  is  A  «  1.2  x  I0l*cm3. 
We  assume  that  this  is  the  electron  impact  area  and 
that  all  electrons  are  precipitated  into  the  chromo¬ 
sphere.  The  implied  - value  of  -  P^jA  s  10* 
ergs  cm-3  s“*. 

This  value  is  probably  uncertain  by  an  order  of 
magnitude.  On  one  hand,  the  electron  impact  area  is 
almost  certainly  less  than  the  chromospheric  Ha  area, 
perhaps  by  an  order  of  magnitude.  On  the  other  hand, 
recent  evidence  from  Brown,  Canfield,  and  Robertson 
(1978),  Emslie,  Brown,  and  Donnelly  (1978),  and 
Donnelly  and  Kane  (1978)  indicates  that  only  a  small 


percentage,  perhaps  10%,  of  the  electrons  precipitate 
into  the  chromosphere.  These  two  effects  work  in 
opposite  directions. 

e)  Proton! Electron  Energy  Flux  Ratio 

From  the  results  of  §§  Ilia  and  IUi,  we  sec  that  the 
best  value  we  can  obtain  from  the  ATM  data  for  the 
ratio  is  an  upper  limit  of  2  x  10* 3  Both 

and  are  good  to  only  an  order  of  magnitude, 
for  the  theoretical  and  observational  reasons  dis¬ 
cussed  above.  In  particular,  one  must  bear  in  mind 
that  our  proton  result  is  a  null  result  It  may  be  true 
that  neither  protons  nor  electrons  in  thr.  kcV  range  are 
precipitating  efficiently  into  the  chromosphere  during 
flares.  We  cannot  exclude  this  alternative  interpreta¬ 
tion  on  the  basis  of  our  data. 

IV.  DISCUSSION 

Our  initial  visual  search  of  the  ATM  data  does  not 
reveal  an  effect  with  the  properties  expected  for  the 
impulsive-phase  proton-induced  La  asymmetry.  Our 
careful  quantitative  study  of  the  flare  thought  most 
likely  to  display  the  effect  also  shows  no  statistically 
significant  result.  When  combined  with  data  on 
electrons  of  comparable  energy  ( E  >  20  keV),  the 
results  imply  ^0»/^o*  £  2  x  10'3  for  the  latter  flare. 
The  upper  limit  is  probably  uncertain  by  an  order  of 
magnitude. 

We  have  several  suggestions  for  observational 
improvements  in  future  studies.  Particularly  important 
are  (1)  improved  data  on  the  injection  of  electrons  into 
the  chromosphere,  especially  simultaneous  La  wing 
data  (including  polarization)  and  hard  X-ray  images; 
(2)  preflare  and  imr  ulsive-phase  coverage,  to  sort  out 
alternative  asymmetry  sources;  (3)  obviously,  com¬ 
parison  of  the  La  effect  discussed  here  due  to  keV 
protons  to  the  y-ray  effects  due  to  MeV  protons,  with 
time  dependence,  threshold  effects,  first-  and  second- 
stage  acceleration  mechanisms,  etc.,  kept  in  mind. 

We  are  grateful  to  G.  A.  Doschek,  U.  Feldman, 
H.  S.  Hudson,  M.  R.  Kundu,  R.  P.  Lin,  B.  W.  Lites, 
D.  Neidig,  G.  Sandlin,  and  J.  B.  Zirker  for  help  and 
advice.  We  thank  Dr.  A.  Magun  of  the  University  of 
Bern  for  unpublished  data,  the  existence  of  which  was 
called  to  our  attention  by  C.  Matzler.  We  appreciate 
M.  Machado’s  comments  on  the  manuscript  In 
carrying  out  this  research,  the  authors  have  benefited 
considerably  from  their  participation  in  the  Skylab 
Solar  Workshop  Series  on  Solar  Flares.  The  work¬ 
shops  are  sponsored  by  NASA  and  NSF  and  are 
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This  paper  has  as  its  objective  to  provide  observed  Lyman-a  profiles  for 
other  studies.  We  will  use  these  data  at  a  later  time,  if  no  better  data  become 
available.  The  unique  feature  of  these  data  is  that  they  cover  a  wider  band 
around  the  Lyman-a  line  than  others,  such  as  those  that  might  have  been  obtained 
from  SMM.  This  means  that  they  are  uniquely  suited  for  determining  the  heating 
mechanism  of  the  deep  chromosphere  during  these  flares,  and  are  of  good 
photometric  qualify.  The  main  superficial  result  is  that  the  profiles  do  not 
show  any  strong  velocity  fields,  such  as  would  be  present  if  shocks  or  infalling 
material  played  a  strong  role  in  the  chromospheric  flare  phenomenon.  It  has  also 
been  valuable  to  have  the  measurement  o-  Che  amount  of  energy  radiated  in  the 
Lyman-a  line,  since  it  shows  that  it  is  c  sparable  to  that  in  Ha.  The  latter  will 
be  a  useful  test  of  flare  theories  in  the  future,  since  the  two  lines  come  from 
much  different  depths  in  the  chromosphere.  Their  ratio  will  probably  be  a 
sensitive  test  of  the  role  of  heating  by  accelerated  particles.  It  has  also 
provided  a  useful  datum  for  our  comparative  studies  of  the  spectra  of  flares  and 


quasars  ( see  below ) . 


f 


OBSERVED  La  PROFILES  FOR  TWO  SOLAR  FLARES: 
14:12  UT  15  JUNE,  1973  AND  23:16  UT  21  JANUARY, 

1974 

RICHARD  C.  CANFIELD 

Center  for  Astrophysics  and  Space  Sciences,  C-011,  University  of  California,  San  Diego,  La  Jolla,  Calif. 
•  92093,  U.S.A. 

and 

M.  E.  VAN  HOOSIER 

E.  O.  Huibert  Center  for  Space  Research,  Naval  Research  Laboratory,  Washington,  D.C.  2037S,  U.S.A. 

(Received  31  December,  1979) 

Abstract.  Photographic  observations  of  the  time  development  of  the  profile  of  the  La  line  of  hydrogen 
during  flares  were  obtained  wiJi  the  NRL  spectrograph  on  ATM.  The  profiles  for  the  15  June,  1973  and 
21  January,  1974  flares  reported  here  cover  both  core  and  wings  of  the  line,  The  time  sequences  begin 
before  flare  maximum,  and  continue  well  into  the  decay  phase.  Careful  attention  has  been  given  to 
photometry  and  absolute  calibration.  In  the  case  of  the  15  June,  1973  flare,  data  are  presentee  both 
first-order  corrected  and  uncorrected  for  incomplete  filling  of  the  spectrograph  slit  by  flaring  material. 
Correction  of  the  21  January,  1974  flare  was  not  possible.  We  discuss  core  symmetry  and  shift,  and  show 
that  our  observations  imply  integrated  flare  La/H a  intensity  ratios  within  a  factor  of  two  of  unity  for  these 
two  flares. 

I 

1.  Introduction 

Observations  of  the  H  i  La  line  during  solar  flares  are  of  two-fold  importance.  First, 
itisobservedtobeamajorcontributortotheradiativeoutputofflaresinthe  T-~  104  K 
range  (Canfield  et  al.,  1979).  Second,  its  profile  is  a  useful  diagnostic  for  the 
determination  of  temperatures,  densities  and  velocities  in  the  chromosphere  during 
v'  flares.  The  only  published  work  of  this  latter  type  is  that  of  Lites  and  Cook  (1979), 
,  who  used  observations  of  the  La  wir.gs  from  the  NRL  spectrograph  on  ATM, 
'■  S082B,  to  construct  a  semi-empirical  model  of  the  chromosphere  during  the  flare  of 
9  August,  1973.  On  the  other  hand,  the  La  profile  of  the  quiet  Sun  and  non-flaring 
active  regions  is  fairly  well  observed.  The  best  data  on  these  profiles  have  been 
published  by  Bonnett  etal.  (1978),  Lemaire  etal.  (1978),  and  Artzner  (1978)  from 
OSO-8  observations,  and  Basri  et  al.  (1979)  from  HRTS  rocket  spectra.  Semi- 
empirical  models  based  on  these  data  have  been  constructed  by  Gouttebroze  et  al. 
(1978)  and  Basri  etal.  (1979),  In  addition  to  the  construction  of  semi-empirical  flare 
chromospheres,  observations  of  La  profiles  during  flares  can  also  be  used  to  test 
theoretical  models  by  comparing  the  profiles  predicted  by  these  models  to  the 
observations.  This  approach  has  been  applied  to  only  Ha  to  date,  by  Canfield  and 
Athay  (1974),  Canfield  (1974),  Kostyuk  (1976),  and  Brown  etal.  (1978). 

The  purpose  of  this  paper  is  to  provide  observations  of  the  core  and  inner  wing 
regions  of  La  during  two  flares,  for  the  applications  discussed  above.  These  data 
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include  the  La  rise,  maximum,  fall  and  post-flare  phases.  These  are  the  first  such 
data;  the  only  previously  published  flare  La  data,  the  ATM  S082B  data  of  Lites  and 
Cook  (1979),  did  not  include  the  line  core  and  did  not  begin  until  one  minute  after 
soft  X-ray  maximum.  In  the  present  paper  '\e  have  chosen  to  examine  flares  for 
which  the  overexposure  in  the  line  core  was  not  prohibitively  severe,  and  we  have 
used  a  reduction  procedure  designed  to  circumvent  systematic  errors  due  to  a  high 
level  of  exposure. 


2.  Observations 

Our  observations  were  made  with  the  Naval  Research  Laboratory’s  S082B  slit 
spectrograph  flown  on  Skylab,  described  in  detail  by  Bartoe  el  al.  (1977).  This 
instrument,  which  was  not  stigmatic,  photographically  recorded  the  spectrum  of  all 
radiation  that  entered  the  2"  x  60*  slit.  The  spectral  resolution,  full  width  at  half- 
maximum,  was  approximately  0.07  A  at  La,  including  instrumental,  film  and 
microdensitometer  effects. 

The  flares  of  14:12  UT 15  June,  1973  and  23:16  UT  21  January,  1974  have  been 
discussed  in  many  places,  including  the  bibliography  of  McGuire  (1976)  and  the 
proceedings  of  the  Skylab  Solar  Flare  Workshop  (Sturrock,  1980). 

The  15  June  flare  was  a  large  event,  and  Ha,  soft  X-rays,  ionospheric  effects  and 
radio  bursts  are  well  documented  in  Solar  Geophysical  Data  (1973, 1974).  The  Ha 
flare,  which  many  observatories  reported,  took  place  in  McMath  12379  at  central 
meridian  distance  r/r3- 0.58.  It  started  about  14:04  UT,  peaked  at  about  14:12  UT, 
and  ended  about  15:00  UT.  Ha  classifications  ranged  from  IN  to  2B.  The  Solrad-9 
soft  X-ray  time  history  was  very  similar,  with  the  peak  flux  at  14:13  UT. 

Our  flare  observations  began  during  the  soft  X-ray  rise  phase,  at  14:11:37  UT,  and 
continued  until  14:30:03  UT.  Table  I  summarizes  the  spectra  we  used  for  our  15 
June  flare  profiles.  For  each  exposure  we  list  the  time  and  duration.  The  time  is  the 
universal  time  at  the  middle  of  the  exposure.  The  strip  numbers  identify  the 
individual  spectrum  in  the  NRL  data  file,  and  are  useful  for  relating  our  results  to 
those  of  other  authors  on  other  aspects  of  the  same  flare.  The  spectra  are  grouped  in 
sets,  identified  by  a  letter  code.  Each  set  consists  of  a  series  of  four  or  five  exposures, 
each  differing  from  the  next  by  a  factor  of  four  in  exposure  duration.  This  permits  us 
to  cover  the  wide  dynamic  range  of  intensity  over  the  core  and  inner  wings  of  La. 
Set  A  was  obtained  before  Ha  flare  maximum.  Sets  B  and  C  coincide  approx¬ 
imately  with  the  Ha  and  soft  X-ray  maximum.  The  post-flare  spectra  are  those 
of  set  H. 

The  spacecraft  pointing  relative  to  the  flare,  which  was  maintained  throughout  sets 
A  through  G,  can  be  determined  by  Ha  slit  jaw  monitor  pictures.  The  orientation  of 
the  spectrograph  slit,  which  has  been  shown  by  Brueckner  (1975, 1976),  was  such 
that  much  of  the  slit  was  located  between  the  two  brightest  parts  of  the  flare.  Only  one 
end  of  the  slit  crossed  part  of  a  ribbon,  which  was  of  only  moderate  brightness  in  Ha. 
For  purposes  of  estimation  of  the  absolute  intensity  of  the  flare  ribbon  region,  we 
assume  below  that  only  one-third  of  the  slit  was  filled  by  flaring  material.  This 
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TABLE  I 


Deuils  of  the  exposures  of  the  IS  June,  1973  flare 


Set 

Time 

(UT) 

Durttion 

(s) 

Strip 

A 

14:11:37 

0.31 

1B164-3 

14:11:37 

1.25 

1B164-4 

14:11:41 

5.0 

1B164-5 

14:11:54 

20.0 

1B164-6 

B 

14:12:04 

0.31 

1 B 1 64—7 

14:12:05 

1.25 

1 B 1 64—8 

14:12:10 

5.0 

1B165-1 

14:12:23 

20.0 

1B165-2 

C 

14:12:49 

0.31 

1B165-7 

14:12:50 

1.25 

1B165-8 

14:12:50 

5.0 

1B166-1 

14:13:08 

20.0 

1B166-2 

D 

14:13:19 

0.31 

1 B 1 66—3 

14:13:20 

1.25 

1BJ66-4 

14:13:23 

5.0 

1B166-5 

14:13:35 

20.0 

1B166-6 

E 

14:18:08 

1.25 

IB 168-3 

14:18:11 

5.0 

1B168-4 

14:18:24 

20.0 

IB  168—5 

14:19:14 

80.0 

1B168-6 

F 

14:22:11 

1.25 

1B169-3 

14:22:14 

5.0 

1B169-4 

14:22:27 

20.0 

1B169-5 

14:23:16 

80.0 

IB  169—6 

G 

14:26:46 

0.31 

1B171-7 

14:26:47 

1.25 

1B171-8 

14:28:21 

5.0 

1B173-4 

14:28:34 

20.0 

1B173-5 

14:29:24 

80.0 

1B173-6 

H 

15:21:57 

2.5 

IB176-4 

15:22:08 

10.0 

1B176-6 

15:22:42 

40.0 

1B176-8 

15:25:01 

160.0 

1B177-2 

estimation  is  clearly  subjective  to  some  extent,  since  a  continuous  distribution  of 
intensities  is  actually  present. 

The  21  January  flare  was  small,  though  some  modest  amount  of  documentation 
appears  in  Solar  Geophysical  Data  (1974).  A  single  observatory  reported  the  Ha 
flare:  start  time  23:07  UT,  maximum  at  23:20  UT  and  end  at  23:51  UT in  McMath 
19325.  Solrad-9  missed  the  start  of  the  flare,  but  observed  the  soft  X-ray  maximum 
at  23:21  UT.  A  brief  hard  X-ray  burst  was  observed  by  the  UCSD  spectrometer 
aboard  OSO-7,  at  23:15  UT  (see  Brueckner,  1976);  a  pre-flare  rise  in  soft  X-rays 
was  observed  in  progress  at  23:11  UT,  but  data  gaps  precluded  identification  of 
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either  soft  X-ray  start  or  maximum  with  this  instrument.  An  SID  was  observed  to 
start  at  23:15  UT,  with  maximum  at  23:23  UT,  ending  at  00:26  UT. 

Our  observations  began  at  23:13:44  UT  and  continued  until  23:45:13  UT.  Table 
II  summarizes  the  spectra  we  used  for  our  21  January  flare  profiles.  The  data  used  for 
the  flare  profiles  are  all  from  the  flare  rise  and  flare  maximum  period  (Set  F  is 
approximately  coincident  with  Ha  maximum);  set  G  was  originally  intended  to  be 
used  for  the  post-flare  spectrum,  though  the  Ha  data  show  that  the  flare  was  not  yet 
over. 

No  slit-location  information  of  the  type  available  for  the  15  June  flare  is  available 
for  this  flare,  though  we  have  reconstructed  the  pointing  from  the  spacecraft 
coordinates.  This  procedure  implies  a  slit  filling  factor  of  though  it  is  very 
uncertain.  Support  for  the  value  of  J  comes  from  the  astronaut’s  comments  in  the 
NRL  science  log;  visually,  the  flare  filled  about  4  of  the  spectrograph  slit,  which  was 
visible  with  the  Ha  slit  jaw  monitor. 

3.  Data  Reduction 

The  reduction  of  the  data  to  the  final  digitized  absolute  intensities  given  below  in  this 
paper  was  done  in  a  manner  dictated  by  the  ordirs-of-magnitude  range  of  intensity 
present  over  the  La  profile.  The  film  was  scanned  with  the  NRL  digitizing  micro 
photometer  with  a  slit  of  width  3  pm  and  length  160  pm.  The  width  is  much  less  than 
the  full-width  at  half-maximum  of  the  spectrograph  point-spread  function.  The 
sampling  interval  was  1  pm.  Digitized  data  were  recorded  on  magnetic  tape.  Scans 
were  carefully  aligned  parallel  to  the  dispersion,  and  kept  short  enough  to  maintain 
this  alignment  to  high  accuracy. 

Relative  photographic  photometry  was  carried  out  with  a  characteristic  curve  that 
was  established  in  art  iterative  manner.  An  initial  approximation  was  derived  by 
assuming  reciprocity,  ->y  neasurit  g  density  at  various  wavelengths  on  exposures  of 
various  known  durations  within  sets  A  and  H  for  the  15  June  flare  and  sets  F  and  G 
for  the  2i  January  flare.  Using  the  characteristic  curve,  relative  intensity  profiles 
were  calculated  from  density  profiles.  These  intensity  profiles  were  then  filtered  with 
a  numerical  filter  (Brault  and  White,  1971)  with  sufficient  width  in  frequency  space 
that  even  the  nartowest  observed  feature,  the  geocoronai  La  line,  was  not  distorted. 
All  exposures  in  each  set  were  then  used  to  construct  a  single  combined  profile  for 
each  set.  Trial-and-error  changes  were  then  made  in  the  characteristic  curve,  and  the 
above  process  iterated  until  ail  the  profiles  of  all  the  sets  of  each  flare  could 
satisfactorily  be  overlaid  within  the  noise  level  of  the  data,  in  all  regions  in  which  the 
overlay  test  was  not  compromised  by:  (1)  extremely  low  exposure,  for  which  the 
density  was  very  close  to  the  background  fog  level;  (2)  extremely  high  exposure, 
showing  solarization  effects;  and  (3)  apparently  real  time  variations  in  the  intrinsic 
solar  profile.  The  latter  were  evident  primarily  in  set  A  of  the  15  June  flare  (though 
not  in  La,  but  in  Si  m  A  1206.510),  which  was  early  in  the  flare,  at  which  time  rapid 
time  variations  could  be  expected.  The  result  of  this  process  was  an  optimal 
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TABLE  II 


Details  of  the  exposures  of  the  21  January,  1974  flare 


Set 

Time 

(UD 

Duration 

(s) 

Strip 

A 

23:13:44 

2.50 

3B187-2 

23:13:54 

10.0 

3B187-3 

23:14:23 

40.0 

3B187-4 

B 

23:16:05 

2.50 

3B187-5 

23:16:15 

10.0 

3B187-6 

23:16:44 

40.0 

3B187-7 

C 

23:17:45 

0.31 

3B187-8 

23:17:48 

1.25 

3B188-1 

23:17:50 

5.0 

3B188-2 

23:18:04 

20.0 

3B188-3 

D 

23:18:14 

0.31 

3B188-4 

23:18:15 

1.25 

3B188-5 

23:18:18 

5.0 

3B  88-5 

23:18:31 

20.0 

3B188-7 

E 

23:19:01 

0.31- 

3B189-4 

23:19:01 

1.25 

3B 189-5 

23:19:05 

5.0 

3B189-6 

23:19:18 

20.0 

3B189-7 

F 

23:19:28 

0.31 

3B189-8 

23:19:31 

1.25 

3B190-1 

23:19:33 

5.0 

3B190-2 

23:19:47 

20.0 

3B190-3 

O 

23:36:08 

2.50 

3B193-4 

23:36:18 

10.0 

3B193-5 

23:36:46 

40.0 

3B193-6 

characteristic  curve  which  we  call  the  iterated  characteristic  curve  for  each  of  the  two 
flares.  In  principle,  our  iterated  characteristic  curve  should  be  free  of  the  effects  of 
reciprocity  failure.  We  compared  our  curve  for  the  1 5  June  flare  with  that  of  Doschek 
ei  al.  (1976).  The  latter  was  based  on  known  line  intensity  ratios  of  optically  thin 
tines,  and  should  also  be  free  of  reciprocity-failure  effects.  The  two  curves  were 
found  to  be  identical  to  10"2  in  log  /*  in  the  range  0.01  sDs 0.61,  where  D  is  the 
density,  measured  relative  to  the  background  fog  level.  The  Doschek  etai  curve  was 
not  defined  above  D  =  0.7,  so  we  have  to  rely  on  the  success  of  our  overlay  procedure 
for  these  large  densities.  At  the  emission  peaks  of  La  we  had  to  use  some  exposures 
which  reached  D  =  0.95  for  the  15  June  flare.  At  these  high  densities  our  overlay 
procedure  implies  uncertainties  that  may  reach  0.3  in  log  /*.  For  the  21  January  flare 
peak  intensity  values  are  very  much  more  certain,  since  observed  densities  did  not 
exceed  0.6  in  the  data  we  used.  The  profiles  for  various  exposure  times  in  each  set  of 
the  21  January  flare  overlay  very  well.  We  can  place  an  upper  limit  of  0.1  on  the 
uncertainty  of  the  relative  intensity  over  the  entire  La  profile,  on  this  basis  of  the 
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quality  of  the  overlays.  In  fact,  we  expect  the  uncertainty  of  the  characteristic  curve  is 
actually  much  less,  probably  of  order  10"2  as  for  the  15  June  flare,  since  we  did  not 
have  to  use  any  exposures  with  D  >  0.6  for  the  21  January  flare. 

A  La  profile  was  determined  for  each  set  by  using  the  appropriate  iterated 
characteristic  curve,  filtering  the  data  as  described  above,  rejecting  data  based  on 
either  too-low  or  too-high  densities,  and  averaging  the  remaining  data.  Relative 
intensity  profiles  formed  in  this  way  are  shown  in  Figure  1,  for  the  1 5  June  flare.  Note 
that  the  ordinate  is  the  logarithm  of  the  relative  intensity,  in  arbitrary  units.  The 
profiles  are  shifted  in  log  relative  intensity,  and  the  tick  marks  are  at  intervals  of  one 
order  of  magnitude.  No  attempt  was  made  to  accurately  render  the  profile  of  the 
weak  O  v  feature  in  the  red  wing  of  La. 

The  reduction  from  relative  intensity  to  absolute  intensity  was  done  by  two 
methods,  the  ATM  calibration  rocket  flights  (CALROC)  as  discussed  by  Kjeldseth 
Moe  ctai  (1978),  and  the  SOLMIN  flight  results.  For  each  flare  the  calibration  factor 


14=  11=54 


14=12=23 


14=13=08 


14=13=35 


14=19=14 


14=23=16 


142924 


152501 


Fig.  1.  Observed  profiles  o l  the  La  line  during  and  alter  the  14:12  UT 15  Junn,  1973  flare.  The  log 
scale  is  in  arbitrary  units,  and  profiles  at  different  times  have  been  shifted  in  log  /*  to  avoid  overlap.  Tick 
marks  are  at  one  order  of  magnitude  intervals.  A  slit-filling  factor  of  a  »  j  was  used  here;  the  same  data  are 
given  in  absolute  intensity  units,  in  digital  form,  in  Table  IV. 
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was  determined  that  would  give  the  CALROC  and  SOLMIN  absolute  intensities 
from  the  ATM  slew  scan  films,  reduced  using  our  relative  intensity  scale.  Individual 
calibration  factors  were  determined  for  the  Sim  A  1206,  Ov  A  1218,  and  Nv 
A  1239  lines,  in  ATM  slew-scan  exposures  of  10, 40,  and  160  s.  Insufficient  data  were 
available  to  determine  the  wavelength  dependence  of  the  calibration  factor.  The 
wavelength-independent  calibration  factor  so  determined  has  an  uncertainty  of 
about  30%,  based  on  the  scatter  of  the  results  for  the  individual  lines  and  exposure 
times  given  above.  This  is  approximately  the  same  accuracy  as  that  of  the  absolute 
calibrations  from  the  CALROC  itself  (c.f.  Kjeldseth  Moe  et  at.,  1978).  The 
differences  between  the  values  of  the  calibration  factor  determined  relative  to  the 
ATM  CALROC  atlas  and  the  SOLMIN  data  turned  out  to  differ  by  less  than  one 
estimated  standard  deviation,  so  we  used  as  our  final  calibration  factor  for  each  flare 
the  average  of  the  CALROC  and  SOLMIN  calibrations. 

One  final  factor  related  to  the  absolute  intensity  of  La  during  flares  is  the  slit  filling 
factor,  i.e.  the  fraction  a  of  the  area  of  the  2"  x  60"  spectrograph  entrance  aperture 
filled  by  flaring  material.  It  must  be  realized  that  the  estimates  given  above  (a  **  j  for 
15  June,  a  for  21  January)  are  very  rough,  and  introduce  an  uncertainty  that  we 
estimate  to  be  approximately  a  factor  of  two,  independent  of  wavelength.  We 
assumed  that  the  observed  intensity  was  composed  of  two  contributions,  the 
non-flaring  active  region  and  the  flare  itself,  i.e.  that  IA  (observed)  =  a/*  (flare)  + 
(1  -a)Ix  (active  region). 


4.  Observed  La  Profiles 

In  Tobies  III  through  V  we  give,  in  digital  form,  La  line  profiles  for  the  two  flares.  For 
wavelengths  between  1208  and  1225  A  we  give  the  logarithm  of  the  specific  intensity 
at  the  Sun,  in  units  of  erg  ernes'"1  sr"1  A-1.  Each  column  corresponds  to  one 
lettered  set  of  exposures  in  Tables  I  and  II.  The  sets  are  identified  by  the  time  of  the 
longest  exposure  in  the  set.  At  the  bottom  we  give  the  wavelength  and  log  intensity  of 
three  points,  the  blue  peak,  the  central  (geocoronal)  absorption  and  the  red  peak.  In 
addition  to  the  uncertainties  that  arise  in  the  reduction  procedure,  which  we  have 
discussed  above,  there  is  a  digitization  uncertainty  of  several  units  in  the  last  figure  in 
all  tabulated  values  of  log  I  and  A. 

Profiles  for  the  15  June  flare  are  given  in  Table  III,  with  no  correction  for  partial 
filling  of  the  slit.  In  Table  IV,  we  make  that  correction,  using  a  -  3  (these  are  the  data 
that  are  shown  on  an  arbitrary  relative  scale  in  Figure  1).  Nearly  the  only  effect  of  this 
correction  is  to  raise  the  overall  intensity  level  of  the  profiles,  with  minor  effects  on 
the  shape  of  the  line  profile,  because  the  active  region  profile  (set  H)  is  quite  a  bit 
fainter  than  the  observed  (uncorrected)  flare  profiles.  The  correction,  however,  is  the 
dominant  source  of  uncertainty  in  the  absolute  intensity  (except  perhaps  near 
maximum  intensity,  where  photometric  errors  may  be  comparable)  because  of  the 
assumption  of  a  single  flare  profile  and  a  single  active  region  profile  within  the  field  of 
view  of  the  spectrograph.  We  estimate  that  our  correction  factor  of  3  is  conservative: 


A(A)  14:11:54  14:12:23  14:13:08  14:13:35  14:19:14  14:23:16  14:29:24  15:25:01 


1208.0 

2.61 

2.54 

2.81 

2.73 

2.61 

2.41 

2.41 

2.73 

2.72 

3.01 

2.91 

2.89 

2.72 

2.66 

2.26 

12.0 

3.15 

3.45 

3.31 

3.29 

3.18 

3.11 

2.71 

13.0 

3.41 

3.48 

3.73 

3.62 

3.59 

3.51 

3.33 

3.10 

14.0 

3.93 

4.06 

4.23 

4.16 

4.04 

4.04 

3.85 

3.56 

14.2 

4.09 

4.26 

4.46 

4.31 

4.19 

4.20 

4.03 

3.75 

14.4 

4.29 

4.46 

4.54 

4.49 

4.34 

4.33 

4.21 

3.90 

14.6 

4.56 

4.81 

4.91 

4.74 

4.51 

4.53 

4.40 

4.08 

14.8 

4.90 

4.98 

5.21 

5.01 

4.77 

4.84 

4.51 

4.33 

15.0 

5.12 

5.43 

5.52 

5.30 

5.05 

5.00 

4.96 

4.61 

15.1 

5.34 

5.56 

5.74 

5.39 

5.20 

5.18 

5.20 

4.83 

15.2 

5.49 

5.72 

5.84 

5.51 

5.35 

5.3S 

5.37 

4.95 

15.3 

5.65 

5.80 

5.98 

5.66 

5.49 

5.54 

5.62 

5.15 

15.4 

5.82 

5.96 

6.10 

5.80 

5.64 

5.66 

5.77 

5.29 

15.5 

5.95 

5.95 

6.14 

5.93 

5.69 

5.78 

5.83 

5.43 

15.6 

5.78 

5.67 

6.00 

5.80 

5.53 

5.61 

5.72 

5.35 

15.7 

5.74 

5.91 

6.19 

5.75 

5.60 

5.63 

5.70 

5.24 

15.8 

5.91 

5.98 

6.14 

5.87 

5.73 

5.76 

5.91 

5.53 

15.9 

5.83 

5.93 

6.05 

5.81 

5.58 

5.67 

5.81 

5.37 

16.0 

5.70 

5.72 

5.91 

5.69 

5.42 

5.45 

5.63 

5.21 

16.1 

5.52 

5.49 

5.66 

5.52 

5.26 

5.24 

5.40 

5.05 

16.2 

5.38 

5.36 

5.38 

5.37 

5.11 

5.05 

5.13 

4.88 

16.3 

5.25 

5.19 

5.27 

5.16 

5.02 

4.84 

4.99 

4.70 

16.4 

5.15 

5.10 

5.06 

5.02 

4.88 

4.76 

4.83 

4.45 

16.6 

4.96 

4.81 

4.73 

4.86 

4.56 

4.43 

4.43 

4.15 

16.8 

4.67 

4.57 

4.51 

4.46 

4.38 

4.27 

4.29 

3.93 

17.0 

4.45 

4.36 

4.32 

4.27 

4.23 

4.14 

4.13 

3.80 

18.0 

3.63 

3.64 

3.82 

3.73 

3.72- 

3.62 

3.55 

3.21 

19.0 

3.24 

3.25 

3.51 

3.41 

3.41 

329 

3.22 

2.81 

21.0 

2.75 

2.7P 

3.10 

7.98 

2.99 

2.81 

2.81 

2.39 

23.0 

2.61 

2.53 

2.84 

2.76 

2.72 

2.53 

2.50 

2.09 

25.0 

2.51 

2.46 

2.79 

2.69 

2.41 

2.38 

2.36 

1.91 

A* 

1215.50 

1215,47 

1215.50 

1215.50 

1215.50 

1215.50 

1215.47 

1215.54 

tog/** 

5.95 

6.01 

6.14 

5.93 

5.69 

5.78 

5.96 

5.54 

Ao 

1215.65 

1215.60 

1215.62 

1215.65 

1215.65 

1215.63 

1215.65 

1215.63 

log/,0 

5.64 

5.67 

5.85 

5.62 

5.40 

5.40 

5.47 

5.05 

A, 

1215.83 

1215.80 

1215.70 

1215.75 

1215.80 

1215.80 

1215.80 

1215.80 

log/*. 

5.97 

5.98 

6.19 

5.93 

5.73 

5,76 

5.91 

5.53 

however,  further  attention  to  this  point  is  meaningless  in  view  of  the  existence  of 
intensity  variations  within  the  flaring  area  itself. 

Profiles  for  the  2 1  January  flare  are  given  in  Table  V,  with  a  =  1 .  No  correction  for 
filling  factor  is  possible  for  this  flare,  since  no  post-flare  active  region  spectrum  was 
obtained  (the  Ha  flare  had  not  yet  ended  at  the  time  of  the  last  exposure). 
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TABLE  IV 

La  profiles  for  15  June,  1973  five,  a  =  j 
log  /*  (erg  cm'1  s'1  sr'1  A'1) 


A  (A) 

14:11:54 

14:12:23 

14:13:08 

14:13:35 

14:19:14 

14.23.16 

14:29:24 

1208.0 

3.01 

2.91 

3.23 

3.16 

3.01 

2.74 

2.75 

10.0 

3.10 

3.10 

3.41 

3.31 

3.29 

3.06 

3.02 

12.0 

3.41 

3.51 

3.83 

3.71 

3.71 

3.51 

3.48 

13.0 

3.73 

3.84 

4.13 

4.03 

3.96 

3.83 

3.77 

14.0 

4.24 

4.51 

4.62 

4.51 

4.42 

4.36 

4.20 

14.2 

4.43 

4.71 

4.83 

4.67 

4.61 

4.50 

4.31 

14.4 

4.63 

4.95 

5.16 

4.85 

4.77 

4.60 

4.52 

14.6 

4.97 

5.30 

5.51 

5.16 

4.91 

4.81 

4.72 

14.8 

5.31 

5.51 

5.71 

5.41 

5.12 

5.08 

4.92 

15.0 

5.66 

5.88 

5.91 

5.71 

5.37 

5.38 

5.23 

15.1 

5.81 

6.02 

6.16 

5.84 

5.55 

5.46 

5.50 

15.2 

5.92 

6.15 

6.78 

5.94 

5.68 

5.64 

5.87. 

15.3 

6.10 

6.22 

6.41 

6.07 

5.76 

5.83 

6.00 

15.4 

6.33 

6.38 

6.52 

6.21 

5.89 

5.99 

6.22 

15.5 

6.29 

6.36 

6  57 

6.25 

5.88 

6.14 

6.35 

15.6 

6.01 

5.99 

6.40 

6.02 

5.74 

5.65 

5.98 

15.7 

6.22 

6.29 

6.63 

6.23 

5.94 

6.09 

6.03 

15.8 

6.29 

6.35 

6,55 

6.23 

6.03 

6.01 

6.31 

15.9 

6.15 

6.34 

6.43 

6.16 

5.81  . 

5.93 

6.25 

16.0 

6.02 

6.09 

6.31 

6.03 

5.64 

5.72 

5.99 

16.1 

5.86 

5.87 

6.07 

5.77 

5.53 

5.44 

5.65 

16.2 

5.76 

5.76 

5.78 

5.61 

5.41 

5.37 

5.42 

16.3  * 

5.66 

5.60 

5.49 

5.49 

5.32 

5.25 

5.09 

16.4 

5.55 

5.48 

5.36 

5.32 

5.17 

5.14 

4.97 

16.6 

5.31 

5.16 

5.11 

5.10 

4.91 

4.86 

4.72 

16.8 

5.06 

4.94 

4.87 

4.90 

4.72 

4.64 

4.54 

17.0 

4.81 

4.70 

4.67 

4.69 

4.61 

4.54 

4.42 

18.0 

4.04 

4.05 

4.21 

4.14 

4.12 

4.01 

3.89 

19.0 

3.61 

3.63 

3.92 

3.81 

3.81 

3.67 

3.61 

21.0 

3.11 

3.14 

3.50 

3.36 

3.37 

3.15 

3.14 

23.0 

2.99 

2.93 

3.25 

3.19 

3.11 

2.84 

2.86 

25.0 

2.94 

2.84 

3.18 

3.11 

2.93 

2.69 

2.71 

A* 

1215.40 

1215.44 

1215.50 

1215.50 

1215.42 

1215.50 

1215.50 

lofi 

6.33 

6.41 

6.57 

6.29 

5.98 

6.14 

6.35 

Ao 

1215.60 

1215.60 

1215.62 

1215.65 

1215.58 

1215.60 

1215.65 

Log  La 

6.01 

5.99 

6.31 

6.02 

5.55 

5.65 

5.83 

A, 

1215.76 

1215.75 

1215.70 

1215.75 

1215.80 

1215.70 

1215.80 

•og  A, 

6.36 

6.41 

6.63 

6.41 

6.03 

6.09 

6.31 

5.  Discussion 

The  two  flares  studied  here  are  very  different  in  La,  as  they  are  in  other  spectral 
features.  Our  observations  of  the  15  June  flare  reach  a  maximum  integrated  intensity 
(at  about  14:13  UT)  of  4.1  x  106ergcm-2s~l  sr'1,  after  correction  for  the  filling 
factor  assuming  a  -  We  measure  the  intensity  of  the  post-flare  active  region  to  be 
3.0x  105ergcm"Js_l sr'1.  In  comparison,  Basri  ct  al.  (1979)  obtain  3.3 x 
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TABLE  V 


La  profiles  for  21  January,  1974  flare,  a  *  1 
log  /*  (erg  cm"2  s"1  sr"1  A"1) 


A  (A) 

23:14:23 

23:16:44 

12:18:04 

23:18:31 

23:19:18 

23:19:47 

23:36:46 

3.16 

3.24 

3.29 

3.28 

3.28 

3.25 

3.08 

i  TiroM 

3.33 

3.43 

3.45 

3.45 

3.43 

3.40 

3.26 

1212.0 

3.68 

3.78 

3.72 

3.72 

3.76 

3.72 

3.58 

1213.0 

3.93 

4.06 

3.98 

4,00 

3.99 

3.98 

3.81 

1214.0 

4.38 

4.43 

4.30 

4.33 

4.32 

4.38 

4.13 

1214.2 

4.48 

4.51 

4.41 

4.45 

4.46 

4.48 

4.23 

1214.4 

4.65 

4.63 

4.57 

4.48 

4.57 

4.61 

4.38 

1214.6 

4.80 

4.78 

4.73 

4.68 

4.73 

4.78 

4.54 

1214.8 

5.09 

5.08 

4.94 

4.93 

4.88 

4.93 

4.78 

1215.0 

5.32 

5.28 

5.23 

5.19 

5.19 

5.23 

5.09 

1215.1. 

5.38 

5.37 

5.28 

5.29 

5.34 

5.33 

5.18 

1215.2 

5.54 

5.47 

5.43 

5.46 

5.46 

5.47 

5.42 

1215.3 

5.76 

5.71 

5.65 

5.60 

5.61 

5.67 

5.59 

1215.4 

6.10 

5.95 

5.80 

5.78 

5.84 

5.77 

5.79 

1215.5 

5.99 

6.13 

5.80 

5.78 

5.80 

5.86 

5.99 

1215.6 

5.81 

5.81 

5.73 

5.62 

5.67 

5.63 

5.69 

1215.7 

5.80 

5.83 

5.68 

5.67 

5.61 

5.72 

5.68 

1215.8 

6.03 

6.11 

5.92 

5.88 

5.80 

5.82 

5.81 

1215.9 

6.09 

6.10 

5.80 

5.79 

5.80 

5.79 

6.05 

1216.0 

5.80 

5.68 

5.72 

5.68 

5.71 

5.64 

5.79 

1216.1 

5.49 

5.55 

5.56 

5.52 

5.54 

5.51 

5.61 

1216.2 

5.45 

5.46 

5.40 

5.37 

5.41 

5.38 

5.34 

1216.3 

5.35 

5.36 

5.25 

5.19 

5.26 

5.26 

5.17 

1216.4 

5.18 

5.18 

5.13 

5.06 

5.17 

5.16 

4.88 

1216.6 

4.89 

4.93 

4.88 

4.83 

4.86 

4.83 

4.55 

1216.8 

4.68 

4.73 

4.68 

4.61 

4.60 

4.64 

4.40 

1217.0 

4.51 

4.58 

4.51 

4.48 

4.48 

4.49 

4.29 

1218.0 

4.07 

4.21 

4.13 

4.09 

4.14 

4.11 

3.92 

1219.0 

3.80 

3.95 

3.88 

3.88 

3.87 

3.88 

3.72 

1221.0 

3.46 

3.58 

3.58 

3.58 

3.53 

3.56 

3.39 

1223.0 

3.26 

3.36 

3.38 

3.39 

3.39 

3.38 

3.23 

1225.0 

3.13 

3.23 

3.28 

3.31 

3.28 

3.28 

3.11 

A* 

1215.40 

1215.46 

1215.44 

1215.45 

1215.40 

1215.48 

1215.50 

to*  A. 

6.10 

6.14 

5.89 

5.81 

5.84 

5.93 

5.99 

Xq 

1215.6? 

1215.65 

1215.65 

1215.65 

1215.65 

1215.64 

1215.66 

log  A» 

5.59 

5.48 

5.41 

5.46 

5.47 

5.50 

5.50 

Xt 

1215.87 

1215.87 

1215.80 

1215.84 

1215.84 

1215.80 

1215.90 

log  /*, 

6.13 

6.24 

5.92 

5.88 

5.86 

5.82 

6.05 

105  erg  cm"2  s  ' 1  sr_l  for  a  typical  active  region  and  7.1  x  104  erg  cm-2  s_1  sr-1  for  the 
quiet  Sun.  In  contrast,  the  flare  of  21  January  was  weaker  in  La.  At  its  maximum 
integrated  intensity  (at  about  23:16  UT,  just  after  the  hard  X-ray  burst),  it  reached 
about  2.3  x  106  erg  cm"2  s_I  sr-1,  after  correction  for  the  filling  factor  of  a  -  i,  using 
the  late-phase  data  of  set  G  for  the  post-flare  active  region.  It  would  not  be  surprising 
to  find  La  integrated  intensities  a  factor  of  two  or  more  above  these  values,  even  at 
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modest  spatial  resolution  like  ours.  Our  observations  of  the  IS  June  flare  are 
probably  atypically  faint  since  the  slit  did  not  cover  the  brightest  part  of  the  flare. 
Unpublished  data  on  the  La  wings  (Cook,  1978)  show  some  flares  that  may  be  as 
much  as  2.S  times  brighter  than  our  IS  June  data. 

During  the  15  June  flare  the  departures  from  symmetry  of  the  line  core  seem  to 
show  systematic  variation.  First,  the  asymmetry  is  never  very  strong.  Our  data  are  too 
noisy  to  tell  anything  about  the  relative  amplitude  of  the  red  and  blue  peaks.  If  we 
consider  the  outer  regions  of  the  core  (0.5  sdA  £  1.0  A)  where  our  data  are  better, 
the  intensity  is  greater  on  the  red  side  before  La  maximum,  and  slightly  brighter  on 
the  blue  side  at  and  after  flare  maximum.  The  post-flare  profile  is  symmetric.  The 
quantitative  extent  of  the  asymmetry  is  dependent  on  the  distance  from  the  core,  and 
its  description  is  best  left  to  detailed  digital  data  in  Tables  III  to  V.  Measurements  of 
shift  of  the  centroid  of  the  line  at  the  half-power  point,  relative  to  the  geocoronal 
absorption  feature,  give  a  crude  estimate  of  the  velocity  of  the  emitting  material  in 
the  chromosphere.  In  the  post-flare  observations,  this  shift  is  zero.  It  is  also  zero  in  set 
A,  the  pre-maximum  profile.  In  sets  B,  C,  and  D,  around  flare  maximum,  there  is  a 
shift  of  0.03  A  ±0.01  A  to  the  blue,  corresponding  to  a  bulk  chromospheric  motion 
of  about  7±  2  km  s"\  After  flare  maximum,  the  shift  reverts  to  zero  for  the  rest  of  the 
flare.  The  full-width  at  half  maximum  intensity  before  maximum  (set  A)  is  essentially 
that  of  the  post-flare  profile,  i.e.  dAj/2 «  0.76  A.  Near  La  maximum  dAJ/2  peaks  at 
0.85-0.88  A,  and  then  decreases  to  the  post-flare  value  within  ten  minutes  (by  set  F). 

For  the  21  January  flare  the  data  at  the  red  and  blue  emission  peaks  are  not  quite  as 
noisy  as  for  the  15  June  flare,  and  one  can  make  some  statements  regarding  their 
asymmetry.  In  set  A,  the  peak  appears  slightly  brighter  on  the  red  side.  Immediately 
following  the  hard  X-ray  burst  (set  B),  the  profile  is  most  strongly  asymmetric,  with 
the  red  peak  appearing  30-40%  brighter.  As  time  passes  the  asymmetry  weakens, 
but  the  red  peak  remains  stronger.  Within  six  minutes  of  the  hard  X-ray  burst,  the 
asymmetry  is  lost  in  the  noise  (i.e.  well  below  10%).  The  late-phase  spectrum,  set  G, 
also  shows  no  peak  asymmetry.  At  no  time  during  this  event  is  there  a  measureable 
shift  (to  ±0.01  A)  of  the  centroid  of  the  Doppler  are  (at  the  half-power  point) 
relative  to  the  geocoronal  ab'orption.  The  full-width  at  half-maximum  (maximum 
being  defined  by  the  average  of  the  red  and  blue  peaks),  also  shows  quite  systematic 
behavior.  Before  ind  immediately  after  the  hard  X-ray  burst  dA  l/2  =  0.71  ±0.02  A. 
Within  two  minutes  of  the  hard  X-ray  burst  the  half-width  has  increased  rather 
abruptly  to  dA  j/2  -  0.82  A  ±  0.02  A,  and  it  increases  further  to  dA  l/2  =  0.89  ±  0.02  A 
by  sets  E  and  F,  5-6  min  after  the  hard  X-ray  burst. 

Finally,  we  wish  to  close  with  a  brief  comment  on  the  radiative  output  in  La 
relative  to  Ba,  at  flare  maximum.  For  the  5  September,  1973  flare,  Canfield  etal. 
(1979)  measured  the  Lyman/Balmer  intensity  ratio  to  be  approximately  2.  In  the 
flares  of  15  June  and  21  January  we  measure  the  La  intensity  to  be  4.1  x  10h  and 
2.3xl06ergcm"2s_1sr'1.  Svestka  (1976)  gives  typical  Balmer-a  flare  profiles 
which  imply  Ba  intensities  from  2.2  x  10s  to  6.6  x  106  erg  cm-2  s'1  sr~'  for  average 
and  bright  flares  respectively.  It  would  then  be  reasonable  to  say  that  our  observed 
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La  intensities  are  compatible  with  the  hypothesis  that  the  La/Ba  intensity  ratio  in 
flares  is  typically  unity,  within  a  factor  of  two. 
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This  paper  presents  a  method  useful  for  inferring  the  number  of  electrons 
accelerated  by  flares,  based  on  their  microwave  spectrum.  This  method  was  used 
to  establish  the  flux  of  accelerated  electrons  in  the  proton/electron  energy 
flux  ratio  study  above . 
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Abstract/  The  broad-band  EUV  and  microwave  fluxes  correlate  strongly  with  hard  X-ray  fluxes  in  the 
impulsive  phase  of  a  solar  flare.  This  note  presents  numerical  aids  for  the  estimation  of  the  non-thermal 
electron  fluxes  from  these  correlations,  using  the  SFD  (sudden  frequency  deviation)  ionospheric  data  to 
measure  the  EUV  flux. 


1.  Introduction 

In  the  absence  of  hard  solar  X-ray  data,  as  for  example  during  the  Skylab  mission,  we 
sometimes  must  use  indirect  means  for  finding  the  number  of  non-thermal  elec* 
trons.  For  a  thick-target  model,  this  permits  us  to  estimate  the  collisional  energy 
deposition  by  these  electrons  in  the  solar  atmosphere.  This  note  provides  numerical 
methods  for  estimating  this  energy  deposition  from  observations  of  impulsive 
microwave  bursts  (based  on  the  results  of  Kane,  1974),  or  of  impulsive  EUV  bursts  ■ 
(Kane  and  Donnelly,  1971;  Donnelly  and  Kane,  1978).  In  addition,  we  give 
graphical  means  for  estimating  the  numbers  of  electrons  responsible  for  the  observed 
hard  X-ray  bremsstrahlung  in  both  thick-target  and  thin-target  models. 


2.  Numerical  Relationships  for  Bremsstrahlung 


We  use  the  Bethe-Heitler  cross-section  (e.g.  Jackson,  1962)  for  bremsstrahlung  of 
electrons  on  protons: 

SCT  I’58*  i!r!,ibln  [(i§r+(jT .)',!] keV"  (l> 

with  electron  energy  E  and  photon  energy  hv  in  keV.  For  a  power-law  fit  to  the 
photon  spectrum  at  Earth, 

0**  =  A(hv)~y  ph(cmJ  s  keV)'1 , 

we  find 


d2N, 


d  E  d  t 

5  =  7  +  1 


=  3.28x  lQ33b(y)AE~s  electrons  (keV  s) 


(2) 

(3) 
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in  a  thick  target  (Brown,  1971;  Lin  and  Hudson,  1976).  This  allows  a  factor  1.8  to 
account  for  heavy  dements,  but  assumes  isotropic  emission  in  a  fully-ionized  target. 
Here  b{y)=yl{y-\f  B(y-\,  §),  with  B(x,y)  the  beta  function.  The  energy 
deposited  by  electrons  of  energy  s*20  keV,  P20,  and  the  »2Q  keV  electron  loss  rate 
or  injection  rate,  dN2a/dt,  are 


Pjo3  1.6  x  10-9  I  E~~ 7-dEergs-1, 

JjokeV  UiD  ut 

dNi0  r  d ZN. 

— - —  =  d£  electrons  s  . 

dr  J2oktvd£  dt 


We  can  now  derive  relationships  between  02o.  the  X-ray  spectral  flux 
[ph(cmJ  s  keV)“']  at  20  keV  as  derived  from  observations,  and  these  two  quantities: 


P2  o/0:o»l.O5xlOJ4~*k 
(y-1) 

£^'-3.28x10”^. 
020  y 


(5) 


Table  1  lists  the  quantities  £(?)/(?- 1)  and  b(y)/y  needed  to  calculate  these 
relationships. 

Generally,  as  a  thin  target,  the  X-ray  flux  determines  the  instantaneous  number  of 
radiating  electrons.  We  define  N2q  as  the  integral  number  of  electrons  above  20  keV, 
and  W20  as  the  instantaneous  integral  energy  stored  in  these  electrons: 


*2o« 

■'20  k«v  a c 

W'J0  *  1.6  x  10~r  f  dU  erg . 

-20k«V  d E 


TABLE  I 

Numerical  quantities 


y 

*(y) 

y 

Hy) 

r-l 

C(t) 

7 ^ 

C(y) 

2 

0.786 

t.57 

1.00 

2.i 

1.50 

2.50 

0.955 

- 

3 

2.35 

3.53 

1.00 

3.00 

33 

3.33 

4.66 

1.06 

2.12 

4 

4.43 

5.90 

1.13 

1.88 

45 

5.60 

7.20 

1.19 

1.78 

5 

6.87 

8.59 

1.25 

1.75 

5.5 

8.23 

10.1 

1.31 

1.75 

6 

9.66 

11.6 

1.37 

1.76 
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From  the  hremsstrahlung  cross-section  we  compute 

- 1 .05  x  1 043  C(y)  AE^/iti  electrons  ke V_  1 , 
dE 

S=y-\ 

with  n,  the  target  density  (cm-3),  so  that 


Niotii/0-io m  9.4  x  10 


WW<*>:o- 3.01  x  10: 


(y-1)’ 
,36  C(y) 

(T^F)’ 


where 


C(y)-(y-l)/B(y-lA). 


Table  I  also  gives  the  quantities  C(y)/(y  - 1)  and  C(y)/(y  -  j)  that  occur  in  Equation 

(8). 


3.  Inferred  Thick-Target  Energy  Deposition 

We  relate  microwave  and  EUV  fluxes  to  P20  by  using  the  observed  correlations. 
Kane  (1974)  showed  that  the  peak  X-ray  energy  flux  £,(^20  keV)  is  approximately 
proportional  to  the  peak  3-10  cm  microwave  flux  density  £*.  This  correlation  is  given 
by 

&*10'Vn.  (10) 

where  &  is  expressed  in  erg  (cm3  s)-1  and  la  10-33  W  (m3  Hz)-*.  This  leads  to 

1.6  xlO35  *(?)£—},  (11) 

(r — l) 

as  shown  in  Figure  1. 

Finally,  for  the  EUV  relationship,  Kane  (1974)  shows  that  there  is  a  correlation 
between  the  X-ray  energy  flux  in  the  10-50  keV  band, 

fSOkcV 

£i  =  i.6xl0-9  hv^hwd(/i»')erg(cm3s)-1 ,  (12) 

'10  keV 

and  the  energy  flux  feuv  (erg  cm-3  s-1)  in  the  broad  EUV  band  (10- 1030  A)  inferred 
from  SFD’s  (sudden  frequency  deviations)  (Kane  and  Donnelly,  1971;  Donnelly  and 
Kane,  1978): 

“-  =  2x  10-5. 

SEUV 


(13) 
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Fi«.  1.  Approximate  thick-target  energy  deposition  rates  per  unit  3-10  cm  microwave  flux  density 
10  W  (m  Hz)  and  10-1030  k  energy  flux  ftuv.  erg  (cmJ  s)*1.  These  curves  give  indirect  approxi¬ 
mations  for  estimating  colliaional  ene.  gy  losses  by  no  vthermal  electrons  during  the  impulsive  phase  of  a 
solar  flare.  The  plotted  curve  for  Pi0/(tuv  refers  to  flares  on  the  central  meridian:  the  EUV  directivity 
(Donnelly  and  Kane,  1 978)  is  such  that  the  values  read  from  the  curve  must  be  increased  for  flares  at  finite 
central-meridian  distance  (CMD).  For  0<CMD<80*.  &Uv(CMD)/,*iuv(0)«  1-0.01  CMD. 


This  correlation  refers  to  events  occurring  on  the  solar  central  meridian.  As  a 
result,  we  find  (designating  by  £euv(0)  the  EUV  flux  on  central  meridian) 

PiJhvvt 0)=  1.1  x  1028  x  2~yb(y)~—~ ,  (14) 

(■y  i) 

as  shown  in  Figure  1.  A  strong  dependence  upon  central  meridian  distance  (CMD) 
exists  (Donnelly  and  Kane,  1978)  for  which  we  can  approximately  correct  in  the 
following  manner: 

6=uv(CMD)/&uv(0)=  1-0.01  x  CMD,  0<  CMD  <80°.  (15) 

For  CMD  >  80°  the  uncertainty  becomes  too  large  to  permit  a  reliable  guide. 
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Table  II  tabulates  all  of  these  results  for  a  nominal  value  of  y  =  4,  which  falls  near 
the  median  value  (Datlowe  etal.,  1974).  These  numbers  can  be  used  for  order-of- 
magnitude  estimations. 


TABLE  II 

Thick-target  power  for  y  »4 


Pjo/^ao 

6,2  x  10:* 

ergs-1  (>2Q  keV)  per  (ph/cmJ  s  keV)-1  at  20 

keV 

Pjo/€a 

1.9xl0Jt 

erg  s-1  (>20  keV)per  solar  flu*  unit,  3-10 cm 

f’jo/fkuvfO) 

8.1x10” 

ergs-1  (>20  keVJper  erg(cmJs)-1 10-1030A 

4.  Cautionary  Notes 

The  correlations  hardly  constitute  exact  relationships;  there  is  appreciable  scatter  in 
Kane's  comparisons  between  OGO  ion  chamber  data  for  hard  X-rays  and  the  radio 
and  SFD  parameters.  Presumably  part  of  this  is  measurement  error,  but  much  of  it 
must  be  true  variability  induced  by  variation  in  magnetic-field  strength  or  geometry. 
In  microwaves  it  is  also  fairly  clear  that  at  least  two  separately-generated 
components  must  occur  (e.g.  Kundu,  196S);  the  impulsive  burst  and  the  microwave 
type  IV  emission.  These  components  might  correlate  differently.  We  would  there¬ 
fore  like  to  emphasize  that  the  results  given  here  apply  only  to  the  peak  of  the 
impulsive  burst. 

The  simple  relationships  described  in  this  note  are  expressed  in  terms  of  power- 
law  fits  to  the  X-ray  spectra.  These  are  convenient  for  numerical  work  but  may  not 
adequately  represent  the  spectral  distribution  over  the  entire  X-ray  energy  range 
(Kane  and  Anderson,  1970;  Elcan,  1978).  Any  refinement  however  will  not  affect 
the  value  of  our  order-of-magnitude  results.  Korchak  (1976)  has  described  the 
uncertainties  involved  in  energetic  considerations  based  upon  the  bremsstrahlung 
models. 
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Impulsive  Phage  Flare  Ha  Line  Profiles 

This  paper  served  two  purposes.  First,  it  showed,  somewhat  surprisingly, 
that  the  Ha  spectra  of  the  brightest  part  of  this  major  flare  did  not  show  the 
effects  expected  of  a  beam  of  accelerated  electrons.  This  supports  the  idea  that 
the  hard  X-ray  spectrum  does  not  come  from  the  acceleration  of  electrons  into  the 
chromosphere,  and  that  the  hud  X-ray  spectrum  arises  primarily  from  thermal 
electrons  confined  to  the  corona.  Other  observations  obtained  during  SMM  seem  to 
contradict  this  idea,  but  they  are  no  more  compelling  than  the  results  of  this 
paper.  The  answer  to  the  question  of  whether  a  major  fraction  of  the  energy  of 
flaros  goes  into  accelerated  electrons  is  still  an  open  question,  faced  with 
contradictory  and  incomplete  evidence . 

The  second  purpose  of  this  paper  was  to  develop  qualitative  criteria  for 
inferring  the  nature  of  chromospheric  heating,  using  Ha  line  profiles.  It 
provided  guidelines  that  were  useful  in  the  subsequent  paper,  for  distinguishing 
between  parts  of  the  flare  that  show  evidence  for  accelerated  electrons,  and 


those  that  do  not. 


A  QUALITATIVE  INTERPRETATION  OF  7  AUGUST  1972 
IMPULSIVE  PHASE  FLARE  Ha  LINE  PROFILES 
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Abstract.  Tantka's  (1977)  unique  Ha  profiles  of  the  kernels  of  the  7  August  1972  flare  were  quantita¬ 
tively  interpreted  by  Btown  el  al  (1978;  henceforth  BCR)  in  terms  of  a  thick  target  electron  beam 
model  They  found  that  this  Interpretation  required  beam  inhomogeneity  and/or  partial  precipation 
and  large  (60-100  km  s"')  macroturbulence.  The  latter  requirement  it  somewhat  suspect,  since  the  only 
independent  evidence  also  comes  from  efforts  to  understand  the  profiles  of  optically  thick  chromospheric 
lines.  Relationships  between  model  atmosphere  parameters  and  line  profile  parameters  calculated  by 
Dinh  (1980)  show  that  these  requirements  could  be  considerably  reduced,  if  not  totally  eliminated,  if 
the  actual  chromospheric  flare  heating  mechanism  were  simultaneously  capable  of  pushing  the  flare 
transition  region  to  greater  column  density  and  causing  leu  I  eathg  of  the  residual  chromosphcte  .ha  t 
the  BCR  models.  This  then  implies  that  the  chromotphere  is  heated  primarily  by  a  mechanism  through 
which  the  beating  effects  do  not  penetrate  u  far  below  the  flare  transition  region  as  it  the  cue  for  a 
power-law  spectrum  of  non-thermal  electrons  whose  parameters  are  chosen  appropriate  to  the  non- 
thermal  thick  target  interpretation  of  hard  X-rays.  Thermal  conduction  and  optically  thick  radiation 
ire  examples  of  such  a  mechanism. 


,  1.  Introduction 

A  particularly  interesting  recent  observational  result  from  hard  X-ray  spectroscopy 
of  solar  flares  is  that  for  many  flares  the  form  of  their  spectra  in  the  10-100  keV 
range  is  better  fit  by  functions  of  thermal  form  than  power-law  form  (Cranncll  et 
al,,  1978;  Elcan,  1978).  This  result  has  led  various  authors  to  consider  models  in 
which  most  of  the  hard  X-rays  are  generated  by  bremsstrahlung  from  thermal 
electrons  in  regions  with  temperatures  in  the  range  10-100  keV.  Recent  studies  of 
the  confinement  of  plasma  in  such  hot  regions  by  Brown  et  al.  (1979),  Smith  and 
Lilliequist  (1979),  Smith  and  Auer  (1980),  and  Smith  and  Brown  (1980)  have  led 
to  the  conclusion  that  ion-sound  turbulence  generated  by  the  reverse  current 
required  to  electrically  neutralize  the  fast  electrons  moving  away  from  the  hot 
region  confines  all  electrons  of  velocity  less  than  about  two  times  the  mean  electron 
velocity  behind  a  steep  temperature  front  that  propagates  at  approximately  the 
ion-sound  speed.  This  is  a  much  different  physical  model  than  the  basic  ‘thick 
target’  model  envisioned  early  on  by  Korchak  (1971),  Hudson  (1972,  1973),  and 
Brown  (1973),  in  which  most  of  the  10-100  keV  radiation  was  thought  to  come 
from  the  chromosphere  as  a  result  of  a  beam  of  fast  electrons  of  power-law  energy 
distribution. 

The  purpose  of  this  apper  is  to  show  that  existing  models  of  the  formation  of 
the  Ha  line  during  flares  appear  to  provide  clear  qualitative  evidence  that  heating 
of  the  Ha -forming  regions  of  the  flare  chromosphere  in  the  bright  Ha  kernels 


Solar  Physics  75  (1982)  263-275.  0038-0938/82/0752-0263  SOI  95. 

Copyright  ©  1982  by  D.  Reidet  Publishing  Co.,  Dordrecht,  Holland,  and  Boston,  U.S.A. 


PRECEDING 


PAGE  BLANK-N0T  FII 


264 


RICHARD  C.  CANFIELD 


observed  during  the  impulsive  phase  of  solar  flares  is  not  due  primarily  to  heating 
by  Coulomb  collisions  of  a  power-law  distribution  of  10-100  keV  electrons  with 
chromospheric  material;  instead  some  shorter-range  process,  perhaps  conduction 
or  optically  thick  radiative  transfer,  seems  to  be  favored.  This  is  clearly  relevant 
to  the  collisionless  confinement  modelling.  Unfortunately,  much  work  remains  to 
be  done  on  them  before  there  will  be  a  basis  for  quantitatively  testing  the  consistency 
of  this  picture  with  chromospheric  diagnostics. 

Among  the  many  aspects  that  must  be  studied  are  the  effects  to  be  expected 
when  the  thermal  front  reaches  the  transition  from  coronal  to  chromospheric 
temperatures  and  densities;  in  fact,  the  only  quantitative  work  done  so  far,  the 
numerical  simulations  of  Smith  and  Lilliequist  (1979)  and  Smith  and  Auer  (1980) 
covers  only  the  first  few  seconds  after  the  creation  of  the  hot  flare  material.  During 
these  few  seconds  the  thermal  front  is  passing  through  material  that  was  initially 
at  coronal  temperatures  and  densities;  the  question  of  what  must  be  expected  when 
the  thermal  front  encounters  the  region  of  the  pre-flare  transition  region  is  currently 
under  study.  The  few  seconds  about  which  we  know  at  least  a  little  regarding  the 
energy  transport  from  the  work  discussed  above  unfortunately  represent  only  a 
small  fraction  of  the  duration  of  typical  hard  X-ray  bursts  (40-50  s,  Datlowe  el  at., 
1974)  and  is  certainly  well  below  the  present  limits  of  our  ability  to  observe  line 
profiles  throughout  a  flare. 

We  know  very  little  from  the  present  work  on  the  collisionless  confinement 
models  about  what  to  expect  to  be  the  dominant  transport  mechanisms  in  the 
chromosphere  during  most  of  the  flare  event,  even  during  the  impulsive  phase.  For 
this  reason,  it  seems  quite  appropriate  to  consider  a  rather  broad  range  of 
possibilities  in  a  most  straightforward  and  uncomplicated  way.  There  already  exist 
models  for  this  purpose.  Kane  ei  al.  (1980)  have  clearly  defined  a  set  of  idealized 
models  that  form  a  classification  in  terms  of  which  it  is  easy  to  discuss  chromospheric 
flare  effects.  These  models  are  the  thin  target,  thick  target,  partial  precipitation 
and  thermal  models.  In  this  paper  we  will  use  these  clearly  defined  names,  in  an 
effort  to  prevent  the  confusion  associated  with  calling  models  such  as  the  collisionless 
confinement  models  with  the  name  ‘thermal’,  which  is  appropriate  from  the  perspec¬ 
tive  of  only  one  aspect  of  the  flare,  namely  the  hard  X-ray  radiation.  In  all  four 
models,  the  energetic  electrons  are  supposed  to  be  accelerated  above  the  chromos¬ 
phere.  Only  one  dimension  is  considered,  viz.  distance  (or  alternatively  column 
density  or  mass)  along  a  magnetic  field  line.  In  the  thin  target  model,  none  of  the 
non-thermal  electrons  that  are  responsible  for  hard  X-rays  penetrate  into  the 
chromosphere.  Chromospheric  transport  must  thus  take  place  by  radiation,  conduc¬ 
tion  or  mass  motion.  In  the  thick  target  model,  many  of  the  hard  X-ray  producing 
electrons  penetrate  into  the  chromosphere.  Hence  Coulomb  collisions  between 
these  incident  electrons  and  ambient  electrons  causes  significant  heating.  Partial 
precipitation  models  are  those  in  which  only  part  of  the  fast  electrons  precipi¬ 
tate  into  the  chromosphere  as  envisioned  in  the  thick  target  model.  Finally, 
thermal  models,  like  thin  target  models,  generate  none  of  their  hard  X-rays  in  the 
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chromosphere,  and  hence  chromospheric  heating  due  to  electron  precipitation 
also  does  not  take  place. 

At  the  present  level  of  development  of  the  coliisionless  confinement  models  it 
appears  that  they  combine  properties  of  both  the  thermal  and  partial  precipitation 
models. 


2.  Observations  of  Impulsive  Phase  Ha  Profiles 

Observations  of  the  Ha  profile  during  flares  are  a  valuable  indicator  of  the 
thermodynamic  structure  of  the  flare  chromosphere  for  two  reasons.  First,  because 
the  Ha  line  is  strong  and  optically  thick,  the  profile  (i.e.,  central  reversal,  emission 
peaks,  wing  slope,  and  amplitude  etc.)  contains  information  on  the  depth  depen* 
dence  of  thermodynamic  variables.  Whereas  in  the  quiet  Sun  Ha  is  formed  largely 
in  a  low-density  region  and  is  quite  insensitive  to  chromospheric  temperature  and 
density  (Gebbie  and  Steinitz,  1974),  in  flares  it  is  formed  at  much  higher  densities 
(Canfield  and  Athay,  1974;  Svestka  1976),  and  is  Quite  sensitive. 

The  second  reason  why  Ha  spectroscopy  is  vauable  is  the  significant  role  played 
by  Ha  as  a  chromospheric  radiative  cooling  mechanism.  The  observations  of  the 
radiative  output  of  the  5  September  1973  flare  (Canfield  et  al. ,  1980b)  show 
empirically  that  Ha  is  one  of  several  predominant  chromospheric  cooling  lines, 
any  one  of  which  could  be  used  to  identify  regions  of  enhanced  chromospheric 
energy  output,  hence  enhanced  chromospheric  heating.  Under  solar  flare  conditions, 
one  can  equate  enhanced  Ha  output  to  enhanced  chromospheric  heating. 

In  contrast  to  the  omnipresence  of  Ha  filtergrams  of  flares,  Ha  profiles  are 
poorly  observed  with  even  modest  temporal  or  spatial  resolution,  as  a  consequence 
of  the  difficulty  of  simultaneously  observing  temporal,  spatial  and  spectral  charac¬ 
teristics.  There  exists  only  one  published  observation  of  an  Ha  profile  that  can 
compeliingly  be  identified  with  a  flare  kernel  at  the  hard  X-ray  maximum  of  a  flare, 
with  accompanying  simultaneous  measures  of  the  hard  X-ray  output,  viz .  that  of 
Tanaka  (1977).  He  observed  two  kernels  of  the  August  7,  1972  flare,  while  Lin 
and  Hudson  (1976)  and  Hoyng  et  al.  (1976)  obtained  hard  X-ray  spectra.  Tanaka's 
profiles  include  two  different  kernels  at  two  different  times,  both  during  intense 
hard  X-ray  bursts.  The  critical  aspect  of  these  impulsive-phase  spectra  for  the 
present  discussion  is  that  while  they  are  very  strong,  they  show  no  central  reversals, 
which  develop  only  later  in  the  flare. 


3.  Chromospheric  Flare  Heating  Models 

Theoretical  modelling  that  describes  the  chromospheric  effects  of  flare  energy 
transport  by  non-thermal  particles,  radiation,  thermal  conduction  and  mass  motion 
has  been  reviewed  recently  by  several  authors,  including  Brown  and  Smith  (1980), 
Brown  etal.  (1980),  and  Canfield  et  al.  (1980).  Such  modelling  postulates  specific 
transport  mechanisms,  and  computes  atmospheres  based  on  a  representation  of 
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these  mechanisms.  Of  course  numerical  complexity  in  all  cases  precludes  a  com¬ 
pletely  realistic  simulation  of  an  actual  flare,  and  in  fact  realism  is  not  the  immediate 
objective  of  much  worthwhile  modelling.  Such  energy  transport  modelling  is  valu¬ 
able  both  to  the  extent  that  one  actually  produces  model  atmospheres  that  quantita¬ 
tively  reproduce  important  features  of  observations  and  to  the  extent  that  one  finds 
trends  and  relationships  between  model  parameters,  model  atmospheres  and 
observables.  Two  theoretical  calculations  have  been  carried  out  recently  that  I  wish 
to  single  out  for  discussion  below,  those  of  BCR  and  Sermulina  el  al.  (1980). 

3.1.  The  models  of  brown  etal.  (1978) 

BCR  calculated  several  quasi-steady  model  flare  chromospheres  in  which  thick 
target  heating  by  Coulomb  collisions  of  a  simple  beam  of  fast  electrons  is  balanced 
by  radiative  cooling  by  Ha  and  Let  (in  which  radiative  transfer  effects  were  treated), 
negative  hydrogen  and  optically  thin  heavier  elements.  The  electron  beam  spectrum 
was  characterized  by  two  parameters,  the  fluxFjo  in  electrons  above  20  keV  incident 
on  the  top  of  the  chromosphere  and  the  spectral  index  of  the  assumed  power-law 
energy  spectrum.  Four  modei  atomospheres  were  generated  for  four  different  values 
of  Fio.  BCR  found  that  for  the  values  of  F10  and  spectral  index  most  compatible 
with  hard  X-ray  observations  of  the  7  August  1972  flare,  the  model  produced  an 
Ha  profile  that  was  much  too  bright  and  had  the  wrong  profile  shape.  They  chose 
to  explain  the  excess  brightness  by  invoking  spatial  inhomogeneity  and/or  partial 
precipitation  of  the  electron  beam.  They  explained  the  difference  between  .observed 
and  calculated  profile  shapes  by  invoking  a  random  non-tkermal  velocity  of 
60  km  s'1  amplitude.  Both  these  explanations  have  no  specific  independent  observa¬ 
tional  justification  in  solar  flares,  so  they  must  be  approached  with  some  skepticism. 
Below  we  point  out  that  semi-empirical  modelling  implies  an  alternative  explanation 
of  the  discrepancy  between  the  computed  BCR  profiles  and  those  observed  during 
the  7  August  *lare. 

The  need  to  postulate  a  random  non-thermai  macroscopic  velocity  (macrotur¬ 
bulence)  on  the  order  of  many  tens  of  kilometers  per  second  for  the  purpose  of 
broadening  line  profiles  and  smearing  relatively  sharp  spectral  features  has  arisen 
not  only  in  the  course  of  the  BCR  work,  but  also  elsewhere.  Canfield  and  Athay 
(1974)  showed  that  the  kinematic  flare-shock  atmospheres  of  Nakagawa  el  al. 
(1973)  could  not  be  made  to  produce  Ha  profiles  that  agreed  with  observations 
unless  40-70  km  s' 1  macroturbulence  was  hypothesized.  Motions  of  only  somewhat 
lesser  amplitude  were  required  for  the  same  purpose  in  Brown’s  (1973)  electron- 
beam  heated  atmospheres  (Canfield,  1974).  Even  some  semi-empirical  models,  for 
which  the  model  atmospheres  are  not  constrained  by  credible  physics  of  energy 
transport,  have  required  velocities  of  30  km  s'1  to  explain  CauK  line  profiles  in 
even  small  flares  (Machado  and  Linsky,  197S).  It  may  be  significant  that  although 
there  exists  considerable  evidence  for  velocities  on  the  order  of  100  km  s'1  at 
temperatures  around  10s  K  (Doschek  and  Feldman,  1978),  Svestka  (1976)  cites 
no  unambiguous  evidence  for  such  large  random  velocities  in  the  chromosphere. 
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As  suggested  above,  it  therefore  seems  appropriate  to  retain  considerable  skepticism 
about  the  existence  of  macroturbulent  motions  in  the  flare  chromosphere  with 
ampitudes  as  great  as  several  tens  of  kilometers  per  second,  until  independent 
confirmation  is  obtained,  preferably  with  optically  thin  chromospheric  lines. 

On  the  other  hand,  there  seems  to  be  little  specific  reason  to  object  to  the 
hypotheses  of  spatial  inhomogeneity  and  partial  precipitation.  The  Earth’s  aurora 
offers  useful  examples  of  these  phenomena  (Akasofu,  1979).  First,  considerable 
inhomogeneity  is  present.  Second,  electrical  potential  drops  parallel  to  the  magnetic 
field  have  been  observed  to  be  present,  which  one  would  expect  to  be  associated 
with  both  trapping  and  acceleration. 

3.2.  The  models  of  sermulina  etal  (1980) 

The  models  of  Sermulina  et  al  (1980)  are  the  most  recent  results  of  the  Soviet 
group  that  has  produced  the  most  physically  and  mathematically  complete  numerical 
simulations  of  chromospheric  flare  energy  transport  that  are  presently  available 
(Somov  et  al,  1977,  1979).  Bearing  in  mind  the  two  different  interpretations  for 
the  hard  X-ray  output  of  flares,  thermal  and  thick-target,  Sermulina  et  al.  made 
two  different  calculations  that  serve  to  illustrate  differences  that  would  be  expected 
on  first  principles.  Both  calculations  were  based  on  a  two-temperature  hydrody¬ 
namic  treatment  of  flare  plasma  in  a  strong  vertical  magnetic  field  with  a  coronal 
pressure  at  the  movable  upper  boundary,  and  a  fixed  lower  boundary  located  deep 
in  the  chromosphere.  They  adopted  an  isothermal  hydrostatic  atmosphere  as  the 
initial  condition,  which  though  hot  realistic,  is  adequate  for  the  present  discussion. 

Figure  1  shows  the  results  of  Sermulina  etal.,  which  serve  to  illustrate  the  different 
chromospheric  heating  effects  that  one  would  expect  in  two  rather  idealized  thermal 
and  noii-thermal  cases.  The  electron  temperature  T,  is  plotted  as  a  function  of 
column  density  (,  the  number  of  atoms  and  ions  in  a  column  of  one  cm2  cross-section 
above  the  point  in  question.  The  initial  chromospheric  temperature  is  constant 
{T,  =  6700  K),  and  is  indicated  by  a  short-dashed  line.  The  atmosphere  is  initially 
in  hydrostatic  equilibrium.  The  temperatures  in  a  non-thermal,  thick-target  case 
(solid  line)  and  a  thermal  case  (long-dashed  line)  are  shown,  five  seconds  after  the 
start  of  the  event.  In  the  non-thermal  model,  an  electron  beam  with  maximum 
energy  flux  Fo  =  1011  erg  cm-2  s'1  above  a  low-energy  cutoff  of  10  keV  and  slope 
y  =  3  is  applied  with  a  time  dependence  of  the  hard  X-ray  flux  given  by  a  symmetric 
function  of  half-width  5  s.  No  collective  effects  are  included  in  the  physics  of  the 
electron  beam;  heating  is  by  Coulomb  collisions.  In  the  thermal  model  the  upper 
boundary  temperature  follows  the  temperature  required  to  give  the  same  depen¬ 
dence  of  the  hard  X-ray  intensity.  The  effective  heat  conduction  coefficient  they 
have  used  replaces  the  classical  value  by  forms  approximately  appropriate  to  the 
limiting  and  anomalous  forms  of  the  heat  flux  (Brown  et  al.,  1979;  Smith  and  Auer, 
1980). 

The  important  understanding  to  be  gleaned  from  a  comparison  of  the  two  different 
model  atmosphere  shown  in  Figure  1  is  that  certain  qualitative  differences  exist 
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Fig.  1.  Comparison  of  theoretical  temperature  distributions  in  a  hydrodynamic  flare  simulation,  Ss 
after  flare  start  (from  Sermulina  el  at.,  1979).  Results  are  shown  for  a  thermal  case  (long-dashed  curve) 
and  a  thick-target  non-thermal  case  (solid  curve).  The  short-dashed  line  indicates  the  assumed  pre-flare 
temperature.  The  flare  chromosphere  shows  much  mote  heating  in  the  thick-target  non-thermal  case 

than  in  the  thermal  case. 


that  would  be  expected  on  the  basis  of  first  principles.  The  most  important  is  this: 
whereas  the  electron-heated  model  (the  solid  line)  shows  significant  heating  that 
penetrates  to  values  of  the  column  density  much  above  that  of  the  transition  region, 
the  model  heated  only  by  classical  and  anomalous  thermal  conduction  (the  dashed 
line)  shows  very  little  such  penetration.  This  is  to  be  expected  on  the  basis  of  very 
simple  physics;  whereas  there  is  heating  spread  over  a  wide  range  of  column 
densities  through  the  stopping  of  fast  electrons  with  a  wide  spectrum  of  energies 
in  the  non-thermal  model,  thermal  conduction  is  a  comparatively  short-range 
process  due  to  the  exponential  dropoff  of  the  electron  distribution  function  toward 
high  energies  in  a  thermal  population.  In  the  thermal  conduction  model  one  expects 
heating  of  the  material  initially  at  chromospheric  temperatures  only  closer  to  the 
top  of  the  flare  chromosphere,  near  the  transition  region.  Note  that  if  the  energy 
in  the  electron  beam  were  to  be  increased,  the  transition  region  would  be  displaced 
toward  greater  column  density;  however,  it  would  remain  true  that  there  would 
still  be  considerable  heating  of  the  chromosphere  at  yet  greater  column  densities. 
In  any  case,  the  column  density  of  the  transition  region  should  not  be  an  issue, 
since  from  first  principles  it  is  clear  that  it  is  due  to  the  radiative  instability  (Field, 
1965)  and  thermal  conduction,  and  is  highly  insensitive  to  the  heating  mechanism. 
Its  location  in  the  model  atmospheres  at  the  instant  shown  depends  primarily  on 
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the  amplitude  of  the  heating  and  cooling  functions  included.  The  amplitudes  of 
these  functions  are  not  realistic  for  various  reasons,  including  the  lack  of  inclusion 
of  radiative  transfer  effects. 

Before  proceeding,  it  is  necessary  to  comment  on  certain  aspects  of  the  modelling 
by  Sermulina  et  al.  The  thermal  mode!  is  not  a  partial  precipitation  model,  as 
should  be  the  case  if  a  non-thermal  tail  of  fast  electrons  are  able  to  penetrate  the 
conduction  front,  as  suggested  by  Brown  et  al.  (1979).  The  nori-thermal  model 
does  not  take  into  account  instabilities  thought  to  arise  in  such  electron  beams  (cf. 
Brown  and  Smith,  1980)  Instead,  the  two  simulations  illustrated  are  quite  compar¬ 
able  to  the  idealized  models  of  Kane  et  al.  (1980)  discussed  in  the  introduction. 
These  facts  make  them  unsuitable  for  direct  comparison  to  observations,  but  to 
not  alter  their  utility  for  work  such  as  this  that  attempts  to  gain  understanding  of 
the  implications  of  observations  before  undertaking  simulations  that  in  fact  may 
be  more  directly  comparable  to  reality. 

4.  Semi-Empirical  Interpretation  oi  Ha  Profiles 

A  common  technique  for  understanding  solar  and  stellar  spectra  is  the  construction 
of  semi-empirical  models.  These  models  describe  the  relationship  between  ther¬ 
modynamic  variables  such  as  electron  temperature  T„  electron  density  n„  and 
non-thermal  velocity  (,  all  as  functions  of  a  vertical  coordinate  such  as  height, 
depth,  column  mass  or  column  density.  The  models  suppose  no  particular  heating 
or  cooling  mechanism,  but  use  certain  assumptions  (e.g.  plane-parallel  stratification, 
stationarity)  to  solve  the  radiative  transfer  equation  based  on  assumed  atomic 
cross-sections  and  processes.  Such  techniques  have  been  applied  :o  solar  flare  Ha 
profiles  only  very  recently,  by  Machado  et  al.  (1980),  henceforth  called  MAVN, 
and  Dinh  (1980).  On  the  other  hand,  the  technique  has  been  applied  to  a  variety 
of  other  lines  in  the  past,  by  Machado  and  Linsky  (1975),  Machado  et  al.  (1978), 
and  Lites  and  Cook  (1979). 

A  semi-empirical  model  atmosphere  can  be  used  to  draw  meaningful  conclusions 
only  if  the  profiles  computed  from  it  quantitatively  match  observations.  The  profiles 
computed  by  Dinh  and  MAVN  do  not  quantitatively  match  the  observed  impulsive- 
phase  Ha  profiles  of  Tanaka  (1977).  However,  as  Dinh  shows,  his  models  are 
successful  in  the  sense  that  they  agree  with  certain  basic  parameters  o l  observed 
profiles  during  the  decay  phase.  Specifically,  his  models  reproduce  the  half-widths 
and  equivalent  widths  of  the  observed  profiles.  He  finds  that  to  do  so  he  has  to 
postulate  the  existence  of  25  kms-’  random  macroscopic  velocities,  which  has  the 
effect  of  making  the  computed  profiles  smoother  than  the  observed  profiles.  This 
is  evidence  that  his  postulated  velocity  is  unrealistically  large;  we  return  to  this 
point  below.  Tanaka’s  observed  profiles  have  half-widths  and  equivalent  widths  that 
are  factors  of  2-4  times  larger  than  the  decay-phase  profiles  with  which  Dinh 
compared  his  models.  The  profiles  shown  by  MAVN  have  not  been  shown  to 
quantitatively  resemble  any  observed  flare  profiles;  in  fact,  the  authors  only  claimed 
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that  they  cover  the  range  of  equivalent  widths  observed  in  flares  of  an  unspecified 
range  of  importance!  These  authors  made  no  comparison  with  specific  observations 
of  Ha  profiles.  Hence  although  MAVN  make  several  assertions  about  the  physical 
processes  they  believe  to  be  operating  during  flares,  these  conclusions  are  not 
supported  by  a  model  that  correctly  reproduces  the  observed  half-width,  equivalent 
width  and  line  profile  of  Ha  in  either  a  well-documented  'typical*  flare  of  some 
type  or  in  any  individual  observed  flare. 

One  must  recognize  that  there  is  more  to  be  learned  from  semi-empirical  modeling 
than  what  is  represented  in  the  specific  model  that  is  finally  produced.  In  particular, 
it  is  very  valuable  to  establish  the  relationship  between  parameters  of  model 
atmospheres  and  parameters  of  line  profiles  computed  from  them.  Dinh's  work  is 
especially  valuable  in  this  sense  because  it  includes  a  systematic  study  of  the 
relationships  between  the  Ha  profile  and  various  parameters  of  the  model  atmos¬ 
phere.  Of  the  several  relationships  he  points  out,  two  are  particularly  relevant  to 
the  Ha  observations  discussed  above.  First,  narrower  transition  regions  produce 
both  lower  central  intensity  and  lesser  central  reversal.  Second,  higher  iransitio  • 
region  pressure  (i.e.,  a  transition  region  closer  to  the  photosphere)  produces  lesse; 
central  reversal.  The  latter  effect  has  also  been  pointed  out  explicitly  by  Baliunas 
et  al.  (1979)  regarding  the  profiles  of  the  Ca  u  and  Mg  u  resonance  lines  in  active 
chromosphere  stars,  by  MAVN  in  solar  flares,  and  several  others.  The  work  of 
MAVN  includes  no  systematic  study  comparable  to  that  of  Dinh. 

Another  relationship  exists  in  Dinh’s  results  between  the  total  intensity  of  the 
Ha  line  (i.e.  the  intensity  integrated  over  the  line  profile)  and  the  effective  chromo¬ 
spheric  temperature.  The  meaning  of  the  relationship  is  best  illustrated  by  means  of 
Dinh’s  (1980)  results,  some  of  which  are  shown  in  Figure  2.  In  Figure  2a  three 
model  flare  chromosphere  temperature  distributions  are  shown,  indicated  by  I,  II, 
and  III.  All  three  have  very  steep  temperature  gradients  in  the  transition  region, 
i.e  >t  is  thin.  As  a  result,  the  transition  region  contributes  negligibly  to  the  Ha 
opacity,  except  at  the  very  top  of  the  chromosphere.  In  all  three  models  (I,  II,  and 
III)  the  temperatures  at  the  base  of  the  transition  region  are  the  same.  On  the 
other  hand,  since  Dinh’s  models  are  in  hydrostatic  equilibrium  under  the  solar 
gravity,  with  a  depth-independent  turbulent  pressure,  the  density  (or  pressure)  at 
the  top  of  the  chromosphere  is  lower  for  model  I  than  for  II,  and  lower  for  II  than 
III.  As  a  result,  opacity  in  Ha  builds  up  more  rapidly  with  geometric  distance  into 
the  chromosphere  in  model  II  than  model  I.  At  any  given  value  of  rHa,  7,(rHo)  is 
greater  in  model  II  than  model  I.  This  means  that  the  source  term  e*B/(  1  +et)  in 
the  Ha  line  source  function  (see  Athay,  1972),  which  is  proportional  to  the  intensity 
of  radiation  created  per  unit  optical  depth,  is  greater  at  a  given  rHo  in  model  II 
than  in  model  I.  Since  the  probability  of  escape  of  the  radiation,  once  created,  is 
proportional  only  to  tHo.  and  the  Ha  radiation  from  the  upper  part  of  the  chromo¬ 
sphere  dominates  (the  region  near  and  below  500  km  height  contributes  a  negligible 
amount  to  the  excess  flare  emission),  the  total  amount  of  flare  Ha  emission  created 
in  model  II  is  greater  than  in  model  I.  Model  II  has  a  higher  effective  chromospheric 


Fig.  2.  Calculated  Ha  profiles  (frames  (b)  and  (d»  for  several  semi-empirical  chromospheric  flare 
temperature  distributions  (frames  (a)  and  (c)),  from  Dinh  (1980),  These  results  demonstrate  the  sensitivity 
of  the  profile  of  Ha  (particularly  the  total  intensity  and  amplitude  of  central  reversal)  to  the  effective 
chromospheric  temperature  and  the  location  of  the  flare  chromosphere-corona  transition  region.  Model 
C,  with  a  chromosphere  of  low  effective  temperature  and  a  low-lying  (high-pressure)  chromosphere- 
corona  transition  region,  has  an  Ha  profile  with  the  desirable  properties  of  low  total  Ha  intensity  and 

weak  central  reversal. 
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temperature  than  model  I.  The  relationship  that  one  would  expect  from  the  physical 
argument  given  above  is  clearly  evident  in  Dinh’s  (1980)  calculations.  Mode!  II 
has  a  greater  total  Ha  intensity  than  model  I  (Figure  2b).  Similarly,  model  III 
has  a  higher  effective  temperature  and  total  Ha  intensity  than  either  model  II  or 
model  I. 

The  interplay  of  two  of  the  relationships  discussed  above  is  illustrated  in  Dinh’s 
(1980)  models  C,  D,  and  E  and  their  Ha  profiles,  shown  in  Figures  2c  and  2d. 
Both  transition  region  pressure  and  effective  chromospheric  temperature  play  a 
role.  Model  D  has  a  higher  transition  region  pressure  than  model  E,  hence  a  weaker 
central  reversal.  Also,  D  has  a  higher  effective  temperature  than  E,  hence  a  greater 
total  intensity.  Model  C  has  a  still  higher  transition  region  pressure,  hence  a  still 
weaker  central  reversal.  On  the  other  hand,  model  C  has  much  Sower  effective 
chromospheric  temperature  than  D,  and  hence  a  much  lower  total  intensity.  As 
we  discuss  below,  the  combination  of  a  weak  reversal  and  low  total  intensity  is 
very  important. 


5.  Discussion 

The  previous  sections  have  summarized  the  evidence  that  supports  the  following 
statements: 

(1)  The  only  presently  available  observations  of  Ha  line  profiles  in  flare  kernels 
during  the  impulsive  phase  (Tanaka,  1977)  do  not  show  central  reversals. 

(2)  Ha  profiles  computed  from  the  electron-beam  heated  atmospheres  of  BCR 
have  two  difficulties:  first,  they  show  strong  central  reversals;  second,  they  are  too 
bright  compared  to  the  observations. 

(3)  Although  BCR  explained  these  difficulties  by  hypothesizing  spatial 
inhomogeneity  and/or  partial  precipitation  and  macroturbulent  velocities  on  the 
order  of  tens  of  kilometers  per  second,  tl  ere  exists  no  compelling  independent 
evidence  for  substantiation  of  these  requirements,  particularly  that  of  the  large 
macroturbulent  velocity. 

(4)  Semi-empircal  modelling  by  Dinh  (1980)  shows  that  the  need  for  these  two 
hypotheses  can  be  reduced  if  the  chromosphere  in  the  flare  kernel  simultaneously 
has  two  desirable  properties  relative  to  the  models  of  BCR:  first,  less  material  at 
Ha  emitting  temperatures  (7  — 104  K);  second,  a  transition  region  located  at  greater 
column  density. 

(5)  No  modei  in  which  the  predominant  mechanism  for  chromospheric  flare 
heating  is  Coulomb  collisions  of  a  power-law  spectrum  of  fast  electrons  with  the 
ambient  chromosphere,  as  simulated  by  BCR,  can  combine  these  two  desirable 
properties. 

The  principal  conclusion  of  this  paper  is  that  the  best  theoretical  modelling  of 
chromospheric  flare  energy  balance  presently  available  implies  that  the  flare 
chromosphere  is  not  heated  primarily  by  a  power-law  spectrum  of  electrons  in  the 
10-100  keV  energy  range  as  has  been  inferred  from  the  observed  hard  X-ray 
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spectra  of  flares  and  the  thick-target  interpretation.  In  fact,  this  work  points  to  a 
mechanism  that  is  capable  of  pushing  the  transition  region  to  a  much  greater  value 
of  the  column  density  than  the  value  at  which  it  is  found  in  the  pre-flare  atmosphere, 
while  simultaneously  producing  considerably  less  heating  of  the  remaining  flare 
chromosphere  than  the  power-law  thick-target  model.  Of  the  four  idealized  models 
of  the  hard  X-ray  flare  defined  by  Kane  et  al.  (1980),  only  a  thermal-type  model 
is  compatible  with  these  properties. 

Although  some  of  the  semi-empitical  model  chromospheres  of  flares  such  as  the 
models  FI  and  F2  of  MAVN  bear  the  desired  qualitative  relationship  to  the  BCR 
model  chromospheres  that  are  most  relevant  to  the  7  August  1972  flare,  it  is 
necessary  to  point  out  that  they  do  not  produce  computed  Ha  line  profiles  that 
are  in  quantitative  agreement  with  observed  Ha  line  profiles,  despite  the  fact  that 
semi-empirical  models  have  many  degrees  of  freedom  and  are  quite  free  of  any 
specific  laws  of  flare  energy  transport.  These  model  atmospheres  succeed  only  in 
reproducing  the  observed  Ha  equivalent  widths.  Many  models  can,  of  course, 
achieve  the  observed  Ha  equivalent  widths.  It  remains  true  that  to  reconcile  the 
profiles  from  the  MAVN  models  with  observatiors  it  is  necessary  to  introduce  in 
ad  hoc  amount  of  macroturbulence.  Second,  MAVN  do  not  explore  the  effect  of 
variation  of  the  parameters  of  their  semi-empirical  model  atmospheres  on  the 
ability  of  their  models  to  reproduce  the  complete  Ha  line  profile.  Hence  one  has 
no  idea  of  the  uniqueness  of  the  MAVN  models,  nor  of  how  much  better  one  might 
be  able  to  reproduce  the  full  observed  profiles  if  the  MAVN  model  atmospheres 
were  subjected  to  independent  variation  of  the  parameters  that  control  effective 
chromospheric  temperature  in  Ha  and  column  density  of  the  transition  region.  It 
appears  that  probably  the  macroturbulence  requirements  could  be  reduced,  or  even 
eliminated,  by  exploring  other  model  atmospheres,  bearing  in  mind  the  relationships 
discussed  above  and  by  Dinh  (1980). 

The  principal  conclusion  of  this  paper  is  relevant  to  collisionless  confinement  of 
hot  flare  plasma.  The  work  of  Brown  et  al.  (1979),  Smith  and  Auer  (1980),  and 
Smith  and  Brown  (1980)  leads  one  to  expect  that  the  high  temperature  (T,  ~ 108  K) 
thermal  X-ray  source  region  is  confined  by  a  collisionless  conduction  front  that 
moves  through  the  relatively  cool  (T  <  107  K)  material  of  the  corona  at  velocities 
of  order  lOOkras-1.  Fast  electrons  with  velocity  greater  than  approximately  two 
times  the  mean  thermal  velocity  in  the  high  tempo: ature  region  will  escape  with 
diminished  energy  through  the  conduction  front.  Assuming  that  the  high  tempera¬ 
ture  region  is  initially  created  in  a  limited  space  at  the  top  of  a  flare  loop,  for  a 
short  period  of  time  (probably  1-10  s)  whose  length  depends  on  loop  geometry 
and  physical  conditions  the  conduction  front  will  not  yet  have  arrived  at  the  top 
of  the  pre-flare  chromosphere.  This  interval  is  sufficiently  short  that  present  observa¬ 
tions  of  flare  Ha  profiles  are  not  relevant  to  it;  Tanaka’s  (1977)  observations  of 
nonreversed  profiles  span  a  period  of  several  minutes. 

The  phase  of  the  chromospheric  flare  event  that  is  relevant  to  the  observations 
of  flare  Ha  profiles  is  after  the  thermal  front  has  reached  the  chromosphere.  During 
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this  phase,  the  conclusion  of  this  paper  is  that  apparently  so  few  10-100  keV 
electrons  (relative  to  the  number  required  in  the  power-law  thick-target  hypothesis) 
penetrate  through  the  thermal  front  that  they  do  not  dominate  the  heating  of  the 
Ha  -emitting  chromosphere,  and  do  not  lead  to  a  major  portion  of  the  Ha  emission. 
Those  electrons  that  do  penetrate  into  the  chromosphere  must  be  primarily  very 
short-range  and  dominate  the  heating  only  in  the  immediate  vicinity  of  the  transition 
between  the  high  temperature  region  and  the  remaining  chromosphere,  which 
shows  relatively  little  flare  heating.  It  may  be  entirely  reasonable,  of  course,  that 
the  electrons  that  penetrate  the  thermal  front  do  indeed  have  the  required  spectrum. 
A  determination  of  the  spectrum  of  the  electrons  that  pass  through  the  front  would 
be  directly  testable  through  modelling  of  their  effect  on  the  chromosphere. 

One  Anal  note  of  caution  needs  to  be  expressed  regarding  the  fact  that  I  base 
my  arguments  above  on  the  BCR  calculations.  Their  results  depend. on  their 
representation  of  the  important  contributors  to  radiative  loss  in  the  chromosphere. 
It  is  clear  from  the  observations  themselves  and  from  calculations  such  as  those  of 
MAVN  that  there  are  several  other  spectral  features  that  radiate  chromospheric 
flare  energy  just  as  effectively  as  Ha  and  La,  which  were  the  only  features  tor 
which  BCR  specifically  treated  radiative  transfer.  In  order  to  reach  the  conclusions 
above  in  a  fully  satisfactory  way  a  theoretical  energy  balance  calculation  should  be 
done  that  incorporates  radiative  transfer  in  more  spectral  features,  as  well  as  time 
dependence  and  thermal  conduction. 
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Direct  Evidence  for  Chromospheric  Evaporation 
in  a  well-observed  Compact  Flare 

This  paper  reports  our  most  important  observational  result.  This  paper 
proved  that  the  chromosphere  was  the  source  of  the  hot  flare  plasma  that  emitted 
the  observed  flare  X-rays.  This  paper  was  the  first  result  of  our  effort  to 
improve  the  quality  of  solar  flare  spectroscopic  observations.  We  anticipate 
many  more  important  results  to  come  out  of  other  applications  of  this  same 
observational  technique.  These  observations  were  a  dramatic  improvement  over 
previous  results,  primarily  in  temporal  resolution,  temporal  coverage 
(including  the  pre-flare  and  impulsive  phases),  and  spatial  coverage  (the  whole 
flare ) .  The  main  reason  we  were  able  to  do  so  much  better  than  previous  observers 
was  improved  technology;  we  used  a  charge-coupled  device  detector,  rather  than 
photographic  film,  various  interesting  possibilities  for  future  work  were 
uncovered  in  this  research,  which  will  be  followed  up  in  the  future.  Among  them 
is  the  possibility  of  using  Ha  pro/.iles  for  prompt  evidence  for  accelerated 
flare  electrons.  Another  possibility  is  quantitative  diagnosis  of  the  nature  of 
the  accelerated  particles  themselves,  perhaps  both  electrons  and  protons. 
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f  PRECEDING 


P4GE  BLAKK-NOT  i 'll 


ABSTRACT 


We  have  observed  the  flare  of  1980  May  7  1456  UT  with  several 

Solar  Maxinun  Mission  instruments,  in  coordination  with  the 

Sacramento  Peak  Observatory  vacuum  Tower  Telescope.  Prom  the  X-ray 

data  we  are  able  to  determine  the  total  emission  measure  of  all 
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material  at  T  >  2  x  10  X,  commonly  attributed  to  chromospheric 
evaporation.  Volume  estimates  from  the  X-ray  and  Ha  images  lead  to 
an  estimate  of  the  number  of  electrons  in  the  soft  X-ray  plasma. 

Comparison  of  theoretical  calculations  of  the  Ha  signature 
of  an  evaporated  state  of  the  chromosphere  to  Ha  line  profile 
observations  provides  direct  evidence  that  chromospheric 
evaporation  indeed  has  taken  place  concurrently  with  the 
appearance  of  the  X-ray  plasma.  We  have  determined  the  amount  of 
material  that  has  been  evaporated  from  the  chromosphere,  relative 
to  the  pre-flare  state.  This  leads  us  to  the  conclusion  that  more 
than  enough  material  haj  been  evaporated  from  the  chromosphere  t  > 
account  for  the  material  in  the  X-ray  plasma. 

Taken  together,  the  Ha,  soft  and  hard  X-ray  images  suggest 
that  chromospheric  evaporation  is  driven  by  two  mechanisms .  During 
the  impulsive  phase,  there  is  evidence  that  chromospheric 
evaporation  is  due  to  flare  accelerated  electrons.  During  the 
thermal  phase,  it  appears  to  be  driven  by  thermal  conduction  from 
the  hot  coronal  plasma  created  earlier  in  the  flare. 


I .  INTRODUCTION 


Various  flare-associated  phenomena  demonstrate  that  during 
solar  flares,  an  enhanced  amount  of  material  is  found  at  high 
temperatures,  T  >>  106  K.  These  phenomena  include  flare  soft  x-ray 
emission  (reviewed  by  Culhane  and  Acton,  1974),  post-burst 
increases  at  radio  wavelengths  (see,  e.g.,  Kundu,  1965)  and  sporadic 
coronal  condensations  in  visible  coronal  emission  lines  (see,  e.g., 
Evans,  1963).  The  existence  of  these  phenomena  suggests  the 
heating  of  previously  cool  material,  most  probably  from  the 
chromosphere,  to  high  temperatures.  The  heating  mechanism  is  of 
basic  interest  for  the  theory  of  solar  and  stellar  flaxes, 
interplanetary  disturbances,  and  the  theory  of  stellar  mass  loss 
in  general,  several  recent  monographs  review  related  aspects  of 
this  problem  (Sturrock,  1980;  Priest,  1981;  Jordan,  1981). 

Neupert  ( 1968 )  initially  suggested  that  nearly 
simultaneously  with,  and  perhaps  as  a  result  of,  the  energy  losses 
of  fast  electrons  (implied  by  microwave  impulsive  bursts),  the 
chromosphere  becomes  heated  to  temperatures  on  the  order  of 
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2  x  10  X.  This  produces  the  characteristic  soft  x-ray  emission  of 
a  flare.  He  inferred  that  this  soft  x-ray  plasma  not  only  accounted 
for  the  enhancement  of  interplanetary  material  that  ultimately 
leads  to  geomagnetic  storms,  but  also  reappeared  at  visible 
wavelengths  as  loop  prominence  systems  and  "coronal  rain”  as  it 
cooled.  Hudson  and  Ohki  (1972)  pointed  out  that  the  increase  of  the 
soft  x-ray  emission  measure  during  flares  might  be  accounted  for  in 


two  different  ways,  either  by  "coronal  condensation",  i.e. 
reduction  of  the  volume  occupied  by  the  soft  x-ray  emitting 
material,  starting  from  material  at  typical  coronal  temperatures 
and  densities  previous  to  the  flare,  or  by  what  they  termed 
"chromospheric  rarefaction",  now  more  commonly  called 
chromospheric  evaporation.  They  ruled  out  coronal  condensation  on 
the  basis  of  straightforward  coronal  mass  content  arguments,  and 
concluded  that  the  chromosphere  is  the  only  plausible  source  of 
material  not  previously  observed  in  soft  x-rays  or  microwaves. 
Hudson  (1973)  then  extended  Neupert's  (196))  conclusions  to 
postulate  that  the  main  direct  effect  of  the  flare  energy  relez.se 
is  the  production  of  10-100  kev  electrons,  which  impinge  on  the 
dense  chromosphere  to  give  hard  x-rays.  The  energy  deposited  by  the 
non-thermal  electrons  could  then  heat  and  expand  the  chromospheric 
material,  accounting  for  the  increase  of  the  soft  x-ray  emission 
measure.  Ha  and  the  zest  of  the  main  phase  would  then  be  due  to  heat 
conduction  from  the  soft  X-ray  source  (see  also  Lin  and  Hudson, 
1971)  1976). 

Sturrock  ( 1973 )  summarized  this  evolving  picture  and  coined 
the  term  chromoaptific  tvtporttion ,  which  has  remained  in  use  until  the 
present  time.  Although  the  phenomenon  envisioned  is  clearly  not 
literally  evaporation,  it  does  suggest  the  physically  relevant 
distinction  between  two  phases,  the  cool  chromospheric  phase  and 
the  hot  coronal  phase.  ( t.  few  authors  have  used  the  term  tbltdon 
recently,  in  analogy  to  the  burning  away  of  rocket  nose  cones  on 
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reentry.  However,  its  medical  use  to  indicate  the  surgical  removal 
of  organs  and  abnormal  growths  somewhat  reduces  its  appeal J  )  The 
mechanisms  that  drive  the  change  from  the  cool  to  the  hot  phase  are 
not  known  with  certainty,  though  the  phase  change  itself  upon  both 
heating  and  cooling  appears  to  be  a  consequence  of  thermal 
instability  (Field,  1965;  Goldsmith,  1971).  In  this  paper  we  will 
use  the  term  chromospheric  evaporation  to  denote  the  change  from 
the  cool  phase  to  the  hot  phase . 

The  first  semi-quantitative  model  of  the  phenomenon  of 
chromospheric  evaporation  from  the  point  of  view  of  the  cool 
(chromospheric)  part  of  the  flare,  as  opposed  to  the 
high-temperature  (coronal)  part,  is  due  to  Hirayama  (1974).  He 
showed  that  it  was  reasonable  to  expect  chromospheric  evaporation 
to  take  place  as  a  consequence  of  both  direct  bombardment  by 
electrons  and  by  thermal  conduction.  Be  made  a  basic  argument  based 
on  pressure  balance  across  the  chromosphere-corona  transition 
region.  This  argument  is  reasonable  even  for  an  entire  flare  loop, 
in  view  of  the  short  hydrodynamic  scale  time  of  material  at 
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characteristic  flare  soft  X-ray  temperatures  (2  x  10  K),  compared 
to  the  duration  of  flares.  Pressure  balance  requires  that  the  top 
of  the  chromosphere  be  lowered  by  roughly  1000  km  during  flares;  it 
is  not  sufficient  to  simply  compress  the  chromosphere,  since  this 
fails  to  account  for  the  increase  of  soft  x-ray  emission  measure. 
It  is  interesting  that  typically  observed  soft  X-ray  pressures 

match  the  range  of  pressures  at  the  too  of  the  emDirical  chromo¬ 
spheric  flare  models  of  Machado  and  Linsky  (1975),  which  are 
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determined  by  chromospheric  line  profiles,  independent  of  soft  X-rays. 

On  the  basis  cf  microwave  and  soft  x-ray  data,  Ohki  (1975) 
showed  that  the  continued  rise  of  the  soft  x-ray  emission  measure 
after  the  cassation  of  the  impulsive  microwave  phase  of  the  flare 
implies  that  evaporation  is  driven  primarily  by  thermal 
conduction,  not  by  ;?ast  electrons.  Support  for  this  argument  was 
provided  by  Datlowe  (1975).  He  found  that  both  timing  and 
energetics  indicate  that  the  creation  of  the  soft  x-ray  plasma 
cannot  be  due  entirely  to  the  dissipation  of  the  energy  of  fust 
electrons.  Counter-arguments,  indicating  the  importance  of 
electrons  injected  into  the  chromosphere,  leading  to  explosive 
heating  of  chromospheric  material  to  soft  x-ray  temperatures,  were 
advanced  by  Lin  and  Hudson  (1976),  who  also  suggested  the  possible 
importance  of  heating  by  soft  x-ray  irradiation  of  the 
chromosphere  lying  underneath  the  source. 

Evaporation  as  a  phenomenon  that  operates  during  the  thermal 
phase  of  flares  has  been  discussed  by  Antiochos  and  sturrocX 
(1978).  They  argue  that  evaporation  .Is  the  inevitable  consequence 
of  the  heat  f  jlux  deposited  at  the  top  of  the  chromosphere  due  to  the 
overlying  soft  x-ray  plasma,  since  the  material  at  ordinary 
chromospheric  temperatures  and  densities  cannot  radiate  energy 
away  fast  enough.  Assuming  that  conductive  losses  dominate  the 
cooling  of  the  soft  x-ray  plasma,  and  evaporative  velocities  are 
subsonic,  they  show  that  such  evaporation  would  reduce  the  heat 
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flux  conducted  into  the  underlying  chromosphere .  An  observational 
requirement  for  such  a  process  was  found  by  Krieger  ( 197? ) ,  in 
order  to  account  for  what  appeared  to  be  inadequate  chromospheric 
Ha  radiative  output  compared  to  that  from  the  flare  corona. 

However,  this  argument  was  considerably  weakened,  if  not 

destroyed,  by  s  ^sequent  actual  measurement  of  the  much  smaller 
than  supposed  contribution  of  H  alpha  to  the  total  radiative  output 
of  a  flare  (Canfield  at  at.,  1900 ).  The  strongest  argument  against 
the  picture  of  cooling-phase  evaporation  as  drawn  by  Antiochos  and 
Sturrock  (1978),  at  least  in  one  compact  flare,  seems  to  be  the 
disagreement  between  the  predicted  and  observed  spectrum,  as  shown 
by  Underwood  at  at.  ( 1978 ) . 

In  their  Skylab  Solar  Flare  Workshop  summary  of  the 

importance  of  chromospheric  evaporation,  '.'•'ore  •/  •/.  (1980) 

concluded  that  it  appears  highly  probable  that  the  bulk  of  the  mass 
of  the  soft  x-ray  emitting  plasma  is  supplied  during  the  rise  phase 
by  chromospheric  evaporation  from  the  feet  of  the  soft  x-ray  loops. 
They  perceived  very  little  need  to  supply  mass  by  explosively 
heating  and  evaporating  the  chromosphere  by  the  precipitation  of 
nonthermal  high-energy  electrons  in  the  flash  phase. 

On  the  other  hand,  Cheng,  Feldman  and  Doschek  (1981),  argued 
that  chromoapharfo  avaporation  ia  not  important  as  a  source  of  soft  X-ray 
plasma  for  three  reasons t  (1)  upward  velocities  are  not  observed; 
(2)  the  Antiochos  and  Sturrock  evaporative  model  disagrees  with 
observations,  as  shown  by  Underwood  at  at.  (1978);  (3)  Dere  and  Cook 
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(1979)  found  coronal  pressures  to  exceed  chromospheric  pressures 
by  one  to  two  orders  of  magnitude  during  a  compact  flare.  Cheng, 
Feldman  and  Doschek  ( 1981 )  advocated  a  compression  model,  in  which 
the  compression  is  a  magnetohydrodynamic  effect  of  flare  currents. 
However,  in  disagreement  with  (1),  large  upward  motions  in 
transition  region  lines  have  been  reported  by  Hiei  and  Widing 
(1979)  and  in  the  rise  phase  of  soft  X-rays  by  Feldman  *i  si.  (1980) 
from  P78-1  observations,  Antonucci  et  si.  (1981)  from  SMM,  and  Tanaka 
(1981)  from  Astro-A. 

Both  Underwood  M  si.  and  Oere  and  Cook  treat  the  decay  phase  of 
the  same  small  flare  (1973  August  9  at  1550  UT).  Underwood  •(  si. 
first  concluded  that  radiative  cooling  dominates  for  this  flare. 
They  then  compared  the  differential  emission  measure  distribution 
of  this  flare  to  that  predicted  by  the  Antiochos  and  Sturrock 
(1978)  evaporative  flare  cooling  model  and  found  poor  agreement. 
This  is  not  surprising,  as  this  model  explicitly  excludes 
radiative  cooling. 

Dere  and  Cook's  estimate  of  flare  densities  extends  from 
Fe  XXXI  at  107  X  to  Si  XXX  at  3.5  x  104X.  Straightforward 
interpretation  of  their  results  indeed  shows  an  overpressure  in 
the  high  temperature  part  of  the  flare  as  compared  with  the 
transition  region  regime.  However,  the  flare  studied  by  these 
workers  has  much  in  common  with  the  event  we  report  here  in  which 
direct  chromospheric  observation  contradict  Cheng,  Feldman  and 
Doschek' s  conclusion  about  the  unimportance  of  chromospheric 
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evaporation  during  flare  decay . 

Although  there  has  b6en  a  great  deal  of  discussion  of  the 
phenomenon  of  chromospheric  evaporation  during  the  last  decade, 
there  has  been  no  direct  evidence  that  it  indeed  is  a  real 
phenomenon  of  the  chromosphere,  chromospheric  evaporation  has 
always  been  an  inference,  without  compelling,  positive  evidence. 
In  this  paper,  we  present  observations  that  we  believe  constitute 
such  evidence;  they  show  chromoap/itric  *va portllon  In  progroas  -  the 
appearance  of  soft  x-*ray  emitting  plasma  accompanied  by  the 
disappearance  of  chromospheric  material.  In  Section  II  of  this 
paper  we  discuss  the  Solar  Maximum  Mission  ( SMM)  and  Sacramento 
Peak  Observatory  (SFO)  observations  that  substantiate  this 
assertion,  for  the  flare  of  1980  May  7  1456  UT.  In  Section  III  we 
analyze  and  interpret  these  observations,  showing  how  they 
demonstrate  the  existence  of  evaporation  and  reveal  the  physical 
nature  of  the  chromospheric  heating  mechanisms  that  cause  it . 

XI.  OBSERVATIONS 
a)  Introduction 

The  important  manifestations  of  this  flare  were  over  in  five 
or  six  minutes,  but  were  unusually  well  observed  as  part  of  a  Solar 
Maximum  Mission  coordinated  observing  sequence.  The  flare  was 
associated  with  an  isolated  area  of  leading  magnetic  polarity  in 
the  following  portion  of  NOAA  active  region  2418,  at  S23  W12.  The 
flare  commenced  at  1455  UT  on  1980  May  7.  It  was  assigned 
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importance  SB  in  Solar  Gaophyaical  Data,  classed  as  Cl  in  soft  X-rays, 
and  produced  decimetric  Type  IV  and  dekametric  Type  III  radio 
bursts. 


b)  Hard  X-Ray  Spactra 

The  SMM  Hard  X-Ray  Burst  Spectrometer  (HXRBS),  described  by 
Orwig,  Frost  and  Dennis  (1980),  is  a  large-area  scintillation 
counter  sensitive  in  the  energy  range  28  -  470  kev.  Its  data 
clearly  delineate  the  impulsive  phase  of  this  flare,  with  an 
instrumental  time  resolution  of  128  ms.  An  initial  gradual 
increase  of  hard  X-radiation  beginning  at  approximately  145515  UT 
culminated  in  an  impulsive  burst  with  a  relatively  hard  spectrum 
(observable  at  energies  up  to  260  keV)  from  145603  to  145612, 
followed  by  a  multiple  impulsive  burst  with  a  softer  spectrum 
extending  from  145624  to  145647,  ending  in  a  fairly  smooth  decay 
into  background  at  about  1459.  The  impulsive  emission  thus 
extended  over  44  seconds  and  was  characterized  by  numerous  rapid 
fluctuations  of  hard  X-ray  flux.  Figures  1  and  4  compare  the  hard 
X-ray  light  curvas  with  other  optical  and  X-ray  radiation  from  this 
flare. 

According  to  power-law  fits  to  the  HXRBS  data,  the  initial 
component  approached  a  spectral  index  of  about  3.8,  whereas  the 
remainder  of  the  impulsive  emission  had  a  spectral  index  of 
approximately  4.8.  The  spectra  obtained  from  HXRBS  may  be 
characterized  either  with  a  non-thermal  (power  law)  model,  as 
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described  above,  or  an  isothermal  bremsstrahlung  ( free-free ) 
model.  The  distinction  is  not  important  for  the  purposes  of  the 
present  paper,  since  either  model  requires  the  presence  of  10  -  50 
kev  electrons  in  comparable  numbers,  and  (see  the  HXIS  data  below) 
these  electrons  have  a  separate  distribution  from  the  thermal 
source  seen  in  soft  x-rays. 

e)  Hard  X-Ray  Imaging  Spactra 

The  SMM  Hard  X-Ray  Imaging  Spectrometer  (HXIS)  (van  Beck  at 
a/.,  1980)  provides  simultaneous  spectral  and  imaging  information  in 
pixels  8  arc  sec  square,  in  six  energy  bands  ranging  from  3.5  to  30 
keV.  The  time  resolution  during  this  flare  was  4.5  sec,  but  in  the 
higher-energy  bands  the  effective  time  resolution  is  governed  more 
strongly  by  the  length  of  time  needed  to  accumulate  sufficient 
photon  counts.  This  leads  us  to  consider  the  impulsive  phase  as  a 
whole,  without  trying  to  resolve  it  temporally. 

The  time  profile  of  the  highest-energy  band  (22-30  keV)  of 
HXI3  matches  that  of  HXRB3  shown  in  Figure  1,  confirming  that  HXIS 
response  in  this  channel  is  due  to  the  impulsive  emission.  In  the 
first  (harder)  period,  the  16-22  kev  channel  is  also  clearly 
dominated  by  impulsive  emission,  so  we  have  summed  the  higher  two 
channels  to  characterize  this  component  in  the  images  shown  in 
Figure  2.  The  soft  channel,  3. 5-8.0  kev,  is  the  sum  of  the  lowest 
two  HXIS  bands  and  matches  the  time  profile  of  the  BCS  light  curve 
in  Figure  1.  Coalignment  of  the  images  from  the  different 
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instruments  is  illustrated  in  Figure  5. 

The  HXIS  images  in  Figure  2  are  broken  down  to  show 
pre-burst,  burst,  and  post-burst  information  in  the  two  broad 
spectral  regions.  The  pre-burst  data  show  the  soft  source  to  be 
centered  between  HXIS  pixels  5  (the  north  pixel)  and  8  (the  south 
pixel).  The  pre-burst  hard  source  probably  was  located  mainly  in 
the  south  pixel,  although  insufficient  counts  were  detected  for 
certainty  about  this.  The  soft  X-ray  source  in  the  burst  (impulsive) 
phase  peaked  in  the  north  pixel;  the  hard  X-ray  source  peaked  in  the 
south  pixel.  Finally,  the  post-burst  soft  X-ray  source  peaked  in 
the  north  pixel  and  could  not  be  measured  in  the  highest-energy 
HXXS  band. 


d)  Soft  X-Ray  Spactra 

The  Bent  Crystal  Spectrometer  (BCS)  observations  of  this 
fiare  include  coverage  of  the  Ca  XXX  and  Fe  XXV  line  groups  and 
their  satellites,  with  an  instrumental  time  resolution  of  1  s. 
Gabriel  and  Mason  (1981)  review  the  use  cf  such  data  for  the 
determination  of  plasma  temperature  and  ionization  state.  The  BCS 
is  sensitive  to  emission  within  a  6  x  6  arc-minute  field  of  view. 
Details  of  the  instrument  operation  may  be  found  in  Acton  w  a/. 
(1980),  and  Culhane  at  al.  (1981)  present  some  preliminary  results. 
Figure  1  shows  the  flux  in  the  Fe  30CV  resonance  line,  which 
increases  nearly  simultaneously  with  the  onset  of  the  hard  X-ray 


burst. 
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This  event  was  relatively  weak  an  soft  X-ray  omission,  and  we 
have  integrated  for  20  seconds  to  improve  the  statistical 
significance  of  the  line  spectra.  The  data,  do  not  permit  a 
statistically  significant  line  shift  determination.  Nonetheless, 
am  increased  line  width  coincident  with  the  initial  hard  X-ray 
increase  is  evident.  These  observations  are  consistent  with  an 
observational  model  which  has  emerged  from  the  examination  of  many 
other  events  a  the  soft  X-ray  emitting  plasma  initially  appears 
with  large  upward  velocity  (up  to  500  km/aec )  and  non-therraal 
broadening  (150-200  km/s),  both  of  which  last  for  only  a  short 
time,  comparable  with  the  duration  of  the  hard  X-ray  burst,  during 
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which  time  the  10  X  emission  measure  has  risen  to  only  a  few  tenths 
of  its  maximum  value  (Feldman,  it  */.,  1980;  Antonucci,  •(«/.,  1981; 
Tanaka,  1981). 

i)  Polychromatic  Sort  X-ftay  Imagaa 

The  SMM  Flat  Crystal  spectrometer  (FCS)  was  being  operated 

in  its  polychromatic  raster  mode  (Acton  at  at,,  1980)  to  provide 

images  of  the  flaring  region  in  the  resonance  lines  of  O  VIII, 

Me  IX,  Mg  XI,  Si  XIXI,  S  xv  and  Fe  XXV,  sensitive  to  electron 

6  7 

temperatures  in  the  range  2  x  10  a  a  5  x  10  X.  Each  FCS 
pixel  subtended  15"  it  15".  The  image  repetition  rate  was  152  3. 

This  small  flare  was  confined  to  a  single  FCS  pixel,  which  was 
observed  at  the  times  indicated  by  arrows  in  Pigure  1. 


Fortuitously,  the  flare  was  observed  by  the  FCS  within  a  few 
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seconds  of  the  peak  of  emission  in  the  highest  temperature  emission 
lines  observed  by  the  BCS,  at  145710.  This  was  well  into  the  smooth 
decay  of  the  hard  x-ray  burst,  but  earlier  than  the  peak  emission 
in  the  three  lowest-temperature  fcs  channels  (0  VZXX,  Ne  xx,  and 
Kg  XX),  which  was  recorded  in  the  subsequent  FCS  sample  at  145944. 
The  combined  BCS  and  FCS  observations  show  that  the  Fe  XXV  emission 
decayed  to  10%  of  peak  intensity  in  2  minutes,  while  Ca  XXX,  Mg  XX 
and  0  VXXX  took  about  4,  11  and  20  minutes  respectively.  This 
temperature-dependent  flare  decay  is  characteristic  of  the  thermal 
X-ray  plasma  of  flares  ir.  general  (cJ.  Neupert  H  «/.,  1968),  and 
establishes  that  this  flare,  while  more  impulsive  than  most  small 
flares  observed  by  SHH,  was  not  peculiar  in  its  soft  x-ray  temporal 
evolution. 

t)  Ha  Xtlne  Profiles 

Ha  line  profiles  were  obtained  at  the  Sacramento  Peak 
Observatory  (5PO)  Vacuum  Tower  Telescope,  using  the  methods 
described  in  detail  in  the  appendix.  We  observed  an  area 
100M  x  267",  consisting  of  50  x  100  pixels,  each  2”  x  2.67"  in 
size.  The  50  pixels  aligned  along  the  100"  spectrograph  slit  were 
obtained  simultaneously;  the  slit  was  scanned  across  the  solar 
image  with  a  repetition  period  of  25.6  s.  All  parts  of  the  flare 
were  within  the  area  scanned.  The  spectrum  of  each  pixel  is  the 
average  of  two  simultaneous  50-point  spectra,  obtained  1/8  s  apart 
in  time.  The  spacing  between  spectral  points  was  204  mA,  and  the 


spectrum  was  approximately  centered  on  Ha .  Data  were  obtained  from 
142415  to  151227  UT. 

Figure  1  includes  Ha  light  curves  for  the  entire  flare,  as 
well  as  for  the  two  brightest  kernels.  What  we  call  the  Ha  power  is 
the  excess  flare  radiation  of  the  whole  flare  over  a  10  A  wide  band 
of  the  spectrum  centered  on  Ha.  The  power  excess  for  each  spatial 
pixel  is  computed  by  subtracting  the  average  profile  fox  a 
reference  time  period  from  the  profile  during  the  flare,  and 
summing  over  all  spectral  pixels .  The  reference  period  contains  1? 
consecutive  scans,  and  extends  from  1426  to  1450  UT.  The 
conversion  from  fractions  of  the  quiet  solar  continuum  to  absolute 
cgs  units  is  made  by  adopting  Allen’s  (1973)  absolute  continuum 
intensity  value  of  2.84  x  106  erg  (cm2  s  A  star)"*1  at  Ha;  we 
assume  energy  is  radiated  isotropically  into  27 7  ster.  The  values 
of  time  at  which  all  Ha  data  are  plotted  are  those  at  which  the 
spectrograph  slit  crosses  the  north  kernel;  since  we  have  an  net 
measurement  at  any  given  pixel  only  every  25.6  s,  the  fact  that  the 
slit  crosses  the  south  kernel  2  s  before  the  north  kernel  is  of 
little  consequence. 

It  is  clear  from  Figure  l  that  the  total  Ha  light  curve  is 

different  from  both  of  the  x-ray  light  curves .  Ha  peaks  during  the 

hard  x-ray  burst,  and  has  fallen  significantly  before  Fe  XXV 

peaks.  Ha  rises  above  the  measured  pre-flare  variations 
24  -1 

( 2  -  3  x  10  erg  s  )  before  the  first  hard  x-ray  burst  at 
145603,  though  both  show  some  indications  of  increases  starting  at 
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about  145530.  There  is  considerable  increase  of  the  Ha  power  in 
association  with  both  hard  x-ray  bursts;  the  Ha  peak  occurs  during 
the  second  burst.  The  characteristic  rise  tine  in  Ha  is  about  70  s; 
the  characteristic  decay  tine  is  2  -  3  m.  The  relationship  between 
hard  x-ray  and  Ha  start  tines  is  well  known  {cl.  Zirin,  197P ), 
though  the  fact  that  Ha  leads  ?e  xxv  by  about  30  s  disagrees  with 
Zirin* s  finding  that  the  Ha  peak  lasts  until  the  5-6  keV  peak,  we 
have  checked  that  this  disagreement  is  not  due  to  Zirin *s  1/4  A 
pass-band  width.  Zn  fact,  the  power  in  the  band  1/4  A  wide  centered 
on  na  peaks  at  the  same  time  as  the  that  in  the  full  10  A  band;  the 
only  differences  occur  during  the  decay  phase,  during  which  the 
power  in  the  wider  band  falls  considerably  faster. 

We  use  the  term  kernel  to  denote  a  well  defined  exceptionally 
bright  area  as  measured  in  total  Ha  power.  We  define  the  kernel 
area  by  including  all  pixels  brighter  than  half  the  brightness  of 
the  brightest  pixel  at  flare  maximum.  The  south  kernel  is  twice  as 
big  as  the  north  one;  its  brightest  pixel  is  50%  brighter  than  that 
of  the  north  kernel.  The  light  curve  of  the  south  kernel  is 
somewhat  more  impulsive,  in  that  it  falls  more  rapidly  ( T  *  120  s, 
as  opposed  to  180  s )  immediately  after  the  hard  x-ray  burst  period . 
Finally,  some  preflare  brightening  (before  1455)  is  observed  at 
the  south  kernel,  but  not  at  the  north.  However,  the  amplitude  of 
the  preflare  brightening  is  not  unusual,  in  the  sense  that  the  same 
kernel  showed  other  similar  brightenings  during  the  30  m  before 


the  flare. 
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Figure  3  shows  correcled  Ha  line  profiles  ior  various  pixels 
of  interest,  two  in  the  south  kernel  and  three  in  and  near  the  north 
kernel.  Each  column  of  the  figure  shows  the  temporal  behavior  of  a 
single  image  pixel.  The  pixels  are  identified  by  their 
apectroheliograa  ( row, column)  index  {see  Figure  5).  In  comparing 
the  profiles,  it  is  important  to  note  the  intensity  of  each, 
relative  to  the  quiet  sun  continuum  level.  The  latter  is  indiu^ed 
by  a  tick  mark  to  the  right  of  each  profile,  connected  to  the 
profile  by  a  diagonal  line.  We  begin  showing  profiles  at  145408  UT, 
before  any  significant  flare- associated  enhancement  began.  Between 
145459  and  145824  we  show  every  profile.  After  that  time  we  show 
every  fourth  profile,  at  somewhat  over  100  s  intervals.  The  first 
period  of  impulsive  hard  x-ray  bursts  lasted  from  145603  to  145612 . 
Ha  profiles  are  shown  at  145616,  just  a  few  seconds  after  this 
first  period  ended.  Ha  profiles  were  also  obtained  at  143642, 
toward  the  end  of  the  second  period  of  (softer)  impulsive  hard 
x-ray  emission.  The  time  labels  for  these  two  Ha  profile  samples 
are  underlined. 

There  are  both  similarities  and  important  differences 
between  the  spectra  of  the  north  and  south  kernels.  Similarities 
include)  (1)  The  widths  of  the  line  profiles  are  greatest  during 
the  impulsive  phase,  and  decrease  rapidly  thereafter,  in  agreement 
with  Schoolman  end  Ganz  (1981),  called  SG  below.  This  great  width 
during  the  impulsive  phase  is  associated  with  substantial  emission 
even  at  ±5  A,  which  means  Chat  our  Ha  powe.r  measurements  cure  lower 
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limits.  (2)  In  the  vicinity  of  both  kernels,  we  see  spectral 
changes  associated  with  the  well-known  spreading  of  the  Ha  kernels 
away  from  the  neutral  line  as  the  flare  develops.  The  point  (40,43) 
near  the  north  kernel  shows  an  example  of  such  behavior.  After  an 
insignificant  impulsive  phase  brightening,  it  finally  goes  into 
emission  during  the  last  phase  of  the  flare.  Also,  the  profile  is 
never  particularly  wide  at  such  points . 

Differences  in  the  nature  of  ihe  Ha  profiles  in  the  vicinity 
of  the  two  kernels  includes  (1)  Unreversed  profiles  are  almost 
exclusively  confined  to  the  north  kernel.  In  the  south  kernel,  for 
example  at  (36,45),  when  the  profiles  are  unreversed,  they  remain 
so  for  only  about  one  minute  during  and  immediately  after  the 
impulsive  phase.  Unreversed  Ha  profiles  have  been  reported 
previously,  most  recently  by  SG  and  Zirin  and  Tanaka  (1373).  (2) 
During  the  impulsive  phass,  the  full  width  at  half  maximum  of  the 
profiles  in  the  south  kernel  is  much  greater  than  in  the  north 
kernel.  The  maximum  width  in  the  south  kernel  is  about  4  A,  while 
it  is  less  than  3  A  in  the  north  kernel.  Possible  reasons  for  these 
differences,  in  terms  of  physical  processes  in  the  chromosphere, 
will  be  discussed  in  Section  III  d). 

One  of  the  major  advantages  of  measuring  the  full  line 
profile  is  that  it  is  possible  to  infer  velocities  from  the 
position  of  the  center  of  reversed  lines.  It  has  been  shown  that 
simple  wing  difference  or  bisector  methods  can  be  completely 
misleading  for  optically  thick  lines,  including  Ha  (Athay,  197C). 
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We  have  determined  velocities  at  the  top  of  the  Ha-forming  region 
of  the  chromosphere  by  measuring  the  shift  of  the  central 
absorption  feature.  Although  there  are  not  yet  theoretical 
treatments  of  flare  dynamics  that  are  realistic  in  the 
chromosphere,  the  velocity  observations  themselves  are  of  interest 
for  use  later,  when  such  treatments  become  available. 

Before  the  impulsive  phase,  the  flare  region  shows  a  mixture 
of  upward  and  downward  velocities  in  the  range  *  5  km  s  l.  At  the 
time  of  the  first  Ha  observation  after  the  start  of  the  first  hard 
X-ray  burst  (at  145616  UT,  about  10  s  after  the  peak  of  the  first 
burst),  upward  motions  are  observed  at  all  south  kernel  points. 
Velocities  of  10  -  20  km  s”1  persist  at  all  these  points  for 
several  minutes.  At  the  north  kernel,  where  no  hard  x-rays  are 
observed,  no  such  consistent  pattern  of  motions  is  observed.  After 
the  impulsive  phase,  one  of  the  two  pixels  shows  downflows  of 
10  km  s  1,  and  the  other  shows  upflows  of  10  -  20  km 
Non-kernel  points  show  mostly  weak  blue  shifts.  The  lack  of  a 
consistent  pattern  over  the  flare  as  a  whole  or  in  the  north 
kernel,  as  well  as  the  consistency  of  blue  shifts  in  the  south 

e 

kernel,  argues  against  mechanisms  that  invoke  or  result  in 
compression  or  downward  moving  shocks  in  kernels  or  the  overall 
structure  of  the  flare,  unless  the  expected  interval  of  downward 
motions  can  be  less  than  the  interval  between  our  profile 


observations . 
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g)  Combined  Morphology 

Achieving  a  common  spatial  scale  and  rigorous  co-alignment 
of  images  from  different  experiments  is  always  a  challenge.  In  this 
case  we  benefitted  from  good  photospheric  sunspot  images  from 
Sacramento  Peak  Observatory,  Big  Bear  Solar  Observatory,  Marshall 
Space  Plight  Center,  and  the  Plat  Crystal  Spectrometer. 
Furthermore,  the  flare  was  compact  and  was  covered  from  start  to 
finish  by  SPO,  BBSO,  and  PCS.  seeing  was  variable,  in  the  few  arc 
second  range,  at  the  two  ground-based  sites. 

The  SPO  spectroheliograms  were  processed  to  produce 
"continuum"  Images  at  AX  -  ±  b  A  from  line  center  in  the  far  wings 
of  Ha,  to  show  the  sunspots,  v.o  also  produced  line  center  Ha 
spectroheliograms  roughly  comparable  to  the  BBSO  Ha- filtergrams. 
The  SPO  data  established  that  the  brightest  northern  flare  kernel 
remained  in  the  same  2"  x  2.7"  pixel  throughout  the  flaru.  This 
fact  was  used  to  determine  the  relative  positions  of  the  BBSO 
images  in  Figure  4.  The  SPO  Ha  kernels  have  been  taken  for  our 
spatial  reference  for  analysis  of  the  SMM  X-ray  data,  as 
illustrated  in  Figure  5 . 

The  PCS  X-ray  collimator  incorporates  an  optical  sensor  that 
builds  up  a  low-resolution  white- light  image  as  the  instrument  is 
rastered  to  acquire  polychromatic  X-ray  images.  The  alignment  of 
this  device  with  respect  to  the  X-ray  boresight  has  been  determined 
in  orbit  to  approximately  ±  5".  The  alignment  of  the  FCS  images 
with  respect  to  the  Ha  images  was  accomplished  by  overlaying  the 


PCS  sunspot  images  and  the  SPO  sunspot  images.  By  comparing 
counting  rates  in  adjacent  PCS  pixels  it  was  possible  to  determine 
that  the  soft  X-ray  flare  was  well  centered  in  a  single  pixel  at  the 
location  shown  in  the  center  panel  of  Pigure  5 .  As  illustrated  in 
Figure  2,  the  HXXS  soft  X-ray  source  was  well  centered  in  HXXS 
pixel  5,  and  the  superposition  of  this  on  the  FCS  source  location 
determined  the  co-alignment  of  the  HXX5  pixel  array  shown  in  the 
leftmost  sketch  of  Figure  5.  Although  the  HXZS  and  FCS  pixels  are 
relatively  large,  8"  x  8"  and  15"  x  15"  respectively,  the  strong 
signal  from  this  compact  flare  permits  a  relative  co-alignment  for 
the  X-ray  images  of  about  ±  3".  However,  the  limited  resolution  of 
the  FCS  sunspot  image  and  the  FCS  internal  alignment  uncertainty 
permit  an  alignment  error  of  the  X-ray  images  with  respect  to  the 
sunspots  and  Ha  of  ±  5" .  This  uncertainty  is  of  little  consequence 
for  the  present  study.  In  fact,  this  flare  has  been  of  considerable 
importance  in  the  ongoing  co-alignment  analysis  of  the  SMM 
instruments . 

To  summarize  the  morphology  of  this  flare,  spatial  extent, 
fast  rise  time  and  decay  phase,  and  lack  of  any  substantial  mass 
ejections  place  it  in  the  class  commonly  referred  to  as  compact 
flares  (Pallavicini,  Serio  and  vaiana  1977,  Moore  •(  «/.,  1980). 
However,  it  is  a  two  ribbon  flare  in  the  sense  of  having  two  well 
defined  Ha  kernels,  which  are  presumably  the  footpoints  of  one  or 
more  magnetic  arches  which  appear  as  an  intense  soft  X-ray  source 
following  the  impulsive  phase.  The  SMM  and  SPO  observations  show 
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the  flare  was  not  simply  a  single  symmetric  loop.  The  most  intense 
impulsive  phase  radiation  and  impulsive  chromospheric  evaporation 
were  associated  with  the  south  kernel,  while  the  north 
kernel  displayed  am  evaporation  time  profile  more  closely  related 
to  the  thermal  or  gradual  phase  of  the  f lare . 

111.  ANALYSIS  AND  INTERPRETATION 

aj  Amount  of  Malarial  Evaporatad  from  tha  Chromoaptoara 

The  Ha  signature  of  chromospheric  evaporation  cam  be 
inferred  from  a  grid  of  semi-empirical  model  flare  chromospheres 
recently  developed  by  Dinh  (1980).  He  has  solved  the  steady-state 
equations  of  radiative  transfer  and  atomic  populations  for  a  model 
hydrogen  atom  consisting  of  three  bound  levels  and  the  continuum 
state,  assuming  hydrostatic  equilibrium.  Be  addresses  the  question 
of  uniqueness,  which  is  a  matter  of  concern  in  all  semi-empirical 
modelling,  by  carrying  out  a  systematic  study  of  the  effects  of  the 
major  atmospheric  parameters  on  the  profiles.  His  work  shows  that 
there  are  four  key  atmospheric  parameters:  the  transition  region 
thickness,  the  pressure  at  the  top  of  the  chromosphere,  the 
temperature  distribution  within  the  chromosphere  itself,  and 
nonthermal  velocities.  Since  nonthermal  velocities  significantly 
in  excess  of  the  thermal  velocity  of  hydrogen  would  broaden  the  Ha 
emission  peaks  more  than  is  shown  by  the  observations,  we  assume 
they  play  no  role  (e,/.  Canfield,  1982).  of  the  other  three 
parameters,  only  the  increase  in  the  pressure  at  the  top  of  the 


chromosphere  due  to  the  displacement  of  the  transition  region 
deeper  into  the  preflare  chromosphere  (/.#.  chromospheric 
evaporation)  can  affect  the  key  property  of  the  profiles  from  the 
point  of  view  of  this  paper,  i.e.  the  central  reversal,  without 
distorting  the  other  profile  parameters  and  characteristics  of 
other  emission  (*.g.  the  strength  of  the  Lyman  continuum)  outside 
the  range  of  observationally  acceptable  values . 

The  most  relevant  parameter  of  Dinh's  models  from  the  point 

of  view  of  chromospheric  evaporation  is  the  pressure  of  the 

overlying  corona,  which  Dinh  expresses  in  terms  of  the  mass  ( \Qp ) 

of  an  overlying  vertical  column  that  gives  the  corresponding 

hydrostatic  pressure  at  the  top  of  the  chromosphere .  In  this  paper 

we  use  the  column  number  (N^),  rather  than  the  column  mass. 

Changes  in  the  value  of  can  be  used  to  measure  chromospheric 

evaporation,  assuming  that  the  material  evaporated  from  the 

chromosphere  during  the  flare  contributes  to  N.  .  The  number  of 

cop 

evaporated  atoms  at  any  given  time  is  simply  the  difference  between 
implied  by  the  flare  spectrum  and  the  value  implied  by  the 
pre-flare  spectrum. 

Active  region  models  and  models  of  bright  elements  of  the 
quiet  sun  have  been  developed  by  various  authors  (e.g.  Basri  •/  «/., 

1979,  vernazza,  Avrefe t  and  Loeser,  1981),  and  are  all 

characterized  by  values  of  that  are  in  the  range 

19  -5 

4  x  10  <  <  4  x  10  cm  .  Those  of  Dinh’s  model  flare 

chromospheres  that  produce  profiles  with  central  intensities  and 
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reversals  similar  to  those  we  observe  in  the  kernels  of  this  flare 

(•.9.  his  Model  2)  all  sure  characterized  by  values  of  N.  of  about 

top 
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4  x  10  cm  .  The  pre-flare  mass  is  thus  unimportant  to  the  mass 
balance  of  the  kernels  during  the  most  interesting  times  of  the 
flare. 


we  begin  by  estimating  the  amount  of  evaporated 

chromospheric  material  through  comparison  of  the  observed  profiles 

with  Dinh's  profiles  for  his  models  S,  1,  2  and  3.  The  parts  of  the 

models  that  represent  the  chromosphere  and  lower  transition  region 

are  shown  in  Figure  6,  along  with  Dinh's  computed  Ha  profiles.  The 

values  of  N.  for  these  models  are  1.3,  2.2,  4.3  and 

top 
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1.7  x  10  cm  respectively.  To  each  of  the  pixels  that  shows  any 
perceptible  departure  from  its  preflare  state,  we  assign  a  value  of 
at  each  time  of  measurement,  based  on  the  amplitude  of  the 
central  reversal  a^l  the  central  intensity  of  the  observed  Ha 
profile,  compared  to  Dinh's  calculated  profiles,  we  then  sum  the 
assigned  values  of  N,  over  the  whole  flare,  taking  into  account 

XQp 

the  area  per  pixel.  Thus  we  obtain  the  estimated  number  of 
evaporated  atoms  as  a  function  of  time,  for  the  entire  flare,  or 
tor  any  sub-area  of  interest. 

Our  estimate  of  the  amount  of  material  that  has  been 
evaporated  from  the  chromosphere  (/.*.  its  state  of  evaporation)  as  a 
function  of  time  is  shown  in  Figure  7.  The  thick  curve  gives  the 
result  for  the  whole  flare;  the  broken  curve,  the  region  around  the 


south  kernel;  the  thin  curve,  the  region  around  the  north  kernel. 
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The  south  region,  where  the  hard  X-ray  emission  originates, 
contributes  the  spike  seen  at  about  1457  UT,  during  the  impulsive 
phase.  The  north  region,  on  the  othor  hand,  gives  a  much  more 
gradual  evaporation  signature,  which  peeks  after  the  time  of  the 
re  XXV  intensity  peak.  During  the  period  1*46  -  1500  UT, 

38 

0.7  -  1,2  x  10  atoms  had  been  evaporated  from  the  chromosphere. 

38 

We  take  0.7  x  10  atoms  as  a  characteristic  value  for  this  period, 
which  is  chosen  because  it  corresponds  with  the  period  of  maximum 
soft  X-ray  emission  measure,  ignoring  the  somewhat  uncertain  spike 
of  impulsive  evaporation  in  the  south  kernel. 

There  are  various  qualifications  that  must  be  made  regarding 
the  procedures  we  have  used  in  this  section.  First,  though  Dinh  has 
provided  the  best  grid  of  models  presently  available  for  use  of  Ha 
profiles  as  a  measure  of  the  state  of  evaporation  of  the 
chromcsphera,  we  expect  that  future  models  may  imply  amounts  of 
evaporated  material  that  differ  from  the  present  estimates  by 
factors  like  two  to  four,  while  still  satisfying  other  important 
observational  constraints.  Host  notably,  the  south  region,  and 
particularly  the  south  kernel,  shows  profiles  whose  wings  are  much 
different  from  those  computed  by  Dinh.  Thus  we  cannot  be  as 
confident  of  the  actual  numbers  of  evaporated  atoms  assigned  to  the 
south  kernel  as  for  the  north  kernel,  where  the  resemblance  between 
the  widths,  central  intensities,  and  central  reversals  of  Dinh’s 
profiles  rs  quite  strong.  Further  uncertainty  is  introduced 
because  evaporation  takes  place  during  the  impulsive  phase;  one 
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must  expect  that  at  least  for  10  -  100  9,  the  sound  propagation 

tine  across  dimensions  of  the  same  order  as  the  observed  flare,  the 

quantitative  estimate  of  the  state  of  evaporation  will  be  affected 

substantially  by  departures  from  hydrostatic  equilibrium. 

Moreover,  hydrostatic  pressure  may  not  be  the  sole  contributor  to 

the  pressure  at  the  top  of  the  chromosphere)  there  may  be  a 

contribution  from  the  confinement  of  the  soft  x-ray  plasma  by  a 

sufficiently  strong  magnetic  field.  Third,  the  actual  observations 

show  Ha  asymmetries  due  to  lane  of  sight  velocity  gradients,  which 

are  not  incorporated  in  Dinh's  models.  We  assume  that  these 

asymmetries  are  not  sufficiently  large  to  mask  the  central 

reversal.  Finally,  we  note  that  as  Dinh  shows,  his  profiles  are  not 

free  of  a  systematic  effect  which  will  lead  us  to  underestimate  of 

the  amount  of  evaporated  material.  Because  he  uses  a  model  hydrogen 

atom  with  only  three  bound  levels,  which  has  the  effect  of 

incorrectly  reducing  the  central  intensity  and  strengthening  the 

relative  amplitude  of  the  central  reversal,  our  method  of 

estimation  will  give  a  value  of  N.  that  is  too  low,  for  a  given 

cop 

observed  profile.  Judging  from  Dinh's  calculations,  the  estimates 
made  here  are  probably  low  by  a  factor  less  than  or  about  two,  for 
this  reason. 

t>)  Amount  o /  Malarial  in  tha  Soft  Plasma 

Calibrated  measurements  of  the  X-ray  emission  line 
intensities  provide  direct  information  on  the  line's  emission 
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measure,  In  2dV,  where  n  is  the  electron  number  density  and  V  is 
lee 

the  volume.  Intensity  measurements  of  a  series  of  X-ray  lines 
produced  by  plasmas  over  a  range  of  temperatures  can  help  reduce 
the  temperature  ambiguity  of  an  emission  measure  determination 
from  a  single  line,  and  help  to  determine  the  distribution  of 
emission  measure  with  temperature . 

The  emission  measure  distribution  has  been  determined  from 
the  lines  observed  by  the  FCS  according  to  the  analysis  technique 
of  Sylvester,  Schrijver  and  Mews  (1980).  The  ionization  tables  of 
Jacobs  9i  «f.  ( 1977a, b,c,  1980)  were  used  with  the  following  values 
of  atomic  abundance  relative  to  hydrogen  t  0  (2.8  x  10  }, 

Ne  (4.5  x  10’5),  Mg  (4.5  x  l(f5),  SI  (4.7  x  10'5),  S  (1.6  x  10‘5), 

Ca  (3.2  x  10"°),  and  Fe  (4.5  x  10'5).  These  are 
based  primarily  on  the  work  of  Veck  and  Parkinson  (private 
communication).  For  the  purposes  of  this  paper  the  total  emission 
measure  of  the  soft  X-ray  plasma  is  required.  This  was  accomplished 
by  computing  the  distribution  of  emission  measure  with 
temperature,  and  then  integrating  over  temperature,  calculation  of 
•  such  differential  emission  measures  from  X-ray  line  fluxes  is 
fraught  with  pitfalls,  but  the  integral  value  tends  to  be 
relatively  more  stable  in  the  presence  of  calibration  and 
abundance  uncertainties .  This  proved  to  be  the  case  here,  as  a 
number  of  determinations  encompassing  the  extrema  of  allowable 
paramaters  yielded  a  maximum  total  emission  measure  variation  of 


only  a  factor  of  two. 


Figure  8  shows  the  total  X-ray  emission  measure  ( all 

material  at  T  >  2  x  106K)  for  this  flare,  as  well  as  that  within 

two  higher  temperature  intervals.  These  values  have  been  corrected 

for  the  approximate  size  and  location  of  the  X-ray  source  in  the 

PCS  collimator  transmission  pattern.  The  bcs  yields  characteristic 

temperatures  by  the  satellite-to-resonance-line  technique  in  the 

line-forming  region  of  ca  XIX  and  Fe  XXV  (Culhan*  tt  ah,  1981), 

These  determinations  yield  temperatures  and  emission  measures  that 

agree  well  with  the  FCS  results  for  re  XXV,  the  only  lint  both 

instruments  observed.  For  Ca  XIX,  the  mean  temperature  of  line 

formation  is  measured  by  !:he  BCS  to  be  lower  than  the  FCS 

predictions,  but  the  difference  is  not  significant  for  this  study. 

For  the  samples  at  the  two  times  of  greatest  interest,  145712 

and  145944  UT,  the  FCS  emission  measure  solution  for  this  flare  is 

bi modal,  with  peaks  at  4  x  10*K  and  19  x  106k  in  the  first  case  and 

4  x  lOfK  and  is  x  106X  in  the  second  case.  Average  temperatures  of 

7  6 

the  entire  source  are  10  K  and  6  x  10  X  respectively,  for  the  two 

6 

times.  The  FCS  is  not  sensitive  to  plasma  below  2  x  10  K  but,  as 

shown  by  Dere  and  Cook  (1979)  and  others,  the  amount  of  emission 

measure  at  lower  temperatures  is  relatively  small  around  and 

onot  t.  ly  lot  low i ng  t.ho  poak  of  thn  nnfh  x-ray  light  curve. 

The  total  number  of  atoms  involved  in  the  X-ray  plasma  is 
2  1/2 

approximated  by  (V  ng  V)  .In  this  case  the  volume  is  the  most 
poorly  determined  parameter.  From  the  HXIS  image  we  have  derived  a 
source  size  of  about  8"  x  9".  The  assumption  that  the  source  is 
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also  8"  deep  yields  a  volume  of  about  2  x  10  cm  .  Alternatively, 

if  we  assume  that  the  Ha  flare  kernels  are  each  about  12  square  arc 

seconds  in  area  and  are  separated  by  10",  and  axe  connected  by  a 

soft  X-ray  emitting  semicircular  tube  of  uniform  cross-section,  we 

25  3 

get  a  source  volume  of  about  7  x  10  cm  ,  Thus  we  choose  a  source 

26  3 

volume  estimate  of  10  cm  and  estimate  a  factor  of  two 
uncertainty. 

From  Figure  8  we  conclude  that  the  soft  X-ray  emission 

AO  wm  3 

measure  around  the  peak  of  the  thermal  flare  is  10  cm  ,  with  an 

uncertainty  conservatively  estimated  as  a  factor  of  three.  The 

resulting  uncertainty  in  the  amount  of  soft  X-ray  emitting 

material  is  slightly  less  than  a  factor  of  two,  which  is  quite 

2 

adequate  for  our  purposaa,  For  the  above  values  of  n  V  and  V,  the 

w 
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total  number  of  atoms  in  the  soft  X-ray  source  is  3  x  10  . 

ej  Cetnpviae*  of  Ha  and  X-Ray  Lvaporation  Estimates 

We  are  now  able  to  compare  the  evaporative  process  from  the 
Ha  and  X-ray  points  of  view.  Table  1  summarizes  the  quantities  of 
interest . 

The  Ha  profiles  imply  that  for  the  flare  as  a  whole,  during 
the  gradual  phase  (when  the  evaporation  estimate  is  most 

reliable),  the  number  of  atoms  evaporated  from  the  chromosphere  is 

37  49  —3 

7  x  10  .  The  soft  X-ray  emission  measure  of  1  x  10  cm  ,  coupled 

26  3 

with  the  flare  volume  estimate  of  10  cm  ,  implies  that  there  are 

37  6 

3  x  10  electrons  in  the  soft  x-ray  plasma  with  T  >  2  x  10  K. 
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The  Ha  and  soft  X-ray  values  agree  within  their  observational 
uncertainty.  We  therefore  conclude  that  enough  material  la  evaporated  from 
the  chromosphere  to  account  for  the  aott  X-ray  emitting  plasma  of  this  Hare. 

d)  The  Chromospheric  evaporation  Mechanism 

It  is  apparent  that  two  different  evaporation  mechanisms  are 
operating  in  two  different  spatial  regions  of  this  flare.  The  first 
is  cospatial  with  strong  hard  X-ray  radiation)  the  second  is  not. 

The  type  of  chromospheric  evaporation  originally 
hypothesized  by  Neupert  ( 1968 )  appears  to  be  observed  at  the  south 
kernel.  The  Ha  observations  indicate  that  during  the  hard  X-ray 
burst,  the  chromosphere  at  the  south  kernel,  from  which  hard  x-rays 
are  observed  to  originate,  was  the  site  of  substantial  short-lived 
evaporation,  as  well  as  some  longer-lived  evaporation.  Here  we 
apparently  see  chromospheric  evaporation  that  is  at  least 
initially  a  resulu  of  heating  by  the  hard  X-ray  emitting  electrons. 
For  most  of  the  observed  hard  X-ray  burst,  a  power-law  spectrum 
provides  a  satisfactory  representation  of  the  spectrum.  The 

appropriate  coefficients  for  the  observed  spectrum  of  photons  of 

—y  5  7 

energy  hv,  dJ/d(hv)  »  a  (hv)  ,  are  A  -  2.6  x  10  and  7.1  x  10 

2  -1 

photons  (cm  s  keV)  and  y  -  3.8  and  4.8,  for  the  first  and 

second  bursts  respectively  (hv  measured  in  keV).  Following  Lin  and 

Hudson  (1976),  we  calculate  the  column  number  N  to  which  the 

c 

atmosphere  is  explosively  heated  by  a  nontharmal  power-law 

20 

electron  spectrum.  We  find  N  to  have  been  1.4  x  10  and 

c 
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1.5  x  10  cm  fox  the  fixst  and  second  bursts  respectively.  We 

have  assumed  that  the  £ast  electrons  are  injected  into  the  the 

17  -2 

south  kernel  seen  in  Ha,  which  has  an  area  of  1.1  x  10  cm  .  This 
assumption  is  supported  by  the  impulsiveness  and  strength  of  both 
the  Ha  light  curve  and  the  evaporation  signature  at  the  south 
kernel.  Xt  is  also  supported  by  the  broad  nature  of  the  Ha  profiles 
in  the  south  kernel,  which  can  plausibly  be  associated  with  the 
heating  effects  of  the  hard  X-ray  producing  energetic  electrons 
(see  below).  These  broad  profiles  are  confined  to  the  south  kernel. 
The  hard  X-ray  producing  electrons  may  not  carry  quite  enough 
energy  to  evaporate  the  chromosphere  explosively  to  the  depth  that 
is  implied  by  the  observed  south  kernel  Ha  profiles  (see  Table  1), 
though  w«  cannot  be  sure  until  the  broad  Ha  kernel  profiles  are 
better  understood  theoretically.  Finally,  a  very  brief  period  of 
blue-shifted  and  nroadened  X-ray  emission  lines  is  associated  with 
the  impulsive  phase;  such  expansion  of  the  X-ray  plasma  is 
consistent  with  impulsive  evaporation. 

The  candidate  mechanisms  for  chromospheric  evaporation  are 
the  same  as  those  for  chromospheric  flare  heating  in  general.  Those 
most  commonly  considered  include  fast  electrons,  soft  X-ray 
irradiation,  and  thermal  conduction  (accompanied  by  irradiation  in 
chromospheric  lines  like  La).  The  preceding  quantitative  analysis 
of  the  effects  of  fast  electrons  on  the  chromosphere  at  the  south 
kernel  leads  naturally  to  the  conclusion  that  any  weak  hard  X-ray 
emission  that  may  be  coming  from  the  vicinity  of  the  north  kernel 
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does  not  imply  a  sufficient  flux  of  fa3t  electrons  to  cause  the 
evaporation  observed  there  in  Ha.  More  importantly,  almost  no  hard 
X-ray  radiation  is  observed  to  come  from  the  north  kernel.  Hence, 
only  two  of  the  three  most  likely  mechanisms  for  chromospheric 
evaporation  at  this  kernel  remain,  i*.  thermal  conduction  and  soft 
X-ray  irradiation.  It  is  logically  inconsistent  to  argue  that  the 
latter  might  play  a  primary  role;  if  the  creation  of  the  soft  X-ray 
plasma  depends  on  chromospheric  evaporation,  it  cannot  be  that  the 
soft  X-ray  radiation  itself  is  the  primary  driver  of  chromospheric 
evaporation.  Bence,  we  conclude  that  one  must  attribute  the 
considerable  evaporation  at  the  north  to  thermal  conduction  from 
the  overlying  hot  coronal  plasma,  as  suggested  by  Hirayama  ( 1974  > 
and  Antiochos  and  Sturrock  (1978).  The  continued  increase  of  the 
amount  of  material  evaporated  from  the  north  ksrnel  until  well 
efter  the  impulsive  phaie  is  over  is  the  type  of  behavior  that  on» 
would  expect  from  the  modelling  of  Antiochos  and  Sturrock. 

The  Ha  profiles  provide  further  evidence  that  conduction  is 
the  primary  mechanism  at  the  north  kernel,  whereas  heating  by 
nonthermal  electrons  is  important  in  the  south  kernel.  As  shown  by 
Canfield  (1982),  Ha  emission  profiles  like  those  observed  at  the 
north  kernel  during  the  period  of  maximum  soft  X-ray  emission 
measure  (which  are  not  centrally  reversed,  yet  not  of  unusually 
great  total  intensity),  axe  not  compatible  with  electron  beam 
heating;  such  profiles  indicate  heating  that  does  not  penetrate 
deep  into  the  flare  chromosphere,  beneath  the  flare  transition 
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region,  yet  causes  the  transition  region  to  be  located  far  below 

u.3  preflare  location.  Thermal  conduction  is  tho  prime  candidate 

for  such  a  mechanism.  On  the  other  hand.  Brown,  Canfield  and 

Robertson  ( 1978 )  showed  that  Ha  profiles  from  nonthexmal-electror. 

heated  flare  chromospheres  are  intense  and  strongly  centrally 

reversed,  as  is  observed,  for  example,  in  pixel  (37,  44)  of 

the  south  kernel  (Flo.  3).  We  would  then  speculate  that  the 

greater  width  of  the  profiles  from  this  kernel 

is  a  consequence  of  heating  quite  deep  in  the  flare  chromosphere  by 

the  nonthermal  electrons  whose  existence  is  evidenced  by  the  hard 

X-ray  emission  from  the  south  kernel. 

I 

*)  Prmaaur t  Manet 

There  remains  one  puzzling  inconsistency  in  the  picture 

drawn  here.  Hirayama  (1974)  originally  postulated  conductively 

driven  evaporation  primarily  on  the  basis  of  pressure  balance 

arguments,  i.e.  that  the  pressure  at  the  top  of  the  flare 

chromosphere  should  be  that  same  as  the  of  the  soft  X-ray  flare 

plasma.  In  this  flare  we  do  not  find  such  pressure  balance,  even 

many  hydrodynamic  scale  times  after  the  impulsive  phase.  The 

-2 

pressures  from  the  Ha  analysis  never  exceed  about  50  dyne  cm  , 

whereas  the  pressure  in  the  soft  X-ray  plasma  is  about  400 

dyne  cm  2  at  1457  UT  and  250  dyne  cm-2  at  1500  UT.  The  HXJS  and  PCS 

observations  do  not  permit  the  soft  X-ray  flare  volume  to  be  as 
28  3 

large  as  10  cm  ,  i.e.  a  characteristic  linear  volume  to  be  as 
28  3 

large  as  10  cm  ,  i.e.  a  characteristic  linear  dimension  of  30", 
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which  would  be  required  for  balance  at  the  pressure  indicated  by 
the  Ha  analysis.  A  similar  pressure  difference  was  found  by  Dexe 
and  cook  (1979),  in  another  compact  flare.  The  possibility  remains  that 
there  is  more  fine  structure  (/>.  a  smaller  filling  factor)  in  the 
chromosphere  than  in  the  corona,  and  that  our  observed  SFO  Ha 
profiles  from  a  single  2"  x  2.7"  pixel  are  a  combination  of  highly 
perturbed  regions  with  a  pressure  at  the  top  of  the  chromosphere 
that  corresponds  to  the  observed  X-ray  pressure,  and  relatively 
unperturbed  regions  that  are  thermally  isolated  from  the  soft 
X-ray  plasma.  At  this  time  we  cam  only  speculate  that  part  of  the 
problem  may  arise  from  the  use  of  Dinh's  profiles,  which  assume 
hydrostatic  equilibrium. 


IV.  CONCLUSIONS 

In  this  paper  we  have  deaonstratod  for  the  fir*-t  time  from 
direct  chromuptitrie  observations  that  the  chromospheric  evaporation 
postulated  for  more  tham  a  decade  to  be  an  important  miss  and 
energy  balance  mechanism  in  solar  flares  does  in  fact  occur. 
Comparison  with  flare  X-ray  observations  indicates  that  during  the 
impulsive  phase,  evaporation  is  driven  primarily  by  flare 
accelerated  electrons.  During  the  thermal  phase  of  the  flare 
chromospheric  evaporation  appears  to  be  driven  by  thermal 
conduction  downward  from  the  hot  coronal  plasma  created  earlier  in 
the  flare .  The  amount  of  material  evaporated  from  the 
chromosphere,  from  the  Ha  observations,  is  adequate  to  supply  the 
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material  observed  in  the  soft  X-ray  source  at  the  peak  of  the  X-ray 
flare.  Thus,  the  two  types  of  chromospheric  evaporation  originally 
suggested  by  Neupert  (1968)  and  Hirayaaa  (1974)  both  seem  to  exist 
and  be  important  in  this  flare . 

Detailed  study  of  the  temporal  evolution  of  the  relationship 

between  chromospheric  and  coronal  material  and  the  dynamics  and 

energetics  of  the  evaporation  process  are  among  the  many  topics 

theoretical 

that  remain  for  future  work.  Published/Ha  profiles  are  inadequate 
to  deal  with  the  extremely  broad  and  asymmetric  profiles  appearing 
in  the  energetic-electron-driven  evaporative  region,  and  must  be 
prepared  before  quantitative  studies  of  impulsive  evaporation  are 
meaningful.  The  apparent  bimodal  temperature  distribution  of  the 
soft  X-ray  source  needs  to  be  investigated,  as  does  the 
order-of-magnitude  discrepancy  between  the  gas  pressure  in  the 
X*  ray  souce  and  its  value  at  the  top  of  the  chromosphere  in  the  Ha 
flare  kernels . 
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APPENDIX 

Ha  LINE  PROPILE  OBSERVING  SETUP 

Ha  line  profiles  vers  obtained  using  the  Echelle 
Spectrograph  of  the  SPO  Vacuum  Tower  Telescopo  (Dunn  1969,  1970). 
Using  image  reduction  optics  to  achieve  a  20-fold  reduction  in  the 
size  of  the  solar  spectrum,  a  Fairchild  202  charge  coupled  device 
( CCD )  was  placed  at  the  site  of  the  reimaged  Ha  spectrum  within  the 
Echelle  Spectrograph.  A  79  line/m  grating  was  used  in  the  32nd 
order,  with  Ha  centered  on  the  SO  x  100  pixel  area  used  on  the  CCD. 

The  3  x  4  n  face  of  the  CCD  consists  of  loo  3  mm- long  columns, 

♦  * 

each  40  urn  wide.  Each  of-thesb  consists  of  a  column  of  100  image* 
sensing  elements  (photosites)  and  a  column  shift  register.  The 
photosites  are  18  n m  wide;  the  remaining  22  um  axe  occupied  by  the 
column  shift  register.  The  CCL  was  read  out  every  0.25  s;  only 
every  other  full  CCD  readout  was  written  to  magnetic  tape,  since 
the  tape  writing  time  was  the  limiting  factor  on  the  data 
acquisition  rate.  The  Fairchild  202  operates  by  reading  the  full 
CCD  face  in  two  steps,  first  the  odd  columns,  then  the  even 
columns.  Sr.ce  we  illuminated  the  CCD  at  all  times,  this  means  that 
what  we  wrote  on  our  tapes  was  two  images,  which  are  the  result  of 
0.25  s  integrations.  The  two  images  are  not  quite  simultaneous,  but 
are  0.125  .<•  out  of  phase.  As  a  result,  at  each  slit  position  on  the 
image,  we  >  ave  two  partially  independent  50-pixel  spectra.  There 
are  perceptible  differences  between  the  even  and  odd  column  images 
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(which  we  refer  to  as  the  even  and  odd  fields),  especially  during 
the  flare.  These  differences  axe  due,  in  part,  to  artifacts  of  the 
CCD.  However,  the  greatest  effects  are  due  to  image  changes,  and  do 
not  repeat  from  one  CCD  readout  to  the  next.  Whether  these  are  due 
to  real  flare- associated  temporal  variations  or  simply  steep 
gradients  associated  with  flare  elements  of  size  much  less  than  one 
pixel  aliased  into  temporal  changes  by  image  motion  cannot  be 
determined  from  our  data. 

This  digital  approach  offers  many  advantages  over 
photographic  methods.  These  are  large  dynamic  range,  linearity, 
freedom  from  saturation,  and  high  speed.  The  analog  signal  from 
each  photosite  is  digitized  in  16-bit  form,  and  the  analog  gain  is 
chosen  so  that  even  during  the  brightest  flare,  the  signal  remains 
in  the  linear  portion  of  the  CCD  response  curve  at  all  points  in  the 
sp  set  rum.  Since  we  use  the  high  speed  of  the  CCD  to  observe  the  full 
Ha  profile,  not  :)ust  a  narrow  band  centered  on  Ha,  it  is 
straightforward  to  determine  unambiguously  such  parameters  as 
total  Ha  emission,  actual  line-center  shift,  and  line  profile 
asymmetries  (to  minimize  the  ambiguity  of.  velocity 
interpretations).  The  last  two  advantages  cannot  be  overstated;  it 
would  be  very  easy  to  infer  a  wrong  value  of  the  velocity  (even  a 
wrong  sign)  from  the  difference  of  two  wing  speetroheliograms  or 
filtergrams,  due  to  the  complex  structure  of  Ha  flare  profiles. 

The  CCD  was  oriented  such  that  its  4  mm  side  was  parallel  to 
the  slit,  and  its  3  nan  side  parallel  to  the  spectral  dispersion. 


The  resultant  scale  was  2.67"  per  pixel  parallel  to  the  slit  and 
102  mA  per  pixel  parallel  to  the  dispersion.  The  18  x  30  fm 
photosensitive  area  of  each  pixel  hence  corresponds  to 
1.20"  x  102  mA.  Small  differences  between  the  directions  of  the 
slit  and  a  normal  to  the  dispersion  were  corrected  in  the  data 
reduction.  A  spectrograph  slit  width  corresponding  to  2.0" 
(101  mA)  was  chosen,  spectroheliograms  were  built  up  by  scanning 
the  solar  image  in  2.0"  steps,  two  steps  per  second  of  time.  This 
image  scanning  rate  gave  sufficient  time  to  write  the  signal  from 
all  10  4  pixels  of  the  CCD  on  magnetic  tape,  filling  a  2400  foot  tape 
in  approximately  8  minutest  A  full  scan  consisted  of  90  slit 
positions,  from  which  a  spectroheliograa  consisting  of  50  x  100 
pixels  could  be  generated,  covering  an  area  100"  x  267",  with  a 
repetition  rate  for  any  single  feature  of  25.6  s. 
Spectroheliograms  were  always  made  by  scanning  in  only  a  single 
direction.  After  completion  of  each  spectroheliogram,  the  image 
was  rapidly  slewed  bach  to  the  original  starting  position  in  less 
than  one  second.  Data  were  written  continuously  on  magnetic  tape, 
but  were  saved  only  if  a  flare  occurred. 

The  data  may,  of  course,  be  displayed  either  as 
spectroheliograms  or  as  spectra.  For  each  spatial  position,  we 
have  the  two  50-point  spectra  (from  the  odd  and  even  fields),  each 
with  an  interval  of  204  mA  between  pixels.  This  interval  is 
somewhat  smaller  than  the  283  mA  thermal  Doppler  width  of  Ha  at 
104  K,  and  the  more  than  1  A  full  width  at  half  maximum  of  the  core 


of  the  observed  quiet  sun  Hat  profile.  We  simply  average  the  two 
independent  spectra  for  this  paper. 

We  hive  corrected  the  Ha  spectra  for  vignetting  in  the 
spectrograph  and  the  image  reduction  optics,  as  well  as  scattered 
light  in  the  spectrograph,  we  have  not  found  it  necessary  for  this 
paper  to  correct  the  profiles  .for  the  finite  resolution  of  the 
combined  spectrograph  and  detector  system  or  for  the  small  gain 
variations  of  single  pixels. 
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TABLE  1 


CHROMOSPHERIC  EVAPORATION ,  FLARE  OF  1456  OT,  7  MAY  1980 


Number  of  evaporated  chromospheric  atoms 

37 

implied  by  Ha  profiles . . . 7  x  10 

37 

Number  of  soft  X-ray  emitting  electrons . 3  x  10 


Column  depth  of  evaporation  implied 
by  Ha  profiles,  N^a  . . .  • 


4  x  10 


20 


cm 


-«2  ■ 


Column  depth  of  explosive  heating 

implied  by  hard  X-rays,  Nc  . .....1.5  x  1020cbT2 


FIGURE  CAPTIONS 


Fig.  1.  Temporal  development  of  the  1980  May  7  flare. 
Emission  from  the  thermal  plasma,  characterized  by  the 
Fe  XXV  line  intensity,  shows  little  of  the  impulsive 
structure  of  the  hard  X-ray  burst.  The  Bat  output  of  the  flare 
is  shown  by  the  thick  line  in  the  lower  panel,  and  the  scale 
on  the  left.  It  shows  both  impulsive  and  gradual  character. 
The  percentage  contributions  of  the  south  kernel  (thin 
curve)  and  north  kernel  (broken  curve)  are  given  by  the 
right-hand  scale,  in  terms  of  the  total  Bar  output  at  the  peak 
of  the  flare.  The  open  circles  on  the  Hat  curves  indicate  the 
times  of  measurement;  the  25.6  s  interval  between 
measurements  is  much  longer  than  the  0.25  s  sampling  time. 
The  times  of  the  FCS  measurements  are  indicated  by  the 
double-headed  arrows  below  the  top  panel. 

Figure  2.  Each  rectangle  displays  the  percentage  of  counts 
collected  in  the  indicated  time  interval  and  energy  band 
that  appeared  in  each  of  the  BXIS  pixels  of  interest.  The 
counts  contributing  to  each  image  are  shown  below  the 
rectangles.  The  quoted  errors  represent 
one-standard-deviation  counting  statistics.  The  insets  show 
the  orientation  of  the  image  and  relate  the  pixels  to  Figure 
5.  some  of  the  spread  in  source  extent  apparent  in  the 
right-hand  images  may  reflect  a  partial  transparency  of  the 
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HXXS  collimator  at  the  highest  energies. 

Pig.  3.  Time  sequences  o£  Ha  spectra  for  five  image  pixels. 

Relative  intensity  and  wavelength  scales  are  shown  for  the 

(40,43)  spectrum  at  145459.  Mote  the  line  segment  to  the 

right  of  each  spectrum  linking  it  to  the  I/I  -  l.o  point  for 

c 

the  appropriate  time.  The  145616  and  145642  spectra  were 
obtained  between  the  first  and  second  hard  X-ray  burst 
periods  and  during  the  second  burst  period,  respectively. 

Fig.  4.  Appearance  of  the  1980  May  7  flare  in  Ha  throughout 
the  course  of  the  hard  X-ray  burst.  The  time  of  each 
filtergram  is  given  and  referenced  to  the  timeline  of  the 
28-260  kev  X-ray  burst,  as  recorded  by  the  HXHBS.  The  first 
(Ha  *  0.5  A)  and  last  (Ha)  images  are  courtesy  of  the  Solar 
Optical  Observing  Network  of  the  C.S.  Air  Weather  service. 
The  remainder  of  the  Ba  images  are  courtesy  of  Big  Bear  Solar 
Observatory,  California  Institute  of  Technology.  The 
negative  prints  in  the  upper  row  have  been  prepared  with  the 
same  photographic  negatives  as  the  conventional  prints  in 
the  lower  row,  but  have  been  processed  individually  to 
display  only  the  most  intense  kernels  of  emission. 
Therefore,  relative  intensities  from  frame  to  frame  are 
meaningless  in  the  negative  prints.  Image  scale  and 
heliographic  orientation  are  indicated  to  the  right  of  the 


upper  row  of  images . 
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Fig.  5.  Hie  most  intense  SPO  Ha  kernels  serve  as  convenient 
spatial  references  relating  the  various  observations 
contributing  to  this  study.  The  SPO  spectroheliogram  row, 
column  (i,j)  indices  are  given  in  the  rightmost  sketch,  and 
the  six  pixels  producing  an  Ha  power  greater  than  half  that 
of  the  brightest  pixel,  at  Ha  flare  maximum,  are  indicated  by 
the  crosshatch.  The  leftmost  sketch  identifies  the  location 
of  the  twelve  HX:?;s  pixels  of  Figure  2.  The  center  panel  shows 
a  rectangle  of  dimensions  8"  x  9",  the  size  of  the  soft  X-ray 
flare  source  derived  from  the  HXXS  and  FCS  images,  centered 
at  the  location  derived  from  the  FCS.  The  uncertainty  in 
location  of  the  rectangle  is  roughly  equal  to  its  size . 

Fig.  6.  Semi-empirical  temperature  distributions  and 
computed  Ha  profiles  of  the  quiet  sun  and  the  grid  of  flare 
models  of  Dinh  (1980),  used  to  estimate  the  amount  of 
chromospheric  evaporation. 

Fig.  7  Number  of  atoms  evaporated  from  the  chromosphere 
during  the  flare,  as  implied  by  the  Ha  profiles.  The  curve 
labelled  total  applies  to  the  whole  flare.  North  and  south  refer 
to  the  north  and  south  kernels  and  their  respective 
vicinities. 

Fig  8.  Soft  X-ray  emission  measures,  fn^dv,  in  three 
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c )  Solar  Flare  Theory 


It  is  often  the  case  in  science  that  in  order  to  understand  the 
implications  of  data  on  a  complex  physical  phenomenon,  a  simple  phenomenological 
approach  is  inadequate.  This  is  especially  true  in  solar  flare  studies,  which 
have  progressed  to  the  point  where  in  many  cases  observations  in  a  single 
spectral  region,  such  as  Ha  or  X-rays,  can  contribute  little  to  our 
understanding  without  supporting  data  from  other  regions.  As  mentioned  in  the 
introduction,  at  the  inception  of  this  grant  the  theoretical  modelling  of  flare 
dynamics  was  in  a  very  preliminary  state,  inadequate  to  the  task  of  helping  to 
interpret  observations  of  Ha  spectra.  For  this  reason,  we  embarked  on  a  program 
o  numerical  modelling  of  chromospheric  processes  during  flares . 

An  important  aspect  of  all  our  theoretical  work  was  treatment  of  the 
manner  in  which  flares  radiate.  This  was  important  for  two  reasons.  First,  the 
only  means  we  have  to  sample  what  is  happening  at  the  sun  is  by  remote  sensing, 
which  depends  on  knowning  what  the  relationship  is  between  physical  conditions 
in  the  flare  and  the  observable  characteristics  of  the  flare  radiation.  Second, 
the  rate  at  which  the  flare  plasma  radiates  is  one  major  aspect  of  its 
hydrodynamics;  if  you  have  no  theory  for  the  radiation,  you  can  understand  only  a 
small  fraction  of  what  you  can  observe. 

The  objective  of  this  theoretical  program  was  to  be  able  to  understand 
what  the  spectroscopic  signature  of  various  flare  processes  is.  The  first 
success  of  this  program  was  the  clear  picture  of  the  theoretical  Ha  signature  of 
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chromospheric  evaporation,  and  the  qualitative  distinction  between  the 
signatures  of  thermal  and  nonthermal  chromospheric  heating  processes.  There  is 
every  reason  to  expect  that  further  thecatical  work  will  result  in  a  comparably 
clear  picture  of  the  signature  of  beams  of  accelerated  electrons  in  the 
chromosphere . 


i )  Ha  Profiles  from  Electron-Heated  Solar  Flares 

In  this  paper  we  studied  the  effect  of  a  beam  of  accelerated  flare 
electrons  on  the  chromosphere.  It  was  done  several  years  ago,  but  it  remains  the 
best  work  on  the  topic,  because  it  attempts  to  include  the  effect  of  radiative 
cooling  in  the  energy  balance,  in  a  way  that  includes  the  effects  that  make  it 
relatively  difficult  for  an  optically  thick  plasma  to  cool.  It  is  presently  the 
definitive  paper  on  the  Ha  signature  of  accelerated  electrons  in  the 
chromosphere.  Much  of  the  later  work  in  this  theoretical  section  is  devoted  to 
the  development  of  theoretical  techniques  to  improve  on  this  paper.  These 
include  the  ability  to  model  not  only  radiative  transfer,  but  also  thermal 
conduction  and  mass  motion  (  flows ) . 
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Abstract.  We  briefly  review  the  itatui  of  models of  optical  flare  heating  by  electron  bombardment.  We 
r<  compute  Brown'!  (1973a)  flare  model  atmoipheres  using  considerably  revised  rsdist  ve  !>t$  rates, 
based  on  Canfield's  (1974b)  method  applied  to  Ha,  La,  and  H".  Profiles  of  Ha  are  computed  and 
compared  with  observation.  The  computed  profiles  agree  satisfactorily  with  those  observed  during  the 
large  1972  August  7  flare,  if  spatial  and  velocity  inhomogeneities  are  assumed.  The  electron  injection 
rate  inferred  from  Ha  is  one  order  of  magnitude  less  than  that  inferred  from  hard  X-rays,  for  this  event. 
This  may  be  due  to  either  (1)  the  neglect  of  a  mechanism  that  reduces  the  thick-target  electron  injection 
rate  or  (2)  failure  to  incorporate  important  radiative  loss  terms. 


1.  Previous  Work 

Over  the  last  decade  or  so  there  has  been  considerable  enthusiasm  for  the  idea  that 
energetic  electrons  (in  the  10-100  keV  range)  may  be  a  primary  product  of  the 
energy  release  in  many  solar  flares,  their  collisions!  degradation  in  the  atmosphere 
resulting  in  the  various  flash  phase  thermal  phenomena  (optical,  UV  and  soft  X-ray 
emission  and  the  onset  of  mass  motions)  as  secondary  products.  The  evidence  for 
this  suggestion  in  terms  of  the  total  energy  of  the  electrons  and  the  synchronism 
between  the  various  thermal  and  non-thermal  emissions  has  been  reviewed  by 
several  authors  (e.g.  Brown,  1973a,  1975,  1976;  Hudson,  1973;  Kane,  1974;  Lin, 
1975).  Detailed  theoretical  models  have  been  developed  (see  these  reviews  for 
references)  to  predict  the  structure  of  various  regimes  in  the  solar  atmosphere 
where  the  electron  input  appears  in  the  energy  equation  together  with  thermal 
conduction  and  radiative  losses.  In  the  high  temperature  regime  conduction  is 
dominant  and  Shmeleva  and  Syrovatskii  (1973)  have  obtained  a  steady  state 
description  of  its  temperature  structure,  and  also  of  that  in  the  UV  flare  where 
radiation  becomes  important.  Recently  some  quantitative  work  has  begun  (Craig 
and  McClymont,  1976;  Kostyuk  and  Pikel’ner,  1975;  Kostyuk,  1975, 1976)  on  the 
role  of  mass  motions. 

In  the  low  temperature  (chromospheric)  flare  mass  motions  undoubtedly  snll 
play  an  important  role.  However,  optical  depth  effects  also  become  significant 
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there,  adding  to  the  complexity  of  numerical  modeling.  Brown  (1973a)  calculated 
steady  state  chromospheric  models  with  a  simplified  Lyman-continuum  radiative- 
loss  method.  There  are  two  areas  in  which  Brown’s  (1973a)  calculations  obviously 
could  be  improved:  (1)  convection  and  conduction;  (2)  radiative  losses.  Kostyuk 
and  Pikel’ner  (1975)  and  Kostyuk  (1975)  did  only  the  former;  here,  we  do  only  the 
latter. 

In  this  paper  we  amend  Brown’s  (1973a)  models,  maintaining  the  steady-state, 
constant-pressure  electron-input,  radiative-output  approximation  for  the  optical 
flare,  but  taking  into  account  Canfield’s  (1974a)  criticisms  of  Brown’s  radiative 
losses.  We  are  thus  assuming  that  heating  increases  gradually  enough  to  permit  a 
steady  state  radiative  solution  but  still  on  a  time  scale  shorter  than  that  for  arrival  of 
heat  flux  conducted  from  the  corona,  cf.  next  section.  Canfield  (1974a)  computed 
the  Ha  profiles  expected  from  Brown’s  (19 ?3a)  models  and  found  major  dis¬ 
crepancies  with  observations.  Pursuing  this,  Canfield  (1974a)  then  found  that 
Brown  had  overestimated  the  hydrogen  radiative  losses  by  up  to  two  orders  of 
magnitude.  Brown  omitted  the  radiative  input  of  the  Baimer  continuum  from  the 
photosphere  in  his  energy  equation,  though  including  it  in  his  ionization  equation, 
thus  overestimating  the  radiative  loss  rate.  The  Lyman  continuum  radiative  output 
was  obtained  by  reducing  the  optically  thin  output  by  exp  (-tLy-c),  which  we  now 
view  as  overly  simplified.  Methods  were  then  developed  by  Canfield  (1974b,  c)  to 
allow  a  relatively  simple  method  for  radiative  losses  in  lines.  Subsequent  work  (in 
progress)  has  shown  that  the  situation  is  more  complex  than  originally  stated  by 
Canfield  (1974a).  Due  to  a  numerical  error,  Canfield  (1974a)  found  that  hydrogen 
continuum  radiative  losses  wer  much  less  than  hydrogen  line  losses.  In  fact,  these 
subsequent  calculations  show  hydrogen  continuum  cooling  to  be  sometimes 
comparable  to  line  cooling,  a.  d  sometimes  greater.  Interestingly,  they  also  show 
regions  dominated  by  continuum  heating.  Because  of  these  findings,  we  view  the 
present  models  as  an  evolutionary  improvement  upon  previous  wo-k,  but  consider 
it  likely  that  further  improvements  will  result  from  still  more  complete  treatments 
of  radiative  aspects  of  the  problem. 


2.  Solution  of  the  Energy  Equation 


Hard  X-ray  burst  observations  are  consistent  with  a  flare  electron  spectrum  of 
approximately  power-law  form  above  about  20  keV.  If  such  electrons  are  injected 
downward  into  the  chromosphere  (thick  target  model)  the  injection  rate  F(elec- 
trons  s'1)  and  spectral  index  are  given  from  the  hard  X-ray  observations  by  the 
expressions  in  Brown  (1975).  When  the  electron  energy  flux  above  20  keV  is  &20 
the  rate  of  collisional  energy  deposition  at  a  total  hydrogen  (atoms  plus  ions) 
column  depth  N  cm'2  into  the  atmosphere  is  (cf.  Brown,  1973a) 


0(.V)=  1.7 x  io3SF20B1(5/2,i)(^~ -) 


19.  */2 


erg  g'V 


(1) 


Ha  PROFILES  FROM  ELECTRON-HEATED  SOLAR  FLARES 


401 


where  S  is  the  electron  injection  spectral  index  and 


x  » 1 


'i.5xi017£2 


Na  1.5x  10i7£c 
Af<1.5xl0n£?. 


(2) 


£c(keV)  is  the  low  energy  cutoff  (if  any)  in  the  electron  spectrum  and  Bx  is  the 
partial  beta  function  (total  if  x  *  1).  Equation  (1)  corrects  some  algebraic  errors  in 
Brown's  (1973a)  expression  (cf.  Lin  and  Hudson,  1976), 

As  many  authors  have  pointed  out,  the  flare  atmosphere  is  divided  into  a  high 
and  a  low  temperature  region  by  the  radiative  instability  of  cosmic  plasma  above 
r~5xl04K  (at  constant  pressure),  cf.  Cox  and  Tucker  (1969).  Material  above 
this  transition  zone  rapidly  becomes  too  hot  to  participate  in  forming  the  optical 
flare  spectrum  so  we  only  consider  the  atmospheric  structure  below  r«5  x  104  K. 
In  this  region  three  radiative  loss  contributions  are  important:  heavy  element  lines 
and  continua;  H-negative  continuum;  and  the  hydrogen  Lyman  and  Ualrner  lines 
and  continua. 

Heavy  element  lines  and  continua  are  assumed  to  be  optically  thin.  They  arc 
somewhat  problematic  in  that  their  loss  contribution  has  only  been  computed  down 
to  around  2xl04K.  Below  this  temperature  their  behavior  becomes  model 
dependent  because  of  the  effect  of  decreasing  hydrogen  ionization  on  the  collisiona! 
ionization. equilibrium  and  because  some  of  the  important  lines  may  become 
optically  thick.  The  best  that  seems  possible  at  present  is  an  empirical  fit  to  the  solar 
radiative  loss  curve  (McWhirter  et  ai,  1975)  extrapolated  to  lower  temperatures 
(similar  to  Brown,  1973a). 

The  H-negative  and  Ho  and  La  losses  here  have  been  based  on  Canfield’s 
(1974b,  c)  probabilistic  radiative  loss  technique.  This  complicates  the  practical 
handling  of  the  problem  considerably  over  Brown’s  (1973a)  original  treatment. 

For  a  quasi-steady  state  throughout  the  heated  region,  the  energy  balance 
equation  can  still  be  written  as 


Q(N)=R  (3) 

at  all  N  but  R  is  no  longer  just  a  local  function  of  N  (through  n,  T)  as  in  Brown’s 
(1973a)  treatment.  Instead  R  depends  on  the  entire  structure  of  the  atmosphere 
model,  T(N'),  n  (N')  for  all  AT,  through  radiative  transport  effects.  Consequently 
(3)  had  to  be  solved  by  an  iterative  scheme  using  some  starting  model  flare 
atmosphere  and  adjusting  T  at  each  level  N'  in  the  model  grid  (at  constant 
pressure)  until  a  model  converging  on  condition  (3)  was  obtained.  In  this  iteration 
scheme  we  used  Canfield’s  (1974c)  program  to  approximate  the  radiative  losses  but 
confirmed  previous  estimates  of  the  accuracy  of  the  method  by  comparison  with  a 
detailed  calculation  for  the  converged  model  (see  below).  We  have  neglected  any 
effect  of  direct  non-thennal  ionization  or  excitation  by  beam  collisions,  the 
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importance  of  which  is  still  disputed  (cf.  Hudson,  1972;  Brown,  1973b;  Lin  and 
Hudson,  1976). 

In  this  approach  it  was  found  that  the  deeper  layers  were  very  slow  (iteratively)  to 
approach  a  steady  state.  This  is  because  the  radiative  response  time  to  the  small 
input  is  long  (due  to  radiative  transport  effects)  so  that  in  practice  a  steady  state 
would  only  be  reached  slowly  in  real  time  also  -  in  fact  in  a  time  long  compared  to 
typical  beam  durations  (10-100  s).  We  therefore  refined  our  procedure  somewhat 
by  estimating  the  real  elapsed  time  up  to  any  iterated  stage  in  the  model  -  i.e.  we 
performed  the  iteration  in  quasi-real  time  steps.  (The  elapsed  time  was  approxi¬ 
mated  by  (AT/wih)/(0 -/?)•)  The  final  model  adopted  was  that  reached  after  an 
estimated  real  elapsed  time  equal  to  a  beam  input  duration  r a  as  parameter.  (Here 
we  use  only  rB  =*  60  s.)  The  deepest  layers  of  the  atmosphere  were  thus  not  yet  in  a 
steady  state  when  heating  was  terminated.  Note  that  this  procedure  does  not 
incorporate  time  dependent  radiative  transfer  but  is  a  first  approximation  in  avoid¬ 
ing  the  overestimate  of  the’ temperatures  of  deep  layers  incurred  by  assuming  a 
steady  state  throughout. 

It  is  appropriate  at  this  point  to  consider  the  various  time  scales  involved  (cf. 
Brown,  1973a,  b,  1974),  First,  the  radiative  response  time  t*  is  of  order 
( kT/ntH)/Q  which  rises  rapidly  with  depth  due  to  the  N  dependence  in  (3).  Thus  a 
fair  approximation  is 


(4) 


and  we  see  that  for  the  ^20  values  we  require  (Section  4)  r*  s  tb  except  in  the 
deepest  layers  (as  noted  above)  so  that  a  quasi-steady  radiative  treatment  is  not 
unreasonable,  though  not  perfect  either.  The  importance  of  conduction  is  harder  to 
estimate  since  it  may  differ  drastically  according  to  whether  transient  steep 
conduction  fronts  are  involved,  or  the  atmosphere  is  quasi-steady.  We  can  at  least 
check  the  self-consistency  of  our  mode!  atmosphere  using  the  simple  estimate 

T(0n*  =  nkT/{K(T)T/Ll)  (5) 

for  the  conduction  time.'Using  n  a  1013  cm-3,  T  =*  104  K  in  the  Ho  region,  Cou¬ 
lomb  conductivity  k(T)  and  adopting  the  shortest  possible  temperature  scale  length 
L  from  our  Figure  1  in  this  region  we  find  rc)Wj2 10s  s.  (The  chief  uncertainty  in 
this  estimate  rests  on  the  possibility  that  our  temperature  structure  at  r»104K 
could  be  substantially  modified  when  linked  conductively  to  the  hot  region  above 
5  x  104  K  which  we  ignore.)  Our  calculation  is  thus  at  least  self-consistent. 


3.  Model  Atmospheres 

Here  we  present  only  results  for  the  typical  parameters  5  =4,  Ec  =  10  keV,  ra  = 
=60sfor  flux  values,  ^20  =  108, 109, 1010,and  10n  erg  cm"3  s“\ The  resulting  model 
atmospheres  are  shown  in  Figures  l  and  2  in  terms  of  respectively  T(z)  and  n(z) 
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Fig.  1.  The  computed  temperature  distributions  for  £>(>■  17*.  10*,  1U10,  and  1011  eigcm'1*'1. 


Fig.2.  The  computed  hydrogen  (atoms  and  ions)  number  density  distributions  for  ^20  =  10s,  109, 1010, 

and  10uerg  cm'2  s'*. 

(total  hydrogen  density)  as  functions  of  height  z  above  the  photosphere.  In  general 
the  results  differ  from  Brown  (1973a)  in  deeper  penetration  of  the  heating  (due  to 
reduced  radiative  losses)  and  in  local  features  on  the  T{z)  profiles  due  to  the 
hydrogen  line  losses.  The  plateau  at  T-  104  K  is  due  to  the  manner  in  which  the 
optically-thin  radiative  losses  were  cut  off  and  so  may  be  spurious.  Particularly 
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interesting  in  view  of  the  ATM  observations  of  EUV  continua  of  neutral  and 
singly-ionized  elements  is  the  heating  between  500  and  1000  km.  It  is  cut  off  at  the 
lower  end  by  reduced  penetration  of  heating  and  increased  effectiveness  of  radia¬ 
tive  cooling,  primarily  due  to  H". 


4.  Computed  and  Observed  Ha  Profiles 

Although  the  present  models  are  based  on  very  limiting  assumptions  concerning 
the  dynamical  and  radiative  effects,  a  preliminary  comparison  with  the  observations 
is  nevertheless  interesting.  Ha  line  profiles  were  computed  as  before  (Canfield, 
1974a).  Figure  3  shows  the  computed  Ha  profiles  (dashed  lines)  for  the  four 
atmospheres,  together  with  observed  profiles  (dash-dot  lines)  of  the  1972,  August  7 
flare  (Zirin  and  Tanaka,  1973;  Tanaka,  1977).  We  will  compare  our  computations 
with  these  data  because  we  also  have  hard  X-ray  data  (Hoyng  et  al,  1976;  Lin  and 
Hudson,  1976)  for  the  August  7  flare. 

When  we  compare  computed  (y2o*10’  and  10loerg  cm'2  s'1)  and  observed 
profiles  in  Figure  3,  three  features  are  striking: 

(i)  The  theoretical  degree  of  central  reversal  is  much  higher  than  observed.  The 
lack  of  such  reversals  in  the  observed  profiles  can  be  attributed  to  the  fact  that  even 
in  the  Ha  kernels,  considerable  fine-scale  Iine-of-sight  variation  is  probably 
present,  but  not  incorporated  in  the  calculations.  During  flares,  motions  at 
chromospheric  levels  almost  certainly  reach  several  tens  of  km  s'1  and  also  cannot 
be  expected  to  be  the  same  throughout  the  field  of  view  of  the  spectrograph. 

(ii)  The  observed  total  intensities  (emission  equivalent  widths)  fall  between  those 
of  the  computed  profiles  for  10*  and  1010  erg  cm-3  s'1.  These  computed  total 
intensities  are  much  greater  than  Brown’s  (1973a)  models  gave  (Canfield,  1974a). 
This  is  due  to  the  greater  depth  of  penetration  of  heating,  i.e.  to  the  reduced 
radiative  loss*  j. 

(iii)  The  observed  line  widths  fall  between  those  of  the  computed  profiles  for  &20 
between  109  and  1010erg  cm'2  s'1.  The  computed  line  width*  are  much  greater 
than  those  for  Brown’s  (1973a)  models,  in  better  agreement  with  the  observations. 
This  is  a  combination  of  the  effects  of  greater  optical  thickness  of  the  Ha-forming 
region  and  Stark  broadening  due  to  higher  values  of  n,  for  a  given  value  of  ^2o. 
The  major  difference  between  these  profiles  and  those  from  the  earlier  models  is  a 
measure  of  the  importance  of  the  method  used  for  computing  radiative  losses. 

An  elaborate  comparison  of  computed  and  observed  profiles  is  premature  at  this 
point.  Briefly  speaking,  we  find  that  the  half-widths  and  equivalent  widths  of  the 
computed  profiles  and  the  observed  profiles  can  be  made  to  agree  within  the 
observational  uncertainty  by  incorporating  efiects  of  spatial  inhomogeneity  in  &20 
and  in  radial  velocity. 

We  represent  the  radial  velocity  inhomogeneities  by  convoluting  the  computed 
profiles  with  a  gaussian  profile  of  §  width  of  60  km  s'1  (macro-turbulence),  compar¬ 
able  to  velocities  observed  in  the  1973,  June  15  flare  by  Doschek  et  al.  (1977).  This 
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Fig.  3.  Computed  and  observed  Ha  line  profiles.  Dashed:  computed  from  the  models  for  gi.-en 
^20  values.  Dot-dashed :  two  observed  1972,  August  7  flare  kernels  each  at  15:18  and  15:21  UT 
franaka,  1977).  Solid:  combination  of  computed  profiles  with  9}0  - 10*  and  lO10,  after  smoothing  with 

60  km  s_l  random  velocities. 


is  just  sufficient  to  remove  the  centra!  reversal  from  the  model  profile.  Once  this  has 
been  done  we  find  that  although  the  observed  half  widths  and  equivalent  widths 
both  fall  in  the  range  of  theoretical  profiles  for  P2o  =  109-1010.  the  ratios  of  the  two 
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widths  still  do  not  fall  anywhere  along  the  theoretical  curve  for  this  ratio.  However 
they  may  be  made  to  do  so  by  assuming  that  the  heated  region  (electron  impact 
area)  occupies  only  a  fraction  a  of  the  observed  kernel  area.  The  appropriate 
model  Ha  profiles  are  then  a  combination  of  a  times  the  electron  heated  model 
profile  for  any  chosen  electron  flux  plus  (1-a)  times  the  quiet  Sun  (or  preflare) 
profile,  a  being  the  ‘filling  factor’.  We  find  that  the  best  match  to  the  data  obtains 
for  a  =*  j  and  that  for  this  value  the  best  fit  value  of  &20,  averaged  over  the  whole 
kernel  area,  is  about  3  x  109  erg  cm"2  s~\  implying  local  values  =*  1010  erg  cm"2  s"1 
on  the  impact  areas.  Had  we  adopted  a  macroturbulent  velocity  as  high  as 
100  km  s"'  we  could  obtain  a  fit  to  the  data  with  rather  less  horizontal  beam 
imhomogeneity  in  the  kernels  but  then  the  necessary  &20  would  also  have  been  less, 
and  merely  emphasized  our  conclusions  in  the  following  discussion. 

Since  we  have  profiles  and  models  only  for  discrete  &2o  values,  some  idea  of  how 
the  combined  profile  discussed  above  would  compare  with  the  observations  is 
shown  by  the  solid  curve  in  Figure  3.  This  profile  is  an  arbitrarily  scaled  average  of 
the  ^20  ■  109  and  IP10  profiles,  after  convolution  with  a  gaussian  (Doppler)  profile 
of  width  60  kms~\ 

From  the  observed  hard  X-ray  fluxes  for  this  same  August  7  event  Hoyng  et  al. 
(1976)  infer  an  energy  input  rate  in  electrons  of  £>20keV  of  3x  1029ergs~\ 
while  Lin  and  Hudson  (1976)  obtain  2  x  1029  erg  s"\  If,  as  with  the  Ha  profiles,  we 
adopt  an  impact  area  i  of  6x  10ucm2,  the  Ha  kernel  area  given  by  Zirin  and 
Tanaka  (1973),  a  value  of  ^20*  1-1.5  Xl0u  erg  cm"*s"1  is  thus  implied  by  the 
hard  X-rays.  This  is  approximately  one  order  of  magnitude  greater  than  the 
injection  rate  inferred  from  the  Ha  profiles  computed  from  the  models.  This 
discrepancy '  .mnot  be  reduced,  but  rather  is  increased,  by  supposing  that  the  bulk 
of  the  thick  target  electrons  impact  not  in  the  kernels  alone,  but  over  the  area  of  the 
entire  Ha  flare.  According  to  Zirin  and  Tanaka  (1973),  this  latter  area  is  2.S  x 
x  1019  cm2,  which  corresponds  to  an  injection  of  all  the  thick  target  electrons  with  a 
flux  of  >20 *•  l  x  1010er6cm"2  s”\  Fo-  this  value  of  ^20  we  compute  an  emission 
equivalent  width  of  about  25  A,  if  the  flux  is  homogeneous  over  the  entire  flare 
area.  The  observed  value  of  the  equivalent  width  given  by  Zirin  and  Tanaka  (1973) 
for  the  flare  outside  the  kernels  is  about  1  A.  This  large  discrepancy  also  cannot  be 
explained  by  inhomogeneities  in  the  energy  flux.  Only  imaging  of  the  hard  X-ray 
emission  will  enable  us  to  incorporate  inhomogeneities  properly  and  provide  a 
more  stringent  constraint  on  the  electron  heating  model.  Roy  (1976)  has  argued 
that  hard  X-ray  spikes  (in  the  flare  of  1972,  August  2,  -  c.f.  Hoyng  et  al.,  1976)  are 
not  in  fact  coincident  with  optical  (3835  A)  flashes  (Zirin  and  Tanaka,  1973). 
However  Zirin  (1978)  has  found  an  exact  correspondence  and  pointed  out  that  Roy 
(1976)  used  incomplete  optical  data. 

The  discrepancy  between  fluxes  inferred  from  Ha  profiles  versus  hard  X-rays 
may  be  attributed  to  the  following: 

(i)  The  electron  injection  rate  into  the  chromosphere  is  considerably  less  than 
inferred  above  for  a  purely  thick  target  model.  For  instance  the  thick  target  may  be 
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fed  by  collisional  precipitation  from  a  trapped  source,  in  which  case  .<s\o  would  take 
3  of  the  above  value  (Melrose  and  Brown,  1976).  Further  reduction  may  be 
involved  if  electrons  are  confined  by  turbulent  scattering  or  if  the  hard  X-rays  are 
significantly  thermal. 

(ii)  Important  sources  of  radiative  cooling  may  have  been  omitted,  e.g.  bound- 
free  hydrogen  emission.  As  mentioned  above,  our  preliminary  calculations  show 
this  to  be  a  complex,  model-dependent  radiative  heating  and  cooling  mechanism 
whose  effects  will  be  the  subject  of  later  work. 

Support  for  the  former  explanation  comes  from  the  low  EUV  output  of  flares 
found  by  Emslie  el  al  (1978). 

There  are  also  a  few  factors  that  must  be  mentioned  that  would  increase  the 
discrepancy:  (1)  use  of  an  active  region  model  instead  of  a  quiet-Sun  model  as  the 
unperturbed  atmosphere;  (2)  added  heating  terms  such  as  heat  conduction  and  soft 
X-ray  heating;  and  (3)  any  additional  line  broadening  mechanism  such  as  Stark 
effect  from  plasma  waves  (Spicer  and  Davis,  1975).  The  only  effects  which  could 
reduce  the  discrepancy  are  thus  radiative  losses  higher  than  our  estimates  or  a  -net 
conductive  loss  from  the  Ha  region.  Such  improvements  are  appropriate  for 
further  work. 
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This  paper,  as  the  title  suggests,  is  a  preliminary  report  o£  early 
progress  on  the  development  of  numerical  techniques  for  simulating  the  dynamics 
of  the  flare  plasma.  It  is  published  in  Solar  and  Interplanetary  Dynamics . 
edited  by  M.  Dryer  and  E.  Tandberg-Hansen .  Its  primary  contribution  is  to 
suggest  various  ways  of  treating  the  steep  temperature  gradient  at  the  top  of  the 
chromosphere  in  numerical  schemes.  It  also  describes  our  work  on  accelerating 
surge  material,  following  up  on  what  was  done  during  the  Solar  Flare  Workshop,  in 


the  Mass  Ejections  Team. 


RADIATIVE  HYDRODYNAMICS  OF  FLARES:  PRELIMINARY  RESULTS  AND  NUMERICAL 
TREATMENT  OF  THE  TRANSITION  REGION 


A.N.  McClymont  and  R.C.  Canfield 
Department  of  Physics,  C-011 
University  of  California,  San  Diego 
La  Jolla,  California  92093  U.S.A. 


We  report  on  a  comprehensive  numerical  simulation  of  flare  dynamics, 
encompassing  the  corona,  transition  region  and  chromosphere.  A  coronal 
loop  geometry,  whose  magnetic  pressure  dominates  gas  pressure,  is  assumed. 
These  preliminary  results  assume  optically  thin  radiation;  we  are  cur¬ 
rently  incorporating  optically  thick  radiative  transfer  in  the  chromo¬ 
sphere.  We  discuss  difficulties  in  modelling  the  transition  region  under 
flare  conditions,  and  suggest  tentative  solutions. 


The  hydrodynamic  equations,  incorporating  the  effects  of  thermal 
conduction,  viscosity  and  radiation,  are  described  by  Craig  and  McClymont 
(1976)  while  the  probabilistic  method  for  radiative  transfer  is  discussed 
by  Canfield  and  Ricchiazzi  (1979).  We  write  the  continuity,  momentum  and 
energy  equations  in  Lagrangian  form  using  column  mass  as  the  independent 
variable  and  consider  the  atomic  rate  equations  for  the  fractional  popu¬ 
lations  rather  than  absolute  number  densities.  Thus  we  eliminate  all 
convective  terms.  The  equations  are  then  written  in  fully  implicit 
finite  difference  form  and  are  solved  by  simultaneous  iteration  at  each 
timestep. 

We  have  carried  out  preliminary  calculations  neglecting  radiative 
transfer  effects.  The  simple  model  atmosphere  used  is  not  claimed  to  be 
a  faithful  replica  of  a  loop  in  the  solar  atmosphere,  rather  it  is  in¬ 
tended  to  illustrate  global  features.  Figure  1  shows  the  velocity 
response  of  a  loop  to  the  impulsive  injection  of  energy  at  its  apex, 
raising  <*he  coronal  temperature  from  1.6  x  106K  to  5  x  106K.  Coronal 
material  is  driven  down  the  legs  of  the  loop  and  collides  with  the  dense 
transition  region  after  1  minute.  The  chromosphere  is  then  compressed 
downwards  while  coronal  material  is  reflected  upwards  again.  Inereafter 
the  atmosphere  undergoes  oscillations,  heavily  damped  by  conduction  and 
radiation,  of  period  k  minutes.  Global  oscillations  of  this  type  (and 
of  greater  amplitude  for  stronger  flare  heating)  appear  in  all  our  cal¬ 
culations  but,  as  far  as  we  know',  have  not  been  reported  cbservationally . 
Figure  2  shows  the  results  of  injecting  the  same  amount  of  energy  at  a 
height  of  1000  km  in  the  chromosphere;  in  this  case  a  surge-like  ejection 
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of  chromospheric  material  into  the  corona  occurs.  The  Lagrangian  vertical 
axis  in  Figure  2  does  not  explicitly  show  the  ration,  but  integration  of 
the  velocity  over  time  shows  that  this  small  surge  reaches  a  height  of  ' 
only  5000  km.  The  most  interesting  feature  of  the  calculation  is  the 
lack  of  heating  of  the  surge  material  by  the  energy  release;  in  fact  the 
material  is  compressed  as  it  is  driven  upwards  and  cools  rapidly  through 
the  enhanced  radiative  loss  rate.  Thus  we  have  a  possible  explanation 
for  the  appearance  of  cool,  dense  surges  in  the  corona. 

"While  investigating  the  dynamic  formation  cf  an  atmosphere  with  a 
cornna-transition-zone-chromosphere  structure  from  an  initially  uniform 
plasma,  Craig  and  McClymont  (1979)  found  that  incorrect  results  were 
obtained  for  high  conductive  fluxes  through  the  transition  region.  It 
is  now  clear  that  only  fluxes  for  which  the  scale  height  of  temperature 
variation  is  greater  than  the  finite  difference  grid  spacing  can  be  re- 
-  produced  accurately.  That  is,  the  flux  F  is  limited  to  ptc(T)/(k  All),  ■ 
where  p  is  pressure,  k(T)  is  the  conductivity,  k  is  Boltzmann's  constant 

•  and  AN  is  the  Lagrangian  gild  spacing.  With  the  grid  spacing  typically 
-.-used  in  numerical  modelling  of  this  type  (e.g.  Kostyuk  and  Pikel'ner, 

1975»  Kostyuk,  1976;  Somov  et  aL,  1978;  Craig  and  McClymont,  1979)  this 
criterion  is  marginally  satisfied  in  the  quiet  solar  atmosphere  but 
grossly  violated  under  flare  conditions.  Under  dynamic  flare  conditions 
there  is  an  "evaporative"  conduction  front  moving  through  the  plasma  at 
a  "velocity"  u(cm“2  s_1).  In  order  to  reproduce  the  temporal  behavior  of 
the  atmosphere  satisfactorily,  conditions  at  a  grid  point  must  change 
slowly  compared  to  the  timestep  At,  i.e.  we  require  u  AT  «  L(T)  = 

*  pk/(2  kF) ,  where  I.(T)  is  the  characteristic  scale  of  T  variation, 
[(T)(dT/dlO]_1 •  Under  flare  conditions  this  is  very  severe  restriction 
on  the  timestep;  we  must  depart  from  conventional  finite  difference 
techniques  to  handle  the  transition  region.  We  suggest  the  following 
methods ,  none  of  which  have  been  investigated  in  detail : 

(1)  Within  the  transition  zone,  formulate  the  equations  for  a  set 
•of  grid  points  which  convect  through  the  plasma  with  the  conduction  front. 

(2)  Introduce  a  "pseudo-conductivity"  term  in  analogy  with  the 
pseudo-viscosity  term,  with  suitable  modification  of  the  energy  equation. 

(3)  Approximate  the  transition  region  as  a  thin  interface  between 
an  upper  temperature  Tj  in  the  corona  and  a  lower  temperature  T2  in  the 
chromosphere. 
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Somov,  B.V.,  Spektor,  A.R.,  and  Syrovatskii,  S.I.:  1978,  Izv. Acad. Sex . 
USSR.  Phys.Ser. ,  hi ,  p.  273. 


iii )  The  Dynamic  Formation  of  Quasi-Static  Active  Region  Loops 


This  paper  describes  further  development  of  the  numerical  techniques, 
beyond  the  work  described  above.  It  is  the  first  paper  to  discuss  the  full 
dynamics  of  chromospheric  evaporation,  on  which  our  observational  results  have 
focused,  From  a  computational  point  of  view,  it  demonstrates  the  importance  of 
proper  spatial  resolution  in  numerical  simulations.  As  a  result,  our  subsequent 
theoretical  studies  used  a  much  more  sophisticated  numerical  technique,  /.*. 
adaptive  regridding. 
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Abstract.  A  hydrodynamic  model  is  used  to  analyse  the  formation  of  an  active  region  coronal  loop.  After 
•n  impulse  of  energy  that  'lifts'  part  of  a  cool  uniform  plasma  into  the  domain  of  radiative  instability 
{T>  105  K)  the  atmosphere  is  allowed  to  relax  dynamically-to  a  new  quasi-steady  equilibrium.  Although 
the  radiative-hydrodynamic  coupling  leads  to  quite  complex  physical  phenomena,  the  final  state  of  the 
plasma  shows  excellent  agreement  wi'h  previous  quasi-static  loop  calculation. 

The  bearing  of  this  analysis  on  the  evolution  of  flare  plasmas  is  then  discussed.  In  particular,  it  is  shown 
that  the  energy  flux  emanating  from  an  excited  coronal  source  leads  to  the  ‘dynamic  evaporation'  of  cool 
transition-zone  and  chromospheric  material.  The  analysis  indicates,  however,  that  an  accurate  description 
of  the  transition  zone  in  solar  flares  requires  considerably  more  sophistication  than  has  hitherto  been 
employed. 

Finally,  a  discussion  is  given  of  the  uniqueness  and  stability  of  the  quasi-static  loop.  It  is  concluded  that, 
despite  thermal  instability,  a  quasi-static  model  should  adequately  describe  the  gross  features  of  quiescent 
coronal  loops. 


1.  Introduction 

High  resolution  X-ray  and  EUV  observations  indicate  that  active  region  plasmas  are 
organized  by  the  solar  magnetic  field  into  filamentary  loop  structures.  The  loops  are 
generally  quiescent;  they  undergo  little  change  in  either  brightness  or  structure 
throughout  the  greater  part  of  their  lifetime.  In  consequence  an  individual  loop  may 
satisfy  a  simple  quasi-static  equilibrium  in  which  local  energy  losses  by  conduction 
and  radiation  are  balanced  by  a  stationary  heating  mechanism. 

Quasi-static  loop  models  (Landini  and  Fossi,  1975;  Craig  et  al.,  1978;  Rosner  et 
u'  ,  1978)  seem  in  reasonable  accord  with  the  observations:  they  explain,  in  a  fairly 
natural  wav ,  the  fact  that  small  hot  loops  are  several  orders  of  magnitude  denser  than 
larger,  cooler  structures.  On  the  theoretical  side,  however,  there  has  been  specula¬ 
tion  that  certain  loop  configuration  may  be  thermally  unstable.  Antiochos  (1979)  and 
Hood  and  Priest  (1979)  have  already  argued  on  the  basis  of  linearized  normal  mode 
analyses,  that  the  loop  models  of  Rosner  etal.  (1978)  lack  stability.  This  view  is  not 
-  shared  by  Habbel  and  Rosner  (1979)  who  contend  that  virtually  all  plausible  heating 
mechanisms  give  rise  to  stable  or  metastable  thermal  structures. 

Which  of  these  views  is  nearer  the  truth  is  best  established  by  a  full  dynamic 
treatment  of  the  loop  evolution.  But,  thermal  stability  aside,  the  real  beauty  of  the 

*  Formerly  at  Department  of  Astronomy,  The  University,  Glasgow  G12  8QQ,  Scotland. 


-j 

i 

■i 


ii 


Solar  Physics  70  (1981)  97-113.  0038-0938/81/0701-0097  $02  55. 

Copyright  ©  1981  by  D.  Reidel  Publishing  Co.,  Dordrecht,  Holland,  and  Boston,  U  S.A. 


|  PRECEDING  PAGE  BLANK-N0T  FILMED 


.a—  , 


98 


I.  J  D  CRAIG  AND  A.  N  McCLYMONT 


dynamic  approach  is  that  the  transition  between  successive  loop  configurations  can 
be  followed  in  detail.  Hence  the  influence  of  mass  flow  and  chromospheric  evapora¬ 
tion  on  the  loop  structure  can  be  more  readily  understood. 

In  this  paper  therefore,  we  analyze  the  dynamic  formation  of  a  quasi-state  loop. 
The  analysis  is  similar  in  philosophy  to  the  dynamical  ‘quiet’  coronal  model  proposed 
by  Brown  and  Bessey  (1973).  Our  emphasis  however,  is  on  the  closed  loop  topology 
of  the  active  region  plasma  rather  than  on  the  freely  expanding  ‘open’  geometry  of 
Brown  and  Bessey.  In  fact  our  treatment  gives  rise  to  far  more  complex  and 
interesting  physical  phenomena  -  for  instance,  radiative  condensations  generated  by 
the  hydrodynamic  response  of  the  loop  -  which  are  of  direct  relevance  to  both 
quiescent  active  region  and  dynamic  flare  problems. 

In  Section  2  we  briefly  summarize  the  essential  features  and  limitations  of 
quasi-static  loop  modelling.  The  complete  system  of  hydrodynamic  equations  is 
introduced  in  Section  3  and  assumptions  underlying  the  boundary  and  initial 
conditions  of  the  problem  are  fully  discussed.  In  Section  4  we  present  a  detailed 
interpretation  of  the  numerical  results.  Finally,  in  Section  5,  we  discuss  the 
importance  of  our  conclusions  to  future  active  region  and  flare  modelling. 


2.  Background  -  The  Quasi-Static  Loop 


As  already  mentioned,  many  quasi-static  models  of  quiescent  active  region  plasmas 
have  been  developed,  with  the  central  assumption  that  dynamic  effects  can  be 
neglected  in  the  energy  balance.  Accordingly  the  energy  equation  is  simply 


(2.1) 


where  T  is  the  phstm  temperature,  n  is  the  electron  number  density,  K  is  the 
classical  coefficient  of  heat  conduction, 


K  ~  K0T 


3/2 


(2.2) 


with  Kq^  10"  cgs  units,  f(T)  is  the  radiative  loss  function  for  an  optically-thin 


plasma  (e.g.  Cox  and  Tucker,  1969;  Tucker  and  Koren,  1971),  and  e(z)  is  the 
stationary  heating  term.  The  space  coordinate  z  is  measured  along  the  axis  of  the 
loop  from  its  apex;  the  loop  is  assumed  to  be  of  constant  area  and  symmetric  about 
this  point.  In  addition  most  analytic  models  assume  uniform  pressure,  viz. 


P  »  2nkT  =  constant , 


(2.3) 


since  the  gravitational  scale  height  in  the  corona  and  transition  region  is  much  greater 
than  the  vertical  extent  of  the  region  under  study  (c.f.  the  numerical  modelling  of 
Vesecky  eta!.,  1979). 

The  analytic  model  of  Landini  and  Fossi  (1975)  and  Rosner  etal.  (1978),  is  based 
on  two  further  assumptions,  namely  uniform  energy  deposition  and  vanishing 
conductive  flux  deep  in  the  chromosphere.  However,  as  emphasized  by  Craig  et  al. 
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(1978),  since  both  the  chromospheric  energy  balance  and  the  form  of  the  energy 
deposition  are  rather  poorly  understood,  it  is  wise  to  avoid  these  assumptions  if 
possible.  Thus,  following  Craig  etal.  (1978),  we  regard  the  energy  input  as  a  function 
of  temperature  rather  than  of  position.  This  is  generally  plausible,  because,  for 
physically  realistic  heating  functions,  T  is  always  a  monotonic  function  of  z  in  each 
half  of  the  loop. 

Defining  the  half  length  of  the  loop  by 


where  T\  is  a  reference  temperature  at  the  base  of  the  atmosphere  (7\  =*  105  K)  it  is 
.then  possible  to  derive  a  relationship  between  l  and  the  central  temperature  and 
density,  To  and  no.  In  particular  we  obtain 

n0»  3.8  x  10V/2  [1  +(3(7’,)/3o)Jr,/2  if*/ 1,  (2.5) 


where  3(7i)  is  the  conductive  flux  entering  the  lower  atmosphere  (T <  T),  ?o  = 
2x  10~u  rtoTo*  erg  cm'1  s"1  is  a  reference  coronal  flux  and  0  is  a  number  of  0(1) 
accounting  for  the  ‘shape’  of  the  heating  function: 


u  u 

|  e(T)Tsn  dT  =  0e(To)  j 


Equation  (2.5)  already  incorporates  the  expressions  derived  by  Landini  and  Fossi, 
and  Rosner  etal.:  For  uniform  deposition  0  =  1,  while  for  negligible  chromospheric 
heat  flux  SS(ri)/3o“0.  Note  that  the  exponent  of  T0  in  Equation  (2.5)  depends  on 
the  choice  of  power  law  approximation  to  the  coronal  radiative  loss  function 
(105  K<  T  <  107  K)  so  that  the  slight  differences  in  the  power  of  T0  obtained  by 
various  authors  have  no  inherent  physical  significance  (e.g.  Landini  and  Fossi,  1975; 
Rosner  et  al,  1978).  Note  also  that  Equation  (2.5)  generally  provides  a  good 
approximation  to  the  global  loop  structure,  even  when  effects  due  to  gravity  and 
variable  cross-section  are  taken  into  account  (see  Vesecky  etal,  1979). 

Perhaps  we  should  emphasise  at  this  point  that  the  amplitude  of  the  coronal  heating 
function  is  implicitly  incorporated  in  Equation  (2.5);  the  magnitude  of  the  heating 
determines  the  peak  temperature  of  the  loop  (in  fact,  to  an  accuracy  of  typically  20% 
or  better  eo  =  KoTlnfl2),  a  point  evidently  not  appreciated  by  Jordan  (1980)  who 
maintains  that  most  authors  neglect  the  influence  of  the  heating  strength.  It  follows 
that  relationship  (2.5)  can  be  used  to  provide  a  two-parameter  (f0.  0)  description  of 
the  heating  function  provided  that  measurement  of  the  coronal  parameters  n,\,  Tu, 
and  /,  can  be  combined  with  a  plausible  estimate  of  the  chromospheric  heat  flux 
More  detailed  information  on  the  heating  can  be  derived,  at  least  in  principle, 
by  differentiating  the  differential  emission  measure  function,  £(T),  but  this  approach 
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will  remain  unsound  unless  the  typically  crude,  two  or  three  parameter,  represen¬ 
tation  of  £  can  be  considerably  improved  upon  (cf.  Jordan,  1980). 

The  possibility  that  certain  loop  configurations  may  be  thermally  unstable  can  be 
anticipated  from  Field's  (1965)  criterion  for  stability  of  a  homogeneous,  isothermal, 
plasma  of  length  /: 

n  <2.2x  105  T9/*/l.  (2.7) 

Although  not  directly  applicable  to  the  inhomogeneous  loop  plasma,  this  result, 
suggests  that  if  the  coronal  density  becomes  too  high,  or  the  coronal  scale  length  too 
great,  then  conduction  can  no  longer  control  perturbations  in  the  thermally  unstable 
plasma.  Moreover,  comparison  of  this  condition  with  Equation  (2,5)  suggests  that 
instability  is  less  likely  to  occur  for  low  (J  values  and  high  conductive  fluxes  through 
the  base. 

Antiochos  (1979)  has  recently  performed  a  global  perturbation  analysis  for  static, 
closed  loop  structures.  He  finds  that  loop  models  which  assume  vanishing  conductive 
flux  at  the  base  (e.g.  Rosner  et  at.,  1978)  are  always  thermally  unstable  (see  also 
Hood  and  Priest,  1979).  The  instability,  however,  vanishes  when  the  base  conductive 
flare  is  increased  to  approximately  15%  of  its  peak  coronal  value.  Antiochos  then 
speculates  that  regions  of  low  conductive  flux  in  the  lower  transition  zone  may 
develop  oscillatory  (period  of  -1  s)  behaviour  as  material  heats,  expands  and  then 
cools  and  condenses.  However,  only  a  detailed  dynamic  calculation  is  capable  of 
supporting  this  assertion. 

Finally  we  remark  that  Rosner  et  at.  (1978)  have  asserted,  incorrectly ,  that  the 
temperature  at  the  apex  of  the  quasi-static  loop  must  be  maximal  in  order  to  maintain 
the  thermal  stability  of  the  plasma;  they  fail  to  take  account  of  the  fact  that 
conduction  can  stabilise  the  instability  provided  the  coronal  length  scale  is  not  too 
large  (see  also  Vesecky  etal.,  1979). 


3.  Equations  and  Boundary  Conditions 

The  hydrodynamic  equations  for  a  fully  ionized  corona!  plasma  may  be  written  in  the 
following  form  (Craig  and  McClymont,  1976): 


Dp  dv 

d7"“pS7’ 

(3.1) 

Du  r)P 

PDt  =  ~dz  ' 

(3.2) 

3  D  .  a  (VBT\ 

\-P~~n2f(T)+e , 

OZ 
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where  p  =  mnn  is  the  mass  density,  m»  is  the  mass  of  the  hydrogen  atom  and  v  is  the 
fluid  velocity.  Note  that  we  neglect  gravitational  acceleration  and  viscosity  and 
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(2.7) 


model  the  chromospheric  radiation  only  crudely  (see  below).  These  simplifications 
however,  are  mainly  for  ease  of  exposition  and  in  no  way  affect  our  central 
conclusions. 

As  usual  we  suppose  that  the  loop  evolution  is  symmetrical  about  the  apex,  so  that 


dT_  in  dy 
d z  dz  dz 


z  =  0. 


(3.4) 
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At  the  base  of  the  model  the  temperature  gradient  and  the  fluid  velocity  are  taken  to 
vanish  (cf.  Kostyuk  and  Pikel’ner,  1975).  This  condition  is  very  convenient  from  the 
theoretical  viewpoint  since  it  means  that  the  hydrodynamic  system  is  isolated  from  its 
surroundings  in  that  there  is  no  mass  or  energy  flux  through  the  footpoints.  Radiation 
is  the  only  process  by  which  the  loop  can  lose  energy.  In  essence,  therefore,  we  are 
assuming  that  there  is  some  region,  immediately  below  the  base  of  the  loop,  which  is 
essentially  unaffected  by  events  in  the  overlying  plasma. 

Other  possibilities  for  the  lower  boundary  condition  have  also  been  considered.  In 
particular,  we  have  experimented  with  the  idea  of  keeping  .he  base  temperature 
fixed,  so  that  the  lower  chromosphere  can  act,  in  effect,  as  an  infinite  source  or  sink  of 
heat.  In  the  absence  of  a  self-consistent  model  chromosphere  however,  it  is  difficult 
to  determine  whether  this  condition  is  much  superior  to  the  assumption  of  a  rigid 
insulating  barrier.  For  the  present  we  adopt  the  thermally  isolated  atmosphere,  not 
because  it  provides,  necessarily,  the  most  physically  realistic  model,  but  because  it 
represents  the  simplest,  non-trivial  approximation  to  the  chromospheric  response. 

Also,  while  radiation  from  the  corona  and  transition  zone  can  be  treated  in  the 
optically- thin  approximation,  it  is  clear  that  some  form  of  opacity  correction  must  be 
introduced  in  the  chromosphere  to  keep  the  radiative  losses  down  to  a  realistic  level. 
Various  forms  of  semi-empirical  opacity  have  been  investigated  by  McClymont  and 
Canfield  (1979;  unpublished  results).  We  adopt  here  only  a  zeroth  order  correction; 
this  is  equivalent  to  setting  /( 7”) « 10”36  7°  (cgs  units)  in  the  region  below  ~105  K. 

In  the  present  application  the  initial  atmosphere  is,  to  a  large  extent,  arbitrary.  The 
main  requirement  is  that  the  loop  contains  sufficient  mass  and  energy  to  form  a 
realistic  coronal-transition  region  structure.  Since  we  are  interested  in  the  dynamic 
loop  relaxation  rather  than  in  the  details  of  the  initial  static  atmosphere,  it  is  sufficient 
to  select  the  simplest  static  loop  consistent  with  the  boundary  conditions  and 
the  global -mass-energy  requirements.  Accordingly  we  chose  uniform  initial 


7r«  6xl04Kl 
«i  =  109  cm-3 1 


(3.5) 


(3  ? 1  The  radiative  losses  are  supported  by  a  quiescent  energy  input  which  is  assumed  to  be 

constant  per  unit  mass: 

hydrogen  atom  and  c  is  the 

deration  and  viscosity  eQ  —  nn,f(T,) .  (3.6) 
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A  transient  energy  pulse,  e„  of  gaussian  half-width  a  -  short  compared  to  the  half 
length  /  of  the  loop  -  is  then  used  to  perturb  the  static  atmosphere: 


rr  =  5xl08cm  i 

/  =  3.3xl09cm)' 


(3.7) 


Consequently  e  has  two  components, 
e  =  e,  +  e, , 


e,  being  sinusoidal  in  time  reaching  a  maximum  amplitude  of  10-2  ergs  cm-2  s'1  after 
100  s.  Note  that  this  amplitude  must  be  sufficient  to  lift’  enough  of  the  plasma  into 
the  domain  of  the  radiative  instability  (7 a  103  K).  When  the  pulse  is  switched  off 
(*,“0  for  />200s)  the  atmosphere  is  allowed  to  relax  dynamically  to  a  new 
quasi-steady  state. 

In  obtaining  a  numerical  solution  the  hydrodynamic  equations  were  written  in 
terms  of  the  Lagrangian  variable 
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3* 


(3.8)  $ 
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Results  were  then  derived  from  a  second  order,  implicit  finite  difference  scheme, 
incorporating  self-adjustable  time  step  (0.1  to  1.0  s)  and  pseudo-viscosity  in  the 
momentum  equation  (e.g.  Richtmyer  ar.d  Morton,  1967). 


4.  Results  and  Interpretation 

4.1.  The  DYNAMIC  CORONA 

Figures  1-12  show  the  detailed  evolution  of  the  loop. 

We  observe  that  during  the  first  minute  or  so  of  transient  energy  deposition  the 
plasma  is  heated  at  approximately  constant  density.  As  soon  as  the  central  tempera¬ 
ture  exceeds  10s  K  the  local  radiative  losses  diminish;  the  plasma  near  the  top  of  the 
loop,  driven  partly  by  the  instability,  heats  rapidly  until  conduction  counter  balances 
the  instability  at  approximately  2  x  10*.  However,  the  enhanced  thermal  energy  in 
the  newly  developed  corona  drives  a  pressure  wave  into  the  cooler  material.  By  200  s 
sufficient  mass  has  been  driven  into  this  region  to  form  a  cool,  dense  radiative 
condensation  (F^x  104  K;/i  =>  I0ucm"3).  Figures  1,  2,  and  3  show  the  gradual 
development  of  the  condensation  into  a  chromosphere  as  the  pressure  wave 
advances.  Material  which  is  first  compressionally  heated  by  the  wavefront  rapidly 
cools  by  radiation  due  to  the  density  enhancement.  Note  also,  in  Figure  7,  how  a 
velocity  reversal  at  the  origin  results  from  a  temporary  reduction  in  the  local  coronal 
pressure. 

After  500  s  (Figure  4;  the  loop  structure  is  virtually  fully  developed:  coronal  and 
chromospheric  regions  are  separated  by  a  narrow  transition  layer  ( — 107  cm  thick). 
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Chromospheric  material  is  now  flowing  up  through  the  transition  zone  enhancing  the 
coronal  density  and  pressure.  Although  the  pressure  gradient  has  once  again 
reversed  after  800  s  the  loop  is  now  able  to  relax  through  fairly  minor  adjustments  in 
the  thermal  profile  (Figures  5  and  6). 

Figures  7, 8,  and  9  illustrate  the  velocity  profiles  in  the  loop.  While  an  overview  of 
the  evolution  is  provided  by  Figures  10, 11,  and  12.  Figures  10  and  11  illustrate  the 
evolution  of  the  coronal  temperature,  density  and  pressure  at  the  top  of  the  loop. 
Quasi-static  equilibrium  is  attained  after  ~  1800  s  (30  min),  since  by  this  time 
oscillations  of  the  coronal  plasma  are  almost  absent:  indeed  the  final  coronal 
parameters  show  excellent  agreement  with  the  T0,  nQ,  and  /  scaling  law  of  Equation 
(2.5). 

A  global  picture  of  the  hydrodynamic  evolution  of  the  loop  is  illustrated  in  Figure 
12.  It  is  clear  that  the  quasi-static  state  is  established  once  the  ratio  of  global  kinetic 
to  thermal  energy  of  the  plasma  has  decreased  from  ~10-1  to  ~1(T\  while  the 
complex  transient  behaviour  at  earlier  times  is  replaced  by  a  simple  oscillation  with 
period  corresponding  to  the  acoustic  propagation  time  along  the  loop  (~300  s). 

4.2.  The  effect  of  flare  energization 

In  this  section  we  consider  two  effects  of  relevance  to  hydrodynamic  flare  modelling. 
The  first  effect  is  entirely  physical  in  origin  and  results  from  the  dynamic  response  of 
the  chromosphere  and  low  transition  zone  to  enhanced  coronal  energy  flux;  the 
second  is  a  spurious  numerical  effect.that  arises  through  inadequate  resolution  in  the 
(model)  flare  transition  zone. 

We  begin  by  investigating  the  response  of  the  fully-formed  quasi-static  atmos¬ 
phere  to  a  transient  injection  of  energy  at  1600  s.  (The  dynamic  heating  e ,  remains 
the  same  as  before).  The  dotted  lines  in  Figures  10  and  11  indicate  the  evolution  of 
the  coronal  loop.  It  is  clear  that  a  substantial  fraction  of  the  energy  flux  emerging 
from  the  corcnal  source  is  ‘reflected  back’  off  the  denser  material  in  the  transition 
zone  and  chromosphere.  The  net  effect  is  a  dynamic  evaporation  of  cool  material. 
Thus  the  coronal  density  which  is  initially  diminished  by  motions  down  the  pressure 
gradient,  becomes  rapidly  enhanced  by  the  initial  backflow  of  relatively  dense 
material  through  the  transition  zone.  Likewise,  the  pressure  achieves  its 
maximum  value  after  the  transient  heating  has  ceased,  almost  concurrent  with 
the  density  maximum.  In  contrast  the  coronal  temperature  declines  steadily 
throughout  the  initial  relaxation.  The  analysis  shows  very  clearly  how  the  hydro- 
dynamic  oscillation  of  the  loop  is  superposed  on  the  slower  variation  of  density 
and  temperature. 

As  already  implied,  we  believe  that  dynamic  evaporation  is  a  general  mani¬ 
festation  of  the  flare  phenomenon.  The  effect  moreover,  is  not  strongly  dependent  on 
the  evolution  of  the  lower  boundary  temperature;  thus  when  the  base  temperature  is 
held  fixed,  rather  than  allowed  to  float  as  in  the  present  calculation  (see  Section  3), 
the  dynamic  evaporation  is  not  appreciably  diminished.  It  would  appear  therefore, 
that  a  rising  coronal  density  (or  emission  measure)  can  be  associated  quite  naturally 
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with  a  falling  coronal  temperature  during  the  initial  phases  of  the  flare  (cf.  Svestka, 
197Cj). 

There  is  one  respect  however,  in  which  our  ‘flare-analysis’  may  not  be  sufficiently 
accurate;  the  trend  of  the  temperature,  density  and  particularly  the  pressure  profile 
suggest  that  the  atmosphere  will  not  relax  back  to  its  previous  quasi-steady  state; 
rather  it  appears  to  relax  to  a  new,  higher  energy  equilibrium.  This  implies  that  an 
infinite  family  of  solutions  is  possible,  all  with  the  same  stationary  heating  but 
differing  in  thermal  energy  content.  On  the  other  hand,  it  appears  (see  Section  4.3 
below)  that  the  quasi-state  equations  introduced  in  Section  2  admit  only  two 
solutions,  the  original  isothermal  state  and  one  ‘corona-chromosphere’  state.  (A 
second  isothermal  state  where  the  stationary  heating  is  balanced  by  the  bremstrah- 
lung  losses  at  T  =•  10IOK  is  also  possible  in  principle.)  This  discrepancy  probably 
indicates  that  our  numerical  finite  difference  scheme  lacks  accuracy  in  the  transition 
region  at  high  conductive  fluxes.  There  the  relatively  poor  spatial  resolution  may 
prevent  the  temperature  gradient  from  steepening  as  much  as  it  should,  effectively 
bottling  up  the  coronal  conductive  flux.  Thus  when  equilibrium  is  reached  in  the 
numerical  simulation  the  corona  may  be  too  hot  and  the  chromosphere  too  cool. 

That  this  problem  is  particularly  severe  for  flare  plasmas  can  be  seen  by  tht 
following  simplified  argument:  The  criterion  that  the  grid  spacing  in  the  loop  should 
not  exceed  the  temperature  scale  height  readily  yields  a  restriction  on  the  local  heat 
flux: 

*{T)*  dT-  (<U) 

For  a  Langrangian  scheme  employing  approximately  one  hundred  grid  points  the 
grid  spacing,  Az,  in  the  chromosphere  and  lower  transitions  zone  is  of  order  106  cm. 
It  follows  from  (4.1)  that  the  maximum  heat  flux  that  can  be  transmitted  into  the 
region  below  say  T  =  10'  It,  is  approximately  105'r  erg  cm"2  s'1.  This  restiiction 
appears  not  to  be  critical  in  the  earlier  ‘dynamic  corona'  calculation  since  the  already 
weak  coronal  flux  (~3x  10s  erg  cm'2  s"1)  is  strongly  depleted  by  radiation  in  the 
region  from  105-104K.  However,  during  the  second  energy  injection  at  1600  s  the 
maximum  coronal  temperature  corresponds  to  a  minimum  coronal  density  implying 
that  the  bulk  of  the  enhanced  conductive  flux  ( — 107  erg  cm'2  s'1)  should  be  trans¬ 
ferred  into  the  lower  transition  zone  ( T  <  1 0J  K).  In  this  case  condition  (4. 1 )  is  likely 
to  be  violated. 

Although  the  above  argument  neglects  the  dependence  of  the  grid  spacing  on  the 
varying  density  distribution,  it  does  bring  home  the  difficulty  of  modelling  a  high 
conductive  flux  througu  the  transition  zone.  In  fact,  the  problem  seems  to  afflict  most 
gas  dynamic  flare  analysis:  The  calculations  of  Kostyuk  and  Pikel’ner  (1975), 
Kostyuk  (1976),  Somov  etal.  (1977),  and  Nagai  (1980)  all  contain  a  transition  zone 
that  carries  a  similar  or  greater  heat  flux,  while  employing  a  finite  difference  grid 
spacing  which  in  the  transition  zone  is  almost  identical  to  our  own.  The  problem  is 
recognised  by  Antinchos  and  Krail  (1978)  who  use  an  analytic  approximation  to  the 
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transition  region  structure  as  the  boundary  condition  at  the  end  of  their  loop.  Either 
way,  it  appears  that  only  a  more  sophisticated  numerical  treatment  can  determine  the 
extent  to  which  physical  processes  in  the  flare  transition  zone  are  being  realistically 
treated. 

4.3.  Uniqueness  of  the  quasi-static  loop 

The  present  analysis  raises  an  interesting  question  as  to  the  uniqueness  of  the 
quiescent  loop  with  respect  to  the  boundary  conditions  and  global  constraints 
imposed  on  the  problem.  This  question  of  uniqueness  has  direct  bearing  on  the 
problem  of  loop-stability  but  so  far  has  received  scant  attention  in  the  literature. 
Although  it  seems  reasonable  on  physical  grounds  that  a  cooling  'flare'  loop  should 
return  to  its  original  quiescent  state  (the  dynamic  heating  having  been  switched-off), 
it  remains  to  be  seen  what  class  of  boundary  condition  is  sufficient  to  yield  a  unique 
static  solution.  We  postpone  a  detailed  discussion  of  this  topic  to  a  future  investiga¬ 
tion;  for  the  moment  we  indicate  the  plausibility  of  uniqueness  in  the  present  study. 

Consider  the  problem  of  generating  a  static  loop  structure  by  integrating  the 
energy  equation  (2.1)  hom  the  chromospheric  base  upwards.  We  assume  that  the 
heating  strength  is  specified  and  that  the  temperature  gradient  vanishes  at  the  top 
and  bottom  of  the  loop.  Now  observe  that  the  chromospheric  energy  balance  is 
determined  by  four  parameters,  the  temperature  and  density  at  the  base  of  the 
atmosphere  (T®  and  «®  respectively),  the  concavity  of  the  temperature  profile  at  this 
point  (T"  at  T  =  T®)  and  the  strength  of  the  chromospheric  heating.  Yet  only  three 
parameters  can  be  chosen  independently  and  with  the  heating  source  already 
specified,  the  loop  is  determined  by  two  parameters  from  the  set  (T®,  /i®,  T®). 
Integration  of  the  energy  equation  from  the  base  upwards  yields  a  second  point  of 
vanishing  temperature  gradient  which  defines  the  apex  temperature,  To,  of  the  loop. 
It  follows  that  the  column  mass  and  the  half-length  of  the  loop  may  be  determined  by 
quadrature: 


To 


r« 


By  this  construction  we  see  that  (  and  /  are  functions  of  two  base  parameters,  for 
definiteness  say  n®  and  T®.  Alternatively  it  follows,  under  the  assumption  of  well 
defined  inverse  functions,  that  unique  base  parameters  can  be  associated  with 
predetermined  values  of  loop-length  and  column  mass  -  these  constitute  the  global 
constraints  on  the  analysis.  In  this  case  the  boundary  conditions  will  be  sufficient  to 
isolate  a  unique  static  solution. 

Despite  this  general  argument,  since  the  thermal  structure  of  the  loop  ic  not 
amenable  to  closed  analytic  expression,  a  numerical  investigation  is  requited  to 
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establish  uniqueness  in  any  particular  case.  Independent  numerical  studies  by  the 
present  authors,  and  by  Wragg  (1980),  indicate  that  uniqueness  is  generally  achieved 
for  plausible  values  of  column  mass  and  loop-length  but  such  studies  are  not  yet 
exhaustive  enough  to  be  definitive. 

If  uniqueness  is  assumed  we  must  account  for  the  fact  that  the  cooling  flare  loop 
fails  to  return  to  its  original  quiescent  state.  However,  it  is  readily  established  by  a 
direct  static  calculation  (as  outlined  above)  that  the  peak  coronal  temperature  is  a 
rather  sensitive  function  of  the  concavity  of  the  thermal  profile  at  the  chromospheric 
base.  A  poorly  resolved  transition  zone  implies  that  the  temperature  profile  and  in 
particular  its  second  derivative  cannot  be  accurately  modelled,  in  which  case  the  peak 
coronal  temperature  may  be  subject  to  gross  errors.  The  net  effect  in  practice,  is  an 
underestimation  of  the  thermal  coupling  between  the  transition  zone  and  chromo- 
sphere,  which  gives  rise  to  a  spurious  enhancement  of  the  coronal  temperature. 

Finally,  we  ask  to  what  extent  the  dynamically-generated  atmosphere  (of  Section 
4.1)  approximates  a  truly  static  coronal  structure.  To  this  end  we  have  constructed  a 
sequence  of  static  solutions  which  have  the  same  length  scale  and  column  mass  as  the 
dynamic  loop.  We  find  that  it  is  possible  to  approximate  the  dynamic  solution  (after 
some  5000  s  evolution)  to  better  than  10%  in  the  coronal  and  chromospheric 
temperature  and  density.  This  suggests  that  we  may  claim  a  global  accuracy  of 
around  ten  percent  in  the  dynamic  corona  calculation. 


S'.  Conclusions 

Our  numerical  modelling  has  illustrated  several  points  of  physical  interest.  In  the  first 
place,  a  dynamic  loop  of  fixed  mass  which,  apart  from  radiative  losses,  is  energetically 
isolated  from  its  surroundings,  will  relax  on  the  conductive  and  radiative  time-scales 
to  a  quasi-steady  equilibrium.  Natural  hydrodynamic  oscillations  of  the  loop  are 
superposed  on  the  relaxation.  The  oscillation  period  (first  symmetric  mode)  is 
approximately 

r=>2//c  =*  10~*  l/Tin ,  (5.1) 

where  /  is  the  loop  half-length,  c  is  the  coronal  sound  speed,  and  T  the  coronal 
temperature.  We  would  expect  therefore,  for  both  active  region  and  flare  plasmas, 
variations  in  coronal  emission  of  approximately  this  period.  Of  course,  if  an 
assemblage  of  coronal  flux  tubes  is  being  observed,  these  oscillatory  effects  may  be 
smeared  out  and  rendered  indiscemable  in  the  data.  Contrary  to  the  speculation  of 
Antiochos  (1979).  we  see  no  evidence  of  high  frequency  oscillations  (r  ~  1  s)  in  the 
lower  transition  zone  due  to  effects  of  radiative  instability.  However,  we  agree  with 
Antiochos  in  that,  despite  thermal  instability,  quasi-static  models  should  describe  the 
gross  features  of  quiescent  coronal  loops. 

In  connection  mainly  with  solar  flares,  we  have  seen  that  the  transition  zone  and 
chromosphere  respond  dynamically  to  enhanced  coronal  energy  flux  by  driving  mass 
into  the  upper  atmosphere.  But  our  analysis  suggests  that  the  details  of  this  process 
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have  not  yet  been  adequately  simulated  for  the  high  energy  fluxes 
(alO9  erg  cm-2  s-1)  that  characterize  the  solar  flare.  In  consequence  we  recommend 
that  numerical  results  obtained  by  previous  authors  (e.g.  Kostyuk  and  Pikei’ner, 
1975)  should  be  closely  re-examined  to  determine  the  extent  to  which  they  model  the 
flare  transition  zone  in  a  realistic  manner. 
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transition  zone  and 
lux  by  driving  mass 
tails  of  this  process 


iv^  ^  Probabilistic  Approach  to  Radiative  Energy  Loss  Calculations 


for  Optically  Thick  Atmospheres ;  Hydrogen  Lines  and  Continua 

This  was  the  first  step  in  improving  the  treatment  of  radiative  cooling  of 
optically  thick  atmospheres,  which  was  necessary  to  use  the  chromospheric 
observations  to  infer  the  physical  processes  taking  place  in  flare 
chromospheres.  The  method  described  was  developed  in  order  to  improve  on  the 
theoretical  treatment  of  flare  energy  balance.  It  turned  out  that  an  even  better 
method  was  later  developed,  and  first  applied  to  quasars.  The  new  technique  is 
described  in  the  quasar  theory  section  below.  Because  superior  methods  were 
developed,  some  of  the  techniques  described  here  were  never  applied. 

The  main  value  of  this  paper  was  to  develop  expressions  for  computation  of 
the  probability  of  escape  of  continuum  photons,  /.*.  radiation  in  features  like 
the  Balmer  and  Lyman  continua  of  hydrogen.  This  is  a  key  element  of  the 
theoretical  treatment  of  flare  radiative  cooling. 
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ABSTRACT 

We  simultaneously  solve  an  approximate  probabilistic  radiative  transfer  equation  and  the 
statistical  equilibrium  equations  for  a  model  hydrogen  atom  consisting  of  three  bound  levels  and 
ionization  continuum.  We  explicitly  solve  the  transfer  equation  for  La,  L/7,  Ha.  and  the  Lyman 
continuum,  assuming  complete  redistribution.  We  have  tested  the  accuracy  of  'his  approach  by 
comparing  source  functions  and  radiative  loss  rates  to  values  obtained  with  a  method  that  solves 
the  exact  transfer  equation.  Two  recent  model  solar-flare  chromospheres  are ..  „ed  for  this  test.  We 
show  that  for  the  lest  atmospheres  the  probabilistic  method  gives  values  of  the  radiative  loss  rate 
that  are  characteristically  good  to  a  factor  of  2.  The  advantage  of  this  probabilistic  approach  is 
that  it  retains  a  description  of  the  dominant  physical  processes  of  radia  live  transfer  in  t  he  complete 
redistribution  case,  ye;  it  achieves  a  major  reduction  in  computational  requirements. 

Subject  headings:  line  formation  —  rariialive  transfer  —  Sun :  chromosphere 


i.  introduction 

To  calculate  the  rate  at  which  a  stellar  atmosphere  is  cooled  or  heated  by  radiative  processes  in  cases  v.here  the 
line-forming  regions  of  the  atmospheres  become  effectively  thick,  it  is  necessary  to  _ive  the  radiative  transfer 
equation.  Many  methods  exist  for  this  purpose.  In  this  paper  we  utilize  a  probabilistic  approach  that  is  based  on  the 
approximation  that  the  transfer  of  radiation  in  the  atmosphere  is  a  consequence  only  of  the  local  variation  of  the 
photon  escape  probability.  The  advantage  of  this  approximation  is  that  the  simplified  transfer  equation  is  a  first- 
order  ordinary  differential  equation,  and  can  be  solved  very  rapidly  in  numerical  applications.  The  radiative 
transfer  equation  that  results  from  this  approximation  was  first  derived  by  Aihay  f  \912a)  by  a  heuristic  argument, 
assuming  a  two-level  atom  and  noncoherent  scattering.  Subsequent  work  was  done  by  Delache  (1974)  and  Athay 
(1976).  A  more  rigorous  physical  and  mathematical  basis  has  been  provided  by  Frisch  and  Frisch  (1975). 

The  first  application  of  this  method  to  the  problem  of  hydrogenic  radiative  loss  from  plane-parallel  atmosprterea 
was  made  by  Canfield  (1974,  hereafter  Paper  l)  within  a  very  restricted  framework .  The  radiative  transfer  equation 
was  solved  only  in  Lyman  2  (Lz)  and  Balmer  a  (H2),  and  only  in  an  independent, !  wo-level  sense — no  interlocking 
effects  were  incorporated:  ionization  was  assumed  to  occur  only  in  optically  thin  continua  from  the  second  and 
third  levels ;  La  and  Ha  were  assumed  to  represent  the  only  sources  of  radiative  loss.  Applications  of  the  methods  of 
Paper  1  have  been  made  to  heating  of  the  solar-flare  chromosphere  by  Brown,  Canfield,  and  Robertson  (1978)  and 
Labonte  (1978). 

The  methods  described  in  the  present  paper  represent  a  considerable  improvement  over  those  of  Paper  I  Fn  ?t.  w  e 
treat  the  radiative  transfer  in  a  fully  consistent  multilevel  framework,  accounting  for  the  effects  of  all  interlocking 
transitions.  Second,  we  extend  the  method  to  solve  the  appioximate  transfer  equation  in  bound-free  coniinua, 
which  are  of  course  treated  as  both  interlocking  transitions  and  a  source  of  radiative  loss.  As  shown  numerical!)  in 
this  paper  by  a  comparison  of  the  present  probabilistic  method  to  a  more  physically  completi  matrix-inversion 
method,  for  a  specific  model  atmosphere,  the  accuracies  of  the  two  approaches  are  lonqvuhit'.  while  the 
probabilistic  method  is  ver)  much  faster. 


II.  MLITILEVLL  I  OK  Ml  LATiON 

The  form  of  the  approximate  transfer  equation  for  a  multilevel  model  atom  m  the  case  01  noi.«  -■beie,u  scaitvimg 
follows  in  a  straight  forward  manner  from  the  two-level  form  first  formulated  by  Ath.i>  (IV2.U 

2  =  «.D 

(fl\  A  1  T  ( 
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where  J  =  J  J ,  is  the  usual  monochromatic  mean  intensity.  O,  is  the  normalized  line  absorption  coefficient 
profile,  N  is  the  mean  number  of  scatterings  required  for  escape  from  the  atmosphere,  which  is  the  reciprocal  of  the 
probability  that  a  photon  will  escape  from  the  atmosphere  after  a  scattering  event  at  line-center  optical  depth  r0.  £  is 
the  ratio  of  coeliicients  of  collisional  to  radiative  de-excitation,  and  B  is  the  Planck  function.  The  generalization  to 
multilevel  form  can  be  seen  particularly  clearly  by  an  argument  parallel  to  Delache’s  (1974)  derivation  of  equation 
(1).  The  usual  radiative  transfer  equation  for  a  two-level  atom  and  noncoherent  scattering  can  be  written 


*o±F 

4  re  dx0  ' 


(■ J , 


S)d>,. 


(2) 


Here  F,  is  the  monochromatic  radiative  flux  at  frequency  v,  and  S  is  the  line  source  function,  independent  of 
frequency  for  noncoherent  scattering.  In  the  probabilistic  approximation,  Delache  (1974)  shows  that  the  left-hand 
side  of  equation  (2)  can  be  written  as 


(3) 


In  this  equation  it  is  clear  how  the  flux  divergence  at  an  optical  depth  x0  depends  ou  the  local  escape  probability.  It  is 
important  from  the  point  of  view  of  generalization  to  the  multilevel  case  that  no  assumptions  have  been  made 
regarding  the  nature  of  local  photon  sources  and  s>nks.  Combining  equations  (2)  and  (3)  and  integrating  over 
frequency,  we  obtain 


2 


dJ 

dN 


S. 


(4) 


In  a  two-level  atom,  statistical  'Equilibrium  implies  that 


J  +  tB 
~  l  +  f 


1  +  t/  1  +  £ 


(5) 


from  which  it  is  easy  to  see  that  the  right-hand  sides  of  equations  (1)  and  (4)  are  equivalent,  as  Delache  (1974) 
showed.  It  is  clear  that  the  generalization  to  a  multilevel  atom  is  accomplished  through  an  appropriate  expression  of 
S  through  the  statistical  equilibrium  equations,  which  can  be  written  in  the  form  (see,  e.g.,  Athay  19726.  chap.  2) 


c  J+t*B 

j  a  — — —  . 

I  +£t 


(6) 


The  parameters  £*  and  £t  are  in  genf  ral  not  equal  to  £  because  of  interlocking  effects.  Actual  expressions  for  <*  and 
f  t  depend  on  the  model  of  the  atom  used  and  the  specific  level  considered ;  this  point  is  discussed  in  detail  by  Athay 
(19726).  It  follows  from  equations  (41  and  (S)  that  the  multilevel  generalization  of  equation  (1)  is 


£ 

N 


£t 


1  +£t 


Hs) 


(7) 


The  right-hand  sides  of  both  equations  ( 1 )  and  (7)  express  the  net  amount  of  line  radiation  destroyed  per  scattering, 
but  equation  (1)  includes  only  direct  collisional  processes,  whereas  equation  (7)  also  includes  sources  and  sinks  of 
line  radiation  which  are  introduced  through  interlocking. 


III.  FREE-BOUND  CONT1NUA 

For  a  variety  of  physical  conditions  in  stellar  chromospheres  tirre  exist  free-bound  continua  that  are  not 
effectively  thin— for  example,  the  Lyman  continuum  in  solar-flare  chromospheric  models.  In  order  to  be  able  to 
treat  such  problems,  it  is  necessary  for  us  to  formulate  and  solve  the  approximate  ftee-bound  radiative  transfer 
equation  and  calculate  escape  probabilities. 


a)  Transfer  Equation 

To  cast  the  free-bound  transter  equation  in  the  same  form  as  equation  (7),  we  follow  an  argument  very  similar  to 
that  of  Athay  (19726,  pp  35  et  seq.).  Calling  attention  to  the  ^cs-bound  transition  c-i,  we  write  the  statistical 
equilibrium  equation  for  level  c  in  a  multilevel  atom  as  follows: 

».t C,.  +  A,,)  =  bfV,(Cu  ~  RIC)  +  V  (b„Pmc  -  P(m) .  (8) 

m  *  i.c 

Here  IF,  and  Wt  are  the  product  of  the  statistical  weight  and  the  Boltzmann  factor  for  lew  Is  i  and  t,  respectively,  Ccl 
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and  C(c  are  the  collisional  transition  coefficients,  Rte  and  Acl  are  the  radiative  transition  coefficients,  bi  is  the  usual 
non-LTE  departure  coefficient  for  level  j(bc  s  1),  and  Ptj  is  used  to  represent  the  product  of  W,  and  the  radiative 
and  collisional  transition  coefficients  given  above. 

If  we  define  t  as  above  and  6  by 


e  -  — —  y  />, 

\V  A  em  ' 


then  equation  (8)  becomes 


HS+<+2-. Lrj^)h,*n- 


By  introducing  the  usual  escape  coefficient  pfi  in  order  to  write  equation  (8)  in  terms  of  net  radiative  rate  coefficients 
between  levels  c  and  /,  it  is  straightforward  to  show  that  equation  (8)  implies  that 


If  we  define  c*  and  ft  as 


then  equation  (9)  becomes 


•  p  +  0  *  bli  +  7——  £  PJ>Jb\ 

\  rrtAtl  m*  l.c  ■  / 


c*  *  (<  +  p  t-  6)/b, , 
ft  =  i  +  6, 


b,  \KA<,  )l 


0+<t). 


The  total  upward  and  downward  radiative  coefficients  R,t  and  A(l  can  be  written  (assuming  hydrogenic  absorption- 
coefficient  profiles  and  neglecting  stimulated  emissions)  in  terms  of  frequency-averaged  intensity  7  and  Planck 
function  B  as 

<14> 


Then  equation  (13)  becomes 


1  J/B  +  (* 

b,~  1  +  ft 


*  B  J  +  c*B 
~  b~  1  +  ft  ‘ 

We  then  follow  the  procedure  of  §  II ;  for  a  hydrogenic  absorption-coefficient  profile. 


O,  =  for  v  >  v0  • 


Then  from  equation  (3), 


I'  >  V, , 


which  after  some  algebra,  integration,  and  use  of  equation  (10)  reduces  to  the  desired  form 


2£_Z._±.(7-^  Co 

dN  A'  l+ft\  ft  ) 

Before  we  can  solve  equations  (7)  and  (20)  we  must  calculate  the  escape  probability  and  thus  the  mean  number  of 
scatterings,  as  a  function  of  optical  depth. 
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b)  Escape  Probability 

The  escape  probability,  P,( r0),  in  a  plane-parailel  atmosphere  is  given  by 

F ,Uo)  =  ~  |  4\  exp  ( -  r Jp)dpdv  (2 1 ) 

(Athay  1972a),  where  4\  is  the  emission  profile  normalized  to  unit  area  and  p  is  the  direction  cosine.  When  dealing 
with  bound-bound  transitions  we  make  the  assumption  that  4\  =  d>v.  Approximate  formulae  for  P,  under  these 
conditions  have  been  presented  by  many  authors.  In  this  paper  we  have  used  the  one  given  by  Athay  (1972a). 
In  the  free-bound  case,  when  stimulated  recombinations  are  ignored,  the  normalized  emission  profile  is  given  by 


e\p(-hv/kTt) 

*“  v£,(/«v0/A:r.) 


for  v  £  v0 


(22) 


(see  Jefferies  1968.  §  6.6.3).  The  frequency-dependent  optical  depth  rv  is  equal  to  r0(v0/v)3.  Inserting  these 
expressions  into  (21).  performing  the  p  integration,  and  letting  x  =  v/v0,  we  obtain 


PJL  to) 


1  fxdx 
2£|(o i)  Ji  .x 


e-”£j(ToX'J), 


where 


hv0 

d  =3  -  • 

kT, 

We  have  evaluated  this  integral  numerically  at  several  values  of  the  electron  temperature  assuming  the  Lyman 
continuum  value  of  v0.  The  results  of  these  calculations  are  presented  in  Figure  1.  In  this  plot  it  is  evident  that  the 
probability  of  escape  at  any  particular  optical  depth  decreases  with  decreasing  temperature.  This  can  be  understood 
in  the  following  way :  A  photon  produced  by  photorecombination  has  an  energy  equal  to  the  threshold  energy  hv0 
plus  the  original  kinetic  energy  of  the  free  electron.  At  lower  temperatures  the  mean  kinetic  energy  of  the  electrons  is 
smaller.  Hence  most  of  the  created  photons  have  energies  closer  to  the  threshold  energy,  thus  having  a  greater 
probability  of  photoionizing  another  hydrogen  atom  before  being  able  to  escape  the  atmosphere. 

The  other  distinctive  feature  of  the  free-bound  escape  probability  is  its  very  abrupt  attenuation  as  the  optical 
depth  varies  between  x0  1  and  r0  =  100.  Whereas  the  bound-bound  escape  probability  varies  as  [r0(ln  r0)'  ’2]  "  ‘ 
for  large  t0,  P,  in  the  bound-free  case  varies  roughly  as  exp  [  -  t(v0/v,)3],  where  vt  is  the  mean  frequency  of  photons 
which  manage  to  escape.  These  characteristics  are,  of  course,  the  basis  of  the  so-called  ** on-the-spot” 
approximation  of  n<  bular  physics  vse»:  Osterbrook  1974). 


Fig  1  — Fnaton  escape  probabilities  lor  the  Lyman  continuum,  as  d  function  of  the  optical  depth  at  the  edge.  r0,  for  four  values  of  electron 
temperature  i\. 


1040 


CANFIELD  AND  RICCHIAZZI 


Vol.  239 


Unfortunately  to  obtain  the  exact  value  of  P,  given  by  (23)  at  each  grid  point  in  the  atmosphere  over  many 
iterations  would  significantly  increase  the  run  time  of  our  radiative  transfer  code  Therefore,  since  computational 
simplicity  is  one  of  our  main  objectives  in  this  research,  we  have  used  in  our  radiative-loss  calculations  a  crude  but 
simple  approximation  to  (23)  which  has  the  form 

}  exp  [  -  t„/V  -  a(*o  -  1  )]/*o .  (24) 

where  x0  —  max  [(3t0/a)1M,  1].  Even  though  this  formula  will  yield  escape  probabilities  which  are  in  error  by  as 
much  as  a  factor  of  3  for  rfl  »  I,  we  have  verified  that  this  produces  a  very  small  effect  in  the  computed  total 
hydrogenic  radiative  loss. 


c)  Limiting  Form  for  the  Escape  Coefficient 

In  general  the  escape  coefficient  p  can  be  found  only  after  evaluating  equation  (7)  or  (20)  for  the  transition  in 
question.  However,  in  regions  of  the  atmosphere  for  which  the  probability  of  escape  is  much  smaller  than  the 
probability  of  destroying  the  upper-level  state  without  producing  the  line  photon,  a  simple  formula  for  pjt  can  be 
derived.  One  can  then  use  these  values  of  pit  in  the  radiative  loss  formulae  (as  in  §  IV)  and  in  place  of  the  radiative 
rates  in  the  statistical  equilibrium  equations  (see  Athay  1 972 b,  eq.  [II- 1 6]),  thereby  avoiding  the  integration  of  (7)  or 
(20). 

Starting  with  equation  (7)  we  make  the  assumption  that  the  probability  of  destruction,  Pt  •  c+/(  1  +  ft),  and  the 
thermal  source  term,  (f*/ct)fi,  are  constants.  By  applying  the  proper  boundary  conditions  for  a  semi-infinite 
atmosphere  Athay  (1972a)  shows  that  (7)  can  be  integrated  to  yield 


J  « 


(25) 


cor  P4 »  P,  the  first  two  terms  of  the  asymptotic  expansion  of  equation  (25)  are 

-8- 


From  equation  (6)  or  (17)  we  get 


Thus  we  find  p  given  by 


p  =  l-^  =  l  1  ~  < W)  P, 

S  !+/>,-  {PJP4)  !+/>,  —  (/>,//>„) 


(26) 


(27) 


(28) 


A  transition  for  which  this  result  is  most  readily  applied  is  the  Lyman  continuum.  For  the  radiation  fields  typical  of  a 
solar-type  atmosphere  it  is  easy  to  see  that  the  probability  of  destruction  for  Lyman  continuum  (LC)  photons  is  in 
fact  on  the  order  of  1/2.  That  is,  about  half  of  the  processes  by  which  free  electrons  recombine  into  the  first  bound 
level  do  not  produce  LC  photons.  Therefore  we  should  be  able  to  avoid  integrating  (20)  (one  must  still  integrate  [7] 
for  the  bound-bound  transitions)  by  merely  replacing  pcl  by  Pt  everywhcre. 

We  have  made  one  run  using  this  simplification,  obtaining  radiative  losses  which  are  smallei  but  within  15IT’0  of 
those  from  the  usual  method.  The  benefit  of  using  this  technique  is  that  it  produces  a  converged  solution  in  1 2%  less 
computer  time. 


IV.  RADIATIVE  ENERGY  LOSS 
a)  Method 

The  radiative  energy  loss  rate  per  unit  volume  in  a  certain  transifon  Q  is  obtained  directly  from  ./  for  that 
transition  (see  Paper  I)  as  follows: 


Q  —  hvAnup . 


(29) 


where 


P  =  1  ~  j  •  (30) 

and  S  is  related  to  J  by  (6).  A  self-consistent  set  of  values  of  J.  c *,  and  <  +  is  obtained  iteratively  as  m  Papei  1.  by 
alternatively  resolving  the  radiative-transfer  equation  in  each  transition  and  the  steady-stale  equation  until 
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convergence  is  obtained  in  J  at  all  points  in  the  atmosphere  to  within  some  tolerance,  usually  an  upper  limit  to  the 
change  in  S  of  1%  in  all  transitions. 

One  must  also  decide  which  transitions  to  include  within  the  model  atom.  Here,  the  observations  are  clearly  the 
best  guide,  but  lacking  these,  one  should  include  only  those  transitions  which  make  a  large  contribution  to  the 
radiative  loss  somewhere  in  the  atmosphere.  The  following  discussion  applies  to  radiative-loss  calculation  in  a  pure 
hydrogen  atmosphere. 

In  regions  where  La  is  effectively  thin  (escape  probability  greater  than  destruction  probability),  it  will  be  a  large 
contributor  to  the  radiation  loss,  owing  to  its  large  Einstein  A  and  relatively  large  upper-level  population.  Since 
collisional  de-excitation  from  the  second  level  is  not  a  very  efficient  means  of  destroying  a  La  photon,  the  probability 
of  destruction  is  small  and  the  region  where  La  is  effectively  thin  is  quite  extensive. 

In  the  region  of  optical  depth  greater  than  I,  other  Lyman  lines  will  not  be  important,  because  they  tend  to 
degrade  into  combinations  of  a  lines  of  higher  series;  their  destruction  probabilities  are  large  (approaching  1).  This, 
combined  with  large  opacity  in  the  Lyman  lines,  implies  very  low  loss  from  the  non-a  Lyman  transitions  over  all  but 
the  most  superficial  regions  of  the  atmosphere.  In  the  optically  thin  regions  La  will  also  dominate  the  Lyman  series 
loss,  which  will  be  proportional  to  nuvylAui.  The  variation  of  Ayl  dominates  the  variation  of  this  quantity,  and  Aui 
decreases  rapidly  (e.g.,  AS1  —  I0-a/<21)  with  upper-level  quantum  number  u.  The  decrease  of  «„  with  increasing  u 
works  in  the  same  direction,  and  more  than  offsets  the  vul(u)  dependence. 

Other  subordinate  lines  also  suffer  from  large  destruction  probabilities,  but  smaller  lower-level  populations  keep 
their  opacity  small,  making  them  good  effective  radiators.  These  lines  should  be  included  as  long  as  the  energy  of  the 
transition  involved  is  not  much  smaller  than  the  average  thermal  energy  of  electrons  in  the  atmosphere.  This  is 
equivalent  to  choosing  only  those  lines  that  yield  photons  with  energies  near  and  above  the  peak  of  By(T,).  This 
criterion  would  imply  that  the  entire  Balmer  series  should  be  included.  This  conclusion  is  supported  by  th: 
observations  of  the  spectrum  of  the  radiative  output  of  the  1973  September  5  (Canfield  etal.  1980)  solar  flare.  Since 
it  is  our  purpose  only  to  compare  the  probabilistic  code  to  the  flux  divergence  code  we  chose  to  neglect  radiative  loss 
from  all  of  the  Balmer  series  lines  except  for  Ha,  even  though  there  is  no  physical  basis  fordoing  so.  A  calculation  of 
the  radiative  loss  accurate  to  better  than  a  factor  of  2  would  require  that  at  least  seven  bound  levels  be  included 
explicitly  in  the  hydrogen  model  atom,  in  order  to  find  the  loss  of  the  Balmer  lines  up  to  Hr.  One  could  then  make  the 
assumption  that  all  bound  levels  above  the  seventh  were  in  equilibrium  with  the  continuum  finding  the  loss  rate  from 
the  formula 

Q*z  -  hvAy2pt(T)n  *  , 

where  n*  is  found  through  the  Saha  equation.  Above  some  even  higher  level,  typically  level  20,  Stark  broadening 
causes  the  levels  to  merge  together  fully,  in  which  case  treatment  of  individual  lines  is  unnecessary. 

The  large  bandwidth  and  low  opacity  in  the  Balmer  and  higher  continua  make  them  effective  radiators.  To 
determine  how  important  these  transitions  are  we  examine  their  radiative  loss  function: 

Qu  »  7.8  x  10 9^kTnc/ls. 

W  c 

Ignoring  factors  common  to  all  the  continua  we  have 

&«/-». 

which  implies  that  anything  past  the  Balmer  and  Paschen  continua  need  not  be  included  in  the  cooling  rate 
calculation. 

b)  Calculations 

To  demonstrate  the  utility  of  the  approach  discussed  above,  we  have  made  a  comparison  of  radiative-loss  rates  Q 
obtained  using  solutions  of  the  probabilistic  transfer  equations  (7)  and  (20)  to  those  using  solutions  of  the  usual 
transfer  equation  in  integral  (flux-divergence)  form.  In  all  other  respects,  the  probabilistic  and  flux-divergence 
results  are  based  on  the  same  methods.  We  obtain  the  source  functions  for  La,  L/i,  Ha,  and  LC  by  solving  the 
radiative  transfer  equation.  The  Balmer  and  Paschen  continua  are  assumed  to  be  optically  thin. 

The  model  atmosphere  for  which  we  have  made  our  comparison  is  Lites  and  Cook's  (1979)  one-dimensional 
semi-empirical  model  of  the  solar  chromosphere  during  the  flare  of  1973  August  9.  The  model  is  based  on  spectral 
synthesis  of  observed  U  V  spectra  of  lines  and  continua  of  C  i-C  iv  and  the  wings  of  La,  which  determines  the  model 
in  the  temperature  range  between  5500  and  105  K..  Below  5500  K,  the  facular  model  of  Shine  and  Linsky  (1974)  was 
used. 

In  Figure  2  we  show  source  functions  and  Planck  functions  for  La  (2-1  transition)  and  Ha  (3  2  transition).  Of 
course.  L /?  source  functions  can  also  be  inferred  from  these  results.  Solid  curves  show  Plane!,  (unctions.  The  long- 
dashed  curves  are  source  functions  from  the  exact  transfer  equation,  the  short-dashed  curve-  from  the  probabilistic 
equation.  Heights  of  unit  optical  depths  in  the  exact  calculation  are  indicated.  Su  saturates  to  /L,  in  the  upper 
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Htqftl  about  PhoejpMn  (km) 

F ig.  2.— Companion  of  probabilistic  and  exact  line  source  functions  for  La  (2- 1  transition,  upper  part  of  figure,  left-hand  ordinate)  and  Bet 
(3-2  transition,  lower  part  of  figure,  right-hand  ordinate).  Broken  tinea  show  source  functions,  solid  lines  show  P'anck  functions. 


chromosphere;  S3J  saturates  in  the  upper  photosphere.  For  this  model  the  probabilistic  source  functions  are  within 
a  factor  of  2  of  the  exact  source  function  everywhere  in  the  test  atmosphere.  Maximum  departures  are  reached  in  just 
those  regions  where  downward  transfer  of  radiation  is  most  important.  This  is  not  unexpected,  since  such  transfer  is 
ignored  in  the  probabilistic  method.  We  have  carried  out  numerical  experiments  to  look  at  the  effect  of  variation  in 
Doppler  width,  and  find  that  the  variations  present  in  the  Lites  and  Cook  (1979)  model  are  too  small  to  be 
important.  Hence  if  one  wishes  to  compute  complete-redistribution  line  profiles  to  within  the  accuracy  of  the 
probabilistic  method,  the  method  described  here  gives  an  economical  means  of  doing  so. 

In  Figure  3  we  compare  four  different  methods  for  estimating  the  energy-loss  rate  as  a  function  of  height  in  the 
atmosphere  of  Lites  and  Cook  (1979).  The  probabilistic  and  flux-divergence  methods  are  those  described  above. 


lr/<.  1500  1000 


H*-qhl  otort  PWojjnc'J  (km) 

Fig  3  -Companion  of  total  hydrogen  radiative-loss  rates,  computed  by  various  methods,  for  the  solar  flare  model  of  Lues  and  Cook 
(197V) 
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The  losses  plotted  are  the  sums  of  losses  in  all  lines  incorporated  in  the  model,  i.e..  La,  L/?.  Ha,  and  the  Lyman, 
Balmer,  and  Paschen  continua,  which  we  call  Q,  below.  The  curve  labeled  Cox  and  Tucker  has  been  computed  by  a 
power-law  extrapolation  to  lower  temperatures  of  the  curves  cf  Cox  and  Tucker  (1969)  for  hydrogen.  The 
ionization  equilibrium  has  been  obtained  in  the  approximation  that  La  is  in  detailed  balance  and  all  hydrogen 
ionization  takes  place  in  the  optically  thin  Balmer  continuum,  due  to  the  undisturbed  quiet-Sun  radiation  held.  This 
curve  includes  radiative  losses  by  all  hydrogen  lines  and  continua,  all  in  an  optically  thin  “coronal  ”  approximation. 
Hence  part  of  the  difference  between  the  Cox  and  Tucker  curve  and  the  above  two  curves  is  due  to  inclusion  of 
radiation  from  other  lines  and  continua,  and  part  is  due  to  the  neglect  of  radiative  transfer.  The  fourth  curve  is  that 
of  Keddie  (1970),  which  has  been  used  by  various  authors,  including  Brown  (1973),  Kostyuk  and  Pikel’ner  (1975), 
and  Kostyuk  (1976)  for  solar  flare  models.  The  ionization  equilibrium  was  obtained  as  in  the  optically  thin  Cox  and 
Tucker  calculation. 

The  assumption  that  the  chromosphere  is  optically  thin  breaks  down,  as  one  should  expect,  in  the  upper 
chromosphere,  where  La  begins  to  saturate.  The  thin  assumption  gives  radiative-loss  rates  that  are  characteristically 
an  order  of  magnitude  high  through  most  of  the  chromosphere  in  this  model. 

The  method  of  Keddie  (1970)  neglects  lines.  It  assumes  that  Balmer  and  higher  continua  are  effectively  thin  (a 
valid  approximation),  but  attenuates  the  Lyman  continuum  in  proportion  to  exp  ( -  TfV— a  rough  approximation  at 
best.  For  the  test  atmosphere,  as  can  be  seen,  the  Keddie  approximation  underestimates  the  radiative-loss  rate 
above  about  1 900  km  height,  and  overestimates  the  loss  rate  below.  This  is  due  to  the  fact  that  La  is  the  cause  of  the 
peak. 

Clearly  the  probabilistic  code  does  the  best  job  of  duplicating  the  results  of  the  exact  calculation.  The  probabilistic 
code  also  agrees  with  the  exact  solution  in  identifying  which  transitions  are  the  dominant  contributors  to  the 
radiative  loss  at  a  given  height.  Both  methods  indicate  that  radiative  losses  by  La  dominate  above  1850  km  (for  th : 
Lites  and  Cook  model  atmosphere)  while  the  Balmer  continuum  is  dominant  below  1 750  km.  Comparisons  of  the 
cooling  rate  for  some  of  the  individual  lines  reveal  some  large  discrepancies,  however.  For  example  there  are  some 
regions  in  the  Lites  and  Cook  atmosphere  where  the  L ft  (and  sometimes  Ha)  flux  divergence  differs  in  sign  between 
the  two  codes.  But  in  all  regions  where  this  occurs  the  L/?  contribution  to  the  total  radiative  loss  rale  is  small  and  the 
total  cooling  rate  seems  to  be  duplicated  rather  well. 

This  reflects  the  fact  that  most  of  the  cooling  in  this  particular  atmosphere  is  dominated  by  either  La  in  the  upper 
chromosphere  or  the  Balmer  continuum  in  the  middle  chromosphere.  By  getting  the  correct  cooling  rate  for  La. 
which  is  not  a  heavily  interlocked  transition,  we  are  guaranteed  good  agreement  i:ear  the  surface.  In  the  middle 
chromosphere  it  is  only  necessary  to  find  accurate  values  for  the  degree  of  ionization  to  calculate  the  optically  thin 
loss  from  the  Balmer  continuum.  Our  simplified  method  accomplishes  this  by  obtaining  relatively  accurate  bound 
level  populations,  an  inherently  easier  problem  than  the  calculation  of  accurate  p  values  when  p  is  near  zero.  Given 
accurate  bound  level  ratios,  agreement  in  the  ionized  fraction  is  guaranteed  since  identical  radiation  temperatures 
for  the  Balmer  and  Paschen  continua  have  been  assumed  m  both  codes. 

Of  the  four  methods  mentioned  above,  the  one  which  should  b?  used  for  any  given  problem  depends  not  only  on 
the  desired  accuracy  but  also  on  the  amount  of  computer  time  available.  The  Keddie  and  the  Cox  and  Tucker 
schemes  are  computationally  very  simple  and  quick  but  suffer  in  accuracy  comparisons  with  the  flux-divergence 
method.  If  order  of  magnitude  errors  in  the  radiative-loss  rate  are  acceptable  in  a  particular  problem,  then  some 
combination  of  these  two  methods  could  be  used.  When  more  accuracy  is  required  the  probabilistic  method  has  two 
important  advantages:  it  is  more  accurate  than  either  the  Keddie  or  Cox  and  Tucker  methods  and  it  is  much  faster 
to  calculate  than  the  exact  method.  We  have  found  that  the  amount  of  processing  time  needed  to  complete  one  full 
iteration  (as  described  above)  on  a  CDC  7600  computer  is  16,000  ms  for  the  exact  method  and  only  40  ms  for  the 
probabilistic  code  Both  techniques  require  about  15  iterations  to  arrive  at  a  solution  converged  to  170  in  source 
functions  at  all  heights.  Thus,  whereas  the  exact  and  probabilistic  methods  are  comparable  in  accuracy,  the 
probabilistic  method  is  about  400  times  faster,  an  obvious  advantage  in  problems  involving  the  repeated  solution  of 
the  radiative  transfer  equations  (e.g.,  for  many  bound  levels  or  at  each  time  step  of  a  dynamic  problem). 

We  wish  to  thank  R.  Puetter  for  many  helpful  discussions.  This  work  has  been  supported  by  the  Air  Force  Office 
of  Scientific  Research,  Air  Force  Systems  Command,  USAF,  under  grant  AFOSR  76-3071,  and  by  the  National 
Aeronautics  and  Space  Administration  under  grant  NSG-7406.  Computing  support  was  provided  by  the  National 
Center  for  Atmospheric  Research,  which  is  supported  by  the  National  Science  Foundation 


REFERENCES 


Alhay.  R  G.  1972a,  Ap.  J..  176.  659. 

-  19726,  Radiation  Transport  ui  Spectra/  Lines  (Dordrecht 

Reidel). 

- 1976.  Ap.  J..  204,  160. 

Brown.  J  C.  1973.  Solar  Pltys ,  31,  143. 

Brown.  J  C..  Canfield,  R.  C  ,  and  Robertson,  M  N  1978.  Solar 
Phys.,  57,  399. 


Canfield.  R  C  1976  4/>  J .  194  4*3  iPapu  l> 

Canfield.  R  C  .  Cheng,  C -C  .  Derc  K  l>  Hulk,  G  A  McLean. 
D  J  .  Robinson.  R  1)  Jr  .  Schniah1  I.  1.  and  Schoolman.  S  A 
1980,  in  Solar  Flares,  ed  P  A  Sturm,  k  iltoiilder.  Lnnersity  of 
Colorado  Press). 

Cox.  D  P.,  and  Tucker.  W  H.  196°  4 />  J ,  157,  1157 
Delache.  P.  1974.  Ap.  J .  192,  475 


1044 


CANFIELD  AND  RICCHIAZZI 


Frisch,  U..  and  Frisch.  H.  1975,  M.N.R.A.S..  173,  167. 

Jefferies.  J.  T.  1968.  Spei  Line  Formation  (Waltham:  Blaisdel). 
Keddie.  A.  W.  C.  1970.  t‘h  I).  thesis.  University  of  Glasgow. 
Kostyuk.  N.  0  1976a,  Sutler  Astr.,  19,  458. 

Kostyuk.  N.  D.,  and  Pikel'ner.  S.  R.  1975.  Sonet  Astr..  18.  590. 


Labonte,  B.  J.  1978,  preprint. 

Lites,  B.  W„  and  Cook,  J.  W.  1979,  Ap.  J..  228,  598. 

Osterbrock,  D.  E.  1974,  Astrophysics  of  Gaseous  Nebulae  (San 
Francisco:  W.  H.  Freeman). 

Shine,  R.  A.,  and  Linsky,  J.  L.  1974,  Solar  Phys.,  37,  145. 


Richard  C.  Canmlld  and  Paul  J.  Ricchiazzi:  Center  for  Astrophysics  and  Space  Science,  Mai)  Code  C-0I1, 
University  of  California,  San  Diego,  La  Jolla,  CA  92093 


v )  Flare  loop 


.  I .  Basic  Methods 


This  paper  describes  in  detail  the  techniques  for  theoretical  simulation 
of  flare  hydrodynamic  processes  developed  during  this  grant.  The  methods  are  the 
culmination  of  the  theoretical  part  of  our  program.  The  computer  codes  based  on 
these  methods  have  been  debugged  fully,  and  will  be  applied  to  a  variety  of 
problems  in  the  future.  Their  first  application  is  described  in  the  paper 
following  this  one . 

The  unique  property  of  these  methods  is  that  they  permit  the  inclusion  of 
the  effects  of  radiative  opacity  on  the  energy  and  momentum  balance  of  the  flare 
plasma  in  a  manner  that  is  both  computationally  efficient  and  physically  sound. 
This  is  critical  in  treating  the  chromospheric  flare,  since  cruder 
approximations  that  were  used  in  the  past  gave  rise  to  order  of  magnitude  errors 
in  the  radiative  cooling  rate.  The  methods  used  for  these  radiative  transfer 
aspects  are  described  in  Section  iii  of  the  quasar  theory  section  below.  The 
methods  used  in  this  paper  are  also  an  improvement  over  previous  flare 
simulations  in  that  they  use  adaptive  computational  gridding,  in  order  to  ensure 
that  the  grid  of  cells  that  is  used  to  simulate  the  plasma  is  sufficiently  fine 
that  the  simulation  is  physically  meaningful.  This  circumvents  the  problems 
discussed  in  the  previous  paper. 

The  development  of  these  methods  will  certainly  be  one  of  the  major 
contributions  of  this  grant. 
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Many  flare  phenomena  involve  both  the  coronal  and 
chromospheric  regimes  of  flare  loops.  The  exchange  of  matter, 
energy  and  momentum  between  these  regimes  couples  them  strongly. 
The  major  non-local  effect  in  coronal  regions  is  thermal 
conduction;  in  chromospheric  regions,  it  is  radiative  trams fer. 
In  order  to  study  the  role  of  these  processes,  as  well  as  to  use 
concurrent  flare  emissions  as  a  diagnostic  of  flare  energisation 
processes,  we  have  developed  a  numerical  method  for 
simultaneously  solving  the  continuity,  momentum,  and  energy 
equations,  the  time-dependent  atomic  ionisation  and  excitation 
rate  equations,  and  the  radiative  transfer  equations.  In  this 
preliminary  study,  we  assume  that  all  components  of  the  plasma 
move  together  at  the  same  velocity,  and  have  the  same  kinetic 
temperature.  They  are  constrained  to  move  in  one  dimension, 
parallel  to  a  loop  of  variable  cross-section,  which  is  defined  by 
a  sufficiently  strong  magnetic  field.  We  account  for  non- 
hydrogenic  and  negative  hydrogen  radiative  losses  in  an  optically 
thin  approximation,  and  confine  our  study  of  radiative  transfer 
effects  to  a  model  hydrogen  atom  with  two  bound  levels  and  the 


ionized  state. 

The 

radiative 

transfer 

is  treated 

probabilistically; 

this 

has  a 

substantial 

computational 

advantage,  but  involves  assumptions  that  mu3t  be  checked  ex  post 
facto.  The  one-dimensional  equations  are  solved  in  implicit 
finite-difference  form  on  an  adaptive  non-uniform  Lagrangian 
grid,  to  second  order  accuracy.  The  equations  are  solved 
simultaneously  by  linearization  and  iteration;  a  fully  implicit 
method  is  used  for  the  atomic  rate  equations.  Using  these 

methods,  we  are  able  to  study  a  wide  variety  of  problems 

concerning  the  radiative  hydrodynamic  interaction  of  the 

chromosphere  and  the  corona. 


i 


1 


'  (a)  Motivation 

It  has  bacon*  increasingly  clear  in  recent  years, 
particularly  in  the  wake  of  Sky  lab  and  Solar  Maximum  '/ear,  an  era 
of  extensive  cooperation  between  observational  groups  and  careful 
synchronisation  of  a  wide  variety  of  experiments,  that  the 
detailed  analysis  of  an  isolated  observation  is  often  unfruitful. 
Solar  flares  nay  most  readily  be  understood  through  the 
correlation  of  many  diverse  observations,  yielding  information  on 
processes  taking  place  in  different  temperature  regimes  of  the 
flare.  Through  theoretical  interpretation  of  carefully 
synchronized  observations  of  the  temporal  evolution  of  flares  we 
can  hop*  to  arrive  at  an  understanding  of  the  nature  and  location 
of  the  primary  energy  release  and  of  the  mechanisms  that 
transport  this  energy  throughout  the  flare  volume. 

Although  it  is  generally  believed  that  flare  energy  release 
takes  place  in  the  corona,  a  considerable  fraction  of  the  energy 
radiated  by  flares  comes  from  the  chromosphere  (Canfield  g£  al. 
1980).  Therefore  it  is  important  to  understand  the  processes 
responsible  for  energy  transport  throughout  the  flare  volume. 
Furthermore,  the  fact  that  chromospheric  emission  in  the  visible 
waveband  is  much  more  accessible  to  observation  than  is  X-ray  and 


ECJV  radiation  from  the  corona  emphasizes  the  importance  of  maXing 
the  best  possible  use  of  the  wealth  of  the  availabJe  optical 
data. 


Because  of  the  strong  coupling  between  the  high  temperature 
(T  >  105  K)  and  low  temperature  (T  <  105  K)  regions  of  the  flare 
and  the  highly  non-linear,  non-local  nature  of  radiative  transfer 
in  the  chromosphere,  the  use  of  numerical  simulation  is  essential 
to  the  theoretical  interpretation  of  flare  observations .  This  is 
not  to  say  that  flares  cannot  be  understood  in  simple  terms,  but 
rather  that  the  theoretical  tools  required  to  arrive  at  the 
understanding  are  as  sophisticated  as  the  experimental  tools 
required  to  obtain  data  on  flares. 

In  order  to  study  the  correlation  between  the  high  and  low 
temperature  regions  of  flares  and  their  concurrent  evolutions,  we 
must  adopt  a  global  model  capable  of  following  the  evolution  of 
the  whole  atmosphere,  from  photosphere  to  corona.  Of  the  three 
fundamental  processes  in  the  active  solar  atmosphere  -  mass 
motions,  magnetic  field  effects  and  radiative  transfer  -  we  have 
chosen  to  ignore  the  magnetic  field.  We  are  primarily  interested 
in  obtaining  a  self  consistent  picture  of  the  interaction  between 
the  corona  and  chromosphere  through  thermal  conduction, 
hydrodynamics  and  radiative  transfer.  Therefore  we  model  a 
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compact  flare  loop,  assuming  that  the  magnetic  field  is 
sufficiently  strong  to  define  a  time- independent,  one 
dimensional,  geometry. 

Subject  to  this  restriction,  we  can,  for  any  postulated 
form  of  flare  heating,  derive  parameters  for  comparison  with 
observations.  Among  the  diagnostics  computed  from  theoretical 
models  which  we  believe  will  help  understand  the  mechanisms  of 
flares  are  the  relationship  between  the  distributions  of  high- 
temperature  and  low-temperature  emission  (e.g.  soft  X-rays  and 
Ha),  and  the  relationship  between  flow  velocities  observed  in 
such  emissions,  as  a  function  of  time.  We  should,  moreover,  be 
able  to  pick  out  other  useful  interpretative  and  predictive  aids 
not  yet  apparent  in  the  data. 


(*>)  cgaauiaqn  aim  Emi&m  SsjcX 


Considerable  effort  has  beon  expended  in  recent  years  on 
the  hydrodynamic  modeling  of  flares,  at  the  expense  of 
magnebohydrodynamic  and  radiative  transfer  treatments,  both 
intrinsically  more  difficult  problems.  Our  desire  to  examine  the 
interactions  of  the  high  temperature  and  low  temperature  parts  of 
the  flare  leads  us  to  a  combined  treatment  of  hydrodynamics  and 


radiative  transfer 


To  date  hydrodynamic  studies  have  either  ignored  the 
optically-thick  chromosphere  entirely  (Craig  and  Mcclymont  1976; 
Anbiochos  and  Sturrock  1976,  1978)  or  treated  its  chromospheric 
radiation  by  hog  modification  of  the  optically  thin  radiative 
losses  (Xostyuk  and  Pikel'ner  1975;  Xostyuk  1976;  Somov  al. 
1977;  Benoux  and  Nakagawa  1978;  Mcclymont  and  Canfield  1980; 
Nagai  1980;  Craig  and  Mcclymont  1981;  Craig  aJ,  1981).  In 
addition  to  the  limitations  imposed  on  these  models  by  their 
crude  treatment  of  chromospheric  radiative  losses,  all  but  the 
last  two  are  subject  to  the  criticisms  of  Mcclymont  and  Canfield 
(1980),  Craig  and  Mcclymont  (1981)  and  Craig  a£  a, 1*  (1981) 
regarding  their  lack  of  resolution  of  the  transition  region,  with 
the  result  that  they  do  not  properly  represent  conductive  energy 
transfer  to  the  chromosphere. 

In  addition  to  coupling  hydrodynamics  and  radiative  transer 
in  flare  modeling,  our  scudy  is  unique  in  another  respect,  in 
that  we  treat  radiative  transfer  using  a  probabilistic 
approximation.  To  date,  radiative  hydrodynamic  computations  (none 
of  which  have  been  applied  to  solar  flares)  have  used  frequency 
dependent  raui'.tive  transfer  (e.g.  Klein,  Stein,  and  Kalkofen 
1976,  1978;  Kneor  and  .  Nakagawa  1976).  This  approach  has  the 
advantage  of  considerable  generality;  for  instance,  it  treats 
exactly  overlapping  lines  and  continua.  The  price  of  generality 
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•  i3  complexity :  of  order  25  equations  per  atomic  line  transition 
and  at  least  5  per  continuum  are  required  to  define  the  photon 
spectrum  over  frequency.  Since  there  is  no  reason  to  expect  the 
primary  hydrodynamic  mechanisms  of  the  chromosphere  to  involve 
overlapping  lines  and  continue,  the  probabilistic  approach  can  be 
quite  useful. 

The  probabilistic  method  (Priach  and  Prisch  1975;  Canfield, 
Puetter,  and  Ricchiazzi  1981),  on  the  other  hand,  represents 
radiative  transfer  in  each  spectral  feature  (line  or  continuum) 
by  a  single  equation  for  the  total  photon  flux  in  that  feature. 
Thus  the  probabilistic  method  can  be  orders  of  magnitude  faster 
computationally,  an  important  consideration  in  a  time  dependent 
calculation  where  the  complete  set  of  hydrodynamic  and  radiative 
transfer  equations  must  be  solved  at  each  time  step.  The 
advantage  of  the  probabilistic  method  in  this  rsspect  is  enhanced 
by  the  fact  that  we  wish  tc  do  routine,  "production  run" 
simulations,  not  merely  to  demonstrate  this  or  that  effect  of 
radiative  transfer. 

The  remainder  of  this  paper  is  devoted  to  a  description  of 
our  formulation  of  the  problem  and  discussion  of  the  numerical 
methods  used  to  obtain  a  solution.  Results  of  physical  relevance 
to  solar  flare  loops  are  presented  in  McClymont  and  Canfield 
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(1981,  Paper  IX)  and  subsequent  papers.  In  Section  IX  we  discuss 
the  physics  represented  in  our  simulation  and  present  the 
relevant  equations.  Numerical  techniques  for  the  solution  of  the 
equations  are  described  in  Section  III;  and  in  Section  IV  we 
compare  our  approach  to  that  adopted  in  previous  solar  and 
stellar  studies  of  coupled  hydrodynamics  and  radiative  transfer. 
A  summary  of  the  major  points  is  given  xn  Section  V, 

IZ.  PHYSICS  0?  THE  MODEL 

(a)  Assumptions  and  Approximations 

Here  we  justify  our  approach  and  point  out  approximations 
made  in  three  areas  -  the  structure  of  the  magnetic  field  in  the 
flare  region,  the  treatment  of  hydrodynamics  and  the  treatment  of 
radiative  transfer. 

We  shall  refer  to  Table  1,  which  shows  quantities  of 
interest  for  microscopic  and  macroscopic  plasma  processes  under  a 
variety  of  conditions  in  the  solar  atmosphere.  Shown  are  the 
temperature,  density,  pressure  and  ionization  representative  of 
the  temperature  minimum,  lower  chromosphere,  upper  chromosphere 
and  corona  of  the  quiet  Sun,  and  of  the  flaring  corona,  both  in 
the  initial  stage  of  a  flare  (before  the  coronal  density 
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increases  significantly  (indicated  by  I),  and  latex  in  the 
gradual  phase,  (indicated  by  II).  Also  shown  axe  the  time  scales 
for  momentum  exchange  and  for  energy  exchange  between  electrons, 
protons  and  hydrogen  atoms  and  the  magnetic  field  strength 
required  for  the  magnetic  pressure  to  equal  the  gas  pressure, 

(i)  stsustua  and  naanifcLs  Ziild  sasmi aa 

• 

It  is  well  known  observationally  that  many  flares  occur  in 
loops  without*  seriously  disrupting  the  preflare  magnetic  field 
geometry.  From  Table  1  we  find  that  tha  minimum  magnetic  field 
required  for  containment  of  the  hot  •  coronal  plasma  is  *  100 
gauss,  which  is  reasonable  for  small,  compact  flares.  We  do  not 
•  Intend  to  model  r eruptive"  flares  in  which  the  preflare  field  is 
significantly  altered;  there,  magnetic  effects  are  clearly 
important . 

In  addition  to  assuming  a  tins  independent  geometry,  we 
neglect  the  effect  of  any  helicity  of  the  magnetic  field  and 
assume  that  the  loop  is  symmetric  about  the  loop  apex.  While 
flare  phenomena  axe  sometimes  observed  first  at  one  footpoint  of 
a  loop,  other  flares  seem  to  develop  symmetrically  with  nearly 
simultaneous  Ha  brightenings  at  both  footpoints.  The  boundary 
conditions  presented  here  are  appropriate  to  the  symmetric  case, 
in  which  only  one  half  of  the  loop  need  be  modelled.  The  computer 
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code  may  easily  be  amended  to  model  the  more  general  case,  for 
instance,  of  energy  release  at  one  footpoint, 

Vo  can  model  an  arbitrary  variation  of  loop  crass-sectional 
area  along  the  loop,  and  present  an  appropriate  formation.  In  the 
first  few  of  the  following  papers,  we  will  initially  assume  a 
constant  cross-section. 

An  important  assumption  we  make  is  that  the  state  of  the 
plasma  at  a  given  position  along  the  loop  is  independent  of 
radius  perpendicular  to  the  loop  axis,  since  transport  by 
diffusion  across  the  magnetic  field  is  slow  and  since  radiation 
in  the  corona,  being  optically  thin,  cannot  homogenize  material 
across  a  loop  cross-section,  we  are  postulating  that  flare  energy 
release  takes  place  uniformly  across  the  loop. 

(ii)  Bvdwtiynwifig 

Our  assumptions  with  respect  to  the  hydrodynamic  variables 
are  concerned  with  the  equilibrium  of  the  different  species  of 
particle  in  the  plasma  -  electrons,  protons,  hydrogen  atoms  and 
other  atone  and  ions. 

From  Table  l  we  see  that  all  collision  times  for  momentum 

exchange  ru,  are  very  much  shorter  than  the  hydrodynamic  time 
•1 

1  2 

scale,  T™.  "10  -  10  s.  (The  time  scales  for  other  species  are 

nU 


-12- 


comparable  to  those  for  hydrogen. )  Therefore  all  species  move 
together  wit'rrtne  same  flow  velocity  v  and  we  may  discuss  the 
motion  of  a  fictitous  particle  of  mass  m  »  1.56  o^.  (Most  of  the 
mass  in  excess  of' hydrogen  is  due  to  helium.)  In  the  corona 
chromosphere  all  particles  are  strongly  tied  to  the  magnetic 
field  lines;  near  the  temperature  minimum  some  cross-field  flow 
of  neutral  atoms  is  possible.  We  neglect  this  effect. 

Turning  t  the  energy  equation  we  find  from  Table  1  that 
the  time  scales  for  energy  exchange  between  particles  ( rE )  are 
short,  except  in  the  corona,  where  the  electron-proton 
temperature  equilibration  time  is  comparable  to  (or  greater  than) 
the  hydrodynamic  and  radiative  (Tjy^,  *  10  s)  time  scales.  Thus 
species-dependent  heating  or  cooling  terms  in  the  energy  equation 
can  result  in  temperature  differences  between  the  species,  such 
effects  have  been  explored  by  several  authors.  Thermal  conduction 
and  radiative  losses  affect  the  electron  temperature  while 
viscous  heating  is  restricted  to  protons.  In  the  absence  of 
detailed  information  concerning  the  nature  of  the  flare  heating 
mechanism,  the  most  obvious  sources  of  temperature  differences 
are  the  radiative  cooling  of  electrons  and  the  viscous  heating  of 
protons  in  shock  fronts.  During  the  passage  of  a  shock,  plasma 
kinetic  energy  (carried  mainly  by  the  protons)  is  transformed  to 
heat,  which  is  not  immediately  communicated  to  the  electrons 
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(Zel'dovich  and  Raizes  1967).  ?os  our  initial  studies  we  have 
chosen  not  to  introduce  separate  energy  equations  for  the 
electrons  and  protons,  although  this  can  easily  be  done  at  a 
later  stage.  We  are  chiefly  interested  in  the  interaction  between 
hydrodynamic  and  radiative  transfer  effects;  to  deal  with 
species -dependent  heating  and  cooling  terms  (important  only  in 
the  corona)  only  introduces  unnecessary  complications.  We  are  not 
yet  ready  to  study  the  consequences  of  the  temperature,  density 
and  species  dependence  of  the  flare  heating  mechanism. 

To  this  end  we  make  the  simplest  possible  assumptions 
concerning  both  the  ambient  steady  state  heating  term  and  the 
flare  energy  input.  We  assume  that  the  ambient  heating  is 
constant  per  unit  mass;  it  may  very  in  space  (specifically,  it  is 
a  function  of  column  density),  but  is  independent  of  the  state 
of  the  plasma.  The  flare  heating  mechanism  is  t’Jcen  to  energize 
all  species  equally. 

( iii)  RaflUtivft  Tianatn  aod  Msais  Ehvate?. 

Our  major  approximation  in  this  area  is  our  neglect  of 
radiative  transfer  effects  for  all  elements  but  hydrogen.  The 
contribution  of  other  elements  to  the  radiative  loss  rate  is 


approximated 


by  the  Cox  and  Tucker  (1969)  optically  thin 
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radi.itive  loss  function  with  the  hydrogen  contribution  removed 
(more  recent  publications  do  not  permit  separation  cf  hydrogen 
from  other  elements).  Hydrogen  itself  is  treated  as  an  n-bound 
level  plus  continuum  atom,  with  n  ■  2  or  3  initially; 
probabilistic  radiative  transfer  is  applied  to  the  resulting 
transitions.  The  radiation  due  to  B~  (important  only  deep  in  the 
chromosphere  and  photosphere)  is  presently  assumed  to  be 
optically  thin.  Since  we  do  not  explicitly  treat  the  atomic 
physics  of  elements  other  than  hydrogen,  a  constant  contribution 
of  free  electrons,  amounting  to  an  ionisation  x(  -  8  x  105,  is 
assumed  from  the  heavy  metals. 

Xn  the  corona  all  transport  processes  are  constrained  by 
the  magnetic  field  to  operate  along  the  loop  except  for 
radiation,  which  being  optically  thin,  can  escape  freely  in  all 
directions.  This,  however,  does  not  alter  the  one-dimensional 
nature  of  the  present  problem.  Xn  the  chromosphere,  also,  energy 
transport  by  radiative  transfer  is  unaffected  by  the  magnetic 
field.  However,  for  all  the  smallest  observationally  resolvable 
features,  vertical  radiative  transfer  dominates  over  horizontal. 

Finally,  we  assume  that  the  gradients  of  velocity,  density 
and  temperature  are  not  large  enough  to  invalidate  the 
probabilistic  method  of  radiative  transfer  (see  Canfield,  Puetter 
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and  Ricchiazzi  1981).  Gradients  in  density  and  temperature  in 
empirical  equilibrium  models  do  not  impose  severe  restrictions; 
source  function  gradients  in  the  flare  chromosphere  of  bites  and 
Cook  (1979)  or  the  models  of  Vernazza,  Avrett  and  Lseser  (1981) 
are  orders  of  magnitude  smaller  than  those  which  violate  the 
assumptions.  On  the  other  hand,  large  velocity,  density,  and 
temperature  gradients,  which  invalidate  escnpe  probabilities 
calculated  on  a  static  assumption,  may  be  encountered  in  shock 
fronts.  Failing  such  extremes,  quite  large  velocity  gradients  may 
nevertheless  be  treated  through  static  escape  probabilities  (c£. 
Mihalas  1979;  Humner  and  Rybicki  1981).  Of  course,  the  validity 
of  these  assumptions  can  and  must  be  checked  23  post  facto. 
Development  of  probabilistic  methods  for  treatment  of  density, 
temperature  and  velocity  jumps  in  shocks  is  beyond  the  scope  of 
this  paper. 

(fa)  aa  ranurttarai  and  Baan&ttz  c<?nfliu<?ng 

In  this  section  we  present  the  equations  governing 
hydrodynamics,  atomic  excitation  and  ionization,  and  radiative 
transfer.  We  then  give  the  boundary  conditions  to  be  imposed  and 
define  the  functions  appearing  in  the  equations,  in  terms  of  the 
basic  variables,  which  are  temperature,  density,  atomic  level 
populations  and  the  mean  intensity  and  optical  depth  in  each 


f 


transition.  The  symbols  used  are  defined  in  Table  2. 


(i)  The  Equations 


We  have  written  the  equations  in  Langrangian  form,  that  is, 
the  independent  variables  are  time  t  and  column  density  N. .  Thus 
the  spatial  coordinate  identifies  a  unique  element  of  the  plasma. 
The  column  density  is  defined  by 


N  a 


A  r»  dz", 


<1> 


where  v  (z  -  0)  -  0.  Mote  that  M  measures  the  total  number  of 

particles  in  the  loop,  not  the  number  per  unit  cross  sectional 

area.  We  should  also  emphasize  that  the  density  n  is  the  density 

of  "equivalent  hydrogen  atoms",  n  -  n  +  n„.  The  total  particle 

p  H 

density  is  given  by(l  +  y  +  x)n.  However,  we  will  use  the  term 
"pavticle"  to  mean  "squi valent  hi'drogen  atom". 

Conservation  of  mass  is  expressed  by 


*  hi) 


=  v 

at  v 


n 


(2) 
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V 

from  which  the  conventional  form  of  the  continuity  equation  is 
obtained  easily.  The  momentum  equation  is 

■  it  *  •  A  +  m  s||  •  (3) 

where  the  right  hand  aide  represents  acceleration  due  to  the 
pressure  gradient  and  to  gravity.  The  energy  equation  is 

If  “  Q  -  R  +  'tr  (a2"  k  IS)*  p*  TT  •  (4) 

which  states  that  changes  in  thermal  energy  are  due  to  external 

energy  input,  radiative  losses,  thermal  conduction,  and  work  done 

* 

by  pressure.  The  stress  P  comprises  hydrostatic  pressure  and 
viscous  stress 

p*  .  p  .  4  A3/2  „  n 


(5) 


i>inih 


t  (4)  consists  of  ambient  hasting  Q^, 

.  atsosphera  in  a  stoady  a  tat  a,  and  a 
■v  \h  Q?  which  is  tins  dependent. 

v.»  quantum  statas  of  hydrogan  ara 

i  .  hioir* 


« 

;  ^  -  Rij  *i  • 

.  *■  jyh  conservation  of  part  idea,  wa  usa 

•»  A ;ruw;  of  hydrogan  (i  »  1,  ,  ..  M  >  and 

o 


continuum  population  Pe*  by  tha 


for  the  equations  than  for  the  text 
i‘;.e  characters  $  and  0  are  quite  different 
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where  the  optical  depth  is  given  by 

dTUl 

TJT  3  aU l  *  <«) 

Note  that  (7)  is  the  steady  state  radiative  transfer  equation, 
which  neglects  the  flight  time  of  photons. 

(ii)  Boundary  ggpdl&Aani 

The  boundary  conditions  imposed  at  the  top  of  the  loop 
express  our  assumption  of  symmetry  and  the  fact  that  the  corona 
is  optically  thin.  We  take  the  loop  apex  to  be  the  origin  (N  »  o, 
z  ■*  0)  where  the  velocity  and  optical  depths  vanish.  All  otl.ex 
quantities  are  symmetric  about  this  point,  so  their  gradients 
vanish.  The  footpoints  of  the  loop  (taken  to  lie  beneath  the 
photosphere)  are  assumed  to  remain  unperturbed  by  events  in  the 
overlying  atmosphere,  therefore  the  footpoint  values  of  all 
variables  are  fixed  at  their  initial  values.  We  assume  that  LTE 
holds  at  the  footpoints,  so  that  the  mean  intensities  there  are 
given  by  the  Planck  function. 


-20- 


( iii )  Definition  o£  Functions  In  thg  5q.uaU.QD2 

Here  we  define  the  pressure,  thermal  energy,  conductivity, 
viscosity  and  radiative  loss  rate  which  appear  in  (2)  -  (5), 
Numerical  constants  are  in  c.g.s.  units.  The  plasma  pressure  is 

P  =  {1  +  y  +  x)nkT  ,  *  (9) 

and  thermal  (translational  plus  internal)  energy  per  particle  is 

e  a  jj  0  +  y  +  x)kT  +  2  ez  •  (10) 

it 


Thermal  conductivity  is  given  by  (Spitzer  1962;  Shmeleva  and 
Syrovatskii  1973;  Moore  and  Fung  1972). 


K  *  r«e  +  ieH  » 


where  the  electron  conductivity  is 


1.79  X  10"5  Tea/2 


ee 


(ii) 


(12) 


where  A  is  the  electron  Coulomb  logarithm 


A  =  9.25  + 
ee 


*n(Te3/n) 


max(0,  Jin  Te/4.2  x  10s  K) 


(13) 


wiH-^  xy<^  ‘•<n,>  '-^A'  * 
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For  completeness  we  give  here  the  reduction  factor  for  incomplete 
ionization 


,  _  1  +  4.49r  +  3.37r2  +  0.59r3 
1  "  2  * 

(1  +  3.86r  +  0.94r2) 

where 

r  =  xee/xeH  ■  3.60  x  lO'10  J  jj-  . 

and  the  neutral  hydrogen  conductivity 

29.6  Th 

<H  1  +  np/nH  (Th/7.6  x  10SK?^ 

However,  we  find  tnat  neither  of  chase  effects  are  important.  The 
reduction  factor  F  only  differs  significantly  from  unity  for 
T  *  1.5  x  10*  K,  in  which  regime  conduction  is  predominantly  by 
neutral  hydrogen;  this  process  is  itself  completely  overwhelmed 
by  radiative  transfer. 

The  viscosity  tj  consists  of  two  terms,  the  physical 

7 

viscosity  (Spitzer  1973),  important  only  for  T^  a  2  x  10  K 


<14) 


(15) 
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T'0  = 


2.21  x  10 


-15 


A, 


PP 


(17) 


where  the  Coulomb  logarithm  for  protons  is 

App  =  8.94  +  1/2  *n(Tp3/np)  ,  <18> 

and  pseudo-viscosity,  which  we  use  to  control  the  thickness  of 
shock  fronts  on  the  numerical  grid  (Richtmyer  and  Morton  1967) 


(°AN)2|f| 
.  0 


9V 

w 


<  0 


3V 
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>  0  . 


(19) 


The  latter  term  is  negligible  outside  of  shock  fronts. 


The  radiative  loss  rate  per  particle  i3 


R  =  nfi  f (T)  +  2.21  x  10"30  T 


T*1  hvu£  ^RU£  ”  R£U  ^  * 
U>£ 


(20) 


where  the  first  two  terms  represent  emissions  treated  as  optically 
thin  (X-ray/EUV  and  H  radiation  respectively)  and  the  summation 
is  over  the  lines  and  continua  of  hydrogen.  Por  continua  we  use 
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th<J  mean  photon  energy  in  (20), 
hvuA  =  kT  e~ct/E1  (a)  , 

where  a  is  defined  in  ( 22 ) . 


(21) 


( iv)  Si  SMnrti<?na  In  lha.  BasLU±j  Equations 

In  the  following,  v  ^  is  the  lino  center  frequency  in  the 
case  of  lines  and  the  continuum  edge  frequency  for  continua.  We 
define  the  ratio  of  photon  energy  to  thermal  energy 

V  *  hV/kTe  <“> 

and  the  mean  thermal  velocity  of  hydrogen  atoms 

Vth  s  /2k  TH/mH  .  (23) 

The  atomic  transition  rates  R.^,  which  each  comprise 
collisional  and  radiative  contributions,  are  well  xnown  (see,  for 
example,  Johnson  1972,  and  Hihalas  1978). 

We  also  have  used  the  source  function 


and  the  opacities  per  particle  (cross-sections),  both  for  lines  at 
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2.97  x  TO"18  f 


ui 


tu 


hhh\i 


gu  V 


and  for  continua  at  the  ionization  limit 


atn  3  7*91  *  10"18  *  (<t>0 


9, 

-=■  6  ) 
q  vu' 
SU 


(26) 


For  line  transitions  we  give,  for  example,  only  the  La  escape 
probability 

p2]  =  \  H  +  3.545  /fcn(e  +  t21 )  t^]  .  (27) 

A  more  extensive  discussion  of  escape  probabilities  appropriate  to 
other  lines  is  given  by  Canfield  and  Puetter  (1981)  and  Puetter 
(1981).  For  continua,  the  escape  probabilities  cure  (see  Canfield 
and  Ficchiazzi  .*.970) 


1  ~  Tua 


p  a 


2  e 

Ip  <  1 

/Vi!*'1) 

^  >  1 

(28) 


where 
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<P  =  (3 


W 


1/4 


(29) 


III.  NUMERICAL  SOLUTIONS  OP  THE  EQUATIONS 


To  integrate  equations  (2)  -  (8)  we  mu3t  discretize  the 

equations,  replacing  physically  continuous  functions  by  a  finite 
set  of  discrete  variables .  We  have  used  the  conventional  point- 
approximation  scheme  in  which  the  variable  yr*  represents  the 
value  of  the  function  y(N,t)  at  the  discrete  space-time  point  (N^, 
t^),  i  *•  o,  1,  ....  M;  j  -  0,  1,  ....  The  derivative  of  a  function 
with  respect  to  space  or  time  is  replaced  by  a  finite  difference 
between  adjacent  (in  space  or  time)  point  approximations  to  the 
function.  As  far  as  possible,  we  have  maintained  second  order 
accuracy  in  the  integration  by  proper  centering  of  the  finite 
difference  approximations. 

As  illustrated  in  Pigure  1,  ve  regard  the' loop  as  being 

composed  of  a  number  of  colls  of  plasma;  associated  with  each  cell 

are  the  variables  n,  T,  fi . ,  and  J  . .  The  values  of  these  variables 

t  ul 

are  defined  at  the  cell  center,  at  column  depth  Ni+1/2'  411,5 

denumerated  by  half-integral  values  i+1/2.  The  cells  are 
compressible,  moving  with  the  fluid  and  changing  their  volumes  in 
response  to  movements  of  the  cell  edges,  which  are  denumerated  by 
integral  values  of  i,  and  at  which  point  the  spatial  coordinates 
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N,  z,  t  ^  and  the  velocity  v  are  defined. 

The  variables  defined  at  call  centers  are  local 
"thermodynamic”  properties  of  the  plasma  while  those  defined  at 
cell  boundaries  can  be  regarded  as  fluxes  or  global  coordinates. 
These  two  sets  of  variables  are,  to  a  large  extent,  complementary. 
Thus,  for  example,  the  rate  of  change  of  density  in  a  cell  is 
determined  by  the  velocity  difference  between  its  edges  while  the 
change  in  optical  depth  across  a  cell  is  determined  by  the  atomic 
populations  within  the  cell.  On  a  uniform  grid,  then,  most  of  the 
finite  differences  approximating  derivatives  with  a  second  order 
error  can  be  represented  as  a  difference  between  adjacent  grid 
points.  This  quasi-conservative  approach  avoids  the  "leapfrog" 
nature  of  centered  finite  differences  otherwise  required  for 
second  order  error,  which  can  give  rise  to  spurious  oscillations 
in  the  solution. 


(b)  Non-Uniformity  of  £fce 

Unfortunately,  due  to  the  extremely  non-uniform  structure  of 
the  atmosphere,  we  cannot  use  a  uniform  grid.  The  width  (An)  of  a 
cell  is  determined  by  the  condition  that  finite  differences  across 
it  reasonably  approximate  the  continuous  derivatives  of  the 
original  problem.  In  the  corona,  with  length  scales  of  “  103  kmand 
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denaities  of  “  109  cm  3  we  have  AN  “  1016  cm  2,  while  in  the 

16  23  -2 

chromosphere  and  photosphere  AN  a  10  -  10  cm  .  In  the 

15  -2 

transition  region,  grid  spacinga  aa  small  as  AN  “  10  cm  are 
required  to  resolve  the  temperature  structure,  even  in  a  quiescent 
atmosphere. 

Moreover,  since  we  follow  the  dynamic  evolution  of  the 
atmosphere,  the  grid  must  be  adaptive,  increasing  the  density  of 
grid  points  where  required  to  accurately  resolve  the  current  state 
of  the  atmosphere. 

Two  principal  methods  are  available  to  handle  these 
problems.  The  approach  we  follow  here  ia  to  use  a  non-uniform  grid 
in  N-space,  constructing  finite  differences  with1 second  order 
error  using  divided  difference  formulae.  The  grid  is  modified 
dynamically  by  inserting  and  deleting  cell  boundaries 
(equivalnntly,  splitting  and  merging  cells )  to  maintain  the 
necessary  resolution. 

The  second  method  (not  used  here)  ia  to  transform  to  a  new 
independent  space  variable  s,  the  transformation  being  chosen  so 
that  a  uniform  s-grid  produces  the  necessary  density  distribution 
of  grid  points  in  N-space.  This  method  has  been  applied  to  the 
solar  atmosphere  by  McClymont  and  Canfield  (1980),  Craig  and 
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McClymont  (1981),  and  Craig  et  ai.  (1981)  using  a  fixed  (non- 
adaptive)  transformation  chosen  a  priori  (see  Craig  et  ai,  (1981) 
for  details).  In  these  studies  the  transformation  could  be  chosen 
ii  priori  since  the  position  and  range  of  movement  of  the 
transition  zone  (the  region  requiring  most  careful  treatment)  were 
known  from  preliminary  studies. 

In  general,  where  the  raquired  distribution  of  grid  points 
is  more  complex,  the  best  approach  is  to  use  an  adaptive  s-grid 
whose  grid  points  move  so  as  to  "follow"  features  requiring  a 
higher  density  of  grid  points  (e.g.  Tscharnuter  and  Winckler  1979; 
Gelinas  et  ai,.  1981).  The  fact  that  the  grid  points  tend  to  move 
with  features  of  the  atmosphere  (e.g.  the  transition  region,  shock 
fronts)  overcomes  a  major  disadvantage  of  static  grids  pointed  out 
by  MeClyraont  and  Canfield  (1980)  and  in  Section  (c)  below.  The 
main  disadvantage  of  the  moving  grid  is  that  it  may  amplify  any 
tendency  towards  numerical  instability  (Tscharnuter  and  Winckler 
1979). 

(c)  Movement  of  Features  Relative  to  the  Grid 

By  choosing  to  formulate  the  problem  in  a  Lagrangian 
reference  frame  rather  than  an  Eulerian  frame,  we  have  eliminated 
a  major  cause  of  time  variation  of  quantities  at  a  grid  point. 
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i.e.,  advection  of  fluid  properties  at  the  fluid  velocity. 
However,  transport  relative  to  the  Lagrangian  frame  still  occurs, 
for  instance  by  thermal  conduction.  The  presence  of  fast  moving, 
steep  gradients  in  the  plasma  can  cause  severe  restrictions  on  the 
time  step. 


The  most  obvious  example  of  such  behavior  i3  the  propagation 
of  shocks,  in  which  a  property  of  the  plasma,  say  temperature, 
changes  at  a  rate 


1 

T 


Tt  -  MCA 


during  the  passage  of  a  shock  front  of  Mach  number  M  and  thickness 
X,  where  c  is  the  sound  speed.  The  Langrangian  frame  is  not  a 
great  improvement  over  the  Eulerian  frame  in  this  case,  as  the 
rate  of  change  at  a  arid  point  is  reduced  only  j?y  the  ratio  of  the 
mean  density  in  the  shock  front  to  the  ambient  density  ahead  of 
the  shock.  If,  in  the  interests  of  accuracy,  we  restrict  the 
change  in  fuid  properties  at  a  grid  point  to  say  10%  per  time 
step,  we  need  "  10  in  (Tj/Tq)  time  steps  to  resolve  the  passage  of 
the  shock  front,  where  T  and  TQ  are  respectively  the  temperatures 
behind  and  ahead  of  the  shock.  Since  the  sound  speed  is 
approximately  the  ion  thermal  velocity  and  the  shock  thickness  is 
of  the  order  of  the  ion  mean  free  path,  the  time  of  passage  of  the 


shock  front  is  of  the  order  of  the  ion  self-collision  time,  "Is  in 
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the  corona.  Thus  At  *  0.15.  In  the  chromosphere  the  collision  time 
is,  of  course,  very  much  shorter.  However,  we  omit  discussion  of 
chromospheric  shocks  as  the  additional  complications  of  steep 
gradients  in  the  radiative  transfer  treatment  enter  the  picture, 
and  are  beyond  the  scope  of  the  method,  as  presently  developed. 

The  same  problem  arises,  to  a  lesser  extent,  in  the 
transition  region.  To  produce  the  observed  rate  of  increase  in 
soft  X-ray  emission  measure  during  large  flares,  the  transition 
region  must  propagate  into  the  chromosphere  at  close  to  the 
chromospheric  sound  speed,  implying  a  rapid  change  of  temperature 
and  density  at  grid  points  within  the  transition  region.  However, 
the  major  problem  of  the  transition  region  may  not  be  its 
numerical  treatment  but  its  physics.  The  thermal  flux  required  to 
drive  the  transition  region  at  3uch  high  speeds  must  be  near  the 
flux  saturation  limit,  which  suggests  that  colli3ionless  energy 
transport  plays  a  role  (e.g.  Brown  and  Smith  1980)  and  that  the 
resulting  non-thermal  structure  modifies  the  conventional  physics 
of  radiative  losses  based  on  a  Maxwellian  distribution  (Shoub 
1981).  In  view  of  these  uncertainties  we  have  restricted  our 
attention  to  events  where  we  may  assume  that  the  transition  region 
is  described  sufficiently  well  by  the  fluid  equations  and  where 
the  use  of  a  static  (but  adaptive)  grid  does  not  seriously  affect 
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the  time  step. 

Por  treatment  of  the  hydrodynamic  variables  across  shock 
fronts,  we  follow  the  usual  approach  of  invoking  artificial 
viscosity  {equation  (19);  Richtmyer  and  Morton  1967).  Artificial 
viscosity  is  negligible  outside  shock  fronts,  but  dominates  within 
a  shock  front,  to  the  extent  of  spreading  the  front  over  a 
macroscopic  distance.  Since  the  shock  thickness  is  determined 
mainly  by  viscosity  while  the  overall  shock  structure  (e.g,  Mach 
number,  pressure  jump)  is  almost  independent  of  this  quantity, 
satisfactory  results  may  be  obtained  providing  no  physically 
significant  processes  depend  critically  on  the  amount  of  plasma  in 
the  intermediate  temperature  and  density  range  within  the  shock 
front  (see  also  Klein,  Stein,  and  Xalkofen  1978,  henceforth  KSX, 
and  Kneer  and  Nakagawa  1976,  henceforth  KN). 

<d)  filit a.  Differences  ia  lima 

Discretization  in  time  is  much  simpler  to  handle  than 
discretization  in  space.  We  use  the  single-step  Crank-NichoJ 3on 
finite  difference  scheme,  transforming  the  set  of  equations  (2)  - 
(8),  which  we  represent  symbolically  as 


y  =  f(x,t,y,y' ,y") 


(30) 
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where  y  represents  the  set  of  variables  (n,  t,  z,  J  ,  p r  ) 
and  x  represents  the  spatial  coordinate  N,  to  the  finite 
difference  form 


,  d  .  e)  fi  4.  8fJ+1 


0  <  8  <  1 


(31) 


Por  8  i1  0  the  above  set  of  equations  is  implicit,  since  the  right 

hand  side  involves  complicated  functions  of  the  unknown  vector 
1+1 

yJ  .  The  equations  must  therefore  be  solved  by  iteration.  The  use 
of  an  explicit  method  (0  *  0),  although  conceptually  and 
computationally  simpler,  would  imply  a  very  strong  limitation  on 
the  time  step.  Por  instance,  in  the  case  of  the  thermal  conduction 
term,  to  maintain  numerical  stability  we  require  that  the  time 
step  bo  less  than  about  the  conductive  time  scale  across  a  finite 
difference  cell. 


3kT  *o"T 


7/2 


Por  T  -  10 5K,  n  -  1010  cm-3  and  AN  -  1015  cm  *'  this  requires 

-2 

At  <  10  a.  The  situation  is  dramatically  worsened  in  the  case  of 


the  rate  equations,  where  use  of  an  explicit  method  would  restrict 
the  time  step  to  atomic  time  scales  (“10  s).  Por  all  equations 


except  the  atomic  rate  equations  we  set  ©  »  1/2.  Then  the  system 
is  numerically  stable  for  all  time  steps  and  the  finite  difference 
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j+1/2 

approximation  to  the  time  derivative  is  centered  at  time  tJ 
and  so  has  second  order  error. 


Since  almost  all  atomic  time  scales  are  much  shorter  than 

the  microscopic  time  scales  of  interest,  it  is  almost  possible  to 

treat  the  rate  equations  in  the  steady  state  approximation. 

However,  the  recombination  time  scale  in  the  upper  chromosphere 
1 

can  be  long  ( &lo  o).  Since  this  fact  could  have  important 
consequences  during  a  flare,  we  retain  the  time  derivative  (see 
also  KN ) .  The  atomic  rate  equations,  although  numerically  stable 
for  6  -  1/2  in  the  sense  th’it  the  "error  term  does  not  grow  with 
time,  exhibit  strong,  weakly  damped  oscillations  which  are 
completely  unphysical  (see  JCSK).  To  see  this,  consider  the  simple 
rate  equation 

U  »  -  u/t  ,  (’*) 


witn  solution 

uC  t)  =  u 

o  * 


(33) 


and  apply  the  Crank-Nicholson  formula 


At 


-  ~  [(1  -  e)  uj  *  euj+1] 


(34) 
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which,  although  implicit,  can  be  solved  immediately  by  virtue  of 
its  linearity  to  give 


1  -  (1-9)  At/x  j 
1  4  0  At/x  U 


(35) 


Onless  we  are  prepared  to  integrate  on  the  atomic  time 

scale,  we  are  forced  to  take  At  >>  7.  Cle<irly  (35)  gives  a 

monotonically  decaying  solution  only  in  the  limit  9-1.  (With 

©  -  1,  (35)  is  the  Euler  one  step  backward  difference  formula 

which  is  L-stable  {or  stiffly  A-stable);  with  0  «  1/2  the  formula 

is  merely  A-stabla  -  see  Lambert  1977).  This  fir3t  order  method  is 

* 

accurate  for  At  <<  7  and  At  >>  7.  Only  for  At  “  r  is  the  error 
noticeable. 

(«)  Finite  Piitessngeg  aa  a,  Ngn-qn^ggi  fii id 

To  r’iscretize  equations  (2)  -  (8)  with  second  order  error  on 
the  non-uniform  grid,  we  use  divided  differences  based  on  the 
Lagrange  interpolation  polynomial  (e.g.  Conte  and  de  Boor  1972) 

n  n 

p„(xi  ■  53  f<xi5  r 

1=0  j=i 

j^i 

which  interpolates  (f(x)  at  xQ,  x^,  ...»  rn»  Writing  f^  for  f(x^) 


[ 


Xi 


(36) 


and  defining 
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=  X 


j 


we  find 


f(x)  -  Pn(x)  =  Z  fi  Vx) 


(37) 


(38) 


f’(x) 


dPn(x) 

dx_ 


(39) 


f"(x) 


d2Pn(x) 


dx" 


*  Z  u  yu)  , 


where 


Vx>  *  n  . 

Jtfl  J  1 


I'Ax)  =  zAx)  Z  t: 

j^i  J 


and 


2-i"(x)  =  l  Ax)  Z  Z 
1  1  j^i  k/M 

Mj 


Aj  Ak 


> 


(4C) 


(41) 


(42) 


(43) 


and  all  subs  and  products  are  understood  to  range  over  0  -  n.  When 
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evaluated  at  a  point  on  a  uniform  grid  with  n  »  2,  (39)  and  (40) 
reduce  to  the  usual  finite  difference  formulae  for  the  first  and 
second  derivatives.  We  use  (38)  to  interpolate  cell  center  values 
of  variables  defined  at  cell  boundaries  and  vies  versa,  while  (39) 
and  ( 40 )  enable  us  to  find  derivatives  at  cell  centers  or  edge3  of 
variables  defined  at  either  centers  or  edges.  To  achieve  second 
order  error  we  require  in  general  three  grid  points  ( n  -  2 )  in 
(39)  and  (39)  and  four  points  (n  «  3)  in  (40);  however, 
interpolation  and  first  order  differentiation  at  a  cell  center 
using  edge  values  requires  only  2  points  (the  edges  of  the  cell  in 
question),  by  symmetry.  That  is,  "  ( f +  f^)/2,  and 
f  i+1/,2  ■  (fi+i  ~  ^  )/A*i+i*  In  cases  where  the  interpolation 
points  cannot  be  symmetrically  arranged  around  the  point  at  which 
the  result  is  required,  the  extra  point  may  lie  to  the  left  or  the 
right;  the  closer  one  is  chosen. 

Using  the  symbolic  notation  (30)  in  the  finite  difference 
form  (31),  our  set  of  equations  (2)  -  (8)  becomes 


(44) 
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In  this  equation  is  regarded  as  a  known  constant  that  has  been 

j+1 

evaluated  in  the  manner  made  explicit  for  .  The  summations 

over  k  are  understood  to  include  the  grid  points  surrounding  the 
point  i,  relevant  to  the  particular  interpolation  or 
differentiation,  including  the  degenerate  case  (k  -  o  onlyj 
1  (x  )  *  1)  of  "interpolation"  at  the  point  i  itself.  Note  that 
some  of  the  components  of  the  vector  y\  are  actually  defined  at 
cell  centers,  for  instance,  offset  is  to  be  understood 

in  these  cases. 

Lack  of  symmetry  on  the  non-linear  grid  partially  destroys 
the  advantages  of  stability  and  conservation  obtained  by  the  use 
of  a  staggered  grid  on  which  certain  variables  are  defined  at  cell 
centers  and  others  at  cell  edges.  The  radiative  transfer  equation 
(7)  is  the  most  notable  example  of  this  effect.  Initially,  we 
centered  the  equation  on  the  grid  in  the  way  immediately  suggested 
by  (7),  at  the  cell  edges.  However,  the  rapid  change  in  the  escape 
probability  near  the  7^  *•  1  point  induced  oscillations  in 
when  the  3-point  approximation  to  the  derivative  of  J  at  a  cell 
edge  was  used.  We  found  it  necessary  to  center  the  equation  midway 
between  cell  centers  instead,  so  that  the  finite  difference 
approximatin  to  the  derivative  (by  symmetry)  involved  only  two 


adjacent  values  of  J 
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'  ( f )  Solution  bv  Linearization  and  Iteration 


To  advance  the  solution  of  equations  ( 2 )  -  ( 8 )  by  a  time 

step  using  the  Crank-Nicholson  formula,  we  must  solve  the  large 

set  of  strongly  coupled,  non-linear  implicit  equations  (44).  This 

can  only  be  achieved  through  iteration.  To  guide  our  search  for 
* 

the  solution  x  of  the  equations,  which  we  represent  symbolically 

as  g(x)  »  0  where  x  -  (y^+1;  i  »  0,  .  .  ,,M)  we  use  Newton- 

* 

Ralphson  iteration,  that  is  we  write,  for  x  *  x 

g(x)  +^4^  *  (x*  -  x)  =  0  ,  (45) 


so  that 


x(n*l)  ,  x(n> 


3X  J 


gU(n)) 


(46) 


•  ( n) 

is  hopefuly  a  better  approximation  to  x  than  was  x  .  The 

Newton-Ralphson  procedure  is  not  guaranteed  to  converge;  however, 

our  experience  to  date  has  been  that  in  fact  it  converges  rapidly, 

providing  the  linearization  is  accurate  and  consistent  (see  below) 

and  the  initial  estimate  of  the  solution  vector  is  not  too  far 

* 

from  the  true  solution  x  .  During  time  dependent  calculations  we 
use  the  solution  at  the  previous  time  step  as  the  initial  estimate 
and  achieve  convergence  in,  on  average,  3  iterations.  Difficulty 


xn  convergence  can  usually  be  cured  by  halving  the  time  step. 


Linearizing  the  finite  difference  equation  (44)  to  obtain 
the  Newton-Ralphson  formula  ( 45 )  we  find 

^  [  ay'i  ciy^i  i+k  ^ay^'i  1  i,i+k 


5i,i+k  * 
4>At 


J+1  J 


where  Oy^^  is  the  iterative  correction  to  be  added  y^  .  In  the 
above  equation  j  *3  KronecJcer  delta  and  we  have  written 


t  ■  ■  for  l ■ (x. ) . 
1,3  3  i 


An  important  point  concerning  the  evaluation  of  the 

linearization  derivatives  must  be  made.  The  dependence  of  an 

equation  on  a  variable  is  sometimes  determined  by  the  difference 

between  two  terms  almost  identical  in  value.  The  most  dramatic 

example  of  this  is  the  radiative  transfer  equation  in  conditions 

close  to  LTE,  where  the  term  J  .  -  S  .  varies  very  slowly  with 

ul  ul 

change  of  J  ,  if  the  induced  changes  in  the  population  axe 
accounted  for.  Thus  an  accurate,  self-consistent  evaluation  of  the 
derivative  is  required.  Our  first  attempt  at  calculating 

(JU£~SU£}  =  ,  _  (^U £  8*£  5SU£  5*U 

JU£  "  "  8*£  8JU£  3*U  3JU  £  (48) 

.C  SSU£  3X  % 
u  3X 


involved  analytical  differentiation  of  S  with  respect  to  P  and  a 
numerical  evaluation  (be  re-evaluating  the  populations  with  a 
perturbed  J )  of  dp/dj.  This  gave  completely  spurious  results. 
Differentiation  of  the  entire  term  numerically  using  a  perturbed 
J  gave  a  more  meaningful  result,  but  this  was  3till  not 
sufficiently  accurate  to  ensure  convergence  of  the  iteration. 
Reliable  values  were  obtained  only  when  the  complete  derivative 
was  evaluated  analytically,  using  populations  (which  have  to  be 
obtained  by  iteration  on  the  rate  equations)  consistent  with  the 
radiation  field  to  about  one  part  in  106. 

(g)  Rgc|qql;j,9fl  of  tfca  Qsfleg  of  tfca  Matrix  Equation 

We  now  consider  a  method  for  reducing  the  number  of 

equations  to  be  solved  simultaneously  in  (47).  The  coefficient 

matrix  in  (47)  is  a  band  matrix  whose  bandwidth  is  the  product 

2 

of  the  number  of  variables  per  cell  (4  +  (U^  <•  1)  ,  where  is 
the  number  of  bound  levels  in  the  hydrogen  atom)  and  the  maximum 
number  of  gridpoints  used  in  any  interpolating  polynomials  (five, 
if  we  allow  the  fourth  point  of  l"(x)  to  be  chosen  on  either  the 
left  or  the  right).  The  total  number  of  equations  Ng  is  just  the 
number  of  variables  per  cell  times  the  number  of  cells. 


The  computing  time  required  to  solve  the  band  matrix 


-41- 


2  3 

equation  (47)  is  proportional  to  Ng,  i.e.  to  (on  a 

2 

parallel-processing  machine  these  become  NwNe#  l>v  )•  If  we  can 

split  the  problem  into  N  separate  parts,  each  involving  N ^/N 

2 

variables,  the  computation  would  be  speeded  up  by  a  factor  of  N 
(N  on  a  vector  machine).  We  cannot  actually  solve  explicitly  for  a 
subset  of  the  variables,  but  we  can  achieve  the  same  effect  by 


substituting  for  a  subset 

of  the 

variables 

in  terms 

of 

the 

remaining  variables  (cf. 

Mihalas 

1973).  A 

variable 

can 

be 

eliminated  if  its  spatial 

derivative  is  not 

involved 

in 

its 

definition  as  a  function  of  the  remaining  variables.  Thus,  making 
use  of  the  continuity  equation  (2),  we  can  express  density  as  a 
function  of  position  and  substitute  in  ( 47 ) 


where  the  derivative  of  n  with  respect  to  z  in  obtained  from  the 
finite  difference  form  of  (2).  The  position  z  can  in  turn,  be 
eliminated;  since 


L  t 


(50) 


and  we  substitute 
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<5Z  •  =  J  At  6v.  .  (51) 

Finally,  the  atomic  populations  p  can  be  expressed  in  terms  of 
other  variables.  Since  the  rate  equations  do  not  involve  spatial 
derivatives  we  can  extract  them  from  (47),  linearize  and  invert 
the  resulting  matrix  equation  at  each  grid  point  independently, 
thus  expressing  perturbations  to  the  populations  in  terms  of 
perturbations  to  other  variables. 

Solution  of  the  band  ^trix  (47)  then  gives  corrections  to 
be  applied  to  the  variables  v,  T,  J  and  T  at  each  grid  point.  We 
could  then  find  the  linearized  corrections  to  n,  z  and  p  using 
(49),  (51)  and  the  linearized  rate  equations.  Instead  we  re-solve 
the  original  equations  for  these  quantities,  rather  than  their 
linearized  forms.  Since  the  equation  (50)  for  z  is  linear,  this 

« 

has  no  effect  on  z ;  solving  (2)  for  n  rather  than  using  (49) 
e  mures  consistency  am",  conserves  mass,  solution  of  the  rats 
equations  (6),  using  the  new  values  of  n,  T  and  J,  is  essential  to 
the  convergence  of  the1 iteration.  If  relatively  large  corrections 
to  the  radiation  field  (flJ)  are  generated,  the  resulting  inearized 
corrections  to  the  populations  may  carry  a  level  population 
outside  the  physical  range  o  <  p  ^  <  1.  We  find  that  convergence  is 
improved  if  we  also  make  the  optical  depths  consistent  with  the 
populations  at  each  iteration.  To  do  this  we  reject  the  linearized 


corrections  6 r  and  instead  integrate  (8)  using  the  new  values  of 
all  variables. 

(h)  Error  Control 

Thera  are  four  sources  of  error  to  be  considered;  incomplete 
convergence  of  the  iterative  solution  of  the  rate  equations  (6), 
incomplete  convergence  of  the  iterative  solution  of  the  other 
equations  (47),  truncation  error  due  to  finite  differencing  in 
time  and  truncation  error  due  to  finite  differences  in  space. 

Since  we  find  that  a  high  order  of  consistency  between  the 
populations  and  radiation  field  is  required,  we  use  a  strict 
convergence  criterion  for  the  rate  equation  iteration, 

KK  <  10“6- 

In  order  to  obtain  a  "reasonable"  criterion  for  the 
convergence  of  the  outer  iteration,  we  assume  that  the  truncation 
errors  are  randomly  distributed,  so  that  after  N  steps,  each  with 
error  e,  the  error  will  be  eVN.  The  error  ey  required  at  the  end 
of  the  simulation,  at  time  tp,  is  specified;  then  we  impose  the 
convergence  criterion 

I  <s.y/y  |  <  Ep/At/tF  (52) 


for  all  monitored  variables  y  at  all  grid  points.  Currently,  for 


typical  time  steps  0.1s  <  At  <  10a  this  criterion  allows 

s 

discrepancies  of  >£  1%.  Note  that  for  sufficiently  small  errors 

(less  than  a  few  percent)  the  Newton-Ralphson  iteration  converges 

4 

quadratically;  convergence  to  one  part  in  10  can  be  achieved  with 

just  one  further  iteration.  The  monitored  variables  are  n,  T,  J  . 

u! 

and  -p It  is  unnecessary  to  check  on  the  remaining  variables, 
since  changes  in  velocity  and  position  are  closely  tied  to  changes 
in  density,  while  the  optical  depth  is  directly  related  to  the 
populations. 

Our  algorithm  for  time  step  control  is  very  simple;  if  all 
monitored  variables  at  all  grid  points  change  by  less  than  15%,  we 
double  the  time  step;  if  any  monitored  variable  at  any  point 
changes  by  more  than  40%,  or  if  the  iteration  is  reluctant  to 
converge,  we  halve  the  3tep.  Rather  than  iterating  to  convergence 
before  checking  whether  the  time  3tep  should  be  halved,  we  check 
after  the  first  iteration.  Usually  the  changes  computed  at  this 
point  are  >»iithin  a  factor  of  two  of  the  final  result. 

A  similar  scheme  is  used  to  control  the  spatial  distribution 
of  grid  points.  If  any  variable  changes  by  more  than  some  factor 
(presently  1.6)  between  adjacent  points,  the  cell  is  divided  into 
two  smaller  cells;  if  all  variables  change  by  less  than  some  other 
amount  (presently  20%)  then  two  adjacent  cells  are  merged. 
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However,  the  density  of  cells  is  not  allowed  to  fall  below  a 
preset  minimum;  undesirable  effects  arise  whenever  any  cell 
occupies  more  than  a  few  percent  of  the  total  length  of  the  loop, 
either  in  N  or  z. 


(i)  Computational  Procedure 

Our  procedure  is  first  to  obtain  an  atmosphere  that 
satisfies  all  the  basic  equations  in  the  steady  state,  and  then  to 
calculate  its  development  in  response  to  a  perturbation.  Thus,  the 
calculation  separates  into  an  initialization  procedure,  which 
obtains  a  steady  state  solution,  followed  by  the  tin©  dependent 
calculation.  The  purpose  of  the  initialization  procedure  is  to 
obtain  a  steady-state,  non-LTE,  hydrostatic  equilibrium  atmosphere 
consistent  with  a  specified  temperature  distribution  T(N). 

( j )  Initialization 

1.  Choose  a  T(N)  for  the  initial  steady-state  atmosphere. 

2.  Solve  for  radiative  transfer  variables  consistent  with  the 
adopted  TiN)  by  iteration. 

(a)  (Jet  starting  values  by  guessing  n(N)  and  assuming  l»TE, 
which  defines  J(N),  7(N),  z(N)  and  P(N). 

(b)  calculate  the  coefficients  of  the  linearized  radiative 
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transfer,  optical  depth  and  steady  state  atomic  rate 
equations . 

(c)  Solve  for  corrections  to  J. 

(d)  Update  J  and  recalculate  consistent  p  from  the  rate 
equations  and  r  from  the  optical  depth  equations. 

(e)  Iterate  steps  (b)  -  (d)  until  converged. 

3.  Solve  for  radiative  transfer  variables  and  density  consistent 

with  the  adopted  T(N)  by  iteration. 

(a)  Get  starting  values  from  results  of  step  2. 

(b)  Calculate  coefficients  of  linearized  radiative  transfer, 
optical  depth,  steady  state  atomic  rate  equations,  and  steady 
state  momentum  equation. 

(c)  Solve  for  corrections  to  J  and  z. 

.  (d)  Update  J,  z  and  recalculate  consistent  p,  r  and  n, 

(e)  Iterate  steps  (b)  -  (d)  until  converged. 

4,  Calculate  the  required  ambient  energy  input  Q  at  each  grid 

A 

point  from  the  steady  state  energy  equation. 

( ii )  Time  Dependent  Calculation 

1.  Scan  the  grid,  inserting  and  deleting  cells  as  necessary  to  resolve 

the  structure  of  the  atmosphere. 

2,.  Calculate  the  amplitude  of  flare  heating  during  the  time  step. 

3.  Solve  the  full  set  of  time-dependent  equations. 
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(a)  Calculate  coefficients  appearing  in  the  linearized  equations 

of  radiative  transfer,  optical  depth,  atomic'  rates,  momentum  an 
energy. 

(b)  Solve  for  the  corrections  to  v,  T  and  J. 

(c)  Update  v,  T  and  J  then  recalculate  consistent  n,  z,  p  and 
and  7, 

(d)  If  this  is  the  first  iteration,  decide  whether  the  changes  in 
the  monitored  variables  warrant  a  change  in  the  time  step.  If 
so,  change  the  time  step  and  go  to  step  2. 

(e)  Repeat  from  (a)  until  converged;  if  convergence  is  not  achieved 

in  N  iterations,  halve  the  time  step  and  repeat  from 
max 

step  1 . 

4.  Hove  on  to  the  next  time  step;  go  to  step  1. 

IV.  DISCUSSION  AND  COMPARISON  WITH  PREVIOUS  RADIATIVE  HYDRODYNAMIC 

CALCULATIONS 

As  indicated  in  Section  I,  the  present  treatment  of  flare 
hydrodynamics  is  unique  in  that  we  explicitly  solve  the  radiative 
transfer  equation.  It  is  instructive  to  compare  our  methods  with 
previous  studies  which,  although  they  did  not  treat  the  flare 
problem,  combined  radiative  transfer  with  hydrodynamics.  The  mo3t 
relevant  examples  are  KN,  who  studied  the  effects  of  a  thermal 
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pulse  introduced  at  the  bottom  of  the  solar  chromosphere,  and  KSK, 
who  modelled  the  propagation  of  a  piston  driven  shock  in  a  stellar 
chromosphere . 

Although  the  basic  physics  of  these  studies  is  similar  to  our 
own,  there  are  important  differences  both  in  the  formulation  of 
the  problem  and  in  the  numerical  methods  used  to  obtain  a 
solution.  The  three  treatments  are  compared  in  Table  ill. 

The  most  important  difference  is  that  KN  and  KSK  u3e  a 
frequency-dependent  Eddington  form  of  the  radiative  transfer 
equation,  as  opposed  to  our  probabilistic  formulation.  The 
computational  advantage  of  the  probabilistic  method,  in  which  a 
frequency  integration  ha3  been  performed  analytically,  has  already 
been  pointed  out.  In  Section  III  (g)  we  noted  that  the  CPU  time 
required  to  solve  the  equations  is  proportional  to  the  number  of 
variables  cubed  (squared,  on  a  parallel  processing  machine)  and  in 
Section  I  (b)  we  pointed  out  that  at  least  25  variables  per  line 
and  5  per  continuum  are  required  to  define  even  crudely  the  photon 
spectrum  in  a  frequency  dependent  calculation,  while  only  2 
variables  (J  and  r  Per  spectral  feature  are  required  in  the 
probabilistic  method.  (The  need  not  be  calculated  in  a 
frequency  dependent  method  as  there  is  no  explicit  dependence  on 
optical  depth,  such  as  arises  through  the  escape  probabilities  in 
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the  probabilistic  calculation.)  In  our  present  computations 
involving  only  two  bound  levels  and  the  continuum  of  hydrogen,  the 
solution  of  the  band  matrix  accounts  for  nearly  40%  of  the  total 
run  time  (another  40%  of  the  CPU  time  is  used  in  calculating 
atomic  rates,  source  functions  etc.,  and  scales  roughly  as  the 
number  of  transitions)..  With  the  introduction  of  further  bound 
states  of  hydrogen  or  the  treatment  of  radiative  transfer  in  more 
elements,  the  run  time  will  quickly  become  dominated  by  the  band 
matrix  solution.  The  computational  advantage  of  the  frequency 
integrated  approach  is  clear;  with  presently  available  computing 
power  the  probabilistic  method  is  the  only  feasible  means  of 
performing  routine  multi-element,  multi-transition,  time-dependent 
simulations. 

V.  SUMMARY 

We  reiterate  the  following  major  points: 

The  probabilistic  method  for  radiative  for  radiative  transfer 
enables  tir.°-dependent ,  multi-transition  radiative  hydrodynamic 
simulations  to  be  carried  out  on  a  routine  basis.  By  applying  this 
method  to  the  solar  flare  problem  we  can  treat  the  whole 
atmosphere,  from  photosphere  to  corona,  and  learn  how  to  interpret 
the  simultaneously  observed  evolutions  of  the  coronal  and 
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chromospheric  flares  in  terms  of  energy  transport  mechanisms.  The 
major  potential  limitations  of  the  present  method  arise  from  the 
inability  of  the  probabilistic  radiative  transfer  to  treat 
overlapping  lines  and  continua  and  its  breakdown  in  the  vicinity 
of  extreme  velocity  gradients  in  optically  thick  (but  effectively 
thin)  parts  of  the  chromosphere. 

A  major  theoretical  problem  in  flare  studies  is  the 
formulation  of  a  consistent  description  of  the  physics  of  the 
transition  region,  particularly  proper  representation  of  thermal 
conduction  there.  It  is  essential  to  U3e  an  adaptive,  non-uniform 
finite  difference  grid  in  order  to  properly  resolve  features  of 
the  flaring  atmosphere,  especially  the  transition  region.  The 
moving  adaptive  grid  is  probably  ultimately  the  best  method  with 
which  to  accomplish  this  goal,  but  because  of  the  relaltively 
unknown  properties  and  possible  drawbacks  of  the  method,  v/e  have 
initially  used  a  static  adaptive  grid. 

We  have  carried  out  several  studies  using  the  framework 
outlined  in  this  paper.  In  Paper  II  (McClymont  and  Canfield  1981) 
we  carry  out  linear  stability  studies  of  empirical  models  of  loops 
that  extend  throughout  the  visible  solar  atmosphere,  from  the 
photosphere  to  the  corona.  In  Paper  III  (An,  Canfield  and 
McClymont  1981)  we  study  the  non-linear  evolution  of  the  models. 
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TABLE  1 


COLLISION  TIMES  IN  THE  SOLAR  ATMOSPHERE 


Quantity 

Temper¬ 

Lower 

Upper 

Quiet 

Flaring 

Flaring 

(cgs) 

ature 

Chromo¬ 

Chromo¬ 

Corona 

Corona 

Corona 

Minimum 

sphere 

sphere 

(IT 

(H)  + 

T 

3.6 

3.7 

3.9 

6.3 

7.5 

7.0 

n 

15.3 

14.3 

11.3 

9.0 

9.0 

10.7 

P 

3.1 

2.1 

-0.3 

-0.3 

0.9 

2.1 

X 

-4.0 

-3.0 

-0.0 

Momentum 

Exchange  Time 

Scales  (s) 

e-p 

-7.3 

-7.2 

-7.0 

-1.4 

+0.3 

-2.0 

e-H 

-4.3 

-4.3 

-3.2 

P“H 

-3.3 

-3.3 

-3.2 

* 

Energy  Exchange  Time  Scales  { s  \ 

e-p 

-4.1 

-4.0 

-4.1 

+1.9 

+3.7 

+1.3 

e-H 

-1.1 

-1.1 

-0.2 

p— H 

-3.3 

-3.3 

-3.2 

B( gauss ) 

2.2 

1.8 

0.6 

0.6 

1.2 

1.8 

*  All  entries  are  log10  of  the  relevant  quantity, 
t  I:  Before  significant  coronal  density  increase;  II:  After. 
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TABLE  2 

k 

Symbol  and  Constant  Definitions 

SUBSCRIPTS : 

i  Denumerates  spatial  grid  points  (occasionally  denotes  atomic 

level ) . 

j  Occasionally  denotes  atomic  level. 

i  Denotes  atomic  level  (principal  quantum  number);  when 

1  appears  with  u  then  £  denotes  lower  level. 

u  Denotes  upper  atomic  level. 

c  Denotes  continuum  atomic  level. 

e,p,H  Denote  electron,  proton  and  hydrogen  atom. 

SUPERSCRIPT: 

j  Denumerates  temporal  grid  points. 

SYMBOLS : 

a  Artificial  viscosity  parameter  «*  2.0. 

c  Speed  of  light. 

f  Line  absorption  oscillator  strength. 

g£  Statistical  weight  of  atomic  level  £. 

g  Component  of  gravitational  acceleration  parallel  to 

the  loop  axis. 

h  Planck's  constant, 

k  Boltzmann's  constant. 

m  Mean  mass  per  particle  =  1.56  m 

n 

n  Number  density  of  particles. 

PuJl  Escape  probability  for  a  photon  in  transition  u -l. 


t 


Time 
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BuI3c  velocity. 

Ion  thermal  velocity. 

Ionized  fraction  *  +  xu. 

C  cl 

—5 

Ionization  due  to  non-hydrogen  atoms  =  U  x  10 
Number  of  non-hydrogen  atom3  per  particle  =  0.15. 
Position  measured  along  the  loop  from  the  apex. 

Loop  cross-sectional  area 

Mean  intensity  in  transition  u-i.  per  unit  frequency 
interval,  at  line  center  or  at  the  continuum  edge. 

The  set  of  J  for  all  transitions  at  a  point  in  the 
atmosphere .  u" 

Column  density  of  particles  in  the  loop. 

Plasma  pressure 

Total  stress  (plasma  pressure  plus  viscous  stress). 
Total  energy  input  rate  per  particle. 

Total  radiative  loss  rate  per  particle. 

Total  transition  rate  from  state  i  to  state  j  . 

Source  function  ( at  line  center  or  continuum  edge ) . 
Temperature 

Mean  thermal  (translational  plus  internal)  energy 
per  particle. 

Binding  energy  for  atomic  level  1  (negative). 
Viscosity 

Thermal  conductivity 

Line  center  or  continuum  edge  frequency  for 
transition  u-1. 

Opacity  per  particle  (cross-section)  at  line 
center  or  continuum  edge  in  transition  u-1. 

Optical  depth  (line  center  or  continuum  edge) 
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in  transition  u -l. 

T  The  set  of  r  for  all  transitions  at  a  poxnt 

in  the  atmosjirosre . 

p  ^  'Fractional  population  of  atomic  level  £. 

p  'fhe  set  of  p.  for  all  levels  at  a  point  in  the 

atmosphere . 

♦ 

"Particle"  means  "equivalent  hydrogen  atom,"  i.e.  the  number  of 
particles  is  the  number  of  neutral  hydrogen  atoms  plus  the  number 
of  protons . 
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TABLE  3 


Comparison  of  Radiative 

Xneer  & 
NaXagawa 
(KN) 

Model  Plane  parallel 

atmosphere  solar  chromo¬ 

sphere 


Discretization  Uniform 
Eulerian 
mesh 


R.T.  Method  Frequency 
dependent 
Eddington 
. approximation 


Model  H  atom  2b+c 


Transitions  La,Lc 
treated  by  R.T. 


Approximate  H  (gray, 

treatment  of  optically  thin 

other  Ha  collis- 

transitions  ional  approx¬ 

imation) 


Hydrodynamic  calculations 

Klein,  Stein  Present 

&  KaDcofen  Paper 

( KSK) 

Plane  parallel  Loop  geometry, 
stellar  chromo-  solar  chromo¬ 
sphere  sphere  and 

corona 

Lagrangian  Adaptive 

mesh  Lagranoi.an 

uniform  in  mesh 

in  N 

Frequency  Probabilistic 

dependent  ( frequency 

with  variable  integrated ) 
Eddington 
factors 

2b+c  ( plus  2b+c 

levels  3-10 
in  LTE 

Lc,Bc  La,Lc,Bc 

(includes  free- 
free  and  bound- 
free  opacities 
for  levels  3-10) 

EUV,  x-rays 
t  ( optically 

thin ) ,  H 
(LTE,  optically 
thin ) 


Atomic  rate 
equations 


Time  dependent  Steady  state  Time  dependent 
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PI  GORE  CAPTION 

Figure  1.  Representation  of  physical  and  mathematical  variables 

and  boundary  conditions  in  the  finite-cell  representation  of  a 
loop. 
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vi  ^  Flare  Loop  Radiative  Hydrodynamics . 


II .  Radiative  Stability  of  Empirical  Models 

This  paper  reports  the  development  of  techniques  capable  of  predicting  the 
linear  hydrodynamic  stability  of  the  plasma  contained  in  the  flare  loops,  Only 
under  certain  circumstances  can  plasma  in  such  a  flux  tube  be  hydrodynamically 
stable,  even  in  the  presence  of  thermal  conduction.  The  contribution  of  this 
paper  was  to  treat,  for  the  first  time,  the  effect  of  radiative  transfer  on 
radiative  hydrodynamic  stability.  The  significant  finding  is  that  raditive 
transfer  has  an  important  stabilizing  effect  in  the  chromopshere .  We  showed  in 
this  paper  that  if  this  stabilizing  influence  is  neglected,  and  the  plasma  is 
treated  as  if  it  was  optically  thin,  then  the  stabilizing  influence  of  the 
chromosphere  will  be  missed  completely.  The  models  built  in  the  past,  neglecting 
the  stabilizing  influence  of  the  chromosphere,  reached  incorrect  conclusions 
because  these  effects  were  not  taken  into  account.  Having  developed  these 
techniques,  we  will  be  able  to  avoid  this  mistake  ourselves,  in  the  future. 
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ABSTRACT 


The  importance  of  loop  structures  in  the  corona,  both  for 
flares  and  the  quiet  sun,  has  stimulated  considerable  attention  to 
questions  of  their  radiative  stability.  Previous  studies  have 
focused  their  attention  on  the  coronal  part  of  the  loop,  in  this 
paper  we  examine  loop  stability  by  treating  the  entire  observable 
loop,  from  its  photospheric  footpoints  to  its  coronal  apex.  This 
approach  allows  the  chromosphere  and  corona  to  interact  naturally, 
thus  avoiding  possibly  artificial  boundary  conditions  imposed  at 
transition-region  footpoints. 

We  develop  a  numerical  eigenfunction  method  for  the  study  of 
stability,  which  is  based  on  the  methods  discussed  in  the 
preceeding  paper.  For  exemplary  purposes,  we  have  applied  these 
methods  to  several  loop  models  based  on  semi-empirical  model 
chromospheres,  under  the  assumption  that  the  rate  of  ambient 
energy  input  per  unit  mass  of  plasma  depends  only  on  column 
density.  Our  principal  study  is  of  a  loop  model  based  on  the 
semi-empirical  Model  F  of  Vernaz.ia,  Avrett,  and  Loeser  (1981). 

We  find  that  this  loop  model  has  one  unstable  eigenmode,  with 
a  growth  time  of  two  minutes.  This  mode  appears  in  the  transition 
region,  centered  around  the  peaX  of  the  optically  thin  radiative 

5 

loss  function  at  T  “  10  K.  However,  we  provide  evidence  that 


suggests  that  this  instability  is  not  a  feature  of  real  loops. 

More  importantly,  we  find  that  (1)  this  atmosphere  is  stable  to 

the  hydrogen-induced  radiative  instability  of  optically  thin  gases 

4.3 

at  temperatures  around  10  K;  (2)  if  it  were  not  for  radiative 

transfer  effects,  this  atmosphere  would  be  dramatically  unstable, 

with  growth  times  in  the  range  l  <  t  <  18  s;  (3)  the  stability 

when  radiative  transfer  is  taken  into  account  can  be  understood 

primarily  as  the  result  of  the  reduction  of  the  hydrogen  peak  at 
4.3 

10  K  that  would  exist  if  the  chromosphere  were  optically  thin. 
This  reduction  is  due  to  the  significant  optical  depth,  and 
consequent  low  escape  probability,  of  radiation  of  the  dominant 
coolant  (La)  at  upper  chromospheric  temperatures. 


I.  INTRODUCTION 


The  instability  of  astrophysical  plasmas  whose  temperature  is 
such  that  radiative  energy  losses  decrease  with  increasing 
temperature  has  been  of  interest  for  many  years.  The  most 
important  contribution  to  this  study  came  from  Field  (1965),  who 
gave  the  stability  criterion  for  an  isothermal  plasma  of  finite 
extent,  in  the  presence  and  absence  of  thermal  conduction. 
Extension  of  this  analysis  to  thermally  conducting  plasmas  with 
temperature  gradients,  or  to  optically  thick  plasmas,  is  not  easy. 
The  stability  of  a  conducting  plasma  in  the  presence  of 
temperature  gradients,  specifically  the  corona  and  transition 
region  of  magnetic  loop  structures,  has  been  discussed  by 
Antiochos  (1979),  Habbal  and  Rosner  (1979),  and  Kood  and  Priest 
(1980).  These  authors  define  the  footpoints  of  the  loop  to  be  in 
the  transition  region,  in  order  to  avoid  dealing  with  the 
optically  thick  chromosphere.  Their  boundary  conditions  fix  either 
the  conductive  flux  or  the  temperature.  The  majority  opinion  is 
that  a  loop  with  small  or  zero  conductive  flux  through  its 
transition-region  footpoints  is  unstable,  while  a  larger  flux  may 
render  the  loop  stable.  Our  concern  with  the  imposition  of 
boundary  conditions  at  the  transition  region  has  motivated  the 
present  study;  physically,  it  seems  more  appropriate  to  apply 


these  boundary  conditions  lower  in  the  atmosphere,  say  in  the 
photosphere . 

Craig  and  McClymont  (1981a)  and  Craig,  Robb,  and  Rollo  (1981) 

have  carried  out  a  more  complete  treatment  of  the  problem.  They 

solved  numerically  the  full  one-dimensional  hydrodynamic  equations 

governing  the  evolution  of  plasma  in  a  loop,  including  the  lower 

transition  region  and  the  chromosphere,  which  were  omitted  in 

previous  treatments.  Their  treatment  is  approximate  in  that  they 

reduce  the  optically  thin  radiative  loss  function  in  the 

chromosphere  by  an  empirical  opacity  factor  (but  see  Section  V). 

These  results  show  that  loops  can  be  stable,  even  against  f j nite 

amplitude  perturbations.  Instability  i3  encountered  only  if  the 

5 

chromosphere  is  hot  (T  “  10  K)  or  if  its  mass  is  small  compared 
to  the  coronal  mass;  theoretical  analysis  of  this  numerical  result 
is  given  by  Craig  and  McClymont  (1981b)  and  McClymont  and  Craig 
(1981). 

In  this  paper  we  take  a  further  step  toward  realism  by 
incorporating  chromospheric  radiative  transfer.  We  couple  the 
equations  of  one-dimensional  hydrodynamics  with  a  probabilistic 
treatment  of  radiative  transfer  in  a  two-level  plus  continuum 
hydrogen  atom  (Canfield,  Puetter,  and  Ricchiazzi  1981).  In  Section 
II  the  equations  used  and  the  assumptions  of  the  model  are 
described  only  to  the  minimum  extent  necessary  for  this  paper.  For 


fuller  details  of  of  the  equations  and  the  numerical  methods,  the 
reader  is  referred  to  McClymont  and  Canfield  (1981),  hereafter 
referred  to  as  Paper  I .  In  Section  III  the  linearized  eigenmode 
equations  are  formulated,  and  in  Section  IV  the  stability  of 
semi-empirical  loop  models  is  examined.  The  results  are  discussed 
in  Section  V,  and  the  conclusions  are  stated  in  Section  VI. 

II.  EQUATIONS  AND  ASSUMPTIONS 

The  hydrodynamic  and  radiative  transfer  equations  describing 
the  model  loop  are  set  out  below  in  Lagrangian  form  for  a  loop  of 
uniform  cro3s-sectional  area,  using  the  methods  and  notation  of 
Paper  I.  We  assume  that  the  ambient  energy  input  heat3  electrons 
and  ions  equally  and  that  the  growth  time  of  the  instability  will 
be  greater  than  the  coronal  electron-proton  temperature 
equilibriation  time  scale,  which  can  be  as  long  as  1  minute  in  a 
long,  cool  loop.  We  are  then  justified  in  assuming  a  common 
electron  and  proton  temperature.  In  the  present  investigation  the 
ambient  energy  input  Qis  assumed  to  be  constant  per  unit  mass. 
The  role  of  the  functional  form  of  Q  in  determining  stability  is 
discussed  in  Section  V. 

Along  with  the  hydrodynamic  equations,  we  solve  the  atomic 
rate  equations  for  a  two-level  plus  continuum  hydrogen  atom  and 


the  probabilistic  radiative  transfer  equations  for  the  radiation 
field  in  the  resulting  transitions.  The  total  radiative  energy 
loss  rate  consists  of  the  losses  from  these  transitions  plus 
losses  from  other  elements  (assumed  optically  thin),  which  we 
obtain  from  the  radiative  loss  function  computed  by  Cox  and  Tucker 
(1069)  with  the  hydrogen  contribution  removed.  To  these  losses  is 
added  an  LT2  approximation  to  H  radiation,  relevant  in  the  lower 
chromosphere . 

The  geometry  of  the  coronal  loop,  of  semi-toroidal  form,  is 

defined  by  a  rigid  magnetic  field  (we  assume  a  low  yS  plasma).  The 

footpoints  of  the  loop  are  embedded  in  the  photosphere,  where  the 

temperature  remains  fixed.  We  set  the  velocity  to  zero  there,  and 

there 

assume  that  the  radiation  field  and  atomic  populations  /  are 
determined  by  LTE.  For  simplicity  we  take  the  loop  to  be  symmetric 
about  its  apex;  thus  our  second  boundary  condition  defines  the 
velocity  and  the  gradients  of  temperature  and  density  to  be  zero 
here.  Lastly,  optical  depths  are  set  to  zero  at  the  apex. 

The  acceleration  of  a  fluid  element  is  caused  by  gas 
pressure,  gravity  and  viscosity  as  described  by  the  momentum 
equations 
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where  N  is  the  column  density  of  atoms  and  ions.  Rate  of  change  of 
internal  energy  through  ambient  heating,  radiative  energy  loss, 
thermal  conduction,  work  done  by  pressure  and  viscosity  is 
governed  by  the  energy  equation? 


h. 

at 


= « - R  +  &  <"*  if) 


(2) 


is  replaced,  for  computational  purposes,  by  the  equivalent 
equations  defining  velocity  and  density  in  terms  of  the  spatial 
position  of  fluid  elements; 


n  -  / 32 \  _ 

3N  ’ 


The  population  of  an  atomic  level  of  hydrogen  changes  in  response 
to  transitions  to  and  from  the  level  according  to  the  rate 
equation 


/C(R0'i 


i=l  ,2  ,c  . 


(5) 


In  the  probabilistic  formulation  the  change  in  mean  intensity  in 
transition  u-Jt  with  optical  depth,  due  to  escape  of  photons  and  to 
a  changing  source  function  is 


<Jursut> 


d(/Pui  V 


1=1 , . . . , u- 1 

u=2,c  . 


(6) 


Finally,  we  relate  optical  depth  (in  the  transition  u -l)  to  column 
density  through  the  opacity  cross-section 


U  1 


(7) 


we  also  use  the  definitions  of  pressure 

P  =  (1+y+x)nkT  »  (8) 

where  x  is  the  ionization,  and  thermal  energy 

e  =  |  (l+y+x)kT  +  t-  ^  >  (9) 

i 

together  with  expressions  for  i) ,  R,  K,  R^j ,  S^,  p^  and  a ^  that 
are  given  in  Paper  I,  along  with  a  discussion  of  the  numerical 


finite  difference  methods  that  are  used  to  solve  the  equations. 
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III.  FORMULATION  AND  SOLUTION  OF  THE  LINEARIZED  EQUATIONS 

In  this  analysis  we  seek  only  isobaric  modes  of  instability. 

/ 

It  is  easily  shown  that,  provided  radiative  looses  increase  with 
increasing  density,  these  modes  are  the  most  unstable.  In  fact, 
the  modes  should  strictly  be  called  guasi-isobaric.  because  we 
allojv  the  pressure  to  change  to  maintain  hydrostatic  equilibrium 
as  the  gas  moves  infinitesimally  in  the  gravitational  field  of  the 
sun.  We  will  use  the  term  isobaric  in  this  sense  in  this  paper. 
The  isobaric  mode  is  obtained  in  the  usual  way  by  neglecting  the 
inertial  mass  of  the  plasma,  thus  treating  the  momentum  equation 
as  steady  state  (see  Antiocho3  1979,  Field  1965).  The  validity  of 
the  isobaric  assumption  can  be  checked  a  posteriori  by  comparing 
the  growth  time  of  an  instability  to  the  sound  travel  time  across 
the  region  disturbed  by  the  eigenmode.  We  have  also  used  the 
steady  state  approximation  to  the  rate  equations,  assuming  that 
all  atomic  rates  are  much  faster  than  the  instability  growth  rate. 
This  approximation  is  valid  for  all  transitions  except  perhaps  for 
recombination  near  the  base  of  the  transition  region. 

Introducing  the  eigenvalue  (growth  rate)  v  we  expand  all 
quantities  to  first  order,  writing,  for  example, 

T( N ,  t)  =  Tq(N)  +  T^(N)evt  . 


(10) 
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Then  equations  (1)  -  (3)  become,  in  the  isobaric  approximation, 


vn 


2  ' 

=  -  n0  V1 


(ID 


_  dg 

+  m 


dz  "1 


(12) 


ve1  =  ■  h  +  C1  “  po  V1  (13) 

where  (')  denotes  differentiation  with  respect  to  N,  (a 

function  of  n  ,  T  ,  x  ,  n, ,  T, ,  x,  and  their  derivatives)  denotes 
the  first  order  contribution  of  the  conduction  term,  and  R^  is  the 
linearized  perturbation  on  the  radiative  loss  rate. 

with  the  approximation  of  steady  state  in  the  rate 

equations,  equations  (5)  -  (7)  can  be  regarded  simply  as 

relationships  which  yield  the  atomic  populations,  intensities  and 
optical  depths  at  all  points  in  the  atmosphere,  given  the 
temperature  and  density  distributions.  Hence,  for  any  given 
distributions  of  and  n^  we  can  calculate  immediately  the 

corresponding  distributions  of  pressure,  radiative  loss  rate  and 
conductivity. 

I 

Ve  next  eliminate  v-jby  combining  (11)  and  (13)  to  obtain 
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v  ( e  i 


^»i> 

ri 


=  Ci  “  R1 


(14) 


and  then  note  that  n^  and  are  related  by  the  steady  state 
equation 


3 

dz 


+  m  n-j/n 


2 

o 


-  0 


(15) 


which  is  obtained  from  the  continuity  equation  ( 11 )  and  the 
isobaric  momentum  equation  (12).  Since  P^  deperds  on  n^,  T^,  and 

x  ,  and  x^  is  known  as  a  function  of  and  n1#  from  equations  (5) 
-  (7)  we  can,  in  principle,  find  qiven  .  In  the  limit  of 

vanishing  gravity  (an  approximation  used  in  previous  loop 
stability  studies),  (15)  is  replaced  by 

=  0 

or  ' 


nl/no+Tl/To+xl^Uy+xo^  =  VP0  =  constant  <l6> 

where,  since  the  equations  are  linear,  the  constant  is  arbitrary. 

Finally,  v  may  be  expressed  as  a  functional  of  using  the 
continuity  aquation  ( 11 ) 


(17) 
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which,  if  gravity  is  non-zero,  may  be  expressed  using  (15)  as 


V1  r  P1  7  dz 


*JL 


(18) 


We  have  shown  that  all  perturbed  quantities  may  be  expressed 
as  functionals  of  the  temperature  perturbation  T^,  which  we  now 
choose  as  the  principal  variable.  The  other  variables  are 
determined  self-con3istently  by  the  remaining  (steady  state) 
equations.  We  seek  eigenfunctions  (N)  and  eigenvalues  v 

satisfying  (11),  (12),  (14),  (5),  (6),  and  (7). 


We  now  move  directly  to  the  discretized  form  of  the 
equations  in  which  spatial  derivatives  arc  replaced  by  finite 
differences.  Then  we  can  find  the  effect  of  a  perturbation  at  one 
grid  point  on  conditions  at  another,  bypassing  the  usual 
linearization  of  the  equations  with  respect  to  all  variables  and 
derivatives  followed  by  substitution  of  finite  difference 
operators  for  the  differential  operators.  Thus  we  write  (14)  as 


i  =1  , . . .  ,M  U9) 


where  the  suffix  i  denotes  grid  point  number.  Then,  recognizing 
that  physical  quantities  at  grid  point  i  are  affected,  through  the 
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coupling  of  radiative  transfer  and  (for  nearby  points)  through  the 
spatial  derivatives,  by  a  perturbation  on  temperature  at  any  other 
point,  we  write 


e 


li 


de0f  _ 
dT.  Tlj 


(20) 


with  similar  expressions  for  n^,  C^,  and  .  Note  that  the 

derivative  is  a  total  derivative,  incorporating  changes  induced 
through  all  possible  pathways.  Thus,  assuming  for  illustration 
that  pressure  and  ionization  are  constant  (P  *  0/  x  «  0),  we 
have 


(21) 


where  6^  is  the  Kronecker  delta  function.  But  when  ionization  is 
not  held  fixed,  this  is  not  true  (even  with  P^  =  0)? 


t  o 


(22) 


because,  for  instance,  a  change  in  the  temperature  at  a  point  deep 
in  the  atmosphere  changes  rhe  radiation  field  at  all  points  above; 
this  in  turn  changes  the  ionization  and  so  upsets  the  pressure 
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balance,  demanding  a  change  in  density.  Thus  (19)  becomes 


Z  \> 

j 


'  ,p, 

dT,  "  dT, 

J  ^  -j  J 


?  afr  <S- 

3  J 


Tu 


(23) 


We  write 


xi  ■  <VV. 


(24) 


and  define 


Au 


dci 


d  £n  T. 

J 


Po\  dni 


2  J  d  £n  T. 

nol.  J 


(25) 


Bij  =  d  £n  T.  ^Ci  ‘  V 

J 


(26) 


Then  ( 23 )  can  be  written  in  standard  eigenmatrix  form  as 


[A~  B]  X  =  vX  . 


(27) 


We  evaluate  the  matrices  of  derivatives  A  and  B  numerically 
by  perturbing  the  temperature  at  each  grid  point  j  in  turn.  At 
each  perturbation,  we  re-solve  the  equations  of  radiative  transfer 
and  hydrostatic  equilibrium,  that  is,  we  solve  iteratively  the  3et 
of  equations  (1)  and  (4)  -  (7)  with  velocity  dependent  terms  and 
time  derivatives  set  to  zero  (see  Paper  I  for  the  solution 
procedure).  The  energy  equation  (2)  is  omitted,  since  the 
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temperature  is  predefined.  Density  (and  hence,  through  (4), 
spatial  position)  is  related  to  pressure,  ionization  and  the  known 
temperature  through  (9).  At  each  grid  point  i  we  then  evaluate  e^, 
and  the  right  hand  side  of  the  energy  equation  and  hence 
construct  numerical  approximations  to  the  derivative  matrices  A 
and  B.  When  the  matrices  axe  completely  filled  we  solve  (27)  using 
a  standard  eigenvalue  solver. 

In  comparing  our  analysis  with  that  of  Antiochos  ( 1979 )  two 
facts  should  be  kept  in  mind.  First,  when  evaluating  the 
derivative  matrices  by  re-solving  the  equations  with  a  perturbed 
temperature,  we  retain  the  same  boundary  conditions  at  the  loop 
apex.  Since  these  specify  symmetry  about  the  apex,  we  find  only 
symmetric  eigenmodes,  whereas  Antiochos  pays  most  attention  to 
anti-symmetric  modes.  Secondly,  we  note  that  the  perturbations  n^^ 
and  T  in  density  and  temperature  are  different  from  those  in  the 
Eulerian  system  used  by  Antiochos.  Working  in  a  Lagrangian  system, 
the  quantity  n^  represents  the  difference  between  the  time 
dependent  density  and  the  original  density  at  the  same  column 
depth .  In  Antiochos'  Eulerian  formulation,  the  original  density  is 
taken  at  the  same  spatial  position.  These  definitions  differ  by  a 


convective  term; 
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(28) 


where  the  subscripts  L  and  E  refer  to  Lagrangian  and  Eulerian 
coordinates.  The  same  is  true  of  the  temperature  perturbation  T  . 


IV.  RESULTS 

We  have  applied  the  stability  analysis  developed  in 
Section  III  to  several  loop  models  based  on  semi-empirical 
atmospheres!  the  HSRA  model  of  the  average  quiet  sun  (Gingerich  et 
al. .  1971);  the  plage  model  (P)  of  Basri  et  al.  (1979);  the  bright 
network  element  model  (F)  of  Vernazza,  Avrett,  and  Loeser  (1981). 
This  last  model  (called  VAL/F  below)  is  one  of  a  series  of  the 
most  complete  semi-empirical  models  of  the  solar  chromosphere  and 
photosphere  presently  available,  being  derived  from  observations 
in  a  wide  variety  of,  lines  and  continua.  We  will  concentrate  on 
our  results  for  this  model,  and  mention  the  others  only  as 
corroboratory  evidence. 

Despite  the  relative  completeness  of  the  VAL/F  model,  it  does 
not  permit  us  to  study  a  loop  defined  in  its  entirety  by 
observations;  we  must  add  a  corona.  In  extending  the  atmosphere  to 
higher  temperatures,  we  assume  that  the  conductive  flux  and  its 
divergence  vary  in  a  physically  plausible  manner  across  the 
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transition  region.  We  are  then  forced  to  discard  the  uppermost  two 
tabulated  points  of  the  VAL/F  model,  as  (together  with  the  third 
point)  they  imply  a  huge  flux  divergence;  this  divergence  is  so 
large  that  it  requires  a  large,  negative  ambient  heating  rate  in 
this  region.  To  further  smooth  the  spatial  distribution  of 
heating,  we  found  it  necessary  to  increase  the  temperature 

4 

gradient  at  T  “  4.5  x  10  K  by  reducing  the  spacing  between  grid 

points  (4)  and  (5)  of  the  VAL/F  atmosphere  from  6  km  to  3  km. 

Our  final  VAL/F  loop  model  has  a  plausible  combination  of 

» 

loop  length,  apex  temperature  and  ambient  heating  rate.  It  was 

constructed  by  integrating  the  steady  state  equations  (1),  (2)  and 

(4)  for  a  fully  ionized,  optically  thin  plasma,  into  the  corona, 

with  a  lower  boundary  condition  specifying  a  conductive  flux  of 
4-2-1  4 

3  x  10  erg  cm  s  at  T  «  5  x  10  K.  In  order  to  produce  a 
reasonably  high  coronal  temperature  at  the  apex  we  had  to  assume 
that  the  heating  function  Q  decreases  toward  the  loop  apex.  The 

assumed  variation  of  Q(N)  leads  to  an  apex  temperature  of 

6  9 

1.1  x  10  K  with  a  loop  half-length  of  2.9  x  10  cm. 

The  variation  of  temperature,  pressure,  conductive  flux,  and 

ambient  heating  rate  throughout  our  entire  VAL/F  loop  model  are 

shown  in  Figure  1  (upper  panel),  against  cell  number  on  the 

numerical  grid.  The  junction  of  the  VAL/F  chromosphere  and  our 


coronal  extension  occurs  near  cell  number  30.  We  call  attention  to 
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the  highly  nonlinear  relationship  between  cell  number  and  column 

density?  of  the  82  cells  into  which  our  loop  is  partitioned,  over 

20  are  assigned  to  the  transition  region.  This  avoids  the  pitfalls 

of  under-resolution  of  the  steep  temperature  gradients  (previously 

discussed  by  Antiochos  and  Krall,  1978,  McClymont  and  Canfield, 

1980,  Craig  and  McClymont,  1981,  and  Craig,  Robb,  and  Rollo,  1981) 

which,  in  the  analysis  presented  here,  can  give  rise  to  spurious 

19.5  -2 

instabilities.  In  the  lower  chromosphere  (N  “  10  cm  )  the 
ambient  heating  rate  Q  is  balanced  by  H  radiative  losses,  while 
in  the  upper  chromosphere  (n  “  10  '  cm  ),  optically  thick 

atomic  hydrogen  emission  predominates.  Above  this  level,  radiation 
from  elements  heavier  than  hydrogen  (assumed  optically  thin)  is 
balanced  by  both  conduction  and  ambient  heating.  Despite  the 
precautions  taken  to  realize  a  physically  plausible  loop 
structure,  we  anticipate  that  this  loop  may  be  unstable,  since  the 
heating  function  Q  differs  from  the  radiative  loss  rate  R  by  at 
most  a  factor  of  two  throughout  the  atmosphere  (see  Craig, 
McClymont,  and  Underwood,  1978,  and  McClymont  and  Craig,  1981). 

In  order  to  illustrate  the  importance  of  optically  thick 
radiative  transfer,  we  have  performed  two  stability  analyses  of 
the  VAL/F  loop  model.  In  both  cases  v?e  use  the  full  set  of 
equations  including  radiative  transfer  in  our  model  hydrogen  atom. 
In  the  first  case  we  compute  the  optically  thick  radiative  loss 


rate  for  hydrogen  (treating  the  other  elements  as  optically  thin); 
in  the  second  case  we  treat  all  emission  as  optically  thin  and  use 
the  total  radiative  loss  function  computed  by  Cox  and  Tucker 
(1969).  Thus  the  role  of  radiative  transfer  in  determining 
ionization  equilibrium  is  maintained  in  both  cases;  only  the 
radiative  loss  rates  are  different. 

In  case  I,  when  we  compute  the  optically  thick  loss  rate  for 
hydrogen,  we  find  only  one  unstable  mode,  with  a  relatively  slow 
growth  rate  cf  7.2x10  3  s  1  (growth  tine  “  140  s).  The  form  of 
this  mode  is  given  by  tho  computed  eigenfunction  shown  by  a  heavy 
curve  in  the  lower  panel  of  Figure  1.  Comparison  with  the 
temperature  structure  of  the  atmosphere  shows  that  the  instability 
is  sharply  peaked  in  the  transition  region  (cf.  Antiochos  1979). 
The  eigenfunction  is  clearly  well  resolved  from  a  numerical  point 
of  view,  but  is  physically  very  narrow — only  about  60  km  wide  at 
half-maximum.  It  is  sufficiently  narrow  that  it  is  consistent  with 
the  isobaric  assumption,  since  the  sound  travel  time  across  the 
feature  i3  only  a  few  seconds,  since  the  electron-proton 
equilibration  time  in  the  transition  region  is  only  o.l  s  (see 
Spitzer.  1962),  our  one-temperature  representation  is  also 
justified. 

Very  different  results  are  obtained  if  we  assume  that  all 
elements,  including  hydrogen,  radiate  as  if  their  emission  was 
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optically  thin — Case  II  above,  Whereas  in  Case  I,  there  was  only 

one  growing  mode,  there  are  now  ten I  These  are  shown  in  the  lower 

panel  of  Figure  1,  as  light  curves.  Of  these,  nine  are  entirely 

new,  but  the  tenth  is  clearly  the  same  mode  found  in  Case  I.  Its 

-3  -1 

shape  is  very  similar,  as  is  its  grovH:h  rate  (6.7  x  10  s  ).  The 

other  nine  unstable  modes,  which  have  growth  rates  ranging  from 
-1  —2  -1 

9.7  x  10  to  5.7  x  10  s  ,  are  all  sharply  peaked  in  the 
vicinity  of  the  upper  chromospheric  temperature  plateau,  cells  40 
through  48 .  Clearly  radiative  energy  transport  is  a  strong 
stabilizing  mechanism  in  this  region. 

A  further  result  worthy  of  note  was  established  in  the 
preliminary  stability  analysis  of  the  VAL/F  atmosphere,  in  which 
we  did  not  modify  its  uppermost  (transition  region)  structure  in 
order  to  obtain  a  positive  definite  heating  rate  Q.  We  then  found 
the  full  loop  model  to  be  completely  stable  The  same  result, 
unconditional  stability,  was  found  for  the  HSRA  atmosphere  which, 
with  our  coronal  extension  to  it,  also  has  a  region  of  large, 
negative  Q  in  the  upper  transition  region.  On  the  other  hand,  the 
Basri  et  al.  atmosphere,  which  has  a  positive  peak  in  Q  in  the 
upper  transition  region  much  more  pronounced  than  that  in  the 
VAL/F  loop  model,  was  found  to  have  several  unstable  modes  with 
much  faster  growth  rates  than  the  sole  unstable  mode  of  the  VAL/F 


loop. 
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The  behavior  of  the  HSRA  and  Basri  et  al.  model  atmospheres 
with  regard  to  the  effect  of  opacity  in  the  hydrogen  transitions 
is  entirely  consistent  with  the  effects  observed  in  the  VHi/P 
model.  In  all  cases  many  unstable  modes  were  found  in  the 

4 

temperature  regime  T  «  2  x  10  K  when  hydrogen  emission  was 
treated  as  optically  thin;  these  were  suppressed  by  the  inclusion 
of  the  effects  of  hydrogen  opacity  in  the  radiative  loss  function. 

V.  DISCUSSION  OF  RESULTS 

It  is  of  considerable  interest  that  when  hydrogen  radiative 
transfer  is  taken  into  account,  no  chromospheric  instability  is 
found.  The  reason  for  stability  becomes  clear  when  one  examines 
the  effect  of  opacity  on  the  radiative  loss  process.  The  region 
that  is  unstable  in  the  optically  t.iin  case,  Case  II,  is  the  upper 
chromospheric  temperature  plateau,  which  extends  from  cell  40  to 
cell  48.  Consider,  for  instance,  the  middle  of  this  range,  where 

4 

the  temperature  is  about  2.5  x  10  K.  The  optical  depth  of  the 

most  effective  radiator  in  this  range.  La,  is  about  25, 

-2 

corresponding  to  an  escape  probability  of  only  about  10  .  Hence, 

2 

newly  created  La  photons  scatter  approximately  10  times  before 
ultimately  escaping.  (Fince  this  optical  depth  is  much  smaller 
than  the  degradation  depth,  virtually  all  photons  created  here 
escape).  This  large  number  of  scatterings  makes  both  the  radiation 
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field  and  the  atomic  populations  highly  nonlocal.  This  means  that 

no  local  treatment  (such  as  an  optically  thin,  or  even  effectively 

thin,  approximation)  can  be  fully  satisfactory  in  its 

representation  of  radiative  hydrodynamic  phenomena. 

In  the  optically  thin  or  effectively  thin  case,  La  is  largely 

4 

responsible  for  the  bump  near  t1  “  2.5  x  10  K  in  the  isobaric 

radiative  loss  function  shown  in  Figure  2.  This  is  the  usual 

function  f(T)  shown  by  Cox  and  Tucker  (1969),  McWhirter  et  al. 

(1975)  and  others,  divided  by  T.  The  function  f(T)/T  is  of 

interest  because  in  the  absence  of  thermal  conduction,  the  gas  i3 

unstable  to  isobaric  perturbations  whenever  the  slope  of  the 

4.2  4.5  4.9 

function  is  negative  (i.e.  for  10  <  T  <  10  K  and  T  >  10  K. 

In  the  solar  atmosphere,  opacity  effects  may  be  important  in  the 

former  range.  The  long-dashed  curve  in  Figure  2  is  from  Cox  and 

Tucker  (1969);  the  dot-dashed  curve  is  from  McWhirter  et  al. 

(1975).  There  are  at  most  factor-of-two  differences  between  the 

two  different  authors '  results  where  the  contribution  of  hydrogen 

4  5 

is  dominant,  at  T  <  10  K.  The  short-dashed  curve  is  from  Cox 
and  Tucker  (1969),  with  the  hydrogen  contribution  subtracted  off. 
This  is  the  function  we  use  to  represent  optically  thin  losses. 

Although  the  question  of  radiative  stability  in  an  optically 
thick  medium  is  complicated  by  highly  nonlinear  interactions  and 
nonlocal  effects,  we  can  demonstrate  very  clearly  the  effect  of 
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opacity  by  computing  the  effective  isobaric  radiative  loss 

function  for  the  optically  thick  case.  This  is  given  by  the  solid 

curve  in  Figure  2,  which  shows  the  run  of  the  computed  values  of 

R/(ngT)  as  a  function  of  temperature  through  the  upper 

chromosphere  and  lower  transition  region  of  the  VAL/F  loop  model. 

Clearly  the  effect  of  opacity  is  to  greatly  reduce  the  importance 

of  hydrogen  emission  in  comparison  with  the  other  elements.  Hote 

that  the  effective  loss  function  is  not  quite  strictly  increasing 

5 

at  all  temperatures  below  10  K.  This  shows  that  either  (a)  even 

4 

at  T  “  2  x  10  K  energy  transport  by  thermal  conduction  is 

sufficient  to  stabilize  the  residual  instability  and/or  (b)  energy 

transport  by  radiative  transfer  (not  accounted  for  in  che  first 

approximation  by  the  effective  loss  rate)  fulfills  the  same  role. 

We  will  return  to  this  question  in  a  later  study. 

We  would  expect  that  even  in  the  absence  of  an  efficient 

stabilizing  mechanism,  instability  over  a  narrow  range  of 

temperature  would  not  pose  a  threat  to  the  overall  stability  of 

solar  loops.  The  atmosphere  will  merely  arrange  itself  so  that  the 

regions  of  instability  are  spanned  by  mini-transition  regions,  so 

that  virtually  no  unstable  material  is  present. 

We  now  turn  to  a  discussion  of  the  unstable  transition  region 

5 

mode,  which  has  a  growth  time  of  140  s,  and  peaks  at  T  “  10  K. 
The  fundemental  reason  for  the  existence  of  thi3  instability  is 
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probably  the  fact  that  radiative  losses  are  balanced  very  nearly 
{within  a  factor  of  two)  by  ambient  heating,  throughout  the  VAL/P 
loop  model.  Thus,  conductive  stabilization  is  ineffective  (Craig, 
McClymont,  and  Underwood,  1978).  In  our  model  based  on  the  Basri 
et  al .  chromosphere,  in  „  which  an  even  closer  balance  between 
radiative  losses  and  ambient  heating  exists,  we  find  much  faster 

5 

growing  instabilities  in  the  transition  region  (T  “  10  K).  On  the 
other  hand,  the  large  negative  heating  rates  in  the  upper 
transition  region  that  appeared  in  our  HSRA  and  preliminary  val/f 
loop  models,  force  a  greater  conductive  dominance  than  is  expected 
in  nature.  V7e  round  these  atmospheres  to  be  completely  stable.  . 

As  no  physical  mechanism  is  known  that  would  preferentially 
heat  or  cool  a  narrow  region  of  rapidly  varying  temperature,  it  is 
generally  believed  that  the  structure  of  the  real  transition  zone 
is  determined  by  a  balanee  between  conduction  and  radiation  (e.g. 
Moore  and  Fung,  1972,  Craig,  McClymont,  and  Underwood,  1978). 
Although  Antiocho3  (1979)  and  Hooc  and  Priest  (1979)  have 
contended  that  coronal  loops  are  dramatically  unstable,  oven  wi<,h 
a  spatially  uniform  ambient  heating  function  (which  allows  a  close 
balance  between  conduction  and  radiation  in  the  transition 
region),  Craig  and  McClymont  (1981b)  and  McClymont  and  Craig 
(1981)  have  recently  demonstrated  thaz  this  result  is  due  to  the 
fact  that  these  authors  truncated  the  loc-p  in  the  transition  zone. 
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thus  neglecting  the  influence  of  the  chromosphere. 

The  influence  of  the  chromosphere  may  be  argued  as  follows. 
Consider  an  atmosphere  with  given  coronal  and  chromospheric 
temperatures.  If  the  ambient  heating  peaks  in  the  corona  and  is 
small  at  transition  region  temperatures,  a  steep  transition  region 
is  called  for  to  carry  the  required  conductive  flux.  In  this 
situation  the  corona  and  chromosphere  are  strongly  coupled,  and 
the  radiatively  stable  chromosphere  and  lower  transition  region 
are  able  to  act  as  a  heat  sink  for  the  corona,  and  so  is  a 
stabilizing  influence.  On  the  other  hand,  a  transition  region 
carrying  relatively  little  flux  is  produced  by  relatively 
prcnour.cud  heating  in  the  transition  region.  In  this  case  the 
radiatively  unstable  corona  is  effectively  decoupled  from  the 
lower  atmosphere;  it  cannot  get  rid  of  the  excess  energy  that 
results  from  a  (positive)  temperature  perturbation. 

It  should  be  noted  that  not  only  is  the  spatial  variation  of 
heating  important  in  determining, stability,  but  any  dependence  of 
the  heating  rate  on  depth  and  temperature  is  just  as  important  as 
the  dependence  of  the  radiative  lo:s  rate  on  these  parameters. 
Hence  the  observational  evidence  for  ]oop  stability  may  lead  us  to 
constraints  on  the  coronal  heating  mechanism.  A  first  step  in  this 
direction  was  taken  by  Kosner,  Tucker  and  Vaiana  (1978),  and  the 
analysis  has  been  elaborated  by  McClymont  and  Craig  (1981). 


26 


Finally,  we  note  that  the  dynamic  simulations  and  stability 
analyses  performed  in  the  optically  thin  approximation  by  Craig, 
McClymont,  and  Underwood  (1978),  Craig  and  McClymont  (1981a, b), 
Craig,  Robb,  and  Rollo  (1981),  and  McClymont  and  Craig  (1981)  have 
used  the  empirical  radiative  loss  function  f(T)/T  =  lcf26  x 

5  ±2  —1  3  —1  5 

(T/10  K)  erg  s  cm  K  (positive  exponent  for  T  <  10  K), 

which  is  a  convenient  fit  to  the  major  features  of  the  effective 
loss  function  shown  in  Figure  2.  We  therefore  suggest  that  future 
work  in  the  optically  thin  approximation  should  omit  the  hydrogen 
peak  in  the  all-species  curves  of  Figure  2. 

VI .  CONCLUSIONS 

Our  primary  conclusions  are  as  follows: 

1.  Although  the  complete  loop  model  that  we  have  developed 
based  on  the  Vernasza,  Avrett,  and  Loeser  Model  F  (VAL/F)  is 
globally  unstable  with  a  growth  time  of  140  s,  according  to  our 
isobaric  linear  stability  analysis,  this  instability  is  driven  by 
radiative  instability  in  the  transition  region  in  the  familiar 
manner  (see,  e.g.,  Antiochos  1979).  Since  we  have  been  obliged  to 
build  the  complete  loop  model  by  attaching  two  separate  models 
based  on  completely  different  techniques,  this  instability  may  not 
be  physically  significant.  Vie  believe  that  the  peak  in  the 
heating  rate  in  the  transition  region  is  unrealistic,  and  may  be 
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the  major  cause  of  the  instability  (see  Craig,  McClymont,  and 
Underwood,  1978).  The  requirement  that  some  loops  be  long-lived, 
as  observed,  may  enable  constraints  to  be  placed  on  the  form  of 
the  coronal  heating  mechanism  (see  McClymont  and  Craig,  1981).  We 
do  not  consider  this  instability  further,  except  to  note  that  the 
sole  unstable  eigenmode  for  this  atmosphere  is  strongly  localised 
in  the  transition  region,  and  has  no  significant  chromospheric 
extension. 

2.  No  radiative  instability  is  indicated  in  the  chromosphere 
defined  by  the  VAL/F  model.  This  is  very  significant,  for  three 
reasons.  First,  we  show  that  were  it  not  for  radiative  transfer  in 
the  upper  chromosphere  of  the  VAL/F  model,  it  would  be  highly 
unstable.  We  find  that  in  the  absence  of  radiative  transfer,  many 
eigenmodes  would  exist,  sharply  confined  to  the  upper 
chromospheric  temperature  plateau,  with  growth  times  in  the  range 
1  -  20  s.  Second,  although  the  only  hydrogenic  transitions 
considered  are  La,  the  Lyman  continuum,  and  the  Balmer  continuum, 
these  include  the  dominant  contributors  to  the  optically  thin 
radiative  loss  function  for  all  elements.  Third,  the  VAL/F  is  the 
most  realistic  and  definitive  semi-empirical  model  of  the 
brightest  structures  of  the  chromospheric  network. 

3.  The  reason  for  the  stability  of  the  VAL/F  model  is  seen  to 
be  the  high  optical  depth  in  La,  the  dominant  coolant  at  the  level 
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of  the  upper  chromospheric  plateau.  The  high  optical  depth  means 

that  the  probability  of  direct  escape  of  newly  created  photons  is 

small,  and  makes  them  likely  to  scatter  many  times  before 

escaping.  This  makes  the  radiative  loss  process  very  nonlocal.  The 

effect  is  to  smooth  the  hydrogen  peak  at  temperatures  around 
4.3 

10  K  in  the  effective  radiative  loss  function  for  all  elements. 

We  speculate  that  the  stabilizing  effect  of  opacity  is  a 
general  feature  of  the  sun's  chromosphere  (and  by  implication, 
many  other  kind3  of  stars);  if  this  is  so,  it  means  that  the 
stability  of  coronal  loops  can  be  studied  without  concern  for  the 
destabilizing  effects  of  the  hydrogen  peak  in  the  radiative  loss 
function  (cf.  Craig  and  McClymont,  1981a, b,  Craig,  Robb,  and 
Rolio,  1301,  and  McClymont  and  Craig,  1981).  If  the  stabilizing 
effect  of  opacity  is  not  a  general  feature  under  all  chromospheric 
conditions,  then  the  structure  of  the  atmosphere  should  be 
determined  to  some  extent  by  the  stability  requirement;  the 
atmosphere  will  arrange  itself  in  a  series  of  plateaus  connected 
by  mini-transition  regions,  each  transition  region  spanning  an 
interval  of  instability.  We  suggest  that  the  testing  of  semi- 
empirical  models  for  stability  might  enable  a  closer  constraint  to 
be  placed  on  the  derived  structure. 

With  reference  to  future  work,  we  see  the  necessity  of 
constructing  an  atmosphere,  from  photosphere  to  corona,  that  is 
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consistent  with  the  physics  in  the  theoretical  model,  rather  than 
relying  on  observationally  derived  atmospheres  that  may  exhibit 
features  not  described  within  the  physical  framework  of  the  model. 
Such  atmospheres  would  be  interesting,  even  for  simplified  models 
of  the  radiative  processes  such  as  we  have  used  here.  Of  course, 
models  based  on  a  treatment  of  a  more  comlete  set  of  elements  than 
just  a  two-level  plus  continuum  hydrogen  atom  would  be  more 
relevant  to  comparison  with  semi-empirical  models  and  real 
observations.  Our  stability  analysis  should  be  complemented  by  a 
non-linear  dynamic  calculation,  which  will  be  the  subject  of  the 
next  paper  of  this  series  (An,  Canfield  and  KcClymont,  19G2,  Paper 
III ) .  Our  stability  analysis  should  also  be  extended  to  the  study 
of  antisymmetric  linear  modes  (Antiochos,  1979).  Finally, 
Vernazza,  Avrett,  and  Loeser  (1981)  have  al3o  derived  models  of 
other  features  of  the  solar  atmosphere;  it  would  be  interesting  to 
see  if  they,  too,  are  stable  to  the  hydrogen-induced  radiative 
instability. 

We  wish  to  thank  George  Fisher  for  his  help  in  generating  the 
VAIi/F  loop  model  discussed  in  this  paper.  This  research  was 
sponsored  by  NASA  grant  NSG-7406  and  AFOSR  grant  76-3071.  The 
computations  were  carried  out  at  the  National  Center  for 
Atmospheric  Research,  which  is  sponsored  by  the  National  Science 
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FIGURE  CAPTIONS 

Fig.  1.  (Top)  The  run  of  temperature  (T),  pressure  (P),  ambient 
heating  per  particle  (Q),  and  conductive  flux  (F)  in  the  VAL/F  loop 
model,  as  a  fv  :.ction  of  cell  index  and  the  logarithm  of  the  column 
density  (N).  (Bottom)  Unstable  eigenfunctions,  in  both  thick  and 
thin  cases,  on  the  same  abscissa  as  above. 

Fig.  2.  Isobaric  radiative  loss  functions  f(T)/T,  as  a  function  of 

temperature  (T),  The  Cox  and  Tucker  (1969)  "no  hydrogen"  curve  is 
.  • 

their  "all  species"  curve,  with  their  hydrogen  contribution 


removed. 
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vii )  The  Effects  on  the  MHD  Stability  of  Field  Line  Tying 
to  the  End  Faces  of  a  Cylindrical  Magnetic  Loop 

One  of  the  important  new  directions  that  we  believe  we  should  be  taking  is 
to  merge  the  concepts  of  radiative  hydrodynamics,  described  in  Saction  vi,  and 
magnetohydrodynamics.  Honce  we  have  begun  to  do  some  work  in  the  MHD  area;  this 
paper  represents  such  work,  accomplished  during  the  grant.  It  bears  no  direct 
relationship  to  the  other  work  done  to  date,  but  is  indirectly  related  in  that 
our  radiative  hydrodynamic  work  assumes  that  the  plasma  is  confined  by  a 
sufficiently  strong  magnetic  field,  so  that  the  motion  of  the  plasma  is  confined 
to  follow  the  field,  which  is  rigid.  In  this  paper  we  studied  the  influence  of 
the  fact  that  the  field  lines  are  tied  motionless  in  the  solar  photosphere,  we 
found  that  this  magnetic  field  line  tying  effect  is  negligible,  for  loops  which 
are  long  and  narrow.  This  is  relevant,  because  observed  loops  have  this 


property. 
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(Received  10  April,  1980;  in  final  form  5  March,  1981) 

Abstract.  We  examine  the  magnctohydrodynamic  (MI ID)  stability  of  a  magnetic  loop,  taking  into 
account  field  line  tying  at  its  foot  points.  We  use  the  ideal  MHD  energy  equation  to  derive  a  stability 
equation  for  a  specific  class  of  perturbations. 

We  found  that  for  a  loop  with  large  aspect  ratio  (210)  the  field  line  tying  ellect  is  negligible  to  the 
m  =  1  kink  mode  but  important  to  the  localized  modes.  The  stability  criterion  for  high  in  localized  modes 
is  derived  and  compared  with  the  Suydain  criterion  The  result  shows  that  for  (he  perturbation  of  the  class 
studied,  there  arc  two  effects  of  held  line  tying,  one  is  a  field  line  bending  effect  which  is  always  staodizing 
and  the  other  is  a  shear  effect  which  is  stabilizing  or  destabilizing  depending  on  the  sign  of  the  gradient  o' 
potential  magnetic  field.  The  net  effect  of  field  line  tying  is  determined  by  the  sum  of  these  two  effects. 

The  result  of  this  work  is  contrary  to  the  result  of  Hood  and  Pncst,  in  which  they  found  that  fne  field  lu.e 
tying  effect  is  significant  to  the  m  =  I  mode.  We  believe  that  the  contradiction  comes  from  the..' 
incomplete  minimization  of  the  energy  equation. 


t.  Inlroduclion 

Numerous  Skylab  observations  have  showr  that  solar  flares  occur  in  magnetically 
confined  loops.  The  geometry  of  these  loops  and  the  critical  role  of  MI  ID  instability 
on  the  flare  mechansisms  have  been  discussed  in  several  observational  papers 
(Foukal  et  al„  1975;  Vorpahl  etal.,  1975;  Gibson,  1977;  Cheng,  1977).  There  is  an 
obvious  similarity  of  the  geometry  and  equilibrium  magnetic  field  configuration  of 
solar  loops  and  tokamaks  used  in  magnetic  fusion  research.  This  has  lead  several 
authors  (Chiuderi  etal.,  1977;  Giachetti  etal.,  1977;  Van  Hoven,  1977)  to  apply  the 
ideal  MHD  stability  theory  developed  in  fusion  research  to  study  the  magnetic  fieid 
configuration  that  might  explain  the  apparent  stability  of  solar  loops.  This  similarity 
also  promoted  a  solar  flare  model  (Spicer,  1977)  based  on  resistive  MHD  instability 
theory. 

However,  there  are  several  differences  between  solar  loops  and  tokamaks,  which 
might  significantly  alter  the  results  of  MHD  stability  as  derived  for  tokamaks.  The 
thermal  effects  (i.e.,  heat  conuuction,  radiation,  mechanical  healing,  etc.)  are  much 
more  important  in  solar  loops  (Foukal,  1975,  1976;  Rosner  et  al.,  1978)  than  in 
tokamaks.  Solar  loops  have  approximately  semitoroidal  geometry  with  the  magnetic 
field  frozen  at  the  foot  points  of  the  loop  (Foukal,  1975)  and  with  non-uniform 
equilibrium  profiles  (i.e.,  density,  temperature,  magnetic  field,  etc.)  along  the  loop 
direction  (Somov  et  al„  1976),  while  tokamaks  are  closed  toroidal  loops  with 
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axisymmetric  equilibrium  profiles.  Furthermore,  because  solar  loops  arc  not 
confined  by  rigid  boundaries,  various  external  effects  may  play  important  roles  on 
determining  the  stability  of  the  magnetic  loop.  For  better  theoretical  understanding 
of  the  solar  flare  mechanism,  it  is  very  important  to  consider  more  realistic  flare 
models  and  to  apply  the  well  established  MHD  stability  theory  from  the  magnetic 
fusion  research.  Full,  realistic  consideration  of  solar  flares,  however,  is  impossible  to 
handle.  Under  the  complex  conditions  of  solar  flares  one  must  take  a  step  by  step 
approach  to  realistic  modeling. 

Among  the  differences  between  tokamaks  and  flare  loops,  the  most  visible  is  that 
flare  loops  are  not  toroidal,  but  have  foot  points  fixed  in  the  photosphere.  In  this 
paper,  we  choose  the  effect  of  field  line  tying  at  the  foot  points  of  the  loop  as  a  step 
toward  a  more  realistic  flare  loop  model.  This  study  does  not  depart  much  from  the 
MHD  stability  theory  for  tokamaks  and  is  the  simplest  problem  solvable  within  the 
framework  of  the  MHD  theory.  This  study  is  aimed  at  clarifying  how  much  the  field 
line  tying  affects  the  MHD  stability  and  how  the  effect  ahers  stabilizing  mechanisms 
in  flare  loops.  This  work  will  also  give  a  good  indication  of  the  importance  of  field  line 
tying  for  further  study  of  more  realistic  and  more  complicated  flare  loop  conditions. 

The  model  adopted  is  a  semi-toroidal  loop  in  which  it  is  assumed  that  the 
equilibrium  magnetic  field  and  plasma  pressure  are  axisymmetric  and  the  cross 
section  of  the  loop  is  uniform  along  the  loop  direction.  Furthermore,  the  solar  loops 
we  want  to  model  arc  observed  to  be  thin  in  proportion  to  their  length,  i.c.,  they  have 
large  aspect  ratio  (the  ratio  of  the  loop  radius  to  the  radius  of  the  loop  cross  section). 
In  this  case,  a  semi-toroidal  geometry  can  be  approximated  by  a  circular  cylinder.  We 
use  the  ideal  MHD  energy  equation  to  derive  the  stability  condition  of  the  loop. 

There  are  several  papers  that  treat  the  field  line  tying  effect  ir.  a  cylindrical  plasma 
loop.  Raadu  (1972)  studied  the  kink  instability  of  a  cylindrical  loop  considering  field 
line  tying  by  neglecting  the  plasma  pressure  terms  in  the  energy  equation.  Solovl’ev 
(1971)  also  treated  the  same  problem  by  assuming  that  plasma  is  divergency  free  i.e., 
he  neglected  the  term  yFu]V'||2  in  the  energy  equation  [see  Equation  (1)].  They 
impose  boundary  conditions  in  which  the  plasma  displacement  is  zero  while  the 
magnetic  field  is  not  frozen  at  the  foot  points  of  the  loop.  Their  results  show  the  field 
line  tying  enhances  the  stability  of  the  loop  plasma.  A  more  complete  treatment  of 
the  field  line  tying  problem  was  done  by  Hood  and  Priest  ( 1 979).  They  included  the 
finite  pressure  as  well  as  the  compressibility  of  the  plasma,  both  of  which  were 
neglected  by  Raadu  (1972)  and  Solovl’ev  (1971).  They  minimized  the  energy 
equation  and  applied  Newcomb’s  theorem  (Newcomb,  I960)  to  study  the  effect  of 
field  line  tying  on  the  global  stability  of  a  circular  cylindrical  loop.  When  minimizing 
the  energy  equation,  for  simplicity,  they  asst  me  that  the  component  of  the  perturbed 
displacement  parallel  to  the  field  is  zero.  With  the  assumptions  they  made,  the  energy 
equation  is  not  completely  minimized,  as  they  mention  in  their  paper.  As  a 
consequence,  their  results  show  higher  stability.  The  perturbed  displacement  |  with 
field  line  tying  becomes  identical  to  £,  without  field  line  tying  as  we  let  h  =  0  in  the 
expression  of  Hood  and  Priest  ( 1 979).  Therefore,  their  minimized  energy  equation  in 
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the  case  with  field  line  tying  should  be  identical  to  the  minimized  energy  equation 
without  field  line  tying  (Newcomb,  1960).  However,  one  cannot  derive  the  energy 
equation  without  field  line  tying  by  letting  h  =  0  in  their  energy  equation  due  to  the 
assumption  that  £]  is  zero.  As  as  a  result,  they  found  that  the  critical  twist  for  stability 
departs  more  from  the  Kruskal-Shafranov  limit  (Kadomtsev,  1 966 J  as  h  decreases  to 
zero.  The  correct  result  should  show  that  the  critical  twist  should  be  the  Kruskal- 
Shafranov  limit  for  h-*  0. 

This  paper  departs  from  the  above  papers  in  the  following  points.  First,  we  choose 
a  special  class  of  perturbed  displacements  which  makes  the  perturbed  magnetic 
field  completely  frozen  at  the  foot  points.  Second,  we  do  not  neglect  the  plasma 
pressure.  Third,  we  do  not  assume  the  parallel  component  of  £  to  be  zero.  The  energy 
equation  is  rigorously  minimized  for  three  independent  components  of  £,  £r,  (0, 
Fourth,  we  study  the  field  line  tying  effect  on  both  local  and  global  modes.  We  derive 
the  stability  criterion  for  localized  modes  for  the  case  with  field  line  tying. 

The  analysis  is  characterized  by  assuming  the  aspect  ratio  of  the  cylindrical  loop  to 
be  very  large.  The  problem  is  reduced  to  a  boundary  layer  problem  in  which  the  field 
line  ty  ing  effect  is  important  only  near  a  mode  rational  surface  [mode  rational  surface 
is  defined  as  a  magnetic  surface  on  which  the  field  lines  have  the  same  topology  as 
that  of  an  instability  being  considered  (Bateman,  1978)].  This  study  indicates  that 
field  line  tying  is  unimportant  to  the  large  scale  internal  MHD  instability,  but 
becomes  more  important  as  a  perturbation  is  more  localized  near  a  mode  ration  u 
surface.  We  derive  a  stability  criterion  in  the  limit  of  high  poloidal  mode  number  m 
and  compare  it  with  the  Suydam  stability  criterion  (Suydam,  1968).  the  effects  of 
field  line  tying  on  the  stability  are  not  as  obvious  as  we  might  expect  because  of  the 
two  conditions,  completely  freezing  of  field  lines  at  the  foot  points  of  the  loop  and  the 
compressibility  of  the  plasma  (V-v^0).  The  freezing  of  field  lines  produces  a 
stabilizing  force  in  addition  to  the  shear  stabilization  and  the  compressibility  giv  es  an 
additional  stabilizing  or  destabilizing  force  depending  on  the  sign  of  the  potential 
field  gradient.  Detailed  comparisons  between  the  Suydam  criterion  and  the  stability 
criterion  derived  in  this  work  are  made  in  order  to  evaluate  the  field  line  tying  effects 
for  various  loop  condition  ..  We  find  that  field  line  tying  enhances  the  stability  if  the 
magnitude  of  the  potential  B  field  is  much  larger  than  non-potential  B  field  and  the 
gradient  of  potent, ai  li  field  is  negative.  If  the  gradient  of  potential  B  field  is  positive 
and  extremely  large,  the  field  line  tying  might  reduce  the  stability.  The  importance 
of  the  field  gradient  to  flare  is  mentioned  in  connection  with  the  observational 
data. 

This  paper  is  organized  as  follows.  In  Section  2,  energy  equation  is  minimized  by 
the  perturbed  displacement  which  makes  the  perturbed  magnetic  field  zero  at  the 
end  faces  of  a  cylinder.  In  Sectioa  3,  the  effect  cf  field  line  tying  on  the  stability  is 
studied  near  and  far  from  the  mode  rational  surface,  and  a  stability  criterion  for  a 
localized  mode  is  derived.  The  physical  meaning  of  the  result  is  presented  in 
Section  4.  In  Section  5,  the  results  of  the  study  are  summarized  and  the  implication  of 
the  results  for  the  flare  loops  is  discussed. 
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2.  Energy  Equation  and  its  Minimization 


In  order  to  study  the  effects  of  field-line  tying  on  the  stability  of  flare  loop,  several 
assumptions  arc  made  for  simplification  of  the  problem.  A  semi-toroidal  flare  loop 
with  large  aspect  ration  is  approximated  by  a  circular  cylindrical  loop  with  uniform 
cross  section  along  the  loop  direction.  Equilibrium  quantities  are  assumed  to  be 
functions  only  of  r,  the  radical  coordinate.  Since  the  time  scales  of  conduction, 
radiative  cooling  and  mechanical  heating  are  much  larger  than  the  MHD  times  scale 
under  most  flare  loop  conditions,  adiabatic  energy  equation  is  adopted.  After 
neglecting  the  registivity  for  simplification,  we  can  use  the  ideal  MHD  equations.  The 
effect  of  field  line  tying  on  the  resistive  instability  will  be  briefly  considered  later.  The 
most  convenient  way  to  study  the  stability  of  ideal  MHD  is  to  use  the  energy  equation 
(Bernstein  el  al.,  1958).  In  the  study  r(  loop  stability  our  attention  is  confined  only  to 
internal  MHD  modes  in  which  the  plasma  loop  is  surrounded  by  a  rigid  conducting 
wall  rather  than  coronal  atmosphere. 

The  energy  equation  for  the  internal  modes  (Newcomb,  1960)  is 

25  VV  =  J  [yP0|V  •  g|J  +  (g •  VP„)(V  •  g*)  +  |B,|2  +  (V  x  Bo)  •  x  B,]d3.r , 

(1) 


where  P, >,  B0  are  equilibrium  pressure  and  magnetic  field  and  g,  Bi  are  perturbed 
displacement  and  perturbed  magnetic  field  respectively.  We  use  g*,  the  complex 
conjugate  of  g,  to  make  5W  real  and  self  adjoint  for  complex  perturbations  such  as 
Equation  (7).  The  perturbed  magnetic  field  Bi  is  defined  as 

B,  =  Vx(gxB0).  (2) 

The  equilibrium  equation  for  a  circular  cylinder  is 


dPo  dB.-  |  Be  d 
dr  dr  r  dr 


(rB,)  =  0. 


(3) 


Here  P0  is  normalized  with  a  typical  magnetic  field  Bo,  B.  and  B„  with  B0,  and  a 
length  is  normalized  with  «,  radius  of  the  loop  cross-section.  The  geometry  and  the 
coordinate  system  is  given  in  Figure  1. 


Fig.  1.  Coordinate  system  of  a  circular  cylinder  with  poloidal  and  toroidal  B  field,  B „  and  0, 

respectively. 
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The  field-line  tying  at  z  =  ±L/a  is  expressed  as 
Bi  =  Vx(gxBo)  =  0  at  z=±L/a. 


(4) 


The  boundary  condition  (equation  (4))  can  be  satisfied  if  we  impose  as  boundary 
condition  on  £ 

5  =  0,  (5) 


*U. 

5  z 


(6) 


There  have  been  controversies  about  the  boundary  condition  describing  the  field  line 
tying  to  the  foot  points.t  However,  w_  note  that  the  boundary  condition  of  fj  used  by 
Hood  and  Priest  (1979)  (ij  =  0  at  r  =±L/a)  does  not  alter  out  results  at  all.  We 
choose  a  perturbation  which  satisfies  the  conditions  (5)  and  (6): 

Z(,,&,z)  =  Z(r)cos"azei,'"'*'“', 

6(r)  »({,(r).  (r)). 


(7) 


Here,  n  a  2  and  a  =  ((7  +  \/2)ira]/L  in  order  to  satisfy  the  Equation  (5).  It  should  be 
noted  that  (7)  is  just  a  trial  function  and  not  the  most  general  displticcment.  Thus  the 
results  obtained  arc  only  necessary  for  stability.  When  7-0  and  so  a  =  trr/2 )(«//.), 
the  least  stable  case  occurs  because  the  magnetic  field  lines  are  least  disturbed  by  the 
perturbed  displacement.  Since  we  are  interested  in  the  least  stable  case  we  let  7  =  0 
in  the  rest  of  this  study.  We  also  let  n  =  2  in  Equation  (,7).  The  different  choice  of  ;i 
(including  n  =  1)  in  Equation  (7)  docs  not  alter  the  result  much  but  only  change  the 
coefficient  in  Equation  (9)  below. 

For  a  loop  with  large  aspect  ratio  (&L/a)  10,  a  will  be  about  0.1.  If  «  =  0  the 
Equation  (7)  becomes  the  usual  ideal  MHD  stability  displacement  equation. 

By  using  Equations  (2),  (3),  and  (7),  the  energy  F.qua.ion  (1)  becomes: 

IS  IE  =  |  (A  cos4  az  +  B  sin"  2  az  +  C  cos2  az  sin  2az }  d;  dS .  (8) 

Here  dS  is  an  infinitesimal  element  of  the  loop  cross-section.  Since  the  equilibrium 
quantities  are  independent  of  z,  integration  with  respect  to  c  is  performed  to 
eliminate  the  z  dependence  in  SW  without  any  difficulty.  The  result  is: 


2SW  =  (^)J{A+3«2£}dS. 


(9) 


By  changing  the  independent  variables  te,  &  to  rj,  £  (Newcomb,  1960)  such  as 


V  = 


—  to  +  iktj, , 
r 


(10) 


t  =  itoDi  -  it:  Do , 


t  In  tins  paper  we  will  use  the  term  ‘field  line  lying'  for  the  boundary  conditions  (S)  and  (6) 


-  vif  -  '■ 
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A  and  B  can  be  expressed  as 


/t »  rPo I ;  (r#,V  +  n j  +  f ;  (k- I»! + at  -  (f A)f + 
Vr  r  J  r  r 


-  (rBe)'  (t,B0)'Zr  +  P'0  ^  (r{,)'  -  «  -  $  (/•£?,£,)'  B[ , 


Here  prime  indicates  a  derivative  with  respect  to  /.  Note  that  and  as  functions  tj 
and  (  seem  to  diverge  at  krBt+mBo^O,  but  do  not  diverge  as  functions  of  the 
minimizing  modes  of  17  and  £  in  Equation  (14). 

Equation  (9)  is  rewritten  in  a  different  form  for  the  systematic  minimization  of 
5  VV: 


2SH,"©ldSlc'("+^;)!tD'(f+i;),+(01-^))-  "2) 


,,  _  Jn  WrB]  1 

1  yPu\l  (krB '  +  >>10^1  ’ 


_  ,  •>  m~  4  ,  «  jyPoMi 

Di=f*y*,a  +(bs,  +  „,£,,)!  +  ;„VB*’ 


Di  =  -^-  (krB*  +  111D,)  {krBe  - mB,)  + 
r~  r 


W»<rB:(j  +  ^  yl\ 


(. krBt+mBe)2  +  Wr2B\ ' 


The  last  parenthesis  of  Equation  (12)  will  be  expressed  explicitly  later.  SW  can 
easily  be  minimized  by  letting 


C:  _  Di 

V^-z^r  and  £=-— 
2  u  1  2D\ 


The  minimization  conditions  for  jj  and  £  of  Equation  (14)  are  major  departure 
from  the  work  by  Hood  and  Priest  U979).  They  determine  the  relation  between 
and  £.  from  the  assumption  that  the  component  of  £  parallel  to  the  magnetic  field  (£1) 
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A  more  co 
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bewssjrs* 


■i  4,V>*. 


T  + 


t- 

■-(rB&YB'', 

r 


(11) 


at  £n  and  f.  as  functions  rj 
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(13) 
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is  zero.  However,  and  with  which  is  zero  do  not  completely  minimize  the 
energy  equation. 

For  the  case  without  field-line  tying,  the  energy  equation  is  minimized  by 
determining  r?  such  that  r?  satisfies  V-£  =  0  (Newcomb,  1960).  Because  of  the 
field-line  tying  eflect,  however,  tj  in  Equation  (14)  does  not  satisfy  V-|  =  0.  The 
compressibility  of  plasma,  V  •  §  0,  gives  a  subtle  effect  on  the  stability  whose  elfcct 
will  be  explained  later.  The  minimized  <$IK,  which  has  on!)  one  independent  variable 
L  is 


2SW,p.\ds\Dl-gL\ 

8ar  J  l  4£>|J 

=  (lf)27rI  +0^'7  +  <?^  dr. 

(15) 

Qi  - r(k  il)2  2Z?"(^")'  +  5«252(l+5)r  + 
r 

(krB,  ~ ikBo)2  +  cc2T\+aiT) 
r{k‘  r‘  +  m1  +  «2T2} 

06) 

r(mBe  + krB,)' +a2r3T4  +  a'iTyr  24  ,„2„ 

°!* - B-s- 

(17) 

„  2{k2r2B\-m2D<  +  'lvzTir'  +  <xiTi)  .  28 

03=  - +a  3r  B.3, 

k  r  tin  +«  T2 

(18) 

n_  yPo 

(krB:+mB0)2  +  Wr2B;  ’ 

('91 

T,  =  3r2(B2  +  B* )  +  tr2S{m 2(B l  -B2)-  2mkrBtB0) , 

'20) 

72  =  43r2(l  +  /n2<?), 

(21) 

Ty  =  -(yinr2B;)2  S2 , 

(22) 

r4  =  S(b5  +  B2 )  +  3S{(B;  -  B2  )/N 2  +  2/kfwfiA } , 

(23) 

^  4B2-B;  4/B,2  +  B2\  2 

Tl”3  ,  -3S(  ,  )"'  ' 

(24) 

A  more  convenient  torm  of  energy  equation  is  obtained  by  integrating  Equation 
(15)  by  parts  to  eliminate  the  term 

51K  =  (g)J[Q2(£:)3  +  ^]dr.  (25) 

Here 


(26) 


gW  =  Oi-*Oi. 
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Further  minimization  of  5VV,  Equation  (25),  gives  a  second  order  ordinary 
differential  equation  for  £  and  the  MHD  stability  can  extensively  be  studied  by 
solving  the  differential  equation  (Newcomb,  1960).  However,  wc  can  study  how  the 
field  line  tying  affects  the  stability  without  solving  the  differential  equation  by 
investigating  Equations  (16)— (24).  Noticing  that  the  terms  with  a 2  and  or4  in 
Equations  (16)— (IS)  arc  due  to  the  field  line  tying  effect  we  will  consider  the 
mathematical  behavior  of  the  terms,  especially  near  a  inode  rational  surface,  where 
krB:  +  mBe  =  0  is  satisfied. 


energv  equation  b; 
tying  effect  near  the 
in  the  next  section 
derive  a  stability  cr 

4.  De, 


3.  The  Effect  of  Field  Line  Tying  on  the  Stability 

The  effect  of  field  line  tying  can  be  studied  without  further  use  of  Equation  (25)  by 
scrutinizing  Equations  (16)— (26).  If  we  let  a  =0,  the  perturbed  displacement  Equa¬ 
tion  (7)  and  Equations  (l6)-(26)  become  equations  without  field  line  tying  that 
appear  in  Newcomb  (1960)  and  Shafranov  (1970).  In  this  case,  Equation  (26)  has 
singular  points  r,' s,  which  satisfy  Q^r,)  =  0  or 

kr,B.(,r,)  +  mB»(r,)=>  0.  (27) 

The  singular  surface  r,  is  usually  called  a  mode  rational  surface  (Bateman,  1978), 
which  has  a  profound  implication  to  the  MHD  stability.  A  perturbation  can  grow  at 
the  mode  rational  surface  without  disturbing  the  field  lines  on  the  surface.  On  the 
other  hand,  if  wc  let  a  ?  0,  there  is  no  singular  surface  r  which  satisfies  Gb(r)  =  0.  No 
singular  surface  means  that  no  perturbation  can  b. ow  without  disturbing  the  field 
lines,  even  at  a  surface  r,  which  satisfies  Equation  t27).  The  perturbation  of  a 
field  line  at  the  surface  r,  produces  a  stabilizing  force  due  to  field  line  tension,  which 
does  not  appear  at  r,  if  there  is  no  field  line  tying  (i.e.,  a  =  0).  The  elfect  of  field  line 
tying  can  be  understood  by  carefully  considering  the  terms  that  contain  a.  Since  a 
defined  as  ir/(2 L/a )  is  a  very  small  quantity  for  a  loop  of  large  aspect  ratio  (a 2  =»  0.0 1 
for  L/a  =  10),  the  correction  terms  of  field  line  tying  in  Equations  (16)-(24)  can  be 
negligible.  However,  this  is  not  true  near  a  m<  rational  surface  r ,  which  satisfies  the 
Equation  (27).  To  see  the  behavior  of  the  Equations  (16)— (18)  or  Equations  (26)  near 
the  mode  rational  surface  r„  let  us  take  a  term  a2S  appearing  in  any  Equations 
(16)-(?4)  as  an  example.  From  Equation  (19)  for  S,  we  can  find,  that,  a'S  is 
negligible  at  flux  surfaces  far  from  the  mode  rational  surface  r,.  Near  the  mode 
tational  surface  r,  where  (krBs  +»iB0)2  is  near  zero,  however,  a'S  is  not  negligible 
anymore  but  becomes 

yPo 


as  r  closes  to  rs.  That  means  that  the  effect  of  field  line  tying  is  negligible  at  flux 
surfaces  far  from  the  mode  rational  surface  rs  bit  important  near  the  mode  rational 
'ui  face.  The  mathematical  behavior  of  the  field  fine  tying  effect  near  a  mode  rational 
surface  is  not  found  by  Hood  and  Priest  (1979),  probably  because  they  minimize  the 


Before  deriving  an 
general  stability  the 
Qzir)  in  Equation 
determines  the  stal 
stability  for  the  give 
Shafranov  (1970)  d 
mode  numbers  m  f 


A(nq)  =» 
and 


A(nq)^ 


A(nq)** 

Here  A(nq)  is'an  ini 
field  line  twisting,  d 

nq(r)=- 

n  is  the  number  of  \ 
right-hand  side  of  E 
deriving  Equations 
For  a  plasma  curr 
with  r.  In  this  case  L 
(28)  shows  that  the  u 
on  the  cross  section 
narrower  than  for 
m  =  nq(r)  mode  rati 
For  a  circular  cyl 
poloidal  mode  numt 
and  r,  arc  mode  rati 


EFFECTS  ON  THE  MHD  STABILITY  OF  FIELD  LINE  TYING 


27 


a  second  order  ordinary 
extensively  be  studied  by 
ever,  we  can  study  how  the 
e  dillerential  equation  by 
terms  with  a 2  and  «4  in 
ffeet  we  will  consider  the 
jde  rational  surface,  where 


le  Stability 

icr  use  of  Equation  (25)  by 
lurbed  displacement  Equa- 
ititout  field  line  tying  that 
•sis  case,  Equation  (26)  has 

(27) 

il  surface  (Bateman,  1978), 
A  perturbation  can  grow  at 
r.es  gh  the  surface.  On  the 

•  hi  itisfies  Q2(r)  =  0.  No 
M’.hout  disturbing  the  field 
7  .  The  perturbation  of  a 
to  field  line  tension,  which 
=  0).  The  effect  of  field  line 
■ms  that  contain  a.  Since  a 
r.r gc  aspect  ratio  (a 2  -  0.0 1 
!'-.uations  ( 1 6)— (24)  can  be 
ja'face  r,  which  satisfies  the 
- 1 8)  or  Equations  (26)  near 
.■'pearing  in  any  Equations 
we  can  find,  that,  a2S  is 
surface  rs.  Near  the  mode 

•  ever,  a‘S  is  not  negligible 


e  tying  is  negligible  at  flux 
ar.t  near  the  i.  ode  rational 
e  erect  near  a  nn.  de  i  ational 
because  they  minimize  the 


energy  equation  by  assuming  £a  =  0.  Understanding  the  behavior  of  the  field  line 
t\ mg  effect  near  the  mode  rational  surface  makes  it  easy  to  derive  a  stability  criterion. 
In  the  next  section  we  will  discuss  the  stabilities  of  the  m  =  1  and  in  »  1  modes  and 
derive  a  stability  criterion  for  the  m  »  1  modes. 


4.  Derivation  and  Interpretation  of  the  Stability  Criterion 
for  a  Localized  Mode 


Before  deriving  an  equation  for  the  stability  criterion  we  will  review  briefly  the 
general  stability  theory  for  the  case  of  no  field  line  tying.  For  «  =  0  in  Equation  (7), 
0:(r)  in  Equation  (26)  is  always  positive  and  the  sign  of  g(r)  in  Equation  (26) 
determines  the  stability  (Shafranov,  1970),  i.e.,  g(r)>0  at  all  flux  surfaces  means 
stability  for  the  given  displacement  while  g(r)  <  0  at  any  flux  surface  can  be  unstable. 
Shafranov  (1970)  derived  the  width  in  r  of  the  unstable  region  for  various  poloidal 
mode  numbers  m  from  the  condition  g(.-)<0: 


and 


A(i>q) 


for  m  =  1 , 


A(nq) 


4&V 

m(nr-l) 


(P'  =  0) 


A(nq)  =  2  kr 


(P'*  0), 


for  iii22. 


(28) 


(29) 


Here  d(nq)  is  an  interval  in  q(/)  where  g(r)<0,  q(r)  is  a  safety  factor,  a  measure  of 
field  line  twisting,  defined  as 


nq{r)  = 


-  krB.(r) 
B„(r) 


(30) 


"  is  the  number  of  wavelength  in  the  cylinder  length  2 L,  and  the  minus  sign  on  the 
right-hand  side  of  Equation  (30)  is  due  to  the  definition  of  £  in  Equation  (7).  When 
deriving  Equations  (28)  and  (29),  kr/m  «  1  (valid  for  Bz  »/?«)  is  assumed. 

For  a  plasma  current  density  which  decreases  with  r,  q(r)  increases  monotonically 
"'ith  r.  In  this  case  J[/i<?(r)]  represents  the  width  of  instability  region  in  r.  Equation 
(28)  shows  that  the  m  =  1  mode  is  a  large  scale  instability  wnich  is  globally  distributed 
on  the  cross  section  of  a  cylinder.  However,  for  in  >2  the  unstable  region  is  much 
narrower  than  for  m  =  1  and  the  mode  with  m  » 1  is  extremely  localized  near 
"i  =  nq(r)  mode  rational  surface. 

For  a  circular  cylindrical  plasma,  the  typical  behavior  of  £  with  r  for  different 
poloidal  mode  number  m  are  shown  in  Figure  2  (Bateman  and  An,  1977).  Mete,  r, 
;,"d  r,  are  mode  rational  surfaces  for  in  =  1  and  in  s2  modes  respectively.  It  shows 
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Fig.  2.  Variations  of  the  radial  component  of  the  perturbed  displacement  with  r  for  the  m  =  !  3t>d 
in  &2  modes.  The  perturbed  displace atent  shown  in  this  ligure  are  solutions  of  equation  of  motion  for 

m  =  1  and  m  a  2. 
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that  the  m  =  1  mode  is  strikingly  different  from  the  m  ^  2  modes.  The  in  =  l  mode  is 
finite  at  r  <  r(  where  the  field  line  tying  effect  is  negligible  and  is  zero  at  r  =  r,  v,  here 
field  line  tying  effect  is  important.  Therefore,  the  contribution  of  the  field  line  tying 
effect  to  the  ir.  =  1  inode  is  negligibly  small.  The  result  is  entirely  contradictory  to  the 
result  by  Hood  and  Priest  ( 1 979).  Their  results  show  that  the  field  line  tying  effect  on 
the  hi  =  1  mode  is  significant.  Furthermore,  the  critical  safety  factor  (qc)  over  which 
the  in  -  1  mode  is  stable  is  much  smaller  than  1  (the  Kruskal-Shafranov  limit).  Their 
resulting  bound  on  stability  is  that  qc  decreases  as  the  aspect  ratio  increases.  For 
example  qc  approximately  equals  0.6  and  0.3  for  aspect  ratio  10  and  50  respectively. 
If  we  notice  that  the  terms  in  Equations  (16)-(18)  due  to  field  line  tying  become 
negligible  as  the  ratio  increases  [as  is  also  true  for  the  equations  of  Hood  and  Priest 
(1979)],  we  can  easily  understand  that  qc  should  approach  to  1,  the  Kruskal- 
Shafranov  limit,  as  the  aspect  ratio  increases. 

On  the  other  hand,  the  m  >  2  mode  is  localized  near  a  singular  surface  r,  where  the 
field  line  tying  effect  is  important.  Since  the  localization  of  perturbation  increases 
with  m,  the  field  line  tying  effect  becomes  more  important  as  m  increases.  From  the 
argument  mentioned  above,  it  is  obvious  that  we  need  to  study  the  held  line  tying 
effect  in  detail  for  only  a  high  m  mode.  The  stability  critetion  for  a  localized  mode 
(m  » 1)  with  no  field  line  tying  is  derived  by  Suydam  (1958).  By  taking  the  limit 
in  -*  oo  keeping  the  safety  factor  q(rs)  fixed  we  wifi  derive  a  Suydam  like  stability 
criterion  and  will  give  an  interpretation  of  the  result. 

The  quantity  g(r)  in  Equation  (26)  is  evaluated  at  r,  where  i/-,B{(r1)  +  mB0(rs)  =  0 
is  satisfied,  and  the  limit  in-*  co  is  taken  keeping  q(r,)  of  Equation  (30)  finite, 
resulting  in 

g(r5)  =  gu(r,)  +  «Jg2(r,),  (31) 
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For  the  evaluation  Q2(r)  of  Equation  (26)  we  expand  \»iB„  +  krB.f  near  r-rs, 
resulting  in 


,  2 
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while  letting  krB.  +  mBo  =  0  in  T2,  Tj  and  r4  of  Qi(r).  By  taking  the  limit  m  •*  oo, 
Q2(r)  near  ri  becomes 
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By  using  the  integral  inequality  (Shafranov,  1970) 


for  ihe  first  term  of  Equation  (25),  and  from  the  condition  for  stability,  6U'  >  0,  we 
get 

4/(r,)  +  g(r,)a0.  (37) 


Using  Equation  (3 1  )-(35),  Equation  (37)  is  explicitly  expressed  as 

r*  lq'\l  .  2p>0r  ,  ,  ;  yf<^Dl_ 
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This  is  a  Suydam-like  criterion  in  the  case  of  field  line  tying  at  the  foot  points  of  the 
loop.  The  effect  of  field  line  tying  can  be  studied  by  comparing  Equation  (38)  with  the 
Suydam  criterion  for  no  field  line  tying. 


?(«) 


The  comparison  between  Equation  (38)  and  Equation  (39)  shows  that  the  last  two 
terms  in  Equation  (38)  are  due  to  the  field  line  t\ing  and  compressibility  of  plamsa 
(V  ■  f;  f-  0).  The  last  term  of  Equation  (38)  is  a  stabilizing  term  due  to  field  line  bending 
and  the  term  increases  with  the  potential  magnetic  field.  The  third  term  of  Equation 
(38)  is  destabilizing  for  B\  >0,  but  stabilizing  for  B':  <0.  Because  of  this  term  it  is  not 
obvious  whether  field  line  tying  improves  the  stability.  The  interpretation  of  this  term 
will  be  given  later.  Next,  wc  will  study  how  and  how  much  the  field  line  tying  effect 
alter  the  stability  for  several  specific  cases. 
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First,  we  assume  the  plasma  current  density  and  are  uniform  over  the  cross 
section.  In  this  case,  q'(r)  =  0  and  Equation  (38)  becomes 


2 P[>r  4  22  yPo  +  Bo^  n 
-rr+ra  r  -  ry-aO. 


B\ 


Bi 


(40) 


The  assumption  B's  =0  makes  it  easy  to  estimate  the  stability  without  solving  the 
equilibrium  equation,  because  plasma  pressure  is  confined  only  by  B0  and  so  we  can 
make  the  approximations  P(r)~B2u/2  and  rP'o(r)-  -Po(r)  for  P'u{r)<0.  Using  this 
approximation  we  get  the  minimum  ratio  of  nonpotential  to  potential  B  Held  for  a 
localized  instability  to  set  in.  The  result  is 


Bo 

B]' 


For  a  solar  loop  with  aspect  ratio  10,  the  loop  will  be  unstable  for  the  localized 
mode  if  Be/ Bt  a  0.3.  The  m  =  1  mode,  on  the  other  hand,  is  unstable  if  q  =  rB.JRBo 
is  smaller  than  1  or  Bo/B.  >0.1  for  a  loop  with  aspect  ratio  10.  Therefore,  we  can  say 
that  the  higher  field  line  twist  is  needed  for  the  m  »  1  modes  to  be  unstable  than  for 
the  m  -  1  mode  when  q'(r)  =  0  and  B'c  =  0.  If  field  lines  are  not  tied  at  the  foot  points 
of  a  loop  and  P'(r )  <  0,  q'(r)  =  0,  Equation  (29)  shows  no  stability  for  the  m  »  1  mode 
even  when  the  m  -  1  mode  is  stable. 

Next,  we  consider  a  case  with  uniform  plasma  current  density  and  B ,(r)  *  0.  In  this 
case,  Equation  (38)  becomes 
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The  second  term  of  Equation  (42)  shows  that  the  field  line  tying  reduces  the  shear 
stabilizing  effect  if  q'(r)>  0.  The  influence  of  field  line  tying  on  the  stabilizing  effect  ot 
shear  can  be  explained  using  (Figure  3).  The  exaggerated  drawings  of  (A)  and  (B)  in 
Figure  3  show  how  field  lines  move  by  perturbation  without  and  with  field  line  frozen 
at  the  end  faces  for  q'(r)>  0  respectively.  Line  (1)  is  a  field  line  on  an  outer  flux 
surface  and  is  assumed  not  to  move.  Line  (2)  is  an  another  field  line  on  an  inner  flux 
surface  and  moves  to  the  outer  flux  surface  by  a  perturbation,  which  becomes  the 
field  line  (3)  which  crosses  the  line  (1).  This  is  how  shearing  of  field  lines  makes  a 
stabilizing  effect  (Kadomstev,  1966;  An  and  Bateman,  1980). 

Let  us  consider  a  field  line  parallel  to  field  line  (1)  that  intersects  field  line  (3)  at  the 
point  where  field  line  (3)  touches  the  outer  cylinder.  The  angle  between  these  field 
line  is  less  in  (B)  than  in  (A),  because  the  field  line  in  (B)  is  frozen  at  the  end  faces. 
Therefore,  the  effective  shearing  of  field  lines  decreases  for  a  loop  with  field  line  tying 
if  q’(r)>0.  If  B\  =  0,  the  reduction  of  the  effective  shear  disappears  because  of  the 
relative  motion  of  the  field  line  (1)  to  the  line  (3).  The  reduction  of  the  effective  shear 
for  B[  >0  and  uniform  plasma  current  density  is  the  one  effect  of  the  B\  term  in 
Equation  (38).  In  general,  the  effect  of  the  B':  term  on  the  stability  is  interpreted  as  a 
combination  of  the  effects  of  the  field  line  tying  and  the  compressibility  of  plasma. 


i 


(A 


Fig  3.  The  motion 
the  end  faces.  Line(' 


Even  though  the 
overall  elfect  of  t 
B;  is  positive  ar 
stability  for  a  It 
Equation  (38),  ft 
a  numerical  calc 


We  have  studied 
semi-toroidal  lot 
ideal  MHD  cnei 
line  tying  elfect 
from  the  mode 
rational  surface 
studies  of  the  tes 
been  studied  ex 
mode  is  strongly 
two  ways.  First  i 
turn  produce  a  r 
is  associated  wh 
shear  stabilizing 
potential  field  in 
when  B'j(r)  =  0i 
with  all  the  fiars 
However,  the 
resistive  ditfusii 
1973a,  b)  or  a  r 


1%"" 


'TKi>*Wrv-rr- 


uniform  over  the  cross 


(40) 

ility  without  solving  the 
mly  by  B„  and  so  we  can 
for  P[>(r)  <  0.  Using  this 
o  potential  B  field  for  a 


nstable  for  the  localized 
;  unstable  if  q  =  rBJRB9 
t).  Therefore,  we  can  say 
:s  to  be  unstable  than  for 
not  tied  at  the  foot  points 
bility  for  the  m  »  1  mode 

sit.  1  B'.(r)*  0.  In  this 

(42) 

e  tying  reduces  the  shear 
on  the  stabilizing  effect  of 
Irawings  of  (A)  and  (B)  in 
!  and  with  field  line  frozen 
eld  line  on  an  outer  flux 
;ield  line  on  an  inner  flux 
iiion,  which  becomes  the 
mg  of  field  lines  makes  a 
'SO). 

lersccts  field  line  |3)  at  the 
angle  between  these  field 
is  frozen  at  the  end  faces. 
•  a  loop  with  field  line  tying 
disappears  because  of  the 
clion  of  the  effective  shear 
e  effect  of  the  B[.  tcim  in 
stability  is  interpreted  as  a 
compressibility  of  plasma. 


EFFECTS  ON  THE  MUD  STADI1.ITY  OF  flELD  LINE  TYING  31 


Fig  3.  The  motion  of  a  field  line  on  a  flux  surface  for  the  cases  without  (A)  and  w  ith  i  B)  field  line  l>  mg  to 
the  end  faces.  Line  tl)  is  a  field  line  on  an  cuter  flux  surface,  line  (2)  is  on  an  inner  (lux  surface,  and  line  1 3) 
is  moving  to  the  outer  flux  surface  by  a  perturbation. 


Even  though  the  second  term  of  Equation  (42)  icduccs  the  stability  for  q'(r)  >  0,  the 
overall  effect  of  the  field  line  tying  is  stabilizing  if  Be«  B.  and  rB'JB.  is  small.  When 
B:  is  positive  and  extremely  large,  however,  the  field  line  tying  might  reduce  the 
stability  for  a  localized  mode.  The  detailed  estimation  of  the  stability  criterion. 
Equation  (38),  for  equilibiium  other  than  the  simple  cases  discussed  above,  requires 
a  numerical  calculation,  which  is  not  intended  in  this  stud>. 

5,  Summary  and  Discussion 

We  have  studied  the  effects  of  field  line  tying  on  the  MHD  stability  of  a  solas  loop.  A 
semi-toroidal  loop  with  large  aspect  ratio  is  approximated  by  a  circular  cy  lindcr.  The 
ideal  MHD  energy  eq  nion  is  used  to  get  a  necessary  stability  condition.  The  field 
line  lying  effect  is  important  only  near  a  mode  rational  surface  and  is  negligible  far 
from  the  mode  rational  surface.  The  importance  of  field  line  tying  near  a  mode 
rational  surface  is  similar  to  the  importance  of  the  resistivity  only  near  the  surface  in 
studies  of  the  resistive  instability  tFurth  el  a!.,  1 963).  The  effect  of  field  line  tying  has 
been  studied  extensively  for  a  high  m  localized  mode,  because  only  this  localized 
mode  is  strongly  affected  by  the  field  line  tying.  The  field  line  tying  effects  appear  in 
two  ways.  First  it  gives  an  additional  stretching  and  bending  of  field  lines  which  in 
turn  p;  oducc  a  restoring  force  to  a  pertui  balion.  Second,  the  effect  of  field  line  ty  ing 
is  associated  with  the  compressibility  of  the  plamsa  (W§^0),  which  reduces  the 
shear  stabilizing  effect  for  B',(r)>0.  It  appears  from  this  study  that  as  the  non¬ 
potential  field  increases  the  />.  =  1  mode  becomes  unstable  before  the  localized  mode 
when  B ,(/•)  =  0  and  q'(r)  =  0.  This  result  can  be  generalized  for  equilibria  compatible 
with  all  the  flare  loop  condition  except  the  case  when  B'.(r)  is  positive  and  large. 

However,  theoretical  calculations  show  that  a  magnetic  field  can  evolve  through 
resistive  diffusion  to  a  very  steep  gradient  magnetic  field  configuration  (Low, 
1973a,  b)  or  a  reverse  field  configuration  (Taylor,  1974)  depending  on  the  initial 
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twisting  of  the  field  line.  If  the  field  gradient  is  positive  after  resistive  diffusion  the 
third  term  of  Equation  (38)  becomes  an  important  destabilizing  term.  In  this  case,  the 
field  line  tying  can  reduce  the  stability  of  certain  modes.  A  toroidal  z  pinch 
experiment  in  magnetic  fusion  (Robinson  el  al.,  1969)  shows  that  the  toroidal 
magnetic  field  can  have  negative  gradient  with  a  reverse  field  near  the  plasma  edge 
after  the  resistive  diffusion.  If  the  initial  twisting  of  the  loop  field  line  is  similar  to  that 
of  a  z  pinch,  however,  there  will  be  a  high  negative  gradient  of  the  magnetic  field.  In 
this  case,  field  line  tying  much  enhances  the  stabiiity.  The  theoretical  studies  and  the 
experimental  results  imply  (hat  the  third  term  of  Equation  (38)  plays  an  important 
role  to  determine  the  stability  of  a  localized  mode.  In  this  study  we  have  considered 
the  field  line  tying  effects  on  the  circular  cylindrical  plasma.  We  expect  that  the  field 
gradient,  D‘s,  will  play  a  more  important  role  to  determine  the  stability  of  semi- 
toroidal  loop.  In  the  toroidal  geometry  the  eigenfunction  £(r)  should  be  summation 
of  all  poloidal  harmonic  modes  because  there  is  no  symmetry  along  the  0  direction 
any  more.  Let  us  consider  the  pressure-driven  interchange  mode  in  a  toroidal 
geometry,  as  considered  to  derive  Equation  (3S).  The  toroidal  interchange  mode  will 
be  the  summation  of  every  localized  mode  near  its  mode  rational  surface.  Under  xhis 
situation,  the  field  gradient  [c.f.  the  third  term  of  Equation  (38)]  affects  the  stability 
of  all  the  field  lines  and  then  the  effect  of  the  field  gradient,  will  be  bigger  for  the 
semi-toroidal  loop  than  for  the  circular  cylindrical  loop.  Observational  studies 
indicate  that  the  field  gradient  is  an  important  factor  in  triggering  the  flare  (Rust, 
1973;Svestka,  1976).  We  do  not  intend  to  relate  directly  the  observational  results  to 
our  result  for  the  effect  of  the  field  gradient  at  this  moment.  Wo,  rather,  suggest  that 
for  the  special  class  of  perturbations  studied  the  field  gradient  of  the  loop  is  an 
important  factor  to  determine  the  stability,  and  the  importance  will  increase  for  the 
semi-toroidal  loop  with  foot  points  fixed  at  the  photosphere.  Further  studies  should 
be  done  using  more  general  class  of  perturbations  for  cylindrical  and  semi-toroidal 
loops  to  verify  the  argument  mentioned  above. 

We  neglect  the  resistivity  in  this  study  to  simplify  the  problem.  It  is  believed  that 
the  resistivity  effect  is  very  important  to  the  solar  flare  mechanisms.  However,  the 
detailed  calculation  of  the  resistive  instability  of  the  loop  with  field  line  tying  is 
certainly  out  of  the  scope  of  this  paper.  As  we  mentioned  in  Section  3,  the  importance 
of  field  line  tying  only  near  a  mode  rational  surface  is  similar  to  that  of  resistivity. 
Because  of  this  similarity  we  can  expect  that  field  line  tying  will  affect  the  resistive 
instability.  The  field  line  tying  effect  on  the  resistive  instability  can  be  estimated 
roughly  by  considering  the  equations  for  the  w  idth  of  a  resistive  boundary  layer  and 
the  growth  rate  of  the  instability.  The  width  of  she  resistive  boundary  layer  e  is 
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for  the  m  &2  resistive  tearing  mode  (Bateman,  1P78).  In  Section  4,  we  find  that 
field  line  tying  reduces  (increases)  the  effective  shear  if  B'z  is  positive  (negative).  For 
B'->  0,  therefore,  the  width  of  the  resistive  boundary  layer  increases  while  the 
growth  rate/?  decreases.  In  this  case  field  line  tying  is  a  stabilizing  effect  to  the  tearing 
mode.  On  the  other  hand,  for  B':  <0,  the  field  line  tying  increases  the  growth  rate 
and  reduces  the  width  of  the  boundary  layer.  Field  line  tying  is  a  destabilizing  effect  in 
this  case. 

Even  though  field  line  tying  has  some  effects  on  the  resistive  mode,  we  do  not 
expect  that  the  effect  is  significant  because  plasma  is  not  frozen  to  the  magnetic  field 
line  any  more  due  to  the  finite  resistivity. 

In  conclusion,  the  field  line  tying  effect  is  not  important  for  the  m  -  1  global  mode 
but  important  for  the  m  » 1  localized  mode  when  the  aspect  ratio  is  large.  The 
discrepancy  between  the  results  of  this  paper  and  of  Hood  and  Priest  (1979)  is 
probably  due  to  the  fact  that  they  choose  different  trial  displacement  and  constraints 
on  it,  and  so  derive  different  bounds  on  the  stability. 
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d )  Quiet  Sun  Studies 


These  quiet  sun  studies  were  largely  unrelated  to  the  basic  objective  of 
this  grant;  they  are  "odds  and  ends"  left  over  from  previous  work  by  the 
principal  investigator,  primarily  before  the  grant  began.  They  were  published 
because  they  were  of  merit  in  themselves. 

i )  Spatial  Structure  in  Lines  in  the  3398-3526  A  Region 
at  the  Extreme  Limb;  Observation.  Identification  and  Interpretation 

The  observation  obtained  and  explained  in  this  paper  was  that  some 
spectral  lines  of  the  quiet  sun  showed  spatial  variability,  while  others  did 
not.  The  difference  was  explained  in  terms  of  radiative  transfer  effects,  and  is 


of  little  direct  relevance  here. 


SPATIAL  STRUCTURE  IN  LINKS  IN  THE  3398-3526  A 
REGION  AT  TIIE  EXTREME  LIMB:  OBSERVATION, 
IDENTIFICATION  AND  INTERPRETATION 
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Abstract.  We  have  obtained  spectrograms  of  high  spatial  and  spectral  resolution  of  the  extreme  solar 
limb,  using  the  x.icuum  lower  telescope  of  Sacramento  Peak  Observatory.  We  have  identified  emission 
lines  in  the  range  3398-3526  \.  and  classified  them  according  to  intensity,  spatial  structure  (intensity 
variation),  and  profile  Some  lines  show  spatial  intensity  variation,  olheis  do  not.  We  show  that  this 
elfect  is  related  to  the  abundance  of.  the  element  responsible  for  the  line  and  the  mean  lower -level 
excitation  potential  of  interlocked  lines.  We  explain  the  cited  m  terms  of  radiative  interlocking  with 
other  lines,  as  well  as  the  characteristic  sire  of  the  volume  contributing  to  the  mean  intensity. 

1.  Introduction 

Lines  observed  at  the  extreme  solar  limb  vary  considerably  in  the  extent  to  which 
they  show  line-scale  spatial  structure.  Pasacholf  et  al.  (1968)  found  that  while  Ca  ii 
H,  K  and  the  1R  triplet,  H  i  Hr  and  He  i  D3  showed  spieular  structure,  various 
weak  lines  did  not.  Pierce's  (1968)  comprehensive  atlas  of  the  chromospheric 
spectrum  from  3040-9266  A  includes  comments  on  the  dilfuseness  of  lines. 
Unfortunately  his  tables  cannot  be  used  to  infer  the  presence  or  absence  of  spatial 
structure,  since  lines  can  be  sharp,  not  dilluse,  yet  show  no  structure.  Livingston 
and  White  (1974)  compared  four  dilferent  classes  of  lines  -  rare  earths,  metals 
(mainly  Fe  i),  Na  i  D3  and  He  t  D3  -  all  observed  simultaneously  on  a  single 
high-quality  spectrogram.  They  four  J  that  the  weaker  metal  lines  showed  spatial 
structure  th.it  was  distinctly  d.llcrcnt  from  that  shown  by  strong  metal  lines,  D3  and 
Dj.  They  also  identified  a  rare  earth  line  that  completely  lacked  spatial  structure. 
They  attributed  these  elfects  to  dillcrences  of  line  opacity  and  line  formation 
mechanism. 
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The  paper  is  organized  as  follows:  In  Section  2  we  present  our  observations  of 
several  hundred  lines  and  our  classification  of  their  spatial  structure  characteristics, 
etc.  In  Section  3  we  show  that  interesting  relationships  exist  between  spatial 
structure  and  atomic  parameters.  In  Section  4  we  explain  these  relationships  in 
terms  of  the  mechanism  of  formation  of  the  lines. 


2.  Obscrvalions 

Our  observations  represent  the  first  attempt  that  we  know  of  to  systematically 
classify  all  the  lines  in  a  spectral  region  according  to  spatial  structuic.  The  spectra 
that  form  the  observational  basis  of  this  work  have  been  descrii  <  by  PasachofT  et 
al.  (1974);  a  print  of  one  spectrogram  can  be  found  in  their  paper.  Not  all  of  these 
data  were  of  sufficient  quality  for  spatial  structure  studies.  Although  adequately 
high  spatial  resolution  was  present  over  a  wide  spectral  range,  only  in  the  region 
3398-3526  A  (covered  in  the  present  work)  was  the  slit  located  at  the  limb  position 
that  optimized  the  study  of  emission-line  structure.  The  spectra  were  obtained  at 
the  vacuum  tower  telescope  of  Sacramento  Peak  Observatory,  using  a  300 
line  mm’1  grating  in  the  17th  order  on  70  mm  Eastman  Kodak  film  5375.  Hie 
spatial  scale  along  the  slit  is  270/x/arc  sec.  The  spatial  resolution  is  approximately 
I",  as  the  result  of  seeing  effects  and  limited  telescopic  resolution. 

For  all  identifiable  emission  features  in  the  range  3398-3526  A  we  determined 
wavelengths,  line  strengths,  spatial  variation  and  atomic  identification. 
Wavelengths  for  emission  features  were  measuied  on  contact  prints,  to  which  a 
scale  based  on  photospheric  reference  lines  was  attached.  Visual  estimates,  on  a 
subjective  scale,  were  made  of  line  stiengths  and  the  presence  or  absence  of  spatial 
structure.  Line  identifications  were  accomplished  in  the  usual  manner,  by 
wavelength  coincidence  and  multiplet  checking,  using  the  standard  references 
(Moore,  1959;  Moore  etal .,  1966;  Pierce,  1968;  Meggeis  el  al.,  1975). 

Table  I  lists  the  observed  emission  features  and  their  characteristics.  Each  row  of 
the  Table  corresponds  to  an  individual  emission  peak.  Hence  a  spectral  line  that  is 
centrally  reversed,  i.e.  shows  two  emission  peaks  separated  by  an  absoiption 
feature,  appears  as  two  rows  in  Table  I.  In  such  cases  the  two  rows  are  printed 
unseparated  by  vertical  spacing  (e.g.  3399.03,  3399.1 !).  Single  emission  features 
appear  on  isolated  rows  in  Table  l,  separated  by  a  blank  space  from  adjacent 
features  (e.g.  3398.867).  An  asterisk  C*)  in  any  column  except  column  1  indicates 
uncertainty  in  the  entry  in  that  column.  An  asterisk  in  column  1  indicates  uncer¬ 
tainty  of  al!  parameters  in  the  row. 

The  following  information  and  notation  appear  in  Table  I: 

Col.  1:  Measured  wavelength  (in  A). 

Col.  2:  Profile  information:  BBA  =  bordercd  on  blue  by  absorption,  BRA  = 
bordered  on  red  by  absorption,  BBRA  -  bordered  on  both  blue  and  red 
by  absorptions,  W  =  wide. 

Col.  3:  Intensity  of  feature:  F  =  faint,  M  -  moderate,  S  =  strong. 
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Col.  4:  Spatial  intensity  variation:  Y  =  yes,  N  =  no. 

Col.  5:  Atomic  identification:  element,  ionization  stage,  multiplet  number. 
Col.  6:  Comments  on  cc. (rally  rcveised  lines: 

BB  =bluc  emission  peak  brighter. 

E  -  enhanced:  blended  with  emission  line. 

M  =  masked:  blended  with  absorption  line. 

RB  =  red  emission  peak  brighter. 

RU  =  reality  of  reversal  uncertain. 

SV  =  reversal  shows  spatial  variation. 

SY  =  symmetric:  emission  peaks  of  equal  strength. 


3.  Analysis 

We  now  consider  the  relationship  between  spatial  variation  and  identification  of  the 
lines  in  Table  I.  We  use  only  the  lines  with  the  most  secure  identifications,  which 
leaves  165  lines.  We  divide  them  according  to  characteristics  of  spatial  intensity 
variation  and  spectral  line  classification  in  Table  II.  We  list  the  numbers  of  the 
multiplets  of  these  lines,  as  well  as  the  number  of  lines  observed  in  each  multiplet. 
For  each  species  we  have  computed  ( ,y, ),  the  average  value  of  the  lower-level 
excitation  potential,  excluding  the  lowest  and  highest  \i  values  for  smoothness.  In 
the  final  column  we  list  the  appropriate  value  of  log  NB,  the  logarithm  of  the 
elemental  abundance  by  number,  from  Allen  (1973). 

For  rare-earth  lines  the  relationship  is  clear.  An  obvious  feature  of  Table  II  is 
that  there  are  no  rare-earth  lines  among  the  group  that  exhibits  spatial  intensity 
variations  on  an  arc-second  scale.  Hus  effect  has  already  been  commented  on  by 
Pasacholf  el  ni.  (1968),  Pierce  (1968).  Livingston  and  White  (!974)and  Canfield 
and  Stencel  (1976);  the  characteristics  at  this  variation-free  class  of  lines  were  first 
pointed  out  by  Menzel  (1931). 

The  situation  with  metal  lines  is  not  as  simple.  Some  metal  lines  show  vacations; 
others  do  not.  There  is  a  tendency  for  the  lines  that  show  variation  to  have  lower 
values  of  )•  I-incs  that  show  no  spatial  variation  tend  to  originate  on  levels 
ranging  from  those  of  lower  excitation  m  less-abundant  metals  to  those  of  higher 
excitation  in  moie-abundant  metals. 

To  see  how  spatial  structure  is  related  to  log  /Vi;  and  <xi)  for  our  data  as  a  whole, 
we  have  plotted  the  data  of  Table  II  in  Figure  1.  The  crosses  represent  lines  with 
spatial  intensity  variation;  the  circles,  those  without.  D>  u  cannot  be  plotted,  since 
the  energy  level  structure  is  unknown.  With  the  exception  of  a  few  high-excitation 
lines  of  V  n  that  show  structure  (possibly  due  to  chance  coincidence  of  a  V  u  line 
with  a  strong  chromospheric  line),  there  is  a  strong  tendency  for  the  lines  with 
spatial  \  ariation  to  appear  in  the  upper-left  region  of  Figure  1 ,  and  for  lines  without 
structure  to  appear  elsewhere. 

One  can  see  that  the  diagonal  line  plotted  in  Figure  I  separates  the  legions  with 
and  without  structure  reasonably  well.  This  line  is  given  by  A',,  exp  (-(.V/)/k'F), 
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TABLE  I 

Emission  features  in  the  solar  limb  spectrum.  3398-3526  A 
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F 

F 

Y 

Y 

Ni  1  19 

Cr  1  52* 

SY* 

3433.92 

M 

N 

At  11  38 

3434.39 

M 

N* 

Dy  II 

3434.900 

S 

N 

Rhi  2 

3435.62*  UHRA  h  N  lloll* 
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Table  I  ( continued ) 


Prof. 

i 

il 

ID 

Com. 

3430.744 

S 

N 

Ru  !  4 

34*7.69* 

(1I1A 

F 

N 

Co  1  162* 

3438.180 

3438.29* 

BUKA 

S 

F 

N 

N* 

Zr  (1  1 

Hf  II  77 

BU..M 

34*8.9! 

3439.02* 

3439.10* 

mm  a 

M 

F 

F 

Y 

Y 
y 

\ln  11  1 

Fc  1  299* 

BB.M 

KU 

3439.22 

S 

N 

Gd  1!  23 

3439.56* 

F 

N 

MH* 

3439.79 

M 

N 

Gd  II  22 

3439.998 

M 

N 

Gd  II  7 

3440.35* 

F 

• 

l  b  II* 

3440.51 

3440.73 

F 

F 

Y 

Y 

Fe  1  6 

SY 

3140.91 

3441.11 

F 

F 

Y 

Y 

Fc  i  6 

SY 

3441.14* 

3441.22* 

F 

F 

* 

• 

Cr  1  52* 

Cr  11  8* 

Cf  11  45* 

RU 

3411.41 

3141.52 

F 

F 

N* 

N* 

Cr  1  52* 

RU 

3441.906 

3412.11 

S 

S 

Y 

Y 

M'i  11  3 

0B 

3412.87* 

IMA 

F 

S 

Co  1  6* 

3443.21 

M 

N 

Col* 

3443.36 

3443.43 

F 

F 

Y* 

Y* 

Ti  II  99 

KB 

3143.57 

34  43.74 

F 

F 

N* 

N* 

Zr  II  73* 
Col  22* 

UU.E* 

*443.78 

3413.99 

F 

F 

Y 

Y 

Fc  II  16 
Fcl6 

SY* 

3444.220 

3444.41 

S 

s 

Y 

Y 

r»  ii  6 

SV 

3444.58* 

m*  a 

F 

N 

rt>  ii* 

3445.33* 

F 

N 

I’hll* 

3445.56 

M 

N 

Fc  II  76* 

Dy  IS* 

3446.16 

3446.362 

F 

F 

Y 

Y 

Ni  1  2c 

sv 

3447.12 

F 

S 

Cr  1  52* 

Mo* 

3*47.36 

UBA 

p 

N 

Col  161* 

Zr  1  16* 

Cr  1  52* 

3447.63* 

F 

N 

3M..06* 

BBA 

F 

N 

Hr  11* 

3*48.350 

F 

N 

Co  1  163 

3419.09* 

3445.25* 

F 

F 

N 

N 

Co  1  22 

RB 

3449.62 

M 

N 

Gd  II  7 

3449.899 

F 

N 

Dy  H* 

3450.40 

BBA 

F 

N 

Gd  II  22 

3451.243 

S 

N 

Gd  11  22 

\<*1 

Prof. 

1 

6  1 

II) 

Com. 

3452.43 

M 

Y 

Ti  II  99 

SV 

345LS2 

M 

Y 

3452.31 

3452.977* 

3BKA 

F 

F 

Y 

• 

Ni  1  17 

RB,M 

3453.09* 

BORA 

F 

* 

VII  132* 

3453.17 

BBA 

M 

N 

l,u  II  46* 

3453.68 

ORA 

M 

N 

Tin  II  7 

3454.33 

OB  A 

S 

N 

Dy  II 

3454.917 

M 

M 

U<J  II  7 

3455.00* 

F 

y 

Cr  II  136* 

3455.56* 

3455.68 

F 

F 

N® 

4V  • 

Cr  1  51* 

RB* 

3455.95 

3456.08 

W 

W 

S 

S 

N 

N 

Fe  II  4 

RU 

3466.34 

M 

Y 

Ti  II  99 

SV 

3456.45 

M 

Y 

3IS6.S72 

M 

N 

Dy  II 

3456.75* 

F 

N 

Cell* 

3456.78* 

F 

N 

Ce  II* 

3457.00* 

BBA 

F 

N* 

Co  1  5* 

Fe  II  76* 

3457.16* 

BBA 

F 

N* 

V  II  147* 

3458.10 

F 

Y 

SY 

3158.16 

F 

Y 

To  II  10* 

1458.376* 

3153.57 

BORA 

F 

F 

• 

Y 

Ni  1  19 

nil* 

3458.95 

S 

N 

Zr  II  58 

3460.01 

F 

Y 

Mn  II  1 

KB* 

3460.10 

M 

Y* 

Dy  II* 

3460.250 

S 

Y 

Mn  II  3 

Kll 

3460.41 

s 

Y 

3460.75* 

BBA 

F 

N 

Gd  II  73* 

Pd  1  2* 

3460.97 

S 

M 

Dy  11 

Y  II  40* 

3461.42 

3461.58* 

3461.75 

BBRA 

S 

F 

F 

Y 

• 

Y 

I  i  II  6 

Ni  1  17 

1)11, .M 

11 U 

3462.05* 

F 

N 

Khl  3 

3462.203 

S 

N 

Tm  II* 

3463.00 

S 

N 

Gd  11  3* 

3463.04  _ 

s 

N 

Zr  II  90* 

3463.76* 

F 

N 

Ce  II* 

3463.94 

F 

Y 

Fe  II  4 

RB 

7461.003 

M 

Y* 

Gd  II  40* 

3464.21* 

BBA 

F 

N* 

Ce  II* 

3464.43* 

3464.55 

F 

F 

S 

N 

Fe  II  114 

RB 

3464.66* 

F 

N 

RB* 

3464.76* 

F 

N 

?  f 
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Table  l  ( continued ) 


UA) 

Prof. 

i 

61 

ID 

Com. 

Mi) 

Prof. 

1 

61 

ID 

Com. 

3465.520 

3465.59 

F 

F 

Y 

Y* 

Ti  H  99 

BB* 

3477.11 

3477.27 

s 

s 

Y 

Y 

Ti  II  6 

SY* 

3465.62 

3465.68 

3165.71 

M 

M 

F 

N* 

N* 

Y* 

it  1  17 

Col  5* 

SY* 

SY* 

3478.496 

3478.57* 

BRA 

s 

F 

N 

Y* 

it  II  84 

Fell  16 

Co  1  120* 

3465.98 

F 

Y 

Fe  1  6 

N  IV  1* 

Nb  1* 

3466.97 

BBA 

F 

N 

Cd  II  23 

3478.68* 

BBA 

F 

Y* 

3467.283 

s 

N 

Gd  1!  22 

3173.85* 

BBA 

F 

Y* 

Yb  II* 

3)67.44 

3467.59 

F 

F 

Y 

Y 

Ni  1  3* 

BB* 

3479.00 

3479.04 

s 

s 

Y* 

V 

Hf  II 

Zr  II  20* 

3463.03 

3463.12 

F 

F 

N 

N 

Od  II* 

SY 

3479.35 

3479.43 

s 

s 

Y 

Y 

Zr  II  46 

RB 

3468.14 

BRA 

F 

N 

Dy  II 

3479.62* 

BRA 

F 

•  N* 

Fcl  443.812* 

3468.64 

3468.72 

F 

F 

Y 

Y 

Fo  II  114 

SY* 

3479.76* 

w 

F 

N* 

Fe  1  143,812* 

3469.342 

W.BKA 

M 

N 

Th  II* 

Zr  (1  59 

3479.89 

3479.96 

M 

M 

Y 

Y 

Fe  II  4 

SY* 

3469.9!* 

BBA 

F 

N 

3480.403 

BBA 

S 

N 

it  II  58 

3470.18* 

BRA 

F 

N* 

Y  11  40* 

3480.55* 

BBA 

F 

N* 

Od  II  23 

3470.67 

3470.86 

F 

F 

N 

N 

Khl  3 

Nd  11* 

3480.85 

3480.94 

F 

F 

Y 

Y 

Ti  II  22* 

RB* 

3471.12 

3471.20 

s 

M 

N 

N 

Dy  II 
it  II  114 
it  1  15 

BB.M 

3481.13 

3481.20 

3481.28 

BRA 

S 

S 

F 

Y 

Y 

N* 

it  II  46 

I'd  1  2 

Od  II  22 

RB* 

3471.41 

BBRA 

M 

N 

Col  161* 

KB..M 

3481.46 

F 

N 

it  II  59 

3171.53 

w 

M 

N 

Dy  11 

3481.81 

M 

N 

Od  II  22 

3471.72 

S 

N 

Kr  II* 

Tt)  II* 

3482.35 

F 

N* 

Cc  II* 

3472.191 

F 

N 

Col  >61* 

3132.50* 

BBA 

F 

N* 

U  II* 

3472.47 

3472.64 

3172.71* 

RBRA 

F 

F 

F 

Y 

Y 

N 

Ni  1  20 

Col  160* 

SY 

3482.61 

3482.84 

3482.969 

F 

S 

M 

N* 

Y 

Y 

Gd  II  40* 

Mn  II  3 

BB.M 

3473.23* 

BRA 

F 

N 

Gd  11  7 

3483.15 

BBA 

F 

S* 

Co  1* 

Ru  1* 

3473.90 

3474.01* 

BRA 

BBRA 

M 

F 

Y 

* 

Co  1  4 

Mn  II 

3483.57 

M 

Y* 

Zr  II  33 

3474.10* 

BBRA 

F 

• 

Mn  II  3 

3133.64* 

F 

Y* 

Zr  II  103 

3471.21 

3475.101 

3475.17 

BBA 

BBRA 

S 

M 

M 

Y 

Y 

Y 

Mn  11  3 

Cr  II  2 

BB.M 

3483.71 

3483.87 

F 

F 

Y 

Y 

Co  1  ') 

Ni  1  6 

Ti  (1  125 

BB* 

3475.26 

BBRA 

M 

Y 

Fe  ll  4 

BB.M 

SY 

3484.12 

F 

Y 

Cr  II  2 

3175.37 

BBRA 

M 

Y 

Cr 1  141* 

3484.20 

F 

Y 

3475.56 

F 

Y 

Fe  1  6 

3484.69 

F 

N 

Dy  II 

3175.60 

3475.73 

3475.79 

F 

S 

S 

Y 

Y 

Y 

Fe  1  78* 

Fe  II  4 

RU 

SY*. 

3484.82* 

F 

N 

fC  1  185 
llo  II 

3476.25 

F 

N 

V  11  58 

3484.92 

BBA 

s 

N 

N  IV  1* 

3476.40* 

BBA 

F 

N 

Col  161* 

3485.057 

S 

N 

Co  II  44 

3476.61 

3476.81 

BBRA 

M 

M 

Y 

Y 

Fe  1  6 

BB.M 

3485.29 

3485.42 

F 

F 

Y 

Y 

Fc  1  37 

Co  1  162 

3476.922 

3477.08 

BBRA 

M 

M 

Y 

Y 

fi  II  6 

RU 

3435.78* 

3485.83 

F 

F 

Y* 

Y 

YOU* 

Ni  1  17 

RB* 

3485.97 

F 

Y 

V  1!  6 

3436.23* 

F 

N 
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Table  /  (continued) 


MA) 

Prof. 

i 

51 

ID 

Com. 

3436.334 

F 

N 

£r  II* 

3487.40 

F 

N 

Sin  II* 

3487.96 

M 

Y 

Fo  11  4 

sv 

3488.04 

M 

Y 

3488.67 

M 

y 

Ce  II  187* 

3483.612 

S 

Y 

3489.09* 

F 

N* 

Cr  II  133* 
Nb  II* 

3489.35 

F 

Y 

Co  1  36 

SY* 

3189.43 

F 

y 

3489.71 

3489.31 

BBRA 

F 

M 

y* 

Y 

Ti  II  6 

110, M 

3490.22* 

W 

F 

3490.48 

M 

y 

Fe  I  6 

3490.69 

M 

Y 

BB.M 

3490.987 

S 

Y 

Ti  II  6 

RB 

3491.13 

S 

Y 

3491.26 

F 

Y* 

Co  16* 

BO 

3491.40* 

F 

y* 

3491.99 

F 

N* 

Col  159* 

Tb  II* 

3492.372 

F 

N 

Ti  II  125* 

3492.87 

3493.07 

F 

F 

Y 

Y 

Ml  1  18 

SY* 

3493.13 

F 

• 

VII  6 

RB.F. 

3493.23 

F 

N 

3193,44 

3493.54 

BBRA 

F 

F 

Y 

Y 

Fe  II  114 

SY* 

3494.41 

S 

N 

Gil  11  7 

3494.50 

S 

N 

Oy  11 

RU 

3494.57* 

F 

N* 

Cr  II  2* 

3494.635 

M 

Y 

Fo  II  16 

BB..M 

3494.72 

M 

Y 

3494.90* 

BRA 

F 

N* 

Crl  109* 

3495.01* 

F 

N* 

Co  11 

3495.23 

3495.35 

3495.43 

BBRA 

F 

F 

M 

Y 

• 

N 

Fo  1  238 

Cr  II  2 

RU 

RU 

3495.60 

3495.77 

BBRA 

F 

M 

Y 

• 

Co  1  22 

Ti  1  84* 

RU 

3195.95 

F 

Y 

Ilf  II  30* 

RU 

3496.01 

F 

Y* 

Ti  1  22* 

3496.05 

3496.12 

M 

M 

Y 

Y* 

Y  II  3 

RU 

3496.1$ 

3496.26 

S 

S 

Y 

Y 

zr  ii  i 

SY* 

3496.756 

3496.87 

BBRA 

M 

M 

Y 

Y 

Mn  II  3 

RB.M 

3497.47 

S 

Y 

Mn  II  3 

SY* 

3497.59 

S 

Y 

3497.75 

F 

Y 

Ve  I  6 

3497.93 

BBRA 

F 

• 

Zr  II  58 

BB.M 

\(A) 

Prof. 

1 

51 

ID 

Com. 

3498.70* 

BRA 

F 

N* 

Dy  II 

3498.939 

S 

N 

Dy  II 

Ru!  4 

3499.10 

s 

Y* 

Ti  1 84* 

Er  11* 

3499.54* 

F 

N* 

Zr  II  9 

KB 

3499.60 

F 

N* 

3499.80* 

F 

N» 

V  II  5 

RU 

3199.91* 

F 

N* 

3500.28 

•M 

Y 

Ti  II  6 

RB 

3500.40 

.M 

Y 

3500.77 

F 

Y 

Si  1  6 

SY* 

3500.94 

F 

Y 

3501.15* 

F 

Y* 

Bo  I* 

Os  I* 

3501.454 

M 

N 

Cc  II  67 

3501.65* 

F 

Y 

Co  II  2* 

RB.E 

3501.78* 

F 

Y* 

Fo  III  48* 

3502.53 

BBRA 

M 

U* 

Rill  2 

3502.98 

F 

N* 

F  II  3* 

Col  135* 

3503.10 

F 

N* 

F  II  3* 

3503.19 

F 

N 

Dy  II 

3503.44 

,M 

Y 

Fc  II  4 

SV 

3503.517 

M 

Y 

3503.97* 

BBA 

F 

N* 

Fo  III  43* 

3504.18* 

F 

N* 

RB 

3504.25* 

F 

N* 

3504.39 

W 

\| 

Y 

V  II  6 

RB.E 

3504.51 

M 

N* 

Dv  II 

3504.63 

BRA 

F 

Y 

Os  1* 

3504.73 

BBA 

M 

Y* 

Col  135 

3504.31 

s 

Y 

3504.96 

S 

Y 

ri  II  83 

RB 

3505.23 

BRA 

M 

N 

Ilf  II  7 

3505.52 

S 

Y* 

Zr  11  90* 

Cd  II  22 

3505.626 

M 

Y 

F  II  3* 

RB.M 

3505.71 

M 

Y 

Zr  11  1 

3305.85* 

f' 

Y* 

Ti  II  88 

3505.94* 

F 

Y* 

RB 

3506.04 

S 

N 

Zr  II  84 

3506.32 

F 

N» 

Dy  II 

3507.325  - 

M 

N 

Rhl  2 

3507.38 

F 

Y 

Fell  16 

3507.44 

F 

Y 

Fe  1  500 

l.u  II* 

SV 

3507.49 

F 

N 

V  II  159 

RB 

3507.55* 

F 

N* 

3507.96* 

BB\ 

F 

N* 

Ce  II  51 

3508.17 

\l 

Y 

Fell  4 

SV 

3508.25 

M 

Y 
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Table  I  ( lonlinued ) 


\<A>- 

Prof. 

1 

51 

ID 

Com. 

Ml) 

Prof. 

! 

*1 

ID 

Coin. 

3508.85* 

BRA 

F 

N* 

Eu  II  13* 

3517.53 

F 

N‘ 

V  II  57 

3509.184 

DBA 

M 

N 

V  II  47* 

3513.04 

F 

N 

Ce  11  92* 

3509.33 

M 

S 

Zf  1  IS 

3518.17 

F 

N 

Er  II* 

3509.68* 

3509.78* 

UBRA 

F 

F 

Y* 

• 

fi  II  38 

RU 

3518.28 

3518.43* 

F 

F 

Y 

Y* 

Co  1  36 

B8 

3510.25* 

F 

Y* 

Ni  1  13 

3519.08 

F 

N* 

Co  11  92 

3510.51* 

F 

• 

Zr  II  20* 
Col  6* 

KB 

3519.611 

S 

N 

Zi  1  13* 

3519.69 

F 

Y 

BB 

3510.79 

3510.913 

S 

s 

Y 

Y 

n  n  83 

B»,E 

3319.86* 

F 

Y* 

Ml  1  5* 

3511.23* 

W 

F 

N* 

Sm  II  12 

3519.97 

3520.04* 

BBRA 

F 

F 

Y* 

• 

V  II  5 

BB.M 

3511.37* 

W 

F 

N* 

3520.21 

S 

Y 

Tl  II  98 

SV 

3511.58* 

3511.68 

F 

F 

Y# 

• 

n  1  22 

RB 

3520.30 

S 

Y 

3511.80 

3511.38 

BORA 

F 

F 

Y* 

Y 

Or  II  2 

SV 

3520.52 

3520.64 

F 

F 

N* 

N 

Ce  II  55 

VII  57 

3512.50* 

3512.56 

BRA 

F 

F 

Y* 

Y 

GO  11  89* 
lie  1  38* 

Dy  II* 

RB 

3520.79 

3520.91 

F 

F 

N 

N 

Zr  11  19,59 

SY* 

3512.91 

1513.01* 

BURA 

F 

F 

Y* 

• 

Till  6* 

RU 

3521.18 

3521.37 

F 

F 

Y 

Y 

Pc  1  24 

Zr  11  £8 

SV 

3513.41 

3513.56 

F 

F 

Y 

N* 

Col  5 

RU 

3521.48 

3521.575 

BIlllA 

F 

M 

Y 

\* 

Co  1  >0 

Fe  1!  10* 

RB.E* 

3513.64 

F 

N 

Irl  2 

3522.68 

3522.77 

F 

F 

N* 

N* 

Fe  Ip  538 

RB 

3513.71 

3513.89 

3513.98 

BORA 

BBRA 

F 

F 

F 

Y 

• 

Y* 

Co  II* 

Fe  1  24 

V  II  117 

Ni  1  17 

RU 

RU 

3523.987 

3524.14 

3524.18 

S 

F 

F 

N 

Y* 

Y* 

Dy  II* 

Fe  1  238.2  19 

RU 

3514.41 

F 

N* 

RU 

3924.31 

F 

Y* 

Fe  1  130* 

RB 

3514.50 

F 

N* 

V  II  57 

3524.43 

F 

Y 

SY* 

3514,57* 

3514.69 

W 

F 

F 

Y* 

N* 

Zr  II  1 1 4 

RB.E* 

3524.65 

3524.69 

F 

F 

Y 

Y 

Mi  1  18 

3514.96 

F 

Y 

.  RB 

3524.75 

F 

Y 

V  II  5 

SV 

3515.14 

F 

Y 

Ni  1  19 

3524.91* 

F 

Y* 

Er  11* 

3515.47 

BRA 

F 

N 

3525.26 

BRA 

F 

N* 

3516.952 

S 

N 

P0  1  1* 

3525.774 

F 

N* 

Dy  II* 

DY  11 

rb  a* 

3517.24 

M 

Y 

V  II  6 

RB.E 

3526.95* 

BBRA 

F 

Y 

3517.37 

S 

N* 

Co  11  230* 

3526.10* 

F 

• 

Fe  1  6 

BB.M 

He  137* 

where  !og/-'o  =  3  and  7’  =  4200  K.  'Hie  latter  temperature  was  chosen  to  mimic 
(within  a  few  hundred  degrees)  a  t> pical  ioni/ation/exeitation  temperature  of  a  line 
seen  at  the  extreme  limb,  and  the  intercept  was  chosen  to  best  separate  the  two 
regions,  given  the  slope  appropriate  to  420U  K.  The  fact  that  a  line  computed  from 
the  Bol/mann  law  sepaiates  the  two  regimes  well  is  not  surprising,  if  the  presence 
of  spatial  structure  is  related  to  the  average  lower-level  population  </i|),  where 
(/i/)  =  iVyO.xp  ( ).  This  seems  to  be  quantitative  support  for  the  conclusion 
of  Livingston  and  White  (1974)  that  the  spatial  structure  is  related  to  an  opacity 
effect,  since  the  opacity  is  directly  proportional  to  nt.  However,  another  test  must 
be  made  to  show  whether  this  is  true  (see  below). 
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TABU-  II 

Lines  sorted  according  to  spatial  intensity  variation  and  species 


Species 

Multiples 

No.  lines 

<*i>.eV 

log  Ne 

Spatial 

Metals: 

variation 

Fel 

6,  24.  78 

9.  1,  1 

0.2 

7.6 

Fe  It 

4.  16.  114 

6,  3,  2 

1.2 

7.6 

Cr  it 

2.3 

3.4 

2.4 

5.9 

Ti  ii 

1.6.  22.88.  98.99 

2.8,  1.  2.  1.  2 

0.7 

5.1 

Nit 

6.  17.  18.  19.  20 

2.3.  2.3.3 

0.1 

6.3 

Mn  it 

1.3 

2.7 

1.8 

5.4 

Cot 

4.  5,  <>.  20.  36 

1.  1.  1.  1.2 

0.4 

5.1 

Zr  ll 

1,  11,46 

2.  1.2 

0.4 

2.5 

No  spatial 

Vtl 

Rare  earths: 

none 

Metals: 

5,6 

1.3 

1.1 

4.4 

variation 

Fel 

238,  239,443,  538.812 

1.  1.  1.  1.  1 

3.0 

7.6 

l-c  II 

114 

1 

4.1 

7.6 

Cr  n 

2.3 

2.4 

5.9 

Ti  ii 

53.  99 

1  6 

5.1 

Co  i 

5.  135.  159 

1.  1.  I 

2.6 

5.1 

Z 1 1 

15,  17 

0.1 

2.5 

Zr  it 

1 1.  19,  58.  59,  84 

2.  1.4.  3.  2 

0.9 

2.5 

Vtl 

57,  117,  159 

1,  1.  1 

2.5 

4.4 

Rht 

Rare  earths: 

2.3 

3,2 

0.3 

1.2 

Co  it 

44.67,92,  100 

2.  1.  1.  1 

0.3 

1.8 

GJ  ii 

7.22,23,91.  149 

8.  9.  3,  2,  1 

0.7 

l.l 

Tin  ll 

7 

2 

0.0 

03 

Dy  ll 

17 

- 

1.1 

We  next  ask  whether  there  is  a  significant  correlation  for  individual  lines  between 
observed  line  strength  and  observed  spatial  structure,  which  would  imply  that 
opacity  dilfcrenccs  alone  might  fully  explain  the  observations,  since  many  of  the 
lines  in  our  data  are  weak  enough  to  be  optically  thin,  and  should  therefore  have 
intensities  directly  proportional  to  the  atmospheric  optical  thickness  t.  First,  it 
might  be  that  if  a  line  were  weak  it  would  show  less  spatial  variation  because  the 
geometric  length  of  the  line  of  sight  in  the  solar  atmosphere  over  which  the  line  is 
formed  is  greater  than  for  a  strong  line.  If  this  explanation  were  valid,  one  would 
expect  a  direct  correlation  between  line  strength  and  spatial  variation.  Secondly,  if 
a  line  were  weak,  it  would  tend  to  be  formed  lower  in  the  atmosphere,  where  the 
geometric  si/.e  of  known  structures  is  somewhat  smaller  than  in  die  upper  atmos¬ 
phere.  In  this  case,  again,  tine  would  expect  a  direct  coi relation  between  line 
strength  and  spatial  variation.  The  best  way  to  check  for  such  a  correlation  is  to  ask 
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Fig  1  The  dependence  of  observed  spatial  intensity  v...  ianon  on  lo giVE.  the  log  ol  lb--  solar  abun¬ 
dance  of  element  I:  by  number  (log  <V«  » 12).  and  <vi>.  the  averaged  lower-level  excitation  potential. 
The  meaning  of  the  line  and  the  *■  symbol  me  discussed  in  the  text. 


whether  the  lines  that  show  structure  have  an  intensity  distribution  function  that  is 
significantly  more  skewed  toward  higher  intensities  than  lines  that  show  no  s  ruc- 
turc.  These  distribution  functions  are  shown  in  histogram  form  in  Figure  2,  which 
itpplies  this  test  to  only  metal  lines,  some  of  which  show  structure  and  some  of 
which  do  not.  Wo  cannot  apply  this  test  to  our  entire  data  set,  since  obviously  (nt) 
and  r  for  an  individual  line  are  tcasonably  independent  oniy  with  a  narrow  range  of 
log  rVE.  Figure  2  shows  that  weak  lines  predominate  in  both  structured  and  non- 
slruclured  classes.  We  cake  v'N,  where  N  is  the  number  of  samples  in  each  intensity 
category,  to  be  a  measure  of  the  uncertainty.  For  all  categories,  the  error  bands  of 
the  two  classes  abut  or  overlap,  which  indicates  that  there  is  no  statistically 
significant  evidence  that  the  intensity  distiibutions  dilfer.  There  is  therefore  no 
significant  correlation  between  line  strength  and  spatial  variation. 

In  summitry,  we  find  evidence  for  two  relationships,  which  seem  at  first  to  be 
contradictory,  but  can  be  understood  as  an  clfect  of  interlocking  as  discussed  below. 
First,  within  observational  uncertainty,  structure  seems  to  be  present  only  above  a 
critical  value  of  </i(),  which  represents  in  an  approximate  way  a  certain  average 
lower-level  population,  where  the  average  is  taken  over  lines  of  the  same  structure 
classification  in  the  same  species.  Secondly,  within  a  narrow  range  of  elements  - 
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No  Variation  Variation 


Fig.  2.  Histogram  presentation  of  line-strength  distributions  for  the  33  securely-identified  metal  lines 
(hat  show  no  spa'ial  intensity  variation  and  the  99  that  do. 


only  the  metals  -  there  is  no  significant  tendency  for  the  lines  that  show  structure  to 
be  dominated  mote  by  strong  lines  than  the  lines  that  do  not  show  structure. 


4.  Interpretation 


4.1.  In rF.iu.ocKiNG 


To  interpret  the  observed  phenomena,  it  is  necessary  to  consider  possible 
mechanisms  of  indirect  transitions  between  atomic  states.  Such  interlocking  is 
discussed  in  various  monographs,  cf.  Jeircries  (1 968} or  Athay  (1972). 

We  assume  complete  frequency  redistribution  of  scattered  photons.  This  is  a 
reasonable  assumption  for  weak  and  medium-strength  lines  formed  tit  and  below 
the  temperature  minimum,  and  is  applicable  to  almost  all  the  lines  of  Table  I. 
Following  Jefferies  (1968),  we  write  the  line  source  function  SL  for  a  line  formed 
between  upper  and  lower  levels  u  and  /  respectively  as 

U,t,rdV¥eBiTt)^B(T*) 

l'  1  +  e  +  t] 

where,  neglecting  stimulated  emissions: 

Cul 


*'l) 


£  - 


Au 


C-) 


v  =  . 

A„i 


(3) 


c*  gu-u  C- 


(4) 
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-..  =  I  Puj<l,l.  u  ,  (5) 

/■*< 

£/=  Z  / V//«.  /  *  (6) 

J*U 

Hero  P,,  is  the  total  (radiative  plus  collisional)  transition  rate  from  level  i  to  level  j 
and  is  the  probability  that  a  transition  from  level  i  arrives  at  level  j  before  level 
k.  The  techniques  for  calculation  of  the  values  of  q,t.  k  are  discussed  by  Jefferies 
( 1 968)  and  Canfield  (1 97! a).  Foi  the  present  discussion  the  relevant  quantities  arc 
i'„  and  St.  is  the  rate  of  indirect  transitions  from  u  to  /  by  way  of  all 
intermediate  states.  The  analogous  rate  from  l  to  u  is  2'/. 

Elfoits  to  study  the  effects  of  interlocking  in  the  above  framework  have  been 
made  for  two  rather  restricted  cases  by  Thomas  (1957)  and  Canfield  (1971a). 
Thomas  discussed  the  influence  of  adding  a  third  (continuum)  level  to  a  two-level 
atom,  i.e.  the  ease  in  which  the  interlocking  occurs  only  through  the  continuum. 
Canfield  extended  the  discussion  to  atoms  of  many  bound  levels  and  continuum 
whose  spectra  consisted  solely  of  weak  lines. 


4.2.  Interlocking  ntaouc.it  tup  continuum 


We  can  easily  check  the  influence  of  continuum  interlocking  following  the  example 
of  Thomas  (1957),  given  in  convenient  form  by  Jelferies  (1968).  The  influence  of 
continuum  interlocking  on  Si.  when  there  are  only  two  bound  levels  is  measured  by 
the  ratio  of  the  direct  de-excitation  term  eB(Tt)  to  the  interlocking  term  i\B(T,), 


wr.) 

yB(T,) 


~  10  V"/‘r', 


(7) 


where  T,  is  the  radiation  temperature  for  ionizing  radiation.  We  adopt  typic: 
temperatures  in  the  vicinity  of  the  solar  temperature  minimum,  viz.  Te  -4200  K, 
T,  =  5000K.  Using  Equation  (7)  we  have  computed  rB(T, )/r\B(T,)  for  four 
representative  multiplets:  Fe  t  multiplets  6  and  443,  low-  and  high-excitation 
neutral  metals  respectively;  Can  H  and  K,  a  low-excitation  ionized  metal;  and 
Ce  ii  muluplet  44,  a  low-excitation  ionized  rare  earth. 

Our  calculations  of  the  influence  of  the  continuum  are  shown  in  Table  III.  The 
values  of  ?.B(T,)/ i\B(T,)  in  Table  III  imply  that  continuum  interlocking  will  play  an 
important  role  for  neutral  metals,  since  fB/t)B(T,)«  1.  In  contrast,  the  ionized 
metal  and  rare  earth  lines  are  collisionally  controlled,  since  t'B(Tt)/t}B(T,)»\. 
These  characteristics  bear  no  relationship  to  the  observed  dependence  of  spatial 
structure  on  species,  however.  Both  low-excitation  ionized  rare  earths  and  high- 
excitation  neutral  metals  tend  not  to  show  spatial  variation,  whereas  they  have 
entirely  dillercnt  eB(Tt)/ r\B(T,)  values.  We  conclude  that  interlocking  with  the 
continuum  does  not  satisfactorily  explain  the  observations. 


4.3.  Interlocking  iiirougm  bound  levels 

We  now  consider  the  effects  of  interlocking  through  bound  levels  following 


isot .T=5jra>”sss*T!»v« 
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TABLE  III 

Calculation:,  of  eli(T,)/ i)B(T,)  for  various  lines 


Line 

Neutral  metal,  low  excitation 

7.9 

3.5 

6xl0'3 

Neutral  metal,  high  excitation 

5.0 

3.5 

7x  lO"* 

ionized  metal,  low  excitation 

11.9 

3.2 

1  x  I01 

Ionized  rare  earth,  low  excitation 

10.9 

3.5 

6x  10° 

Canfield  (1971a).  He  studied  complex  model  atoms  and  found  that  eD(T,)/ i)D(Tr) 
was  much  less  than  unity.  The  quantities  I„  and  i'(  (liquations  (5)  and  (6))  are 
dominated  by  indirect  radiative  interactions  with  hound  levels,  so  that  T,  is  nearly 
equal  to  the  radiation  temperature  for  excitations.  Because  interlocking  is 
dominated  by  radiative  processes,  not  collisional  ones,  control  of  SL  is  potentially 
very  non-local.  The  weaker  the  interlocked  transitions  are,  the  more  non-local  the 
value  of  Si.  will  be,  since  decreasing  the  opacity  increases  the  spatial  volu  ne  that 
contributes  to  the  mean  intensity.  This  elfect  explains  the  present  observations  also, 
since  we  have  seen  that  the  spatial  intensity  variation  is  directly  related  to  the 
average  value  of  the  lower-level  population  for  all  lines  of  the  species  that  show  the 
same  spatial-vaiiation  properties,  but  not  to  the  strength  of  the  individual  line. 

Our  interpretation  of  the  obseived  phenomenon  i>  that  the  line  source  functions 
of  most  of  the  lines  in  the  present  data  sample,  weak  and  medium-strength  lines  of 
neutral  and  ionized  metals  and  ionized  rare  earths,  are  dominated  by  interlocking 
via  radiative  excitation.  Because  of  the  non-local  nature  of  radiative  excitation,  in 
contrast  to  collisional  excitation,  the  extent  to  which  the  line  source  function  is 
sensitive  to  local  variations  depends  on  the  relative  values  of  the  characteristic 
geometric  and  optical  depth  scales  of  variations  of  temperatuie  and  density.  If  the 
interlocked  lines  are  weak,  the  geometric  length  corresponding  to  unit  optical 
length  will  be  large  relative  to  the  character  istic  size  of  structures.  The  value  of  SL 
will  be  insensitive  to  local  variations,  hence  the  line  will  tend  to  show  less  spatial 
variation  than  lines  whose  interlocking  is  dominated  by  stronger  lines. 

4.4.  QUANTITATIVE  INTERPRETATION 

One  can  easily  demonstrate  that  the  interlocking  hypothesis  is  quantitatively  con¬ 
sistent  with  the  observations,  using  previous  work.  Canlield  (1971b)  found  that  for 
a  typical  observed  low-excitation  line  of  the  singly-ionized  rare  earth  Ce  n, 
A4364.663,  the  ratio  of  continuum  to  line-center  opacity  r„  near  the  temperature 
minimum  is  well  represented  by 

kc 

r»  =  — 


(8) 
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where  rc  is  the  usual  continuum  optical  depth,  measured  radially.  If  we  assume 
formation  at  rc  -  I0~\  as  justified  above,  Equation  (8)  yields  r„~0.5.  At  tc  =  H)-3 
in  the  Harvard-Smithsonian  Reference  Atmosphere,  Gingcrich  ct  al.  (1971)  give 
kc  —  1 .4 x  l()*:gm"’  cm-1  and  density  p~  1.2 x  lO'^gcm'3.  If  we  define  a  charac¬ 
teristic  geometric  length  scale  Lr  that  corresponds  to  unit  line-center  optical  depth 
in  a  uniform  atmosphere,  then  L,  is  given  by 

K„pLT  =  —pLr  =  1  .  (9) 

ro 

Adopting  the  values  of  kc,  r0  and  p  given  above,  we  find  that  Lr~3x  104km  for 
this  line.  This  implies  that  for  Lr~  103  km,  which  is  the  order  of  magnitude  of  the 
characteristic  horizontal  scale  of  temperature  and  density  fluctuations  in  the  upper 
photosphere,  an  abundance  approximately  30  times  greater  than  that  of  cerium  is 
required.  Since  for  cerium  log  iVE  =  1.8  in  the  notation  of  Figure  1,  this  means  that 
a  point  on  the  dividing  line  between  spatial  variation  and  no  spatial  variation  should 
occur  at  approximately  log  NH  =  1.8  + log  30  and  (xi)  -  0.3,  which  is  the  ( xi )  value 
for  Ce  in  our  data  sample.  This  point  appears  as  a  t-  symbol  in  Figure  1 ,  and  falls  on 
the  dividing  line  justified  above  on  a  strictly  empirical  basis.  We  therefore  conclude 
that  the  interpretation  proposed  above  provides  both  a  qualitatively  and  quan¬ 
titatively  satisfactory  explanation  of  the  observations. 

5.  Summary 

We  have  used  our  observations  of  the  extreme  limb  spectrum  in  the  wavelength 
range  3398-3526  A  to  identify  lines  and  classify  them  according  to  whether  or  not 
they  show  small-scale  spatial  intensity  variation  (structure).  We  have  shown  that 
such  structure  is  present  only  above  «  certain  average  lower-level  number  density, 
but  is  not  related  in  detail  to  the  strength  of  individual  lines  within  a  specific  group 
of  elements,  the  metals.  We  find  that  this  can  be  explained  as  the  result  of 
interlocking  by  radiative  excitation,  but  not  by  radiative  ionization.  We  use  pre¬ 
vious  work  to  show  that  one  can  understand  quantitatively  the  critical  level  of 
elemental  abundance  above  which  spatial  variation  should  appear,  as  a  con¬ 
sequence  of  the  mechanism  of  line  formation  and  the  characteristic  size  of  spatial 
variations  in  the  upper  photosphere. 
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ii )  The  Height  Variation  of  Velocity  and  Temperature  Fluctuations 

in  the  Solar  Photosphere 

This  paper  applies  a  radiative  transfer  technique  to  a  study  of  motions  in 
the  solar  atmosphere.  Again,  it  is  of  little  direct  relevance  to  this  grant,  but 
was  a  positive  step  forward  in  understanding  photospheric  velocity  fields  at  the 
time  it  was  published. 
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mmary.  1  he  Vacuum  Tower  Telescope  of  Sacramento 
ik  Observatory  is  used  to  observe  intensity  and 
’city  lluuuutions  in  seveial  I  e  i  lines  as  functions  of 
acentric  ancle.  We  derive  the  vertical  and  horizontal 
.nponents  ol  the  velocity  llueiualnms,  using  the  teeli- 
ae  developed  by  Canfield  ( 1976)  to  separate  granular 
I  oscillatory  velocities.  We  also  find  a  set  of  height 
, endent  temperaluie  perturbations  which  are  capable 
reproducing  the  observed  intensity  fluctuations.  The 
■izontal  component  of  the  granular  velocity  is  found  to 
netweon  one  and  two  km  s  1  greater  than  the  venieal 
niponenl  (depending  on  height  in  the  aunospheie).  A 
nperature  perttu h..tio:i  (constant  with  height)  of  1 75  f 
K  m  the  upper  layers  of  the  atmosphere  (r,00„  <  0  I) 
affluent  to  reproduce  the  intensity  fluctuations  in  the 
■ng  lines  In  deeper  layers  the  temperature  perturba- 
■ns  must  inuease  i.ipidly  with  depth  to  reproduce  the 
served  intensity  fluctuations  in  the  continuum  and 
A  lines. 

cv  words:  solar  atmosphere  —  solar  velocity  fluctuations 
solar  temperature  structure 


Introduction 

",e  computation  of  a  dynamic  multi-dimensional  model 
the  solat  photosphere  will  either  picdict  or  use  as 
servational  input  the  spatial  distribution  of  velocity 
J  temperature  fluctuations  in  the  photosphere.  The 
ight  variation  of  the  vcttic.d  component  of  the  com- 
ncJ  granular  and  oscillatory  velocities  has  been  derived 
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Paper  1  below)  separated  this  velocity  distribution  into 
oscillatory  and  granular  components  using  Canfield  and 
M usman's  (1973)  observations  of  the  veitical  velocity 
amplitude  of  me  five-minute  oscillation  The  presence  of 
hoi  i/.ontal  motions  inside  granular-sized  elements  (spatial 
dimensions  <  2000  km)  and  the  nature  of  the  flow 
pattern  has  been  established  by  Deckels  and  Morrison 
(1970).  They  derive  the  satiation  of  velocity  across  a 
mean  granule  by  superimposing  velocity  measurements 
acioss  many  granules.  Based  on  their  estimate  that  the 
observed  velocities  originate  at  a  height  h  ^  125  km 
above  the  r  =  cos  (0)  level,  their  measurements  refer  to  a 
mean  height  range  between  130-150  km  above  r.00(J  A  - 
1  Dravins  (1975)  lias  observed  the  height  variation  of  the 
horizontal  component  of  the  ruts  velocity  in  the  inngc 
120  200  km  above  r,,000  =  I  0.  however,  his  resolution 
was  not  sufficient  to  deduce  the  granular  component. 

Presently  (to  our  knowledge)  there  is  no  set  of  data 
giving  the  height  variation  of  the  horizontal  component 
of  the  granular  rms  velocity  throughout  the  height  range 
of  the  photosphere.  This  has  motivated  us  in  this  paper 
to  apply  the  methods  given  in  Paper  I  to  a  new  set  of 
velocity  measurements  made  in  the  saute  spectral  region 
as  those  of  Paper  I  (10  Pe  i  lines  near  the  Mg  b  lines)  In 
addition  to  measurements  at  disk  center  we  have  a 
complete  set  of  measurements  at  heliocentric  angle  0  = 
37  (where  ^  —  cos  0  =  0.K),  as  well  as  meavuicinents 
in  several  of  the  lines  at  0  -  53'  and  66  (,*  -  0.6  and 
0.4).  Hence  we  aie  abl*  to  derive  both  the  horizontal  and 
veitical  components  of  the  rms  velocity.  In  addition,  we 
give  the  observed  rms  intensity  fluctuations  in  each  line 
and  deduce  a  model  for  the  height  variation  of  tempera¬ 
ture  fluctuations. 

2.  The  Data 
2.1.  Observations 

I  he  data  were  obtained  from  four  high  spatial  resolution 
spectrograms  selected  tioni  ,t  large  set  of  spcvtrogiai’is 

r 
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Talile  I.  Observed  rim  intensity  lUictu.itions.  mis  velocity 
lliictualinns  and  computed  icsloration  factors  p  Velocity  restora¬ 
tion  factors  aie  computed  for  cases  in  which  (a)  only  pramilar  and 
oscillatory  contrihutions  are  considered  and  (Is)  heiitlit -indepen¬ 
dent  large-scale  liori/ontal  lUicttiations  arc  also  included 
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made  over  a  four-month  period  in  the  late  summer  and 
fall  of  1976.  suili  the  cchcllc  .pcUrogruph  of  the  Vacuum 
Tower  Telescope  of  Sacramento  Peak  Observatory. 
Spectrograms  were  made  at  /i  =  1 .0,  0.8.  0.6  and  0.4.  The 
spectrograph  slit  was  140  microns  wide.  155  mm  long, 
curved  to  match  the  solar  limb  and  oi tented  parallel  to 
the  limb.  Other  relevant  data  are.  image  scale.  0.304  mm/ 
arc-sec  parallel  to  the  slit.  0.279  mm, arc-sec  perpendicular 
to  it,  wavelength  region  5150  A  5200  A ;  exposure  2  s 
at  disk  center  on  Kodak  Linagraph  Shellburst,  the  ex¬ 
posure  was  adjusted  to  maintain  the  same  light  level  at 
other  disk  positions;  dispersion  varies  from  10.05  mm/A 
at  5200  A  to  9  80  mm/A  at  5150  A.  The  PDS  den- 
vtomer  at  KPNO  was  used  to  record  the  lines  shown 
in  Table  I  and  a  continuum  window  at  5189  A.  Scans 
were  made  pcipcndicular  to  the  dispersion  with  slit 
dimensions  100  *  lot)  microns  (240  km  x  10  m.A)  and 
the  hues  were  sampled  every  50  microns  in  both  spatial 
and  wavelength  cooidinates  (120  km  x  5  mA).  Densito¬ 
meter  n  .ulmgs  were  converted  to  relative  intensities  using 
calibratn  n  spectra  made  by  positioning  a  step  wedge 
directly  n  front  of  the  slit. 

Line  center  position  and  intensity  were  determined  as 
follows  Dispersion  scans  were  constructed  from  the 
spatial  scans  and  smoothed  to  give  an  effective  spectral 
resolu  ion  half-width  of  4  data  points  (20  A).  The  data 
points  in  the  core  of  the  line  were  lilted  with  a  parabolic 


function,  and  the  magnitude  and  position  of  its  minimi 
was  located,  l.inc-centershifis  (hereinafter  referred  to 
velocities,  sec  Section  3)  wcic  measured  relative  to 
sccond-oidcr  polynomial  which  was  fitted,  using  Ic. 
squares,  to  the  line  center  positions.  This  has  the  effect 
removing  line  curvature  and  the  velocity  component  d 
to  solar  rotation  as  well  as  the  slow  variation  along  tl 
slit  resulting  from  differential  rotation.  A  second-ore' 
polynomial  is  also  subtracted  from  the  intensity  rccor 
to  remove  the  effects  of  line  curvature,  slowly-varji; 
slit  width  and  vignetting  cllccts  across  the  film. 

Each  set  of  data  consists  of 


/,(-v)  -  Ux) 
4(.v)  ’ 


IjU)  -  Kx) 
/o(.v)  ’ 


and 


Ko(.v)  -  K0(.vi 


where  .v  is  horizontal  position  along  the  slit  and  I(x)  ai 
P(x)  are  the  fitted  polynomials.  After  removal  of  h. 
data  near  the  edge  of  the  film,  each  data  set  correspond 
to  341“  on  the  sun.  The  rms  variation  and  power  spcci 
of  each  data  set  and  cross-correlation  functions  betwo 
sets  were  then  computed. 


2.2.  Corrections  and  Restoration 

High  frequency  spatial  noise,  introduced  through  li; 
granularity,  instrumental  electronics,  and  position' 
errors,  was  suppicssed  by  computing  the  one-dimensioi 
spatial  power  spectrum  of  each  data  set  and,  using  It 
squares,  fitting  the  high  fiequcncy  tail  with  a  straight  li 
A  filter  was  constructed  to  suppress  this  level  of  noise  a 
applied  to  the  data  in  the  I-ouricr  domain.  Noise  Ic, 
computed  in  this  manner  arc  shown  in  Table  I,  ale 
with  rms  ftom  which  the  noise  has  been  removed.  1 
only  correction  for  low  frequency  noise  was  the  remo 
of  the  second-order  polynomials  described  above. 

After  suppressing  the  noise,  the  coefficient  required 
restoic  each  set  of  data  for  the  effects  of  finite  sp.c 
resolution  was  estimated  as  follows.  The  "observe 
two-dimensional  power  per  unit  wavenumber  P0(ki 
computed  from 

w  =  -,4J  °  Golems  - 

where  6\,(AX)  is  the  observed,  noise-filtered,  one-din 
sional  spectrum,  and  A  v  =  A  cos  (,/ ).  wheie  ■/>  is  u/iimii 
angle  in  the  plane  of  the  solar  surface  This  relationshi 
valid  if  /*U(A)  is  a/imuthally  symmetric,  which  Tv 
(1971)  has  shown  to  be  a  good  assumption  for  sullicic 
long  data  strings.  I'he  collected  two-dimensional  pi 
is  computed  from  P((k)  -  P„{ A)/  l/*(A)  vvlieie  A/(A )  is 
transform  of  the  combined  instrumental  and  atmospli 
smcaimg  functions  Instrumental  effects  include  sme.it 
due  to  finite  aperture  of  telescope  and  scanning  v 
scattered  light,  and  film  resolution.  Unfortunately  w 
not  have  a  dnecl  measurement  of  M(k).  Rather  than  i 
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entirely  on  theoretical  functions  for  instrumental  effects, 
we  adopted  the  procedure  used  by  Kcil  (1977)  to  estimate 
M(k)  for  continuum  intensity  fluctuations.  The  two- 
dimensional  powet  spectrum  of  the  continuum  intensity 
fluctuations  at  dish  center  is  restored  to  correspond  to  tit. 
shape  of  the  spectrum  found  by  Deubner  and  Mattig 
(1975),  and  to  yield  a  similar  value  for  the  continuum 
rms  intensity  (S/c)  The  restoration  coeflicicnt  (/?)  to  be 
applied  to  the  rms  measurement  is  given  by 

.  n.-w*r 

*  l/rwxftj  '  ° 

At  the  other  disk  positions  the  continuum  power  spectra 
arc  restored  to  match  the  observed  shape  of  the  two- 
dimensional  spectra  given  by  Kcil  (1977).  This  produces 
a  centcr-to-limb  variation  (CLV)  of  S/f  similar  to  that 
found  by  Pravdjuh  ct  al.  (1974)  from  observations  made 
with  the  Soviet  Stratospheric  Solar  Observatory  (SSSO). 
We  determine  possible  restoration  cocflicicnts  for  the 
SSSO  data  by  computing  the  cllcct  of  a  50  cm  telescope 
aperture  (Krat.  1971)  and  a  66  km  square  scanning  slit 
(Pravdjuk  cl  al.,  1974)  on  a  two-dimensional  sinusoidal 
pattern  with  a  spatial  wavelength  of  1160km  (Altrock, 
1976)  The  resultant  values  of  /?  are  0.76,  0.73,  0.67  and 
0  54  at  n  =  1.0.0  8,0.6  and  0.4  respectively.  Observed 
and  restored  distributions  arc  shown  in  Figure  5. 

Having  obtained  M(k)  for  the  continuum  fluctuations 
at  each  disk  position,  we  initially  assumed  that  line- 
center  intensity  and  velocity  fluctuations  would  suffer  the 
same  spatial  smearing  and  thus  have  the  same  restoration 
as  do  the  continuum  fluctuations.  However,  it  appeared 
that  the  restoration  function  M(k)  giving  the  most 
probable  restoration  for  the  continuum,  over  restored 
high  frequency  power  in  the  lines,  especially  in  the  inten¬ 
sity  power  spectra  of  the  stronger  lines.  Furthermore, 
because  intensity  and  velocity  fluctuations  have  con¬ 
tribution  functions  of  different  forms,  they  need  not  have 
identical  restoration  functions.  A  detailed  discussion  of 
this  problem  is  given  by  Mchltrctter  (1973). 

These  problems  led  us  to  incorporate  the  restoration 
into  our  computations  of  the  fluctuating  quantities  by 
smearing  our  theoretically  computed  rms  values.  This  is 
done  by  assuming  two-dimensional  sinusoidal  patterns  to 
represent  the  intensity  and  velocity  fluctuations  (cf. 
Altrock,  1976).  Using  the  theoretical  smearing  functions 
for  finite  telescope  and  scanning  apertures  given  by 
Altrock  and  Keil  (1977),  and  assuming  a  Gaussian  spread 
function  for  atmospheric  smearing  of  the  form  ( I / 'V/7t  o] 
exp  - (,vV)  in  the  spatial  domain,  we  can  write 

J/9=  &l-M(kL).  (2) 

In  Equation  (2)  kf  =  (I l/iL)2  +  (I//.)2,  L  is  the  spatial 
wavelength  of  the  two-dimensional  pattern  and  5/°  is  the 
value  of  5/  we  would  observe  through  the  system  defined 


by  M(k).  A  similar  equation  holds  for  the  velocity 
fluctuations. 

Trout  F.quations(l) and  (2)  we  have/?  =  M(kt).  Since/? 
has  already  been  determined  for  the  continuum  fluctua- 
mns  of  each  frame  we  have  only  to  specify  a  mean 
wavelength  /,  in  order  to  determine  the  “seeing  param¬ 
eter”  a  for  each  frame.  Using  plots  of  the  data  and 
compulations  of  mean  spatial  frequencies  we  estimate 
L  sr  1200  km  as  being  most  representative  of  the  con¬ 
tinuum  fluctuations.  Finally,  to  obtain  values  of  / ?  for  the 
lines  we  have  only  to  specify  values  of  L  for  the  oscillat ions 
and  the  relative  contribution  of  granular  and  oscillatory 
elements  to  the  observed  rms  signal.  This  is  done  in  the 
following  sections  in  which  the  computations  are 
described.  The  resultant  values  of/?  arc  shown  in  Table  I. 

3.  Velocities 

3.1.  Velocity  Weighting  Functions 

The  rms  velocities  given  in  Table  I  do  not  represent  the 
actual  rms  velocities  in  the  solar  atmosphere.  The 
problems  of  interpreting  line  shifts  as  line-of-sight 
Doppler  velocities  have  been  discussed  by  several  authors 
(cf.  Mein.  1971 :  Beckers  and  Milkey,  1975)  and  a  review 
of  the  problems  is  given  by  Beckers  and  Canfield  (1975). 
Among  the  problems  arc  horizontal  and  temporal 
smearing  and  line-of-sight  averaging.  The  first  and,  to 
some  extent,  the  second  problem  are  dealt  with  through 
the  restoration  cocflicicnts  given  m  Table  I. 

The  third  problem,  Imc-of-aight  averaging,  is  treated 
through  the  use  of  velocity  weighting  functions  as 
described  in  Paper  1.  Thus  obscived  Imo-of-sight  velocity 
fluctuations  Si0(/i,)  are  related  to  the  actual  height- 
dependent  line-of-sight  velocity  fluctuations  hi  (/ij  through 
the  equation 


o(^v)  -  J 


im  i0&<  (h)(ih% 


where  II '(It,  n)  is  the  velocity  weighting  function,  h  is  the 
height  above  iSo0o  =  1.  and  for  convenience  we  define  a 
mean  height 

r  r ,  "Vu  uvuih 

Fiv  =  — - .  (4) 

»«'(/»,  /<w/i 

ir(/i,  /()  is  determined  fiom  [see  Equation  (13),  Paper  IJ 

-3OT)K . 


-  f  swh(h\ 

J  -  i o 


where  C  is  a  normalization  constant  given  by 


=  r  tv(h,, 

J  -  03 
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and  s,  is  the  line  opacity.  *  =  *,  -|-  kc  the  total  opacity, 
kc  the  continuum  opacity,  r(/i)  =  *(/i)<//i  and  S(/i) 

the  total  source  function. 

To  compute  lf'(/i./t)  for  a  given  line  we  need  the 
variation  with  depth  of  S  and  AA„.  These  param¬ 
eters  arc  determined  by  fitting  computed  line  profiles  to 
observed  spatially-averaged  profiles  as  described  in  Paper 
I.  using  the  calculations  of  excitation  and  ioni/.ation 
equilibrium  for  Fe  I  and  the  non-thcrmal  velocities  given 
by  Liles  (1972).  The  model  for  which  he  makes  calcula¬ 
tions  is  very  similar  to  the  1  IS R A  (Gingcrieh  ct  al.,  1972). 
The  problems  with,  and  reasons  for,  using  Liles*  non- 
thermal  velocities  were  discussed  in  Paper  I.  Here  we 
simply  note  that  their  use  could  be  a  source  of  systematic 
error.  Observed  line  parameters  for  the  spatially- 
averaged  profiles  were  taken  from  the  Preliminary 
Edition  of  the  K it t  Peak  Solar  Atlas  (Brault  and  Tester- 
man,  1972)  and  from  Moore  ct  al.  (1966).  The  population 
of  the  lower-level,  //,.  and  the  line  source  function,  S,. 
were  obtained  from  Lite's  results.  For  some  lines  Lites 
explicitly  solves  for  the  population  of  the  required  stale, 
for  others  he  may  provide  the  departure  c  acflicicnt  b,jbc. 
A  complete  discussion  of  how  Lites’  results  are  used  is 
given  in  Paper  I.  In  Table  2  we  give  the  lower  level  and 
line  from  which  respectively  n,  and  SJB  were  determined 
using  Lites’  results. 

3.2.  The  Model 

Having  determined  velocity  weighting  functions  we 
proceed  by  specifying  a  model  for  St(li).  The  rms  velocity 
fluctuations  are  then  computed  from  Equation  (3)  and, 


Table  2.  Sources  of  Level-Population  and  Source 
[■'unction  Inforn  Uion  and  Central  Intensities  at 
n  =  1.0  and  0.2 


\ 

>0 

"c 

n,  or  bl/b<; 

V» 

$1?8.801 

.71 

(.74)* 

LTE 

$164,552 

.$2 

(.61) 

,’c» 

LTE 

SI  90. 069 

.49 

4.60) 

LTE 

$187,917 

.41 

(.54) 

A°s 

LTE 

$184.2?) 

.11 

(.4?) 

A? 

LTE 

516$. 41S 

.2$ 

(.40) 

A? 

LTF 

$191.46$ 

.14 

(.21) 

»’>! 

>$2)2 

$192.  )$) 

.1) 

(  19) 

>52)2 

$171  <10 

.14 

(.20) 

*’rt 

>4602 

$167. $oe 

.11 

(  16) 

a'r, 

>4602 

•  V&'u*  at  u  •  0.2 


taking  into  account  the  appropriate  smearing  fundin' 
computed  to  observation.  Assuming  the  various  velocit' 
fluctuations  contributing  to  the  observed  velocity  ar> 
normally  distributed  and  obey  gaussian  statistics  we  ma 
write 

Sf2(/<)  =  [-W,  *»(/<)  +  SrL(/,)  +  «' 

where  all  of  the  velocity  fluctuations  refer  to  the  linc-ol 
sight  component  (the  n  dependence  being  understood) 
S'Kri„,(/i)  and  5r01t(/i)  are  the  rms  granular  and  oscillatoi; 
velocity  fluctuations  respectively.  Sc,,.s(/i)  refers  to  possibk 
contributions  from  other  large-scale  velocity  fluctuation 
(such  as  supergranules)  which  a  predominant!’ 
horizontal. 

That  the  oscillatory  velocities  obey  gaussian  statistic 
was  demonstietcd  by  Cha  and  White  (1973).  From  Figur, 
I  we  s“ec  that,  aside  from  small  vacations  due  to  tin 
finite  sample  size,  none  of  the  plotted  velocity  distribution 
dilfcr  greatly  from  gaussian.  Thus  the  assumptions  givim 
Equation  (6)  arc  probably  justified. 

In  Paper  1  it  was  shown  that  the  most  probable  form, 
for  5 t'eran(/i)  and  Srosc(//)  arc  respectively  decreasing  anc 


(a) 


Fig.  la  and  b.  Normalized  vcUn.il>  distribution  for  51(>7  (dashca 
and  5165  (dotted).  Gaussian  distributions  having  approximate! 
the  same  I'WHM  (circles) 
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increasing  exponential  functions  of  height.  We  shall 
assume  Sr,v(/i)  represents  purely  horizontal  fluctuations. 
Attempts  to  discover  the  height  dependence  of  rts  by 
spatial  filtering  of  the  u  —  0.8.  0.0  and  0.4  observations 
were  inconclusive.  For  simplicity  we  assume  iis  is  con¬ 
stant  with  height  over  the  observed  height  range.  Con¬ 
sequences  of  this  assumption  are  discussed  below.  We 
may  write  our  model  for  the  linc-of-sight  velocity 
fluctuations  as: 

St’cr«n(/')  = 

&V»cW  =  lose  C~hlM»  (7) 

8r„(A)  -  (I  -  iS)'nvLS(h) 

where  //0  is  negative,  r°  refers  to  the  velocity  at  height 
h  =  0  (r5000  =  I),  and  rw  is  strictly  horizontal. 

3.3.  Smearing  Factors 

To  compare  computed  values  of  5r<,(/t)  with  observed 
values  we  must  compute  the  smearing  factors  /?  -  Af(kL) 
of  Equation  (2).  Thus  a  icprcscntativc  wavelength.  L ,  must 
be  specified  as  a  function  of  height.  We  assume  that  the 
spatial  scale  associated  with  r,.s  is  sufTic  •  r'.ly  large  to 
ignore  spatial  smearing.  The  assumption  ot  sinusoidal 
patterns  then  allows  the  observed  value  of  L  to  be  related 
to  the  granular  and  oscillatory  values  through  the 
expression 

1  =  (tsssa BY  1  .  /8r,.„(/i)\»  I  m 

l  \  &<(h)  )  Lt +  \  St  U>)  )  Lcsc •  w 

For  the  values  of  the  parameters  in  Equation  (7)  which 
lead  to  reasonable  fits  of  the  data,  taking  =  1200  km 
(Section  2.2)  and  Z.,,,.  =  5000  km  yields  good  agreement 
between  L  computed  from  Equation  (8)  and  L  estimated 
from  the  velocity  fluctuation  power  spectra. 

3.4.  Vertical  and  Horizontal  Components 

Observations  at  disk  center  give  a  direct  measurement  of 
the  vertical  component,  Ar...  of  the  rms  velocity  fluctua¬ 
tions.  The  horizontal  component,  Sr..,  in  the  plane  defined 
by  the  spectrograph  slit  and  the  linc-of-sight  is  found  from 
the  expression 

SrJ(/i)  =  /.*5r?(A)  +  (I  -  ,r)5r?(/i) 

+  2/x(  1  -  py-<vx  .  t\>  (9) 

where  <i\  *  t  is  the  cross-correlation  between  the 
vertical  and  horizontal  components  of  the  velocity  at  zero 
lag  averaged  oser  the  slit.  Wo  assume  that  the  velocities 
arc  randomly  distributed  so  that  the  cross-correlation 
can  be  ignored.  W'c  do  nr-,  obseive,  Siv.  the  component 
of  the  horizontal  velocity  perpendicular  to  the  slit  If 
azimuthal  symmetry  c».  .s  and  i  v  and  r„  arc  statistically 
independent,  the  lion,  ntal  velocity  fluctuations  arc 
given  by  V25t\  In  the  ft..  owing  we  shall  use  “horizontal 
component”  to  refer  sole'  •  >o  •  ic  1 ,  component. 


'I.il'U  3.  Cocllicieniv  giving  the  best  fit  between  computed  and 
observed  velocity  fluctuations  Values  above  the  dashed  line  are 
obtained  when  r,,,  =  0.  (hose  below  the  line  are  found  when  r,x 
has  the  value  shown  and  we  assume  (he  oscillalory  velocities  have 
no  horizontal  component 
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3.5.  Results 

Results  for  the  velocity  fluctuations  arc  presented  in 
Table  3  and  Figures  2,  3.  and  4.  Two  cases  are  investi¬ 
gated.  Initially  all  of  the  observed  fluctuations  arc 
attributed  to  granular  and  oscillatory  components,  thus 
we  set  r,.?  =  0.  The  upper  portion  of  Table  3  gives  the 
resultant  values  for  the  coefficients  of  Equation  (7)  which 
minimize  the  standard  deviation,  between  computed 
and  observed  velocities.  The  corresponding  restoration 
coefficients  arc  given  in  column  (a)  of  Table  I.  The 


x 


Height  (Km) 

I-'i'r.  2.  Observed  and  computed  rms  velocity  fluctuations  at  n  = 

I  0  ami  O  S  Observed  velocities  have  been  restored  by  the  factors 
,9  in  Column  (a)  of  I  able  I  I  he  height  at  which  each  veloeilv  is 
plotted  is  A,  given  in  Table  1  The  error  bats  represent  the  internal 
uncertainly  determined  by  dividing  each  data  string  into  5 
segments  and  computing  the  rms  velocity  fluctuation  separately 
for  each  segment 
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Haight  (Km) 


Fi«.  3.  Total  (granular  (•  mediatory)  rms  velocity  fluctuations  at 
a  function  of  height  separated  into  horizontal  and  vertical 
components  Open  circles  repre  ent  values  found  by  Canfield  and 
Deckers  (1975) 


Fig.  4.  (a)  Horizontal  and  (b)  vertical  components  of  the  granular 
rms  velocity  nuctuatioi'S.  and  (c)  vertical  and  (d)  horizontal 
components  of  the  oscillatory  fluctuations  found  when  only 
granular  and  oscillatory  fluctuations  arc  considered  (i  c  i  is  =  0) 
(c)  Horizontal  and  (f)  vertical  components  of  the  granular  rms 
velocity  fluctuations  computed  by  Nelson  and  Musinan  (1977) 
(g)  Horizontal  component  of  the  granular  fluctuations  found  when 
largc-w.ile  height  independent  velocity  fluctuations  are  included 


uncertainties  shown  in  Table  3  arc  detei  mined  by  flndinj 
the  range  over  which  the  parameters  could  vary  without 
changing  w„  by  more  than  ±0.5  m/s.  We  obtain  results  at 
/r  =  0.6  and  0.4  even  though  only  four  lines  were  ob¬ 
served  at  each  position.  These  results  arc  used  to  estimate 
the  uncertainty  in  the  /r  -  0.8  results.  The  difference 
between  the  granular  component  of  the  vertical  velocity 
found  here  and  in  Paper  1  results  from  the  greater  degree 
of  continuum  restoration  in  this  study  and  the  difference 
between  the  two  studies  reflects  the  uncertainty  in 
measurements  of  the  rms  granular  contrast.  The  valuo 
we  find  for  r„„,  and  //0  arc  in  good  agreement  with  the 
observations  of  Canfield  and  Musinan  (1973). 

In  Figure  2  the  computed  and  observed  velocities  a; 
/t  =  1.0  and  0.8  are  plotted.  The  observed  velocities  were 
divided  by  the  restoration  cocflicients  of  Table  I 
Column  (a).  The  horizontal  and  vertical  components  of 
the  total  (i.c.  granular  +  oscillatory)  velocity  fluctuation' 
are  plotted  in  Figure  3.  The  range  of  values  given  for  the 
vertical  component  represents  the  internal  uncertainty  at 
;i  =  1.0.  The  range  for  the  horizontal  component  wa' 
determined  by  computing  a  weighted  mean  from  the 
horizontal  velocities  found  at  /'  =  0.8.  0.6  and  0.4,  an.1 
determining  the  standard  deviation  about  the  mean.  The 
weights  were  proportional  to  the  number  of  line' 
observed  at  each  /t.  For  comparison  a  set  of  “macro 
(i  c.  resolved)  velocity  fluctuations  obtained  from  the 
stttr.n  ..ry  of  Canfield  and  fleckers  (1975)  arc  also  plotted 
The  (alter  velocity  fluctuations  wete  deduced  by  fitting 
mean  line  profiles,  while  our  observations  represent  i 
more  direct  measurement  of  the  fluctuations. 

In  Figure  4  the  horizontal  and  vertical  components  oi 
the  granular  and  oscillatory  velocity  fluctuations  deduced 
from  the  /t  =  1.0  and  0.8  measurements  e.e  plotted 
separately.  The  horizontal  component,  Sr,,  (Curve  a)  of 
the  granular  velocity  fluctuations  exceeds  the  vcrtica: 
component  (Curve  b)  throughout  the  observed  heigh 
range.  The  predicted  horizontal  component  of  the 
oscillations  (Curve  d)  remains  constant  with  height  s. 
approximately  0.5  km  s"’.  Since  we  have  taken  rts  -  1 
Curves  (a)  and  (d)  represent  upper  limits  on  the  possible 
magnitude  of  the  granular  and  oscillatory  contribution* 
Evidence  indicates  that  oscillatory  velocities  arc  pre 
dominated  vertical  (cf.  Stix  and  Wdhi,  1974).  Thus  it 1 
likely  that  at  least  part  if  not  all  of  Curve  (d)  results  from 
taking  rt5  =  0. 

The  above  results  led  us  to  investigate  a  second  caseir 
which  we  assume  the  oscillations  are  strictly  vertical.  Fo- 
/i  1.0  we  can  then  write 

8»Vic(A./*)  =  /»5r0,c(/(.  n  =  I)  (10 

and  i®,™,  //,  and  r ,,  arc  the  only  free  parameters  it 
Equation  (7)  \N  ith  our  assumption  that  rLS  is  constant  Ih 
values  oft,,  giving  the  best  fit  of  computed  to  observe,' 
velocities  when  Equation  (10)  is  valid  are  0.48,  0.30  an*. 
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0.26  km  s'1  at  / t  —  O.S.  0.6  and  0.4  respectively.  The 
other  parameters  of  Equation  (7)  and  the  standard 
deviations  of  the  fits  arc  given  in  tiie  lower  portion  of 
Tabic  3.  The  corresponding  restoration  factors  arc  shown 
in  Column  (b)  of  Table  1.  Weighting  each  value  of  r,„,  by 
the  numbci  of  lines  observed  gives  a  mean  value  of  0.39 
km  s"1  with  an  rms  deviation  of  +0.11  kins"1.  This 
value  lies  within  the  range  of  0,3  to  0.5  kins  1  usually 
found  for  supcrgranular  velocities  (cf.  Gibson,  1973, 
p.  164). 

Curves  (e)  and  (f)  of  Figure  4  arc  respectively  the 
horizontal  and  vertical  fluctuations  computed  by  Nelson 
and  Mtism.tn  (1977)  from  a  dynamic  two-dimensional 
model  of  the  photosphere.  Curve  (g)  is  the  horizontal 
component  of  the  granular  fluctuations  deduced  from 
our  measurements  at  /i  =  1.0  and  0.8  when  rw  -  0.48 
km  s'1.  At  a  height  of  150  km  above  t5000  =  1.0  the 
velocity  fluctuations  we  derive  arc  greater  by  a  factor  of 
~2.5  when  v,a  =  0  or  ~2  when  rLX  =  0.48  km  s"1  than 
those  predicted  by  Nelson  and  Musman.  The  fact  that 
our  method  of  separating  the  various  contributions  to  the 
velocity  fluctuations  would  attribute  any  resolved 
fluctuations  which  decrease  rapidly  with  height  to  the 
granulation  may  account  for  part  of  the  difference. 
Deuhner  (1971)  has  shown  that  horizontal  supcrgranular 
velocities  do  decrease  slight!;  with  height,  however  not 
enough  to  account  for  the  difference  between  our  findings 
and  those  of  Nelson  and  Musman.  The  difference 
between  Curves  (a)  and  (g)  gives  some  idea  of  the 
uncertainty  resulting  from  the  unknown  magnitude  of  the 
contribution  from  large  scale  fluctuations 

Whether  or  not  the  granular  velocities  continue  to 
increase  with  depth  or  whether  they  reach  some  maximum 
and  then  remain  constant  or  decrease  with  increasing 
depth  cannot  be  determined  from  the  lines  observed. 
However,  we  can  place  a  lower  limit  on  the  value  they 
must  attain,  given  our  assumption  on  the  exponential 
shape  of  the  granular  velocity  distribution.  This  is  done 
by  placing  an  upper  limit  on  the  value  iriai,(/i)  can  take  in 
Equation  (7).  At /t  =  1.0  we  find  this  limit  must  be  greater 
than  or  equal  to  1.55  km  s  ',  otherwise  the  agreement 
between  computed  and  observed  rms  values  deteriorates. 
At  n  =  0.8  this  limit  is  2.4  km  s"1.  Putting  these  limits 
into  Equation  ( 10)  places  a  lower  limn  of  -  3.4  km  s  '  on 
the  value  the  horizontal  component  of  igian  must  attain. 
We  point  out  that  results  for  vertical  velocities  below 
-MOO  km  and  horizontal  velocities  below  ~  150  km 
involve  considerable  extrapolation  and  should  be 
interpreted  with  care. 

4.  Temperature  Fluctuations 
4.1.  Model 

An  estimate  of  the  magnitude  of  the  horizontal  tempera¬ 
ture  fluctuations  required  to  produce  the  observed  rms 


intensity  fluctuations  is  made  by  considering  sinusoidal 
peiturbations  to  the  mean  atmosphere,  for  which  we 
again  use  the  IISRA.  The  integral  solution  to  the  transfer 
equation  at  the  solar  surface  involves  a  two-dimensional 
cross-section  along  the  linc-of-sight  of  the  three-dimen¬ 
sional  solar  atmosphere.  Thercfoic.  we  consider  fluctu¬ 
ations  only  along  one  horizontal  co-ordinate;  however, 
when  computing  the  rms  values,  we  still  assume  the 
fluctuations  arc  represented  by  two-dimensional  sinu¬ 
soidal  patterns,  and  thus  obtain  a  factor  of  two  between 
the  magnitude  of  the  fluctuations  and  the  computed  rms 
values.  Horizontal  fluctuations  in  the  velocity  will  also 
affect  the  emergent  radiation  and  must  be  considered. 
Thus,  using  primed  quantities  to  refer  to  the  perturbed 
atmosphere  we  write 

7”(.v,  /i)  =  f(h)  -+  A T(l<)  cos —  (II) 

Lt 

for  the  perturbed  temperature  distribution  and 


»’*(*,  /')  =  COS  (7^-) 

+  \/2SiW(/i)cos  +  -/-) 


(12) 


for  the  line-of-sight  velocity,  where  8i, .,„„(//)  and  Si „,r(/») 
arc  computed  from  Equation  (7)  using  the  coefficients  of 
Table  3.  I.T  and  and  /.„,c  aie  mean  spatial  wave¬ 
lengths  rcfenii.g  to  tempcr.ituie  and  velocity  fluctuation*, 
and  y'l  represents  a  phase  dillereiue  between  the  fluctua¬ 
tions.  In  Table  4  we  give  the  uncorrccled  cross-corrcl.it ion 
codhcienls  for  the  various  data  strings  The  rapid  drop 
in  the  correlation  between  continuum  intensity  and  hue 
center  velocity  fluctuations  occurring  between  5165  and 
5191  suggests  we  take  below  appro.vmatcly 

350  km  and  equal  to  above  this  height  and  /.„ , 
are  chosen  to  cui  respond  to  our  choice  in  Section  3  3  *' 
is  taken  to  be  180  '. 

Assuming  horizontal  pressure  equilibiium  with  the 
IISRA,  we  have  I’’,  s  l\{li).  At  continuum  optical  depths. 
LIE  is  assumed  and  thus  from  /  '(•'• /i).  /’,(/i).  and  the 
abundances  given  for  the  HSR. A  we  can  compute  /(\.  It) 
/^(a,  /»)  and  thus  *j(\,  /i).  where  II.  11  ".electron  scatter¬ 
ing  and  Rayleigh  scattering  ate  explicitly  considered  as 
souices  of  continuum  opacity.  In  the  lines,  the  total 
opacity  is  given  by 


x*v(.Y,  h)  ~  /iK(a\  /i)d'(.v,  It)  +-  (13) 


where  n I  is  the  population  of  the  lower  slate,  «'0(\.  /i)  the 
line  center  opacity  and  </>',(.'.  Ii)  the  abxoi  ption  profile  The 
velocity  distribution  will  alfect  the  opacities  by  dilfeicn- 
tialiy  shifting  the  absoi  ption  profiles  along  the  line  of 
sight. 

To  compute  n,{\.h)  we  assume  the  perturbations  will 
not  alficcl  the  departure  coefficients  and  thus  variations 
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Table  4.  Correlation  cocllicicnts 
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in  a,  will  be  directly  proportional  to  those  variations  that 
would  have  occurred  in  LTE.  Thus  we  may  write 


iji 

"i 


tio  U0(T) 

>ip  Uq(  T ) 


exp 


(14) 


where  /i„  is  the  number  of  Fe  t  atoms  and  U0(T)  is  the 
partition  function  which  is  computed  by  considering  the 
first  thirteen  energy  levels  of  Fe  i. 

In  the  continuum  and  the  weaker  lines  for  which  Liles 
(1972)  has  shown  LTE  to  hold  for  the  source  functions 
(labelled  ‘  LTE ’  in  Table  2).  we  take  A"(.v,  h)  =  B\{J‘,{x,  /<)). 
For  the  stronger  lines  we  write 

S\(x.h)  =  (SIB)MxJi)  (15) 

where  (.5  ZJ)„  is  the  ratio  computed  by  Lites  for  the  un¬ 
perturbed  atmosphere.  L'se  of  Equation  (15)  may  over¬ 
estimate  the  lluctuaiions  in  S ,  since  photon  channeling 
effects  due  to  opacity  sariations  (cf.  Atliay,  1972,  p  65) 
and  sclocity  variations  (cf.  Canon  and  Rees,  1971; 
Cannon,  1971)  lend  to  reduce  horizontal  fluctuations  in 
the  source  function.  The  use  of  (SIB)0  is  consistent  with 
our  assumption  that  perturbations  will  not  alter  depar¬ 
tures  from  LTE. 

The  emergent  intensity  is  computed  from 


/.(•Vo.  /') 


with  the  condition  .v  -  .v0  =  (/i0  -  h)  tan  0 ,  where  hQ  is 
the  value  of  h  at  the  solar  surface.  We  associate  a  mean 
height  of  formation  with  the  line-center  intensity  using 
the  contribution  function  C\(/i,  /i) 


fl  f;:  *<•■<*.  iq* 


(16) 


wlicre 


Cy(/i,  »)  =  S;(.x.  Ii) 

x  c.xp(-f  k’(.V,  irwh<)<(v.  We. 

'  -bio  ' 

with  .v  and  h  related  as  above.  Note  that  fi,  is  not  neces¬ 
sarily  equal  to  /i,,  computed  from  Equation  4.  Finally,  the 
.clative  rms  intensity  is  computed  from 


s/.OO  = 


7  J  ^Xvo./O  -  A0*)V.v, 

40*) 


1/4 


where  /.(/ 0  is  the  mean  intensity  and  then  compared  with 
observation,  taking  into  consideration  the  appropriate 
smearing  functions,  which  for  our  choices  of  spatial 
wavelengths  are  shown  in  Table  I.  The  only  parameter 
which  must  still  be  specified  is  A T(h). 


4.2.  Results 

1  he  contribution  of  velocity  fluctuations  to  HI,  is 
estimated  by  setting  A T{h)  =  0  at  all  h.  The  resultant 
values  of  HI,  vary  from  approximately  0.9%  in  the 
weakest  lines  to  less  than  0.1  %  in  ihc  strongest.  Thus  in 
the  height  range  under  observation  we  would  be  justified 
in  ignoring  the  cllcct  of  velocity  fluctuations  when 
computing  rms  intensity  fluctuations. 

because  the  intensity  contribution  functions  have  a 
finite  width  (the  FWII.M  varies  from  ~S0km  for  5178 
to  250  km  for  5171).  a  unique  model  for  A7Vi)  cannot  be 
deduced  from  the  observations  Thus,  for  simplicity,  we 
adopt  the  procedure  used  bv  Alt  rock  (1976)  in  which 
intersecting  straight  lines  arc  used  to  represent  A7 ’(//). 
Letting  y  =  (IT  ilh  -  constant,  we  set  A 7*(»)  =  7\,  -  /iy 
up  to  a  height  A.„  =  (A Td  -  A rm.n)/’y  at  which  A T{h) 
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Fiji.  5.  Continuum  intensity  fluctuations  as  a  function  of  helio¬ 
centric  anple,  observed  tin  rye  circles  unit  error  bars),  restored 
(iriansdcs).  The  filleJ-in  circles  are  the  observed  values  of  I’ravdjuk 
et  al  Curve  (a)  tv  obtained  b>  avcr.ipni:  she  I’rjvdjuk  cl  al.  data 
at  p  =  1.0,  0  **.  0  f>  and  0  4  and  -ipi'ly  mu  the  restoration  factors 
jjiven  in  Section  2,2  The  other  curves  arc:  computations  of 
intensity  fluctuations  at  4600  A  with  ST„,lr  *»  175  K.  t 5T0  = 
700  K  and  (b)  y  25  K/km.  (c)  y  =  20  K/knr.  and  computed 
nuctuatiousat  5170  A  with  A/‘„, =  1 75  K  and  (d)  ATo  «  700  K 
y  a  25  K/km.  (e)  A7'0  =  700  K,  y  -  20  K/km  and  (f)  A70  « 
900  K.  y  =  20  Ki km 


obtained  with  A  To  =  700  +  50  K.  y  -  25  +  2  K/km, 
and  -\7min  =  175  ±  25  K.  The  uncertainties  given  for 
A7'o  and  y  represent  the  range  over  which  these  param¬ 
eters  can  vary  without  changing  the  standard  deviation  of 
the  continuum  lit  by  more  than  1%.  Although  keeping 
A7'mln  constant  docs  not  yield  a  perfect  fit  to  observations, 
Figure  6  indicates  that  any  change  in  A7*mln  with  height 
must  be  small  (  +  25  K).  Computed  values  of  S/r(/<)  arc 
affected  very  little  by  changes  in  -\rmln  of  this  magnitude. 
Placing  an  upper  limit  on  the  value  A7"(/i)  can  reach  deep 
within  the  atmosphere  we  find  that  this  limit  must  be 
greater  than  or  equal  to  2500  K,  otherwise  the  quality 
of  the  fit  deteriorates  rapidly.  Thus  A7‘(/j)  must  continue 
to  increase  to  a  depth  of  approximately  70  km  below 
tjono  =  I.  below  this  depth  temperature  fluctuations  have 
little  afi'ect  on  the  emergent  intensity 

The  values  we  find  for  A7‘0.  y,  and  to  a  lesser  extent 
Armm  arc  sensitive  to  the  assumed  spatial  wavelengths. 
If  for  exam  pi;  the  granular  wavelength  is  reduced  to 
800  km,  A7'0  must  increase  to  900  K  and  y  decrease  to 
20  K/km,  in  order  to  retain  a  reasonable  fit  to  the  data 
(Fig.  5,  Curve/").  The  value  we  find  for  A7'„,|„(  175  +  25  K) 
is  in  good  agreement  with  the  value  of  200  K  found  by 
Allrock  and  Keil  (1977)  from  fluctuations  in  the  Mg  -1571 
line.  The  source  fuiklion  for  4571  ts  coutiolled  In  ’oval 
variables  and  thus  LTF.  is  a  good  assumption  (Altrock 
and  Canfield,  1974).  The  agreement  between  the  two 
results  suggests  that  the  assumptions  leading  to  Equations 
(14)  and  (15)  are  reasonable. 

Some  idea  of  the  uncertainty  inimduccd  through 
restoration  can  be  obtained  by  comparing  onr  results 


readies  the  minimum  value  A7'n)|„.  Above  lim  we  set 
A T(li)  -  A r„,,n.  The  calculations  proceed  by  varying 
A7'0,  y,  and  A7‘roln  until  computed  values  of  51,,  reduced 
by  the  rcstoiation  factors  ft  given  in  Table  I,  agree  with 
the  observed  values  to  within  the  observational 
uncertainty.  tj 

The  observed  values  of  3/,  in  the  continuum  [S/<(,i)]  * 

and  their  internal  uncertainty  are  plotted  m  Figure  5  The  2 
internal  uncertainty  is  estimated  by  dividing  ’.lie  data  l 
strings  into  five  50  000  km  segments  and  computing  51  c 
for  each  segment.  Also  shown  are  restored  values  of  x 
5/e(/i)  using  the  coefficients  ft  from  Table  1.  Per  compari¬ 
son  we  plot  the  values  of  S/c(/<)  found  from  the  Soviet 
Stratospheric  Sol.tr  Observatory  (SSSO)  data  by  I’ravdjuk 
et  al.  (1974)  as  well  as  the  theoretical  restoration  of  the 
SSSO  data  discussed  in  Section  2.2.  In  Figure  6  we  plot 
values  of  3/,(/i)  observed  at  /t  -  1.0  The  height  associ¬ 
ated  with  each  hue  is  Fit  computed  from  Equation  (16)  and 
listed  in  Table  I. 

Using  our  assumed  spatial  wavelengths  of  1200  km 
for  and  5000  km  for  /.03l  the  best  fit  solutions  for 
5/e(,«)  (Figure  5,  Curve  < l)  and  5/,(/i)  (Figure  6)  are 


O  300  600 

H$»gnt  ( Km  ) 


Fie.  6-  lnlcn.it)  lliciu.ilions  m  the  line,  as  a  fuiklion  of  lieij'ht 
The  observed  values  (large  circles  vvilli  error  bars)  are  plolled  al 
liciyhl  It,  y.iven  m  lublc  I  the  curves  are  all  compuls'd  with 
A7'o  =  700  K,  y  -  25  K/kin  and  AT,,,,,  as  shown  in  ihe  li^ure 
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with  those  of  Allroch  (1976).  Allrock  fits  the  SSSO  data 
of  Pruvdjuk  et  al.  (1974)  for  which  atmospheric  smearing 
is  not  important  (Section  2.2).  Allrock  obtains  his  “best 
fit"  solution  with  A70  =  690  K,  y  ~  20  K/km,  and 
A7',nin  =  0.  If  we  try  to  match  the  SSSO  data  with  our 
best  fit  solution,  A70  =  700  K,  y  =  25  K/km,  and 
A7mln  =  175  K,  using  /?  computed  for  the  SSSO  data  in 
Section  2.2,  our  computed  rms  intensities  arc  too  large 
(Fig  5,  Curve  !>).  To  obtain  a  reasonable  fit  y  must  be 
reduced  to  20  K/km  (Fig.  5,  Curve  r),  in  agreement 
with  Altroek’s  results.  If  we  attempt  to  match  our 
observations  with  this  value  of  y  (Fig.  5,  Curve  e)  the 
computed  rms  intensities  are  too  small.  Thus  our  observa¬ 
tions  and  their  subsequent  restoration  require  larger 
temperature  fluctuations  below  r=000  =  |,0  and  smaller 
fluctuations  above  r5000  =  1.0  than  do  the  SSSO  obser¬ 
vations. 

In  Figure  7  the  rms  temperature  distribution  (ST(li)  - 
ST(h)i2)  we  obtain  is  compared  with  the  distributions 
found  by  Altrock  (1976)  and  computed  by  Nelson  and 
Musman  (1977).  The  tw'o  latter  distributions  refer  solely 
to  convective  (granular)  fluctuations,  while  our  distribu¬ 
tion  is  obtained  for  the  combined  elfccts  of  convection 
and  oscillations.  A  negative  value  for  S7  implies  that  the 
fluctuations  (A7)  change  sign.  The  problem,  mentioned 
above,  concerning  the  widths  of  the  contribution  func¬ 
tions,  and  the  fact  that  the  contribution  functions  lor  the 
intermediate  strength  lines  (5165  and  5185)  overlap 
regions  dominated  hv  both  convection  anJ  oscillations 
make  it  difficult  to  determine  whether  the  fluctuations 
change  sign  near  120  km  as  predicted  by  Nelson  and 
Musman  (1977)  The  rapid  decrease  in  the  correlation 
(Table  4i  between  continuum  and  line  cemcr  intensity 
fluctuations  (  5/c.S/0  )  with  height  may  s.ggest  this, 
however,  we  do  not  observe  a  change  in  the  sign  of  the 
correlation  until  reaching  the  height  at  winch  5171  is 
formed  (^450  km  above  r4CO0  =  1.0). 


5.  Discussion  and  .Summary 

We  have  attempted  a  direct  measurement  of  the  height- 
dependence  of  1 1*'*  horizontal  and  vertical  components  of 
the  granular  velocity  For  this  purpose  we  obtained  high 
resolution  spectrograms  of  compatible  quality,  as  judged 
by  their  rms  intensity  fluctuations  in  the  continuum,  at 
/i  =  I  0  and  0  8  To  separate  granular  from  oscillatoiy 
velocities  the  assumptions  leading  to  Equation  (7)  ate 
made  The  most  probable  values  for  the  parameters  of 
Equation  (7)  are  shown  in  Table  3  We  find  that  the  hori¬ 
zontal  component  of  the  granular  velocity  exceeds  the 
vertical  over  the  entire  depth  range  obsc,ved  The 
information  content  for  velocity  fluctuations,  in  (he  lines 
observed,  falls  olf  rapidly  below  -  150  km  above  ri000  = 

1  0,  thus  we  are  unable  to  determine  whether  the  velocities 


^  5000 


300  200  100  0  -100 


Haight  (Km) 

Fit;.  7.  "nest  fit"  solution  for  (he  run  temperature  flucUuiioiw 
as  a  function  of  heigh!  (solid  line).  Allrock  (dot-dash),  Nelson 
and  Musman  (dashed) 

continue  to  increase  with  depth,  or  whether  they  reach 
some  maximum  value  and  then  decrease,  as  found,  for 
example,  by  Guito’cnko  (I975a,b)  and  as  predicted  by 
Nelson  and  Musman  (1977). 

Our  observations,  along  with  those  of  Pravdjtik  et  al. 
(1974),  Keil  (1977),  and  Altrock  and  Musman  (1976)  arc 
compatible  with  temperature  fluctuations  which  increase 
monotonically  with  depth  in  the  lower  photosphere. 
This  disagrees  with  the  earlier  work  of  Wilson  (1969) 
based  on  observations  of  Edmonds  (1962).  To  reproduce 
Edmonds’  observations  Wilson  found  SI '(/;)  must  reach 
a  maximum  near  rM0,  =  0.7  and  then  decrease  sharply 
with  depth,  with  a  possible  second  peak  in  deeper  layers. 
He  attributed  the  peak(s)  to  the  release  of  thermal  energy 
in  these  layers.  Such  a  peaked  distribution  for  A7(/i)  is 
not  compatible  with  our  data  unless  the  peak  occurs  below 
the  layers  which  contribute  significantly  to  the  emergent 
intensity. 

Finally  our  observations  lead  to  several  conclusions 
concerning  the  transport  of  energy  in  the  photosphere. 
Using  our  results  for  5i..(/i)  and  57  (/i)  the  convective  flux 
can  be  estimated  from  cPp5 7<5i\,  where  <’,>  is  the  heat 
capacity  at  constant  pressure  and  p  the  density  (cf.  Co.x 
and  Giuli.  1969.  p  297).  We  find  convection  carries  15%, 
4%  and  0  2%  of  the  total  cneigy  flux  at  rWQ0  =  5,  I  and 
0  I  respectively  The  magnitude  of  temperature  fluctua¬ 
tions  due  solely  to  convective  transport  can  be  estimated 
from  the  expression  A7ronv  =  t  jh{tlTnh)  where  iK  is  the 
radiative  relaxation  time  and  i/7/Jc  the  temperature 
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gradient,  which  is  supcradiabalic  below  r,>O00  s;  0.8.  At 
fs«oo  =  1.0  we  haver.  =  1.45  kins  ~\</T/<l:  ^  24  K/km 
*nd  ~  2  —  3  s  (cf.  Altrock  and  Musman.  1976;  Levy. 
1974),  which  gives  AT<.„„V  between  70  K  and  100  K.  Thus 
radiative  transport  must  account  for  most  of  the  observed 
temperature  fluctuations.  The  large  value  we  find  for  AT 
at  r5000  =  1.0  (  700  K)  and  the  rapid  increase  in  A7' below 
this  level  (25  K/km)  are  in  agreement  with  the  argument 
of  Altrock  and  Musman  (1976)  that  temperature  fluctua¬ 
tions  in  the  deeper  layers  of  the  photosphere  arc  controlled 
largely  by  radiative  heating  from  below. 
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Musman  for  useful  comments  on  the  manuscript.  R.  Canfield  has 
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e )  Quasar  Theory 


The  papers  in  this  section  concern  themselves  with  the  development  of 
theoretical  methods  for  radiative  transfer,  as  well  as  their  application  to 
quasars .  Although  this  work  might  seem  quite  unrelated  to  the  main  thrust  of  the 
grant,  upon  closer  inspection  it  is  seen  to  be  of  direct  benefit  to  the  main 
objective.  Most  notably,  the  third  paper  of  this  section  deals  with  the 
derivation  of  the  form  of  the  radiative  transfer  equation  that  is  used  in  the 
theoretical  studies  of  solar  flares.  It  is  also  worth  pointing  out  that  because 
we  applied  these  techniques  to  quasars,  one  of  the  outstanding  major  problems  of 
quasar  emission  lines  wa3  solved.  Hence,  the  application  to  quasars  was 
worthwhile,  in  itself,  in  addition  to  the  significance  of  the  theory  in  the  solar 
flare  work  that  is  the  primary  objective. 

jj  The  Implications  of  Hvdrooen  Emission  Line  Ratios 
in  Ouasi-Stellar  Objects 

This  was  a  brief  summary  paper,  which  contained  the  main  results  from  the 
astronomical  point  of  view,  but  with  little  explanation  of  the  methods  used. 
These  results  are  explained  more  completely  in  the  following  papers . 
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ABSTRACT 

Wc  summarize  the  results  of  multilevel,  depth-dependent,  fully  interlocked  radiative  transfer 
calculations  for  hydrogen  emission  line  strengths  in  a  single  QSO  emission  line  cloud  (ELC).  We 
find  that  hydrogen  line  intensity,  ratios  in  the  range  of  observed  values  (La  H«  11,3  l’«  *•-  1  1 
0.25/0.2)  arise  naturally  from  our  theoretical  models,  for  physical  conditions  in  the  ranges  7  X 
10’  <  T,  <  2  X  10*  K,  1()J  <  A’ii  <  10"  cm-1,  and  radiation  fields  less  than  about  If)-’’  ergs  cm--' 
s~l  Hz'"1  at  1  rydberg,  without  recourse  to  dust  internal  or  external  to  the  ELC.  The  hydrogen-line 
forming  region  of  the  ELC  is  quite  thick  (HP  <  rci  <  10'),  which  we  show  to  be  reasonable  and 
consistent  with  heating  of  a  pure  hydrogen  cloud  by  "photoionization. 

Our  results  indicate  that  three  factors  seriously  compromised  the  validity  and  success  of  past  mod¬ 
els.  First,  the  volume-averaged  escape  probability  approach  introduces  large  errors  by  assuming, 
in  effect,  that  a  single  point  in  the  ELC  is  representative  of  the  emergent  radiation.  Second,  it  is 
imperative  that  one  explicitly  recognize  the  influence  of  frequency  redistribution  on  the  photon 
escape  probability  in  resonance  and  subordinate  lines.  Third,  full  consistency  between  excitation 
and  ionization  processes  must  be  maintained.  In  our  calculations  La  continuum  interlocking  results 
in  an  extremely  extended  II  n  region.  There  is  thus  an  urgent  need  for  sclf-consisto-nt  multielement 
ELC  energy  balance  calculations  that  consistently  incorporate  the  clfects  of  radiative  transfer  in 
the  dominant  cooling  lines. 

Subject  Iteailings:  line  formation  —  quasars  --  radiative  transfer 


I.  INTRODUCTION 

The  large  amount  of  energy  available  in  the  ultra¬ 
violet  continuum  of  QSOs  strongly  suggests  that  photo- 
ionization  is  the  primary  energy  source  for  the  line 
emitting  region.  As  a  consequence  many  authors  have 
produced  photoioni/.atiou  models  of  QSOs  (see,  e.g., 
Davidson  1972,  1973;  MacAlpine  1972;  Shields  1973; 
Scargle,  Caron,  and  Tarter  1971;  Chan  1974).  However, 
several  recent  investigations  have  suggested  that  simple 
photoionizulion/ ^combination  models  are  unable  to 
explain  the  observed  line  ratios  in  QSOs.  Composite 
QSO  spectra  (Baldwin  1977)  and  combined  optical,  1R 
measurements  of  La/  lid  bv  Puetter,  Smith,  and  Wiliner 
(1979),  Soifer  ct  at.  (1979),  and  Hyland,  Becklin,  and 
NeugeLauer  (1978)  and  combined  UY  optical  measure¬ 
ments  of  La,  lid  by  Davidsen,  lhrtig,  and  Fastie 
(1977)  and  Baldwin  ct  <i /.  (1978)  show  I.a,Tld  ==  3  to 
within  a  factor  of  ~2  and  a  steep  Balmer  decrement. 
Many  authors  have  attempted  to  explain  this  departure 
from  the  simple  recombination  ratios  as  being  due  to 
the  effects  of  dust  (Baldwin  and  Nctzcr  197S;  Shudor 
and  MacAlpine  1979;  Hyland,  Becklin,  and  Nev.ge- 
baucr  1978).  Other  authors  have  proposed  that  radia¬ 
tive  transfer  effects  with  or  without  dust  might  produce 
the  observed  line  ratios  (Nctzcr  1975;  Krolik  and 
McKee  1978;  Shudor  and  MacAlpine  1979;  Puetter, 
Smith,  and  Wiliner  1979;  Puetter  ct  al  197S),  The 
observation  of  both  Pa  and  the  Balmer  lines  in  the 
same  QSO  (Grasdalen  1976,  Puetter  ct  at  1978)  has 
demonstrated  that  simple  recombination  line  strengths 


reddened  by  dust  are  unable  to  account  for  i  he  observed 
line  ratios.  Recent  theoretical  work  by  Borland  and 
Nctzcr  (1979)  has  suggested  that  internal  dust  alone 
also  may  not  be  able  to  explain  the  anomalous  La.  H3/ 
Pa  ratio.  These  considerations  all  seem  to  suggest  that 
radiative  transfer  effects  may  be  extremely  important 
in  the  ELCs. 

In  this  Letter  we  describe  a  different  approach  to 
modeling  quasar  ELCs  from  any  that  lus  been  taken  in 
the  past.  In  §  II  we  briefly  describe  the  theoretical 
framework  for  the  calculation.  In  §  III  v.e  first  show 
that  this  framework  is  successful  in  describing  the 
observed  hydrogen  line  ratios.  We  linn  examine  the 
important  differences  between  our  calculation  and  past 
calculations.  Finally,  we  indicate  improvements  to  the 
present  theoretical  framework  necessary  to  construct 
models  that  can  more  meaningfully  be  compared  to 
observations. 

II.  MUl.llI.r.VI.L,  FUI.LX  IXIT.KI.OCKM>  VOOKI.  F.I.C 

Our  concern  over  the  neglect  of  potentially  important 
depth-dependent  interlocking  through  radiative  and 
collisional  excitation  and  ionization  in  previous  ELC 
models  prompted  us  to  attempt  a  more  rigorous  optical- 
depth-dependent  calculation  of  the  sou  ices  and  sinks 
of  photons.  We  modeled  the  hydrogen  atoms  in  the 
ELC  as  having  six  fully  interlocked  levels,  live  bound 
levels,  and  the  ionized  state;  numerical  experiments 
showed  higher  'round  levels  to  be  unimportant  to  the 
transitions  wc  consider  here.  We  modeled  an  individual 
ELC  as  a  plane-parallel  atmosphere  of  uniform  electron 
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temperature  and  hydrogen  density  of  considerable  opti¬ 
cal  thickness.  This  ELC  is  thought  to  be  one  of  many 
clouds  irradiated  by  a  power-law  external  radiation 
field.  We  expect  that  the  dependence  of  the  emergent 
hydrogen  line  ratios  upon  ELC  geometry  will  be  small. 
We  have  used  a  scaling-law  approximation  to  the 
solution  of  the  radiative  transfer  equation  (cf.  Athay 
1972;  Ivanov  197.1).  We  used  depth-dependent  escape 
probabilities  appropriate  to  the  various  lines.  For  the 
Lyman  lines  we  used  the  partial  redistribution  result 
of  Ferland  and  Xeuer  (1979/ eq.  (6|).  For  the  other 
lines  it  is  appropriate  to  use  an  escape  probability  based 
on  complete  redistribution  in  a  radiatively  damped 
Voigt  profile  (cf.  Ivanov  1973,  eq.  [2-7  29)).  The 
probability  of  escape  foi  continuum  photons  was  cal¬ 
culated  by  averaging  the  escape  over  the  spontaneous 
emission  profile  (see  Canfield  and  Ricchiazzi  1980). 
These  escape  probabilities  were  used  in  calculating 
frequency-integrated  radiation  fields  in  boundary  re¬ 
gions  of  the  ELC,  and  subsequently  the  values  of  p, 
the  usual  "escape  coefficient”  or  ‘‘net  radiative  bracket” 
(Athay  1972),  and  line  center  source  functions  .So.  The 
net  radiative  rates  in  both  lines  and  continua,  along 
with  collisional  rates  (Krolik  and  McKee  1978)  and 
radiative  rates  due  to  the  external  ionizing  flux,  were 
iterated  to  sr.'.ve  the  atomic  steady-state  equations 
consistent  with  the  scaling-law  solutions  to  the  radiative 
transfer  equation.  From  these  solutions  we  then  calcu¬ 
late  emergent  fluxes  by  integrating  the  flux  divergence 
pSa  over  optica!  depth.  Full  details  of  the  calculation 
will  be  given  elsewhere  (Canfield  and  I’uetter  1980). 

HI.  KKSULTS 

a)  The  /'.mission  Line  Ralios 

In  Figure  1  we  present  our  results  and  compare  them 
to  observations.  The  parameters  of  our  standard  model 
arc  7‘i  -a  7',  MO4  K  =  1,  ,V9  3  A’h/  10'3  cm-1  =  1  and 
7  /o  »  1,  where  T,  is  the  electron  temperature,  .V»  is 
the  hydrogen  density,  and  /o  =  10“'*  ergs  cm-5  s-1  IIz"1 
at  l  rydberg.  All  calculations  in  this  Letter  assume 
Uh  s'"1.  We  have  calculated  line  ratios  for  our 
standard  model  and  variations  in  T„  ///<,,  and  .Vii. 
Results  are  shown  in  Figure  la,  h,  and  c,  respectively. 
The  predictions  of  our  standard  model  are  shown  in  all 
three  panels.  The  line  ralios  all  depend  on  the  thickness 
of  the  KLC.  which  we  measure  by  tCi,  the  Lyman-limit 
optica!  depth.  Each  curve  in  Figure  1  shows  how  the 
line  ratios  depend  on  rri,  for  a  specific  Tt,  l,  and  Xu. 
Symbols  along  the  curves  are  separated  by  one  decade 
in  Tei,  and  some  rci  values  are  gix-en  as  space  permits. 
The  rectangle  shows  the  range  of  Ila  and  La/H a 
values  that  we  believe  are  compatible  with  the  observa¬ 
tions.  For  Pa  I  fa  we  plot  a  solid  curve  when  the  Pa,  Ifa 
ratio  agrees  satisfactorily  with  the  observations,  dashed 
otherwise.  In  Figure  la  we  see  that  our  standard  model 
(open  triangles)  can  explain  the  observations  for  rct  ~ 
3  X  10s.  The  enhanced-temperature  model  (.V9  =  1, 
/■/o  =  1,  Ti  =  2)  never  simultaneously  achieves  the 
observed  1 1/5  Iln  and  La  11a  ratios  at  any  value  of 
7Ci;  the  same  is  true  of  the  reduced-temperature  model. 
Figure  lb  shows  the  effects  of  varying  ///„,  and  in 


Figure  1  c  varying  A’n.  In  Figure  1  b,  the  I/It,  -  0 
curve  is  added  to  illustrate  the  line  ratios  that  would 
emerge  from  a  Tt  =  ID*  cloud  that  has  no  radiation 
field  incident  upon  it.  From  the  results  shown  in  Figure 
1  it  is  clear  that  our  models  can  explain  the  observations 
for  physical  conditions  in  the  approximate  ranges  7  X 
103  <  <  2  X  I()<  K> 10'  <  A'11  <  1011  cm"3,  and  /  < 

10-6  ergs  cm-1  s-1  IIz-1  at  1  rydberg,  for  clouds  that 
are  quite  thick  at  the  head  of  the  Lyman  continuum 

(103  <  rci  <  103). 

It  is  instructive  to  compare  our  results  with  case  B. 
From  Figure  1  one  readily  sees  that  our  LaHIa  and 
H«/II0  ralios  for  r,i  <  1  agree  well  with  case  B  values. 
In  our  standard  model,  the  observed  line  ratios  emerge 
from  a  cloud  for  which  the  region  of  T,  ~  1  extends  to 
r,.|  ~  10s.  The  absolute  intensity  of  Ila  in  this  case  is 
about  5  X  106  ergs  s"1  cm-5.  In  comparison,  the  (opti¬ 
cally  thin)  Ha  from  a  model  with  case  B  population 
ralios  and  rci  ~  10s  is  about  1.3  X  107  ergs  s-1  cm3. 
The  close  resemblance  of  these  two  numbers  is  coinci¬ 
dental;  in  our  models  the  emissivity  at  these  depths  is 
much  higher  than  in  case  B,  but  the  probability  of 
escape  is  much  lower.  The  optical  depth  at  which  the 
standard  model  achieves  the  observed  line  ratios  is 
rti  =  3  X  10'  (see  Fig.  1).  The  >1  >  population  at  this 
point  is  ~3  X  103  as  opposed  to  M  X  10~3  for  case  B. 
The  optical  depth  in  Ha  at  this  point  is  X  10s  and 
the  probability  of  photon  escape  is  ~8  X  10-s.  Thus 
while  both  models  produce  similar  line  fluxes,  the 
physical  conditions  in  the  ELC  are  vastly  different. 

b )  Comparison  with  Past  ELC  Models 

Several  things  immediately  become  apparent  from 
the  results  of  our  calculations.  First,  a  depth-dependent 
treatment  is  essential  to  a  full  understanding  of  the 
line  ratios  in  realistic  ELC  models.  Second,  the  form  of 
the  escape  probability  is  of  paramount  importance. 
Third,  inclusion  of  ionization  processes  from  upper- 
hound  levels  combined  with  consistent  radiative  trans¬ 
fer  solutions  makes  the  ionization  structure  of  our 
models  dramatically  different  from  past  models. 

Our  results  confirm  the  suspicions  of  previous  authors 
that  neglect  of  depth-dependent  effects  might  lead  to 
serious  errors.  In  Figure  2  we  plot  the  flux  divergence 
per  decade  in  line-center  optical  pth  (p2>r/logwe), 
which  measures  the  depth  of  01  i  .  of  the  emergent 
energy  versus  optical  depth  at  tht  ’  man  limit,  for 
La,  Ha,  Fa  for  three  different  f one  f  the  escape 
probability.  In  Figure  2c  we  plot  the  flux  divergence 
for  a  form  of  the  escape  probability,  p„  that  assumes 
complete  redistribution  over  a  Doppler  profile  (Ivanov 
1973,  eq.  (2-7.12)).  This  form  of  p<  has  been  the  most 
widely  used  form  in  past  ELC  model  calculations.  Note 
the  x’ery  different  depths  of  origin  of  the  energy  that 
emerges  as  radiation  in  La  and  Ha  under  these  assump¬ 
tions.  Clear!}  in  this  case  no  single  point  in  the  ELC 
can  possibly  be  characteristic  of  all  the  lines.  Figures  2a 
and  2b  show  the  flux  dixergei.ee  for  more  realistic  forms 
of  the  escape  probability  (Fig.  2a  is  the  more  realistic 
case).  Note  in  these  two  cases  that  while  La  and  Ila 
are  not  formed  in  completely  distinct  regions,  the 
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l'n  1, —Calculated  value  of  Ix»  Ila  '113  'I’a  for  different  ELC  parameters  as  a  function  of  the  Lyman  limit  optical  depth  (r»).  The 
ELC  parameters  explored  are  7',,  .V ,,  and  /,  /«.  In  all  models  we  assumed  an  ionizing  llu.\  that  varied  as  e"‘  °,  where  /o  =  10'*  ergs  cm'* 
s'1  Hz"1  at  1  rtdbcrg  The  portions  of  the  curves  that  arc  drawn  as  solid  lines  indicate  where  the  calculated  l‘«  Ha  ratio  achieves  the 
range  of  observed  values.  The  rectangle  shows  the  t\ pica!  range  of  observed  I  .a,  Ha  and  1U  Ha  ratios.  The  s>mbols  on  each  cuive  indi¬ 
cate  1  decade  intervals  in  optical  depth  at  the  I.ynian  limit  (<ti  Here  we  exolore  the  effects  of  ’enipcrature  Note  that  the  lower  label  10* 
belongs  to  the  1\  =  0,5  curve  (circles),  while  the  10*  label  belongs  to  the  T,  —  1  0  curve  ( Urinelcs).  [In  Here  the  ctlccts  of  different  ion¬ 
izing  llux  intensities  are  shown,  (r)  Here  we  show  the  effects  of  different  total  hydrogen  densities.  The  standard  model  (l ,  =  1.0,  iY,  = 
l.Oj  1/  In  =  1.0)  is  displayed  in  each  panel. 
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Fig  2  —flux  ilivcrpjcncc  per  dccarlc  of  ti,m  ipv,r  'lag^e)  arbitrarily  scaled  u>  unite  at  its  maximum  value  for  I.or,  Ha,  ami  Pa,  versus 
leg  r.  i  for  the  standard  model  fi.e.,  /t  m  1  0,  .V.,  a  |0  ,//„•**  l.Oi  under  different  aj>umptions  the  physics  of  |du>t>  it  .e'distriliulion. 
i  u  I'hc  most  realistic  appioximation.  \\  e  assume  here  that  the  l.e man  line  escape  proliaiitlilj  ts  given  i>y  the  |>arttal  redistribution  cal- 
ctlalion  of  I  erlattd  anil  Xel/er  i!,)',)i  and  that  the  escape  probability  in  tlte  subordinate  l.nes  may  be  calculated  lie  us'iimim;  complete 
re  lislribution  mor  a  radialixi  le  damped  Voittt  prolilc,  (fu  We  a«i'ine'  Fere  that  the'  lerland  and  Xet/er  result  appl'es  l  >  a  'I  lines.  (,<■>  Mere 
eec  assume  complete  redistribution  over  the  Doppler  core  only. 


region  of  apprcci.il de  emission  is  nevertheless  extremely 
extended  The  escape  probability  varies  by  a  large 
factor  over  this  region  (roughly  three  orders  of  magni¬ 
tude  for  La  between  I.yntan  limit  optical  depth  rcl  = 
10s  anti  1U’  in  Fig  2<i)  anti  thus  cannot  adequately  be 
reprcenU'd  by  a  single  characteristic  p,  value. 

\  realistic  form  of  the  escape  p.cbability  is  essential 
to  the  construction  of  physically  meaningful  FIX 
model's  By  comparison  of  frames  a,  b,  a  id  c  of  Figure  2 
one  can  appreciate  the  extreme  sensitivity  of  the  depth 
dependence  of  the  relative  tlux  divergence  on  the  form 
of  the  escape  probability.  This  is  a  consequence  of  the 
fact  that  the  different  forms  of  p,  give  very  different 
values  lor  the  same  optical  depth.  As  an  example  we 
cite  the  values  of  p,  for  Doppler  core  complete  redis¬ 
tribution,  the  lerland  and  Xeuer  partial  redistribution 
result,  and  complete  redistribution  in  a  radiatively 
damped  Voigt  profile  for  an  optical  depth  of  r  =  3  X 
109.  This  7  corresponds  to  the  depth  in  L.«  at  which  our 
standard  model  produces  the  observed  line  ratios.  The 
values  one  obtains  are  1.0  X  10”",  1.0  X  10“’,  and 
8.6  X  tO-',  respectively  Hence  it  is  apparent  that 
errors  of  several  ordets  of  magnitude  can  arise  from  the 
use  of  unrealistic  foims  of  the  escape  probability  in 
FLC  calculations. 

Finally,  jt  important  to  incorporate  sclf-eonsisteiu- 
ly  all  ionization  tad  excitation  processes  and  the  solu¬ 
tions  to  the  radiative  equations,  as  can  be  seen  bv 


comparing  our  results  with  those  of  Ferland  and  Xetzcr 
(1979).  Although  the  Ferland  and  Xet/er  calculation  is 
based  on  a  mor  realistic  treatment  of  the  radiative 
transfer  in  L«  Man  our  own,  their  work  is  limited  by 
the  fact  that  it  is  only  a  two-level  plus  continuum 
calculation  for  La  with  the-  added  restriction  that  the 
ionization  balance  is  not  required  to  be  consistent  with 
the  La  line  transfer  (the  ionization  structure  was 
previously  calculated  and  was  assumed  to  be  fixed). 
For  the  range  of  physical  parameters  discussed  in  this 
Letter  this  leads  to  serious  errors  deep  in  the  LLC.  The 
strong  diffuse  La  radiation  field  present  in  this  region 
piovidos  a  very  rapid  rate  from  the  ground  level  to  the 
first  excited  state  from  which  the  atom  can  easily  be 
ionized  by  electron  collision  or  continuum  photuioniza- 
tion  (photoionization  by  the  higher  dtp  use  continua 
being  the  dominant  effect)  This  rapid  rate  from  it  =  1 
to  it  =  2  (and  higher  bound  levels)  to  tlte  continuum 
is  what  maintains  the  high  ionization  state  deep  into 
the  F.LC.  While  our  calculations  show  excellent  agree¬ 
ment  with  the  Ferland  and  Xeuer  result  at  low  optical 
depths,  we  find  that  if  the  electron  temperature  is 
greater  than  about  7  X  It)3  K.  the  neuUal  fraction 
deep  into  the  cloud  (rfi  >  101)  is  veiy  small  (the  hydro¬ 
gen  is  highly  ionized!)— !  e.,  is  approaching  the  LTE 
value  at  these  temperatures.  In  fact,  in  our  standard 
model  the  ionized  fraction  of  H  is  essentially  unity 
throughout  the  entire  cloud.  We  ascribe  the  l..ck  of  this 
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effect  in  the  Ferland  and  Xetzcr  calculation  to  the 
previously  mentioned  failure  to  require  the  ionization 
balance  to  be  consistent  with  the  line  transfer  calcula¬ 
tion.  Tints  our  L«  source  function  docs  not  drop 
dramatically  as  in  the  Ferland  and  Xetzcr  calculation 
due  to  a  drop  in  the  electron  density,  but  eventually 
settles  (cither  increasing  or  decreasing)  to  the  LTE 
value,  provided  there  is  sufficient  line  optical  depth. 

As  an  aside,  it  is  appropriate  to  comment  that  there 
seems  to  be  some  confusion  over  the  role  of  thcrmaliza- 
tion  in  quasar  KLCN.  Thermalization  can  either  in¬ 
crease  or  decrease  a  source  function.  The  effect  is 
always  to  move  the  source  function  toward  the  Planck 
value.  Thus  thermalization  of  La  is  not  to  be  equated 
with  collisiona!  destruction  of  La.  For  many  reasonable 
QSO  models  (i.c.,  those  having  commonly  accepted 
temperature,  density,  and  ionizing  tlu\),  the  effects  of 
thermalization  are  to  incicasc  the  La  source  function. 
The  major  effects  of  thermalization,  on  the  other  hand, 
do  not  involve  La  at  all  I  It  is  much  more  difficult  to 
obtain  superthermal  Palmer  source  functions  than  Ly¬ 
man  source  functions  by  recombination  at  104  K. 
Thermalization  almost  always  tends  to  increase  Palmer 
line  source  functions,  which  in  turn  leads  to  enhanced 
Palmer  line  emission.  Our  models  thus  confirm  the 
previous  suggestions  (e.g.,  Baldwin  1977)  that  it  is 
enhanced  Palmer  line  emi-sion  and  not  depressed  La 
emission  that  helps  explain  the  low  La/ 1  la  ratio  in 
quasar  KLCs. 

c)  Directions  for  Future  Worh 

In  our  opinion,  the  area  that  most  urgently  needs 
attention  at  the  piesent  time  is  modeling  of  energy 
balance  in  steady-state  KLCs,  which  would  give  us 
justification  for  dropping  the  assumptions  of  constant 
temperature  and  density.  These  models  must  incor¬ 
porate  (1)  a  depth-dependent  treatment  of  the  radiative 
transfer  in  all  lines  and  contimm;  (2)  photon  escape 
proc.es-.cs  appropriate  to  the  atomic  physics  of  the 
various  liites  and  continua;  (3)  self-consistency  of  ioni¬ 
zation  and  excitation,  i.e.,  simultaneous  solution  of 
atomic  equilibrium  equations  and  the  radiative  transfer 


equation  in  both  lines  and  continua  (direct  and  diffuse). 
From  optical  observations  of  QSOs,  the  hydrogen  lines 
are  the  strongest  emission  features  present  that  are 
likely  to  form  deep  within  the  KLCs  (with  the  possible 
exception  of  Mg  it).  Thus,  unless  there  arc  important 
1R  cooling  lines,  hydrogen  will  dominate  the  cooling 
deep  within  the  ELC.  It  is  unlikely  that  far-IR  lines 
arc  important  because  at  104  K  the  Planck  function  at 
their  wavelengths  is  small.  If  the  hydrogen  lines  are 
the  dominant  coolants  (as  seems  likely)  and  the  Lyman 
continuum  is  the  dominant  heat  source,  then  tempera¬ 
tures  deep  in  the  F.LC  of  near  104  K  are  not  unreason¬ 
able.  For  our  standard  model  IT\  =  1.0,  ,V9  =  1.0, 
I!h  =  1.0)  at  an  optical  depth  of  3  X  10' in  the  Lyman 
continuum  (the  depth  at  which  the  mode!  produces  the 
observed  La  Ha  113,  Pa  ratio)  the  Lyman  continuum 
heating  is  6.1  X  10'  ergs  s-1  cm--  per  unit  r.i  (here  we 
have  neglected,  of  course,  the  effects  of  opacities  due 
to  heavy  elements  which  will  reduce  this  heating  rate). 
The  cooling  from  our  three  different  temperntuie  models 
is  8.9  X  10-1,  1.1  X  10s,  and  7.7  X  10' ergs  s' 1  cm-5 
per  unit  tci  at  T,  -  0.3,  1.0,  and  2.0  respectively, 
summed  over  the  15  hydrogenic  transitions  that  we 
considered.  Thus  while  we  assumed  10‘  K  in  this  region, 
it  seems  more  likely  that  the  temperature  is  slightly 
lower,  say  9000  K,  In  addition,  for  an  increase  of  10 
in  rC|,  similar  considerations  indicate  that  the  electron 
temperature  must  fall  well  below  10*  K.  This  suggests 
that  the  optical  depth  of  the  10*  K  region  naturally 
arises  from  energy  balance  considerations.  In  ‘my  case, 
it  is  obvious  that  the  effects  of  radiative  transfer  need 
to  be  incorporated  in  any  icaiistic  attempt  to  calculate 
the  cooling  function  deep  within  quasar  KLCs. 
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ii )  Theoretical  Quasar  Emission  Line  Ratios . 


I .  Transfer  and  Escape  of  Radiation 

This  paper  lays  out  a  simplified  approach  to  solving  steady  state 
radiative  transfer  problems  that,  while  unsophisticated,  was  pedagogically 
valuable.  Without  it,  the  solar  flare  radiative  hydrodynamics  work  would  not 
have  been  possible.  Simplified  solutions  to  the  radiative  transfer  problem  were 
used  here,  but  were  subsequently  replaced  by  more  rigorous  methods,  laid  out  in 
Section  iii. 
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ABSTRACT 

We  describe  a  formalism  for  the  solution  of  the  frequency-integrated  radiative  transfer  equation 
and  the  atomic  steady  state  equation  appropriate  to  an  externally  irradiated,  semi-infinite  medium. 
The  source  functions  are  cast  into  equivalent  two-level  forms,  and  the  equations  linking  the 
emergent  flux,  the  line  ccntei  source  function,  the  flux  divergence  coefficient  p,  and  the  atomic 
steady  state  equations  arc  given.  Asymptotic  forms  for  scaling  law  solutions  to  the  radiative 
transfer  equation  are  developed.  Escap;  probabilities  appropriate  to  the  above  scaling  law  solutions 
are  discussed  for  subordinate  lines,  strongly  interlocked  resonance  lines,  weakly  interlocked 
resonance  lines,  and  the  bound-free  coi'ti.nua. 

Subject  headings:  line  formation  —  quasars  —  radiative  transfer 


I.  INTRODUCTION 

The  extreme  breadth  and  “anomalous"  line  ratios  of 
the  permitted  line  emission  from  QSOs  base  generated 
a  great  deal  of  interest.  There  is  now  a  rather  large  data 
base  on  the  broad-line  emission  from  QSOs  at  many 
wavelengths.  Phis  data  base  makes  it  reasonable  to 
explore  what  conditions  might  be  considered  “typical” 
of  the  broad  emission  line  clouds  (ELCs).  Perhaps  the 
most  striking  feature  of  the  emission  lines  is  the  unex¬ 
pectedly  low  ratio  of  Lyman-u  (La)  to  the  Bnlmer  lines. 
Baldwin  (1977)  first  suggested  that  the  La/H (i  ratio 
was  about  3  on  the  ba  as  of  a  composite  QSO  spectrum. 
This  value  has  since  been  confirmed  to  within  a  factor 
of  about  2  (see  Davidson,  Hartig,  and  Fasiie  1977; 
Baldwin  et  al.  1978;  Hyland,  Bcckhn,  and  Neugebauer 
1978;  Soifer  el  al.  1979,  Puctter  el  al.  1979,  1981).  This 
low  ratio  along  with  the  apparent  lack  of  significant 
reddening  of  the  Balmer  lines  and  Pa  (Puetter,  Smith, 
and  Willner  1978;  Puetter  et  al.  1980)  seems  to  require 
an  explanation  of  the  hydrogen  line  ratios  in  terms  of 
radiative  transfer  effects  (with  or  without  dust).  The 
methods  we  desenbe  below  outline  an  approach  ap¬ 
propriate  to  modeling  die  radiative  transfer  in  quasar 
ELCs.  The  prcl. miliary  results  of  such  calculations  have 
been  summarized  briefly  in  a  previous  paper  (Canfield 
and  Puetter  1980)  and  are  described  in  detail  m  another 
paper  (Canfield  and  Puetter  1981<j). 

II.  GEOMETRY 

The  picture  of  the  broad  line  region  that  we  adopt  is 
that  of  many  high-density  (nH  >  109  cm'5),  optically 
thick  condensations  surrounding  a  powerful  central 
ionizing  source  with  power  law  spectral  form  [o,  = 


^lO'Ai)-”!-  We  attribute  the  breadth  of  the  line  emis¬ 
sion  to  rapid  motion  of  the  individual  clouds  relative  to 
one  another.  The  symmetry  of  the  lines  ir.  the  majority 
of  QSOs  and  the  observed  continuum  variability  then 
indicate  that  there  arc  a  large  number  of  small  emitting 
clouds  that  neither  completely  obscure  the  centra! 
source  nor  one  another.  The  particular  geometry  of 
individual  ELCs  will  affect  the  amount  of  emission  by 
factors  on  the  order  of  2  or  less,  and  the  line  ratios  by 
an  even  smaller  amount  Although  the  emission  line 
region  contains  many  ELCs,  in  the  present  calculation 
we  model  only  one.  If  the  physical  conditions  among 
ELCs  vary  widely  and  affect  the  line  ratios,  an  ensem¬ 
ble  average  will  have  to  be  taken  to  predict  the  overall 
QSO  emission.  Because  of  the  insensitivity  of  the  line 
ratios  to  individual  EEC  geometry,  we  have  modeled 
an  ELC  as  a  plane-parallel  atmosphere  with  escape  of 
photons  ftom  the  front  side  only  (i.e..  the  side  facing 
the  ionizing  source).  It  is  necessary  to  consider  the 
variation  of  all  parameters  of  the  radiative  transfer 
problem  with  line  center  optical  depth.  This  is  because 
significant  emission  in  any  given  une  can  arise  from  the 
many  decades  in  optical  depth.  Moi cover,  different 
lines  may  originate  in  distinctly  d.fferenl  regions  of  the 
ELC.  In  short,  no  one  point  in  the  ELC  can  be  consid¬ 
ered  as  a  representative  or  average  point. 

III.  RADIATIVE  TRANSPER 

Proper  treatment  of  the  radiative  transfer  in  optically 
thick  quasar  ELC  models  is  probably  the  most  critical 
aspect  of  such  calculations.  It  is  essential  to  incorporate 
self-consistenlly  both  depth  dependence  and  interlock¬ 
ing  of  lines  and  continu.i.  It  is  quite  adequate  for  the 
purposes  of  this  paper  to  solve  the  radiative  tiansfer 
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equation  (RTE)  in  a  frequency-integrated  form  (cf. 
Athay  1972a): 


(la) 

o  J+£B  i/v  c 
'  1  +e  °<V 

(lb) 

J<ivj,<p„ 

(lc) 

M~'  =>  fdv<t>,, 

(Id) 

//=I  jdv 

(le) 

In  equation  (1),  S,  is  the  line  source  function,  4,  is  the 
normalized  (i.e.,  f  dv  t),,  =  1)  emission  coefficient  pro¬ 
file  and  <!>„  is  the  normalized  absorption  coefficient 
profile.  We  have  implicitly  assumed  that  the  stimulated 
emission  profile  is  the  same  as  the  absorption  profile. 
Throughout  this  paper,  the  optical  depth  r  will  be 
understood  to  mean  the  line-center  optical  depth  for 
lines  and  the  optical  depth  at  the  ionization  edge  for 
continua.  J,  is  the  mean  intensity  at  frequency  v ,  and  <j>, 
is  the  absorption  profile  scaled  to  one  at  lint  center  (or 
for  contin.ua,  at  the  head  of  the  continuum),  ft  is  the 
flux  integrated  over  the  line,  it  is  the  direction  cosine 
from  the  normal  to  the  planc-paral.el  atmosphere,  and 
l,  is  the  specific  intensity.  The  specific  forms  of  de¬ 
struction  coefficient  £  ar.d  effective  Planck  function,  B, 
that  we  use  for  each  transition,  ul,  are  those  of  Jefferies 
(1968),  given  by 


direct  collisional  rate  from  the  upper  state,  u,  to  the 
lower  state  /.  Au,  is  the  Einstein  coefficient  for  sponta¬ 
neous  radiative  decay.  The  quantity  Xui  >s  the  energy 
difference  between  levels  u  and  /.  R,j  is  the  coefficient 
for  the  total  rate  from  level  i  to  j  and  q!j  k  is  the 
probability  of  going  from  i  to  j  without  passing  through 
level  k.  We  evaluate  q,j  k  following  Jefferies  (1968)  and 
Canfield  (1971).  The  quantities  g,  and  gu  are  respec¬ 
tively  the  statistical  weights  for  the  lower  and  upper 
states. 

Equation  (1)  divides  S0  into  two  distinct  parts:  a 
scattering  term  proportional  to  J,  and  a  source  term 
proportional  to  £B.  The  value  of  J  is  potentially  a  very 
‘‘nonlocal”  quantity  (Thomas  1965).  The  value  of  J  can 
be  affected  by  distant  regions  of  the  ELC  if  the  scatter¬ 
ing  albedo  (1  +e)_l  is  near  unity.  The  values  of  £  and  B 
are  explicitly  local.  However,  there  is  a  ‘‘hidden”  non¬ 
local  nature  to  both  £  and  B\  they  both  depend  on  the 
value  of  J  in  other  transitions,  which  may  be  highly 
nonlocal  quantities. 

The  coefficients  and  2/u  are  extremely  useful 
quantities  in  their  own  right.  They  arc  the  rate  coeffi¬ 
cients  for  indirect  transitions  from  the  upper  to  the 
lower  and  the  lower  to  the  upper  states,  respectively 
(i.e.,  indirect  rates  of  destruction  and  creation  of  ul 
photons).  Thus,  and  S/u  measure  the  interlocking 
between  the  transition  in  question  (the  ul  transition) 
and  all  other  transitions.  The  largest  terms  ir.  these 
sums  identify  those  transitions  with  which  the  ul  transi¬ 
tion  most  intimately  exchanges  energy.  However,  since 
they  are  not  formulated  in  terms  of  net  rales,  they  do 
not  identify  those  indirect  paths  that  most  affect  the  u 
to  l  population  ratio. 

The  value  of  £  is  directly  related  to  the  destruction 
probability  per  scattering, 


e  =  e  +  rj, 

s_  eB  +  yB* 
e  +  ij 

e=^{l-exp  (-Xut/kT)), 

Aui 


(2a) 

(2b) 


(2c) 


(2d) 

(2d) 


2,/-  2  RAqki.,.  (20 

k  +  i,J 


B  is  the  Planck  function  at  the  transition  of  interest,  for 
electron  temperature  T.  Cu,  is  the  coefficient  for  the 


(3) 


Both  direct  collisional  de-excitation  and  conversion  of 
the  energy  of  the  ul  photon  to  other  transitions  con¬ 
tribute  to  the  destruction  process.  In  the  evaluation  of 
the  probabili'.y  of  destruction  it  is  extremely  important 
to  use  the  so-cailed  “full  set”  definition  of  £  and  B 
given  in  equation  (2)  rather  than  the  “upper  level”  or 
“lower  level”  definitions  (Athay  1972a).  The  latter 
definitions  have  the  advantage  of  expressing  £  only  in 
terms  of  quantities  related  to  the  transition  in  question; 
however,  they  treat  some  photon  creation  processes  as 
negative  destruction  processes  and  some  destructions 
as  negative  creations.  This  does  not  matter,  of  course, 
in  the  calculation  of  source  functions,  but  it  does  not 
allow  one  to  estimate  the  average  number  of  scatterings 
a  photon  will  undergo  before  being  destroyed. 

The  radiative  transfer  equation  must  be  solved  con¬ 
sistently  with  the  atomic  steady  state  equation  (SSE) 
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for  the  number  density  n,  of  level  i: 

"i'2R'j=  2  njRP> 

Jt*t  j+i 

Rjj  =Cjj+AljpIJ,  i  >_/' , 

•=Cfy.  i<j. 


Bun,  —  D,in,  r 


(4a) 

(4b) 

(4c) 


where  for  lines,  A XJ  and  Btj  are  the  Einstein  rate  coeffi¬ 
cients.  For  the  continua  AtJ  is  the  spontaneous  recom¬ 
bination  rate  (see,  for  example,  Jefferies  196S,  eq.  [6.63]). 
The  use  of  this  formalism  in  the  continuum  is  equiva¬ 
lent  to  assuming  that  all  recombinations  occur  at  the 
ionization  edge  in  computing  the  stimulated  recombi¬ 
nation  rate.  This  is  an  excellent  approximation  for  the 
nth  bound-free  continuum  when  the  ionization  energy 
from  level  n  is  much  greater  than  kT.  For  the  higher 
levels,  the  exact  value  of  p„  has  little  effect  on  the 
calculation  of  level  populations  and  thus  is  unim¬ 
portant  in  determining  line  fluxes,  etc.;  however,  the 
above  approximation  is  inadequate  for  calculating 
radiative  loss  in  the  high  bound-free  continua.  The 
quantity  /f0p(;  is  the  coefficient  for  the  net  radiative 
rate  between  levels  /  and  j;  for  this  reason  ptJ  has  been 
referred  to  as  the  net  radiative  bracket  (Thomas  and 
Athay  1961).  It  is  well  known  (cf.  Athay  1972a)  that 
the  coefficient  pXJ  can  be  written  as 

Ph>°\-J/S0.  (5) 


depth  t„,  [where  tjm  is  defined  by  p„/(tm1)  =  £)  because 
at  these  depths,  local  destructions  cannot  be  evaluated 
in  terms  of  local  quantities  but  arc  a  function  of  J, 
which  is  controlled  nonlocally  by  all  depths  At 

larger  optical  depth,  the  values  of  J  and  .S^  saturate  to 
B,  provided  there  are  no  rapid  variations  in  c  or  B.  This 
can  be  demonstrated  by  combining  equations  (lb)  and 

(5): 


£  +  p 


(?) 


For  T>T)at  (in  the  absence  of  variations  of  e  and  B)  the 
value  of  p  is  less  than  £  and  approaches  p,,  which  is  a 
monotonically  decreasing  function  of  r.  Thus,  the  devi¬ 
ation  of  S0  from  B  becomes  smaller  and  smaller.  In 
addition,  the  value  of  J  also  approaches  B: 

J=(l-p)So~C-^lS.  (8) 

c  +  p 


The  scaling  law  approach  discussed  in  §  IV  employs 
escape  probabilities  to  calculate  the  values  of  J  and  p. 
Thus,  it  is  crucial  to  understand  exactly  which  photon 
escape  processes  apply  to  the  various  lines  and  how 
these  affect  the  escape  probabilities,  as  discussed  in  § 
V.  Once  the  escape  probabilities  have  been  determined, 
it  is  possible  to  obtain  a  solution  to  the  radiative 
transfer  in  the  diffuse  -adiation  field.  From  tiie  value  of 
the  mean  intensity  of  the  diffuse  radiation  field  Jd  and 
the  external  radiation  field  J'  the  value  of  p  for  the 
diffuse  radiation  field  can  be  calculated: 


For  convenience  we  drop  the  ij  subscript  from  p, 
realizing  that  it  relates  J  and  6'0  in  one  specific  transi¬ 
tion,  that  between  i  and  j.  The  quantity  p  is  very  useful 
since  it  directly  links  the  SSE  with  the  RTE: 

^L~M-'pS0  (6) 

(see  Athay  1972rr).  From  equation  (6)  one  can  see  that 
an  appropriate  ramc  for  p  would  be  the  flux  divergence 
coefficient. 

While  the  flux  divergence  is  directly  proportional  to 
p,  it  is  important  to  distinguish  p  from  a  photon  escape 
probability  (see  Canfield,  Puetter,  and  Ricchiazzi  1981). 
In  general,  the  value  of  p  is  not  equal  to  p„  although  it 
approaches  p,  for  large  values  of  r  if  c  and  B  do  not 
vary  strongly  (see  §  IV).  The  quantity  p  expresses  the 
mismatch  of  photon  creations  and  destructions  in  a 
given  transition  and  volume  element;  it  is  equal  to  p,  if 
the  mismatch  between  creations  and  destruction?  is  due 
only  to  escape  of  photons  to  the  atmosphere  boundary 
and  not  due,  for  example,  to  escape  of  photons  to  other 
regions  of  the  atmosphere.  The  value  of  p  must  be 
calculated  for  optical  depths  less  than  the  saturation 


p(r)-'+,(,-'>. 

V  ’  F+e+J 

(9a) 

f~J“/B 

(9b) 

F-J' /B. 

(9c) 

F  usually  can  be  neglected  for  lines,  but  may  be  non- 
negligibte  for  the  continua  due  to  their  large  frequency 
bandwidth.  For  power-law  ionizing  sources 
and  attenuation  by  a  hydrogenic  absorption  coefficient 
[$,  =  (>■/'’,)  ~3],  7ris  given  by 

•/'(t>=4 (10) 

where  v,  is  the  frequency  at  the  head  of  the  /th  con¬ 
tinuum,  r,  the  optical  depth  at  this  frequency,  iff  is  the 
flux  per  hertz  at  *>,,  0=(3  +  n)/3,  and  y(0, r)  is  the 
incomplete  gamma  function  (i.e.,  y(0,  T->oo)  =  r(0)]. 
Here,  we  have  assumed  that  the  external  continuum 
photons  enter  the  ELC  perpendicular  to  the  face  of  the 
ELC.  For  treating  the  rates  due  to  the  radiation  field 
given  by  equation  (10),  wc  found  it  most  convenient  to 
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add  the  total  rate  coefficients  based  on  J'  directly  to 
the  net  rate  coefficients  for  the  diffuse  field. 

Once  the  rate  coefficients  have  been  determined,  the 
SSH  can  be  solved  consistently  with  the  radiative  trans¬ 
fer  solution.  We  have  used  an  iterative  approach.  One 
scheme  (which  we  used  to  produce  the  models  de¬ 
scribed  in  Canfield  and  Puetter  1981a,  b)  is  the  follow¬ 
ing.  An  initial  guess  is  made  as  to  the  level  populations 
and  values  of  />;  normally  p  =  0  (i.e.,  LTE)  is  chosen. 
This  determines  optical  depth  scales  and  the  values  of 
all  transition  rates.  These  rates  allow  the  evaluation  of  e 
and  B  while  the  -  scales  allow  evaluation  of  pt(r)  in  all 
transitions.  These  quantities  are  then  used  to  solve  the 
radiative  transfer  equation  (i.e.,  calculate /)  which  yield 
new  values  for  p.  This  constitutes  the  zeroth  order  step. 
The  new  p  values  are  used  to  resolve  the  SSE  for  new 
level  populations  and  hence  new  r  scales.  Next  new 
values  of  t  and  B  need  to  be  calculated.  This  naturally 
brings  up  the  question  of  “balance”  between  the  SSE 
and  the  RTE.  If  the  SSE  is  used  only  to  establish  the  r 
scales  through  the  level  populations,  then  the  SSE  has 
been  given  a  low  weight  in  the  calculation  relative  to 
the  RTE.  The  convergence  of  the  iterative  scheme  w'!l 
reflect  this  fact.  The  source  functions  as  calculated 
from  the  SSE  (S^E)  through  the  level  populations  will 
agree  poorly  with  the  source  functions  calculated  from 
the  RTE  (Sunt)  from  J,  e,  and  B.  One  method  of 
introducing  the  SSE  in  a  more  equal  partnership  with 
the  RTE  is  through  the  rates  in  the  calculations  of  c 
and  B.  We  use  7=»(l -p)5SSF.  for  the  value  of  the 
radiation  field  in  each  transition.  Tins  is  a  compromise 
mix  of  the  RTE  and  the  SSE  value  for  J  and  gives 
relatively  rapid  convergence.  We  found  that  normally 
10  iterations  establish  a  better  than  1%  convergence  in 
all  the  line  ratios  (although  the  level  populations  had 
not  settled  down  to  this  level).  The  self-consistency  of 
the  calculation  can  be  easily  checked  by  a  comparison 
of  the  values  of  the  source  functions  and  S RXE. 
After  10  iterations  we  find  the  agreement  to  be  excel¬ 
lent  ( —5%).  The  independent  variable  we  chose  was  the 
optical  uepth  in  the  Lyman  continuum  (r,,).  We  found 
two  grid  points  per  decade  in  tc1  were  quite  adequate 
from  comparisons  with  calculations  having  three  and 
four  points  per  decade. 

The  rad.ative  flux  emerg mg  from  the  EI.C  in  a 
particular  transition  can  be  ’alculated  by  integrating 
the  flux  divergence,  p50,  over  the  atmosphere.  The 
emergent  flux  is  (cf.  eq.  [6]): 

H~\f'  jdrp{T)S0(r).  (11) 

For  Voigt  profiles  in  which  u<£l  (or  for  any  profile  in 
which  the  line  wings  are  weak  compared  to  the  Dop¬ 
pler  core)  we  can  wute  to  sufficient  accuracy: 

A/-'=,r'/2  a„d.  (12) 


where  kv0  is  the  Doppler  width. 

We  might  rewrite  (II)  in  another  form: 

//  =  A/ “ ‘  fr/r  — fl.  (IF) 

J  e  +  p 

Equation  (IT)  shows  the  direct  interplay  between 
scattered  photons  (i.e.,  p,  which  depends  on  J )  and  the 
sources  of  local  photon  creation  and  destruction  (which 
enter  into  e  and  B)  in  determining  the  emergent  flux. 
For  example,  if  1  (i.e.,  there  is  a  negligible  number 
of  scattered  photons),  then  the  escaping  flux  is  simply 
the  local  creation  rate  Bi/(\+i)  integrated  over  the 
atmosphere.  On  the  other  hand,  if  pseO,  then  local 
creations  and  destructions  arc  in  balance  tso  S0=B) 
and  the  radiative  loss  from  the  atmosphere  is  di.cctiy 
proportional  to  p.  Notice  also  that  equation  (I1.')  im¬ 
plies  that  for  transitions  in  which  the  local  destruction 
probability  is  very  nearly  unity  (i.e.,  r3>  1)  the  emergent 
flux  is  again  directly  proportional  to  p  and  S0mB  (this 
is  the  situation  for  forbidden  lines  in  the  high-density 
limit,  for  example). 

The  line  profile  from  a  single  ELC  can  be  calculated 
readily  by  using  the  monochromatic  transfer  equation 

(13) 

In  equation  (13)  v>c  have  made  the  assumption 
This  is  quite  accurate  for  all  lines  other  than  Lm  (see  § 
V).  It  must  be  noted  that  for  intrinsically  narrow  fea¬ 
tures  such  as  lines,  profiles  as  calculated  using  (13) 
cannot  be  related  directly  to  observation  of  QS Os;  the 
velocity  distribution  of  the  ELCs  must  also  be  taken 
into  account. 

IV.  SCALING  LAW  SOLUTIONS  TO  T1IL  RADIATIVE 
TRANSFER  EQUATION 

Section  III  has  shown  that  in  order  to  calculate  the 
emergent  radiation  we  must  determine  the  value  of  p 
(see  eq.  (11)).  To  do  this,  we  simply  need  to  calculate 
the  value  of  /(see  eq.  (9)).  This  amounts  to  a  solution  of 
the  radiative  transfer  equation.  The  radiative  transfer 
equation,  as  posed  in  equation  (1),  is  expressed  in  terms 
of  an  equivalent  two  level  atom  source  function.  The 
frequency  independent  two  level  atom  source  function 
has  been  studied  extensively  (c.g.,  Avreit  1965;  Avrett 
and  Mummer  1965;  Hummer  1968).  The  cases  in  which 
e  and  B  are  assumed  to  be  constant  and  in  which  e«l 
show  characteristic  solutions  for  S0/S  at  small  optica! 
depths  that  vary  as  e1/J(r+  l),/z.  This  is  equivalent  to 
setting  S0/ B-ew2psl~U2{7).  In  otliet  words,  this  “scal¬ 
ing  law”  solution  depends  only  on  the  means  of  photon 
escape  at  small  optical  depths.  These  scaling  laws  arc 
computationally  expedient  compared  with  solving  the 
full  frequency-dependent  transfer  equation. 
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The  saturation  depth  t„,  (as  defined  in  §  III)  divides 
the  atmosphere  into  two  regimes.  For  optical  depths 
greater  than  t„,  if  £  and  B  do  not  vary  too  rapidly  (see 
§  III),  we  expect  S0xzB.  In  this  limit  we  can  obtain  an 
asymptotic  expression  for  all  the  radiative  transfer 
quantities  such  as  p,/,  etc.  For  optical  depths  less  than 
t,,,,  the  value  of  S0  falls  below  B  due  to  significant 
photon  loss  (i.e.,  escape  processes  significantly  upset 
the  balance  between  local  creation  and  destruction 
rates).  One  way  we  can  obtain  quantitative  values  of 
the  radiative  transfer  quantities  is  to  formulate  the 
radiative  transfer  in  a  probabalitic  way  (see  Athay 
19726;  Delache  1974;  Frisch  and  Frisch  1975;  Canfield 
and  Ricchia2zi  1980).  Athay  (19726)  first  derived  the 
equation: 


dJ_ 

dN 


(14) 


where  N  is  the  mean  number  of  scatterings  undergone 
by  an  escaping  photon.  Later  work  by  Delache  (1974) 
and  Athay  (1976)  provided  a  more  rigorous  physical 
basis  for  this  equation.  Note  that  in  (14),  N  is  the  mean 
number  of  scatterings  of  a  photon  that  will  ultimate!) 
escape.  Such  a  photon  is  not  necessarily  a  typical 
photon. 

The  solution  to  equation  (14)  for  a  semi-infinite  slab 
is  given  by  Athay  (19726): 


exp[ i  PAN )]  ) 


(15) 

where 


Pj(N)**  [N<ItpAt)  and/»j=c/(l  •*•£). 


Note  that  J  has  the  limiting  value  of  B  as  N  goes  to 
infinity  (since  there  B  =  B).  Also,  note  that  if  pd  and  5 
are  constant,  we  have 

(16) 


Fzz 0)  as  p ,  goes  to  zero,  equations  (17)  and  (9)  give 


P 


£0  -/) 

£+f 


Pt- 


(18) 


Also,  note  that  the  onset  of  this  asymptotic  form  occurs 
roughly  at  r-rMt. 

In  atmospheres  in  which  the  local  creation  rate pdB 
is  not  effectively  constant,  the  above  scaling  laws  will 
give  a  much  better  estimate  for /  than  for  p  (cf.  eqs.  [17] 
and  (18)).  If  p  is  small,  however,  the  value  of  S0  will  still 
be  quite  accurate.  In  this  case  one  can  get  a  good 
estimate  of  the  emergent  radiative  flux  in  a  particular 
transition  with  the  following  expression: 


H~M-'JdTp,(r)S0(T).  (19) 

For  optical  depths  smaller  than  r^,  we  still  need  an 
expression  for /.  Equation  (15)  shows  that  the  contribu¬ 
tion  to7  from  regions  deeper  than  the  saturation  depth 
is  very  small  (it  drops  off  like  exp(  -pd/pt)]-  The  value 
of  y  is  thus  determined  by  the  region  of  largest  pdB 
(i.e.,  creation  rate  per  scattering)  with  If  this 

quantity  varies  slowly  on  the  scale  of  t14,  we  have 


y 

*(*»,) 


.Jill 

£(■*.) 


W) 


\/i 


(20) 


which  justifies  the  scaling  laws  for  constant  £  and  B. 
This  approximation  must  be  checked  on  a  case-to-case 
basis.  It  turns  out  to  be  sufficient  for  the  hydrogen  line 
emission  calculations  in  quasar  ELCs  (Canfield  and 
Puettcr  1980,  1981a),  for  two  reasons.  First,  B  and  pd 
do  not  vary  too  strongly  in  this  region  if  one  uses  the 
“full  set”  definitions  of  pd  and  B  as  described  in  §  III. 
Second,  the  boundary  region  produces  negligible  line 
radiation  in  comparison  to  the  region  for  which 
for  cloud  depths  that  maten  the  observed  line  ratios 
(Canfield  and  Puetter  1980,  1981a  ). 

We  have  shown  how  /  can  be  calculated  in  terms  of 
the  variation  of  N  with  optical  depth.  The  mean  num¬ 
ber  of  scatterings,  N,  undergone  by  an  escaping  photon 
is  related  to  the  probability  of  escape  per  scattering  of 
these  photons  by  N  =p," '.  We  now'  discuss  p,  for  the 
various  transitions. 


where  erfc(.x)  is  the  complementary  error  function.  As 
pdN/2  becomes  large,  the  asymptotic  expression  for /is 

4-sW-  (|7> 

In  the  absence  of  strong  external  radiation  fields  (i.e., 


V.  ESCAI’F.  PRODAIlILiTItiS 

A  critically  important  factor  in  calculation  of  the 
probability  of  photon  escape  from  optically  thick  media 
is  the  emission  coefficient  profile.  This  profile  is  de¬ 
termined  by  the  physical  processes  that  populate  the 
upper  level.  (We  are  ignoring  stimulated  emission,  for 
the  time  being.)  For  permitted  trac  lions,  total  rates 
will  be  lominated  by  radiative  processes.  Two  very 
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different  radiative  processes  populate  the  upper  level. 
The  first  is  absorption  from  the  lower  level  of  the 
transition  in  question;  '.he  second  is  interlocking.  The 
role  played  by  each  of  these  processes  is  discussed 
below. 

There  is  an  extensive  literature  on  some  aspects  of 
frequency  redistribution  of  scattered  radiation  and 
photon  escape  (see,  for  example,  Mihalas  1978);  how¬ 
ever,  most  of  this  work  is  too  highly  idealized  for  our 
present  study.  In  addition,  some  of  the  observed  hydro¬ 
gen  lines  in  QSOs  present  problems  that  have  not  been 
worked  out  in  detail.  Specifically,  those  lines  that  in¬ 
volve  subordinate  transitions  (i.e.,  nonresonance  transi¬ 
tions  like  Hn)  or  resonance-series  lines  that  arc  strongly 
interlocked  with  subordinate  transitions  (like  L ft)  have 
not  been  treated  thoroughly.  In  this  section  we  in  turn 
discuss  escape  probabilities  for  subordinate  lines, 
strongly  interlocked  resonance  lines,  weakly  inter¬ 
locked  resonance  lines,  and  the  bound-free  continua. 

Published  studies  of  redistribution  upon  scattering  in 
subordinate  lines  (which  have  both  upper  and  lower 
levels  broadened  by  radiative  damping)  are  restricted 
to  the  rest  frame  of  the  atom.  Nonetheless,  these  studies 
establish  a  physical  understanding  that  is  adequate  for 
o1 .  present  purposes.  The  expression  for  the  atom’s 
Ira  me  redistribution  function  was  derived  by  Weisxkopf 
(1933)  and  Woolley  (1938),  and  is  discussed  by  Wool- 
ley  and  Stibbs  (1953)  and  Mihalas  (1978).  From  this 
expression  it  is  straightforward  to  show  that  if  the 
widths  of  the  upper  and  lower  levels  are  approximately 
the  same,  then  first,  almost  all  scr.tered  line-center 
photons  will  be  redistributed  into  r  Lorentz  profile  in 
the  atom’s  frame,  and  second,  scattered  wing  photons 
are  approximately  equally  likely  to  appear  at  line  center, 
or  to  scatter  coherently  in  the  atom’s  frame.  This  strong 
redistribution  of  scattered  radiation  over  the  absorption 
coefficient  profile  in  the  atom’s  frame  will  result  in  a 
strong  tendency  for  scattered  photons  to  assume  an 
emission  profile  equal  to  the  absorption  profile.  In 
addition,  we  need  to  consider  photons  created  through 
interlocking.  This  process  in  subordinate  lines  has  not 
been  treated  in  the  iiterature.  For  the  present,  we  will 
assume  that  wing  photon  creation  is  dominated  by  the 
scattering  term.  In  other  words,  in  these  transitions  p,  is 
the  single  flight  escape  probability: 

PAO^yf  dy  f'dphcx p(-r0<p,/p),  (21) 

with  >},  and  «l>,  being  the  Voigt  profile  with  the  Voigt 
parameter  being  determined  by  the  natural  width  of  the 
upper  and  lower  levels,  and  where  the  expression  above 
assumes  we  are  dealing  with  a  semi-infinite  atmo¬ 
sphere.  This  function  has  been  analyzed  meticulously 
by  Ivanov  (1973)  (for  the  case  &  =*!>,),  who  gives 


asymptotic  expansions  of  this  function  (JA^t)  in  his 
notation)  for  Doppler,  Voigt,  and  Lorentz  line  profiles. 

One  can  easily  see  that  the  contribution  to  p{  due  to 
escape  by  multiple,  nearly  coherent  scatterings  is  small 
by  noting  the  large  destruction  probability  per  scatter¬ 
ing  indicated  by  the  value  of  e  given  in  equation  (2). 
The  value  of  pd  is  always  close  to  unity  for  lines  other 
than  La,  because  the  radiative  branching  ratios  are 
close  to  unity.  For  example,  decays  from  level  3  are 
roughly  equally  likely  to  produce  Ha  or  L/J  photons. 
Thus,  the  destruction  probability  for  both  these  lines 
should  never  be  less  than  about  one-half. 

The  problem  of  resonance-series  lines  strongly  inter¬ 
locked  with  subordinate  lines  or  continua  (such  as  L /), 
which  is  strongly  interlocked  with  Ha)  also  has  not  yet 
been  treated  accurately  in  the  literature.  However,  sim¬ 
ple  physical  arguments  based  on  the  above  considera¬ 
tions  can  be  applied  in  order  to  understand  photon 
escape  in  these  lines.  The  frequency  dependence  of  S, 
depends  on  whether  direct  scattering  or  interlocking 
dominates  the  line  source  function.  The  scattering  in 
resonance-series  lines  is  characterized  by  strong  fre¬ 
quency  coherence  in  the  line  wings.  For  La,  since 
interlocking  is  unimportant,  the  ifi  term  of  S,  is  small 
and  the  scattering  term  dominates.  On  the  other  hand, 
for  Lp  and  the  higher  Lyrnan  lines,  the  large  values  of  e 
indicate  that,  after  absorption  of  a  line  photon,  conver¬ 
sion  of  the  photon's  energy  to  other  line  photons  has  an 
equal  or  greater  piobability  than  reemission  of  the 
original  Lyman  photon.  In  practice,  this  also  indicates 
that  it  is  highly  likely  that  many  of  the  atoms  in  the 
upper  level  arrive  there  by  means  other  than  direct 
radiative  transitions  from  the  lower  level.  As  a  result, 
one  should  not  expect  the  higher  Lyman  lines  to  have 
the  same  relationship  between  the  emission  and  absorp¬ 
tion  coefficient  profiles  as  La,  i.e.,  the  same  form  of  p,. 
This  problem,  that  of  the  extent  of  redistribution  in  a 
multilevel  hydrogen  atom,  has  not  been  treated  in  the 
literature.  For  the  present,  since  the  well-observed  lines 
and  continua  of  hydrogen  (sec  Canfield  and  Puetter 
1981a)  are  very  insensitive  to  the  higher  Lymar.  lines, 
we  have  assumed  that  the  role  of  interlocking  is  to 
create  new  photons  in  the  higher  Lyman  lines  distrib¬ 
uted  in  proportion  to  their  absorption  coefficient  pro¬ 
file.  Thus  a  single  flight  escape  probability  in  which  we 
take  \p,  and  >!>,  to  be  the  Voigt  profile  will  be  assumed 
to  calculate  p,  deep  into  the  atmosphere. 

To  calculate  the  escape  probab  lity  for  the  sub¬ 
ordinate  lines  and  higher  Lyman  lines  when  the  emis¬ 
sion  profile  is  very  nearly  equal  to  the  absorption 
profile,  we  must  have  the  appropriate  absorption  pro¬ 
file.  Fot  densities  thought  t>  pica!  of  quasar  F.LCs  (i.e., 
n}las\0*  cm’3),  the  wings  of  the  line  absorption  pro¬ 
files  will  be  determined  by  radiative  damping  alone. 
The  value  of  the  Voigt  damping  parameter  can  be 
calculated  from  the  spontaneous  downward  rate  coeffi- 
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dents: 


„  =  _Jk_ 


(22a) 


r .z=S(4+4).  (22b) 

k 

where  hvD  is  the  Doppler  width.  Equation  (22b)  breaks 
down  when  absorptions  and  stimulated  emission 
processes  significantly  alter  the  lifetime  of  the  states  u 
and  /.  If  this  is  the  case,  then  (22b)  must  be  replaced 
by: 

r (*.»+*/*).  (22b') 

k 

where  Rtj  is  the  total  rate  coefficient  from  i  to  j.  With 
the  above  definition  of  a,  the  escape  probabilities  in  the 
subordinate  and  higher  Lyman  lines  can  be  approxi¬ 
mated  by: 

P'(r)~p}\r)+p?(r),  (23a) 


»P(T)~ - \ - ,  (23b) 

2+47rl/,JT(ln(T+  l)j,/J 


a''2 

3*'/V/1’ 


(23c) 


where  (23b)  and  (23c)  are  asymptotic  expressions  for 
escape  from  the  Doppler  core  and  Voigt  wings,  respec¬ 
tively,  given  by  Ivanov  (1969)  with  (23b)  altered  to 
have  the  correct  limiting  form  at  r  =  0.  Knowledge  of 
the  probability  of  escape  is  most  important  for  calculat¬ 
ing  line  ratios  in  clouds  of  large  optical  depths  in  the 
region  in  which  the  flux  divergence  is  directly  propor¬ 
tional  to  p  (see  the  discussion  of  eq.  (11']  at  the  end  of  § 
III).  This  is  usually  the  region  of  major  emission,  at 
least  in  models  with  large  optical  depths  and  constant 
electron  temperature.  For  this  region  (23c)  gives  a  good 
approximation  to  the  actual  value  of  pe(r)  as  given  by 
equation  (21). 

For  electron  densities  of  order  1011  cm-3  or  greater, 
Stark  broadening  cannot  be  ignored.  As  the  density 
increases,  the  lines  with  the  smallest  radiatively  damped 
wings  will  show  the  effects  of  Stark  broadening  first. 
These  lines  are  typically  the  higher  lines  of  each  series. 
Escape  probabilities  in  the  limit  of  domination  by  Stark 
broadening  are  discussed  by  Drake  and  Ulrich  (1979) 
and  Weishcit  (1979);  a  more  complete  treatment  deal¬ 
ing  with  the  case  m  which  Stark  broadening  does  not 
completely  dominate  the  line  absorption  coefficient 
profile  will  appear  in  a  subsequent  paper  in  this  series 
(Canfield  and  Puetter  19816). 

Next,  we  turn  to  La,  for  which  much  detailed  work 
has  been  done.  The  results  of  previous  work  that  as¬ 


sume  that  the  La  source  function  is  determined  by 
coherent  scattering  can  be  a,/, died  whenever  the  popu¬ 
lation  of  level  2  is  determined  by  resonant  scattering  of 
La  photons.  It  is  well  known  that  La  wing  scattering  is 
predominantly  coherent  when  the  wing  absorption 
coefficient  is  dominated  by  radiative  damping.  This 
will,  of  course,  not  be  the  case  for  large  elc^'ron  densi¬ 
ties.  At  large  densities  Stark  broadening  produces  non¬ 
coherent  wings  just  outside  the  Doppler  core.  For  large 
enough  optical  depths,  however,  escape  becomes 
dominated  by  photons  with  frequencies  far  enough 
from  line  center  that  the  major  opacity  is  again  given 
by  the  radiatively  damped  wings.  In  this  regime  the 
most  efficient  escape  process  is  redistribution  to  opti¬ 
cally  thin  fiequencies  over  the  Stark  portion  of  the  total 
line  absorption  profile  (see  Canfield  and  Puetter  19816). 

Assuming  that  radiative  damping  is  the  only  im¬ 
portant  contribution  to  the  line  wings,  we  can  follow 
the  development  of  Adams  (1972).  Adams  points  out 
that  for  radiatively  damped  resonance  lines  the  sharp 
lower  level  of  the  transition  causes  the  wing  scattering 
to  be  coherent.  This  in  turn  severely  reduces  the  ef¬ 
ficiency  of  photon  escape.  Scattered  photons  arc  no 
longer  able  to  change  their  frequency  to  frequencies  of 
small  optical  depth,  as  can  subordinate  lines.  Adams 
shows  that  his  solutions  to  the  frequency-dependent 
transfer  equation  can  be  understood  by  supposing  that 
escape  is  dominated  by  diffusion  in  space  at  frequen¬ 
cies  greater  than  x*.  The  quantity  .v,  is  a  displacement 
from  the  line  center  in  units  of  Doppler  widths:  = 
The  frequency  is  that  frequency  at 
which  the  photon  random  walks  out  of  the  atmosphere 
before  it  scatters  back  to  line  center.  The  value  of  x\  is 


and  the  escape  probability  for  a  radiatively  damped 
resonance  line  in  the  absence  of  destruction  processes 
in  a  uniform,  semi-infinite  plane-parallel  atmosphere  is: 


,  *(£)  =  1 
’  N(x)  Iv'/'r 


(25) 


for  depths  at  which  wing  escape  predominates  (Adams 
1972).  In  (25),  N(x)-~x2  is  the  mean  number  of 
scatterings  undergone  by  a  photon  at  frequency  .x  be¬ 
fore  returning  to  the  line  core.  The  fact  that  the  escape 
probability  asymptotically  varies  as  t  - 1  has  also  been 
demonstrated  by  Harrington  (1973)  and  by  extensive 
numerical  calculations  of  Hummer  and  Kunasz  (1980). 
The  latter  authors  also  give  the  departures  of  pt  from 
p,~~ r~'  at  smaller  optical  depths. 

As  is  evident,  the  Adams  escape  probability  is  not  a 
single-flight  escape  probability;  it  does  not  describe  the 
local  confinement  of  photons  in  the  same  way.  Hence, 
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it  is  not  suitable  for  determination  of  the  value  of  J  or 
S0  at  T<T,nl.  However,  if  these  quantities  arc  known 
(as,  for  example,  for  r>rsal),  then  the  Adams  escape 
probability  is  suitable  for  calculation  of  the  emergent 
flux. 

The  value  of  e  as  given  in  equation  (2)  gives  a  means 
of  directly  assessing  the  importance  of  photon  destruc¬ 
tion.  For  regions  of  the  ELC  that  have  large  radiation 
fields  in  the  transitions  interlocked  with  La  (e.g„  line 
fluxes  in  H«  approaching  thermal  values  at  T^IO4  K), 
destruction  can  begin  to  affect  the  efficiency  of  diffu¬ 
sion  in  space  at  the  frequency  ,x«.  The  mean  number  of 
scatterings  before  escape  at  x,  is  quite  large;  N~x,2 
and  slightly  smaller  for  x>xt.  If  the  value  of  c  is  large 
enough,  the  probability  of  destruction  before  .x,2 
scattei  ings  may  be  very  high.  Thus,  equation  (25)  must 
be  altered. 

If  destruction  of  photons  prevents  escape  at  fre¬ 
quency  .x,,  then  escape  becomes  dominated  by  fre¬ 
quencies  less  affected  by  destruction.  In  other  words, 
escape  is  dominated  by  photons  at  frequencies  which 
scatter  less  often  before  escaping  (i.e.,  photons  at  fre¬ 
quencies  greater  than  .x,).  If  e  is  large,  the  frequency, 
.x',  at  which  only  a  fraction  of  the  photons  are  de¬ 
stroyed  before  they  diffuse  out  of  the  atmosphere,  then 
becomes  the  relevant  frequency  of  escape.  The  value  of 
this  frequency  can  be  calculated  by  the  following  con¬ 
siderations.  In  units  of  line-center  optical  depth,  r,  the 
mean  free  path  traveled  per  scattering  at  frequency  .x  is 
given  by  ^"'(.x).  Thus,  the  number  of  scatterings 
needed  to  escape  the  atmosphere,  iV(.x),  can  be  calcu¬ 
lated  by  setting  i\n/2(x)<t>  ”'(.x)  =  t,  or  in  other  words, 

,V(.x)  =  T24>2(jf)=3  —— j- ,  (26) 


The  expression  in  (29)  has  often  been  approximated  as 

P,(T)=I  /  </v<I>(-v)£j(t,K*))~5  J  dx<b(x), 

0  xt 

(30) 

where  x ,  is  considered  the  “frequency  of  escape”  (cf. 
Osterbrook  1962).  Using  the  expression  given  in  (30) 
we  find  that,  if  destruction  processes  dominate  photon 
escape  in  L«, 


p,(r)«  /  (/.x<t>(.x)  = 


n1/2  ln(l+e)  3/4 

ffi/4Tv2[  "  in « 


(31) 


In  practice,  we  may  choose  to  set  the  value  of  p,(r)  to 
the  CRD  value  of  equation  (29)  whenever  e  >  1  (i.e., 
Pd  >0.5).  This  indicates  an  appropriate  choice  for  the 
value  of  «  in  equation  (31),  i.e.,  Ina  =  34/3ln2. 

Thus  a  complete  formula  for  pt(t)  must  reflect  the 
fact  that  when  £«1,/j,(t)  must  behave  as  indicated  by 
Adams’s  escape  probability  as  given  by  equation  (25). 
However,  when  e>1,/5,(t)  must  go  over  to  the  CRD 
result  of  equation  (29).  Thus  to  approximate  p,(r)  we 
find  we  may  write 


„l/2 

a>/s 

3cr,/4r'/2 


ln(i  4-e)  13/4 
In  2  ’ 


£<  1 
£>l. 


(32) 


assuming  we  are  in  the  wings.  Thus,  if  pd  =e/(\  +  «)  is 
the  destruction  probability  per  scattering,  then  x'  may 
be  calculated  from 

^=(1-^)*°°,  (27) 

where  we  shall  select  an  appropriate  value  for  a  below. 
In  other  words, 

l  dr  \,/2f  ln(l+£i  l1/4 
a ’(«)=■  I  — —  )  |  -V — 

\  VZ  I  [  Ina 


If  the  destruction  probability  for  La  photons  is  al¬ 
most  jniiy,  it  is  clear  that  we  must  recover  the  com¬ 
plete  redistribution  (CRD)  result  for  p,(r)  given  by 
(21).  In  other  words, 

p<(r)m  \ Cdx  ^ ( } EA r<Hx )) =  ■ 


where  .x=*max(*„.x'(«  =  2)).  Equation  (32)  accounts 
for  both  multiple  scattering  escapes  in  the  wings  and 
escape  by  photons  created  at  optically  thin  frequencies 
by  interlocked  processes.  The  choice  of  x  in  (32)  rather 
than  x,  allows  for  the  fact  that  destruction  processes 
may  interfere  with  multiple  scattering  escape  at 
frequency  .x,. 

Finally,  we  turn  to  the  bound-free  continua.  In  the 
high  ionization  limit  (i.e.,  n,  and  np  constitute  essen¬ 
tially  the  entire  particle  density)  primary  electrons 
reach  a  Maxwellian  distribution  before  recombining. 
Following  Canfield  and  Ricchiazzi  (1980),  equation 
(21)  leads  to 

<33a> 


where 
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In  equation  (34)  we  have  assumed  ai-'1  dependence  of 
the  absorption  profile,  and  stimulated  emission  has 
been  ignored.  An  approximation  to  pXT)  >n  equation 
(34)  that  is  accurate  enough  for  our  purposes  is 

2^  e^p[  — t/?-3  —«(/?—  !)]  (34) 

where  yS=max{(3ra~l)l/4, 1}  (cf.  Canfield  and  Ric¬ 
chiazzi  1980). 

VI.  CONCLUSIONS 

We  have  described  a  general  procedure  for  calculat¬ 
ing  the  flux  of  radiation  emerging  from  a  plane-parallel 
atmosphere  irradiated  by  an  external  source.  Tins  pro¬ 
cedure  is  applicable  to  a  wide  variety  of  problems 
including  quasar  emission-line  clouds,  solar  flare  chro¬ 
mospheres,  and  X-ray  binaries.  To  proceed,  one  needs 
to  know  the  dependence  of  the  probability  of  photon 
escape,  p,(r),  in  the  important  transitions  as  a  function 
of  some  reference  optical  depth.  These  escape  probabil¬ 
ities  depend  sensitively  on  atomic  physics  and  the 
physical  conditions  in  the  medium.  Knowledge  of  />,(r) 
permits  the  solution  of  the  probabilistic,  fre¬ 
quency-integrated  radiative  transfer  equation.  Al¬ 
though  in  this  paper  we  have  chosen  to  do  this  through 
scaling  laws,  in  many  cases  other  methods  may  be 
more  suitable.  Through  an  itciative  procedure,  a 


simultaneous  solution  of  the  radiative  transfer  equation 
and  the  steady-state  atomic  equilibrium  equations  is 
obtained.  This  solution  determines  the  values  of  the 
flux  divergence  coefficient  p  and  the  lme-ccnter  source 
.function  S0.  The  values  of  these  two  parameters  lead 
directly  to  local  rates  of  radiative  heating  and  cooling. 
In  addition  to  allowing  a  straightforward  calculation  of 
the  emergent  line  and  bound-free  fluxes,  knowledge  of 
these  parameters  are  essential  for  construction  of  en¬ 
ergy-balance  models. 

In  future  papers,  we  plan  to  improve  various  aspects 
of  the  procedure  described  above.  These  include  re¬ 
placement  of  the  scaling  laws  by  a  depth-dependent 
probabilistic  scheme,  development  of  a  single-flight 
escape  probability  for  weakly  interlocked  resonance 
lines  like  La,  and  modifications  to  the  form  of  pr(r) 
due  to  linear  Stark  broadening  and  interlocking. 
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iii )  Theoretical  Quasar  Emission  Line  Ratios . 


II .  Hydrogen  La,  Balmer ■  and  Paschen  Lines,  and  the  Balmer  Continuum 

This  paper  describes  an  application  of  the  methods  of  the  previous  paper 
to  the  problem  of  quasar  emission  line  ratios.  There  i3  much  in  common  between 
this  problem  and  that  of  solar  flares.  In  both  cases,  the  irradiation  of  the 
emitting  plasma  by  a  strong  source  of  radiation  plays  a  significant  role  in 
determining  the  nature  of  the  emergent  radiation.  In  the  case  of  a  quasar,  it  is 
thought  that  the  emission  comes  from  clouds  illuminated  by  a  central  power-law 
continuum  source.  In  solar  flares,  the  analogous  situation  is  the  illumination 
of  the  chromosphere  and  photosphere  by  radiation  from  the  hot  overlying  X-ray 
emitting  flare  plasma. 
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ABSTRACT 

We  explore  the  formation  of  the  hydrogen  La,  Balmer,  and  Paschen  lines  and  the  Balmer 
continuum  in  highly  idealized  QSO  broad  emission  line  clouds  (ELCs)  of  constant  temperature  and 
density  irradiated  by  an  external  source  of  power-law  spectral  form.  We  simultaneously  solve  the 
equations  governing  excitation,  ionization,  and  transfer  of  both  external  and  diffuse  radiation 
fields.  Our  calculations  show  t' at  the  typical  observed  broad  emission  line  ratios  of  La/Ha, 
H/t/Ha,  Pa/Ha,  and  Balmer  continuum/Ha  can  be  understood  for  ELC  conditions  in  the 
tempe.-ature  range  7x  lO^^S^X  104  K,  hydrogen  density  range  10s H <  10,J  cin"3,  and  for 
external  fluxes  <ts<~6  ergsem-2  s_l  Hz-1  at  the  Lyman  continuum  limit. 

Important  results  are: 

1.  The  L«/H«  ratio  is  very  sensitive  to  the  optical  thickness  of  the  cloud  at  the  optical  thickness 
that  we  think  are  appropriate  for  QSOs. 

2.  It  is  not  necessary  to  postulate  dust  cither  internal  or  external  to  the  ELC. 

3.  The  ELCs  arc  very  optically  thick:  the  Balmer  lines  and  Pa  originate  in  a  region  for  which  the 
Lyman-limit  optical  depth  rfl>l02. 

4.  A  very  extended  ionized  zone  results  from  ionization  from  excited  states. 

5.  The  radiation  from  various  transitions  arises  from  very  extended  and  sometimes  quite 
different  regions  of  the  cloud.  This  renders  a  mean  escape  probability  approach  inappropriate. 

6.  Predicted  line  ratios  and  cooling  rates  depend  critically  on  the  functional  form  of  the  photon 
escape  probability. 

7.  Acceptable  values  of  the  area  covering  factor  and  static  energy  balance  require  temperatures 
somewhat  in  excess  of  104  K. 

Subject  headings:  line  formation  —  quasars  —  radiative  transfer 


t.  introduction 

The  observed  hydrogen  emission  lines  in  QSOs  have 
received  increased  interest  since  Baldwin  (1977)  first 
suggested  that  the  intrinsic  La/H/3  line  intensity  ratio 
is  depressed  by  a  factor  of  abou-  10  from  the  typical 
recombination  value.  This  result  has  since  been  ob- 
servationally  confirmed  by  numerous  authors  (see 
Davidscn  (1980)  for  a  brief  review  of  the  observational 
situation).  In  the  present  paper  we  review  the  results  of 
a  fully  interlocked  depth-dependent  radiative  transfer 
calculation  for  hydrogen  using  the  technique  outlined 
in  the  first  paper  of  this  series  (Canfield  and  Puetter 
1981,  hereafter  Paper  1).  A  previous  paper  (Canfield 
and  Puetter  1980)  briefly  outlined  these  results.  Here 
we  discuss  the  results  of  the  calculation  in  considerably 
more  detail  and  make  minor  improvements. 

II.  FRAMEWORK  OF  THE  MODEL 

There  arc  two  basic  aspects  to  modeling  quasar 
emission  lines.  First,  one  must  decide  on  what  the 
physical  conditions  of  the  emission  line  region  arc: 


second,  one  must  decide  how  adequately  to  describe 
the  emitters  of  the  observed  radiation  (i.e„  how  to 
model  the  atomic  physics  of  the  problem).  We  discuss 
these  two  points  in  the  subsections  below. 

a)  The  Conditions  in  Quasar  Emission  Line  Clouds 

Our  basic  assumptions  concerning  the  geometry  and 
physical  conditions  in  the  broad  emission  line  region 
have  been  outlined  in  Paper  I.  We  envision  the  emis¬ 
sion  line  region  to  contain  a  large  number  of  emission 
line  clouds  (ELCs)  each  having  considerable  optical 
thickness.  Each  ELC  is  illuminated  by  a  powerful 
central  ionizing  source  of  power  law  form.  We  specify 
the  ionizing  flux  in  our  models  by  the  parameter  v/  J0, 
where  5 is  the  ionizing  flux  at  1  Rydberg  and  y0  =  10  8 
ergsem s'1  Hz-1.  In  all  the  models  described  below 
we  have  assumed  a  power  law  spectral  index,  a.  of  1 
(i.e.,  %/% cc»>"“,  with  a=  1.0).  Simple  arguments  based 
on  the  absence  of  broad  forbidden  lines  suggest  that 
the  total  hydrogen  density,  n]t<  in  the  ELC  is  consider¬ 
ably  larger  than  in  galactic  H  II  regions  or  planetary 
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nebulae.  Typical  values  used  in  modeling  quasar  ELCs 
arc  around  nu  -  !09  cm-3.  We  parametrize  the  density 
in  our  models  by  n9(  =  nu/\Q'>  cm'3).  In  addition  we 
make  the  assumption  that  n9  is  a  constant  throughout 
the  EEC.  Typical  temperatures  of  ELCs  arc  expected  to 
be  about  I04  K.  We  specify  our  model  electron  temper¬ 
atures  by  7^(=7yi0'  K).  Again  we  make  the  artificial 
assumption  of  constant  7",.  While  the  emission  line 
region  probably  contains  very  many  ELCs,  in  the  pre¬ 
sent  paper  we  model  only  one  ELC.  If  the  emission  in 
the  different  ELCs  varies  widely,  an  ensemble  average 
will  need  to  be  taken.  This  was  deemed  unwarranted  in 
the  present  study.  We  expect  tl  e  variation  of  line  ratios 
due  to  various  ELC  geometries  to  be  very  small  and  so 
have  modeled  our  ELC  as  a  plane-parallel  atmosphere 
with  emission  from  only  one  side  (i.e.,  the  side  facing 
the  central  source). 

In  this  paper,  we  have  not  attempted  to  calculate  a 
self-consistent  thermal  balance  model  of  quasar  ELCs. 
Such  a  problem  is  considerably  more  difficult  than 
calculating  line  ratios  given  a  particular  atmosphere. 
The  calculation  of  the  local  heating  and  cooling  rate  is 
of  paramount  importance  in  such  a  calculation.  This 
requires  a  more  sophisticated  solution  to  the  equation 
of  transfer  than  our  scaling  law  technique  (sec  Paper  I) 
provides  The  lack  of  a  self-consistent  atmosphere  is 
one  of  the  major  deficiencies  in  our  present  models, 
and  makes  this  work  more  an  exploration  of  radiative 
transfer  effects  than  a  physically  realistic  model  of 
quasar  ELCs,  However,  if  the  major  emission  from  the 
ELCs  arises  in  a  roughly  constant  temperature  region 
or  from  regions  in  which  the  electron  temperature  does 
not  affect  the  source  function  strongly  (such  as  for 
small  optical  depths),  then  we  expect  our  models  to 
reflect  actual  QSO  emission  regions, 

Even  though  our  models  suffer  significantly  from  our 
artificial  assumptions  of  constant  density  and  tempera¬ 
ture,  we  have  made  a  significant  advance  over  past 
quasar  ELC  models  by  incorporating  an  improved 
treatment  of  radiative  processes.  It  is  encouraging  that 
we  are  able  to  reproduce  the  observed  quasar  emission¬ 
line  spectrum  from  such  idealized  models.  We  fully 
expect,  however,  that  the  relationship  between  line 
ratios,  absolute  line  intensities,  etc.,  and  temperature 
and  density  will  change  when  thermal  balance  models 
which  incorporate  the  effects  we  have  explored  become 
available. 

b)  The  Atomic  Model 

We  chose  to  model  our  hydrogen  atom  as  five  bound 
levels  and  the  ionized  state.  We  include  only  six  levels 
because  numerical  experiments  with  the  number  of 
levels  indicated  that  line  strengths  art  determined  to 
roughly  l°o  when  one  level  above  the  upper  level  of  the 
transition  in  question  is  included.  Our  primary  interest 
at  the  present  tune  is  m  the  lines  Lu,  L (I,  Ha,  and  Pa. 


These  lines  should  change  by  only  about  1%  upon 
including  higher  levels  in  the  calculation.  The  uncer¬ 
tainties  introduced  by  other  effects  are,  of  course, 
greater  than  this.  We  also  chose  not  to  resolve  angular 
momentum  substructure  of  the  atomic  levels.  At  the 
densities  we  consider,  eolhsional  /  mixing  is  very  rapid. 
Relatively  few  scatterings  are  needed  before  eolhsional 
mixing  occurs.  This  means  that  even  if  there  is  a 
departure  of  the  source  functions  of  the  individual 
angular  momentum  substates,  they  scale  together  with 
some  typical  lag  in  optical  depth  which  is  small  in 
comparison  with  the  total  optical  depth.  Thus,  as  the 
individual  source  functions  saturate,  the  disagreement 
between  the  individual  source  functions  can  only  per¬ 
sist  over  negligible  portions  of  the  atmosphere.  Another 
way  of  viewing  this  effect  is  to  note  that  as  the  optical 
depths  become  large,  the  net  radiative  rates  arc  severely 
reduced.  This  reduction  in  the  net  radiative  rates  im¬ 
plies  that  the  source  functions  of  all  the  substates  begin 
to  become  collisionally  interlocked.  Thus  the  substates 
tend  to  have  thermal  populations  deep  into  quasar 
emission  line  clouds. 

The  atomic  rates  we  have  adopted  were  obtained 
from  the  following  sources.  Collisional  excitation  and 
ionization  rate  coefficients  were  taken  from  the  work  of 
Johnson  (1972).  The  photoionization  cross  sections  were 
taken  from  the  appioxiinatc  formulae  given  in  Jefferies 
(1968>  calculated  with  Gaunt  factors  at  the  absorption 
edges  taken  from  z\l!en  (1973).  The  spontaneous  radia¬ 
tive  emission  coefficients  for  the  hydrogen  lines  were 
taken  for  Wcise,  Smith,  and  Glennor.  (1966).  All  the 
inverse  rates  were  calculated  on  the  basis  of  detailed 
balance. 

Other  aspects  of  the  atomic  physics  arc  the  processes 
of  line  broadening  and  photon  frequency  redistri¬ 
bution.  The  probability  of  photon  escape  is  of  utmost 
importance.  Questions  of  absoq>tion  coefficient  pro¬ 
files,  line  broadening,  and  frequency  redistribution  are 
extremely  pertinent.  We  have  dealt  with  these  questions 
in  considerable  detail  in  Paper  I. 


III.  LINE  RATIOS  AS  A  FUNCTION  OF  PHYSICAL 
CONDITIONS 

The  exact  physical  conditions  in  the  broad  line  re¬ 
gion  are  not  well  determined.  Therefore  it  is  ap¬ 
propriate  to  explore  the  effects  on  line  ratios  of  varying 
physical  concitions,  as  this  might  rule  out  certain 
physical  conditions  as  unrealistic.  A  general  picture  of 
what  might  be  considered  “reasonable"  conditions  has, 
however,  grown  out  of  past  models.  Thus  we  explore 
only  a  moderate  variation  of  parameters  about  what  we 
shall  term  our  standard  model.  In  Figures  1  and  ?.  we 
display  the  variation  of  the  La/Ha,  HjJ/Ha,  Pa/Ha, 
and  Bc/Hu  ratios  as  a  function  of  optical  depth  at  the 
Lynun  continuum  edge,  rcl,  the  electron  temperature, 
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La/Ha 

Fio,  1.— The  calculated  values  of  the  lute  flux  ratios  of  \\(l/\\a  and  La/Ho  for  different  HI.C  parameters  as  a  function  of  Lyman 
limit  optical  depth  The  1. 1C  parameters  explored  are  (a)  electron  temperature  T4,  (b)  total  hydrogen  density  and  (c)  ionizing  flux 
§/«70  where  %  *■  10  "*  ergss*'  cm~JHz  at  I  Rydberg  In  all  models  we  assume  that  the  ionizing  flux  varies  as  e  l0.  The  symbols  on 
each  curve  indicate  one  decade  intervals  in  optical  depth  at  the  I.yman  limit  unless  specifically  noted  otherwise.  The  standard  model 
(|T  <?  |  o,  n,  =  10  0.  and  l.T/'y0  *»  1  0)  is  shown  in  all  three  panels.  The  rectangle  indicates  typical  observed  ranges  of  the  ratios. 
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the  total  hydrogen  density,  and  the  ionizing  flux  at  I 
Rydberg,  lJ.  The  standard  model  (7„  =  I.Q,  «9  =  10.0, 
*$/%  —  1.0  where  ?Fo=10"e  ergss"1  cm'*  Hz'1)  is 
shown  in  each  panel  of  Figures  1  and  2.  The  marks 
along  each  curve  indicate  one  decade  intervals  in 
and  some  labels  are  given  as  space  permits.  The  box 
shown  in  each  panel  represents  the  observed  range  of 
La/Ila  and  H/?/Ha  in  Figure  1  and  of  Pa/Ha  and 
Bc/Ha  in  Figure  2.  Any  model  that  hopes  to  explain 
the  observed  line  ratios  must  pass  through  the  boxes  in 
both  figures.  In  Figures  1  a  and  2 a  we  illustrate  the 
effects  of  varying  the  electron  temperature,  while  in 
Figures  16,  26  and  1  <*,  2c  we  illustrate  the  effects  of 
variations  in  $/%  and  n9,  respectively.  We  now  turn  to 
a  more  detailed  description  of  Figure  I. 

Figure  1  a  shows  the  effects  of  varying  the  electron 
temperature  of  the  ELC.  Notice,  first,  the  values 
of  La/Ha/II/?  obtained  for  low  values  of  r(].  The 
low  density  limit  case  A  values  of  this  ratio  arc 
12.6/1.00/0.37,  11.4/ 1.00/0.35,  and  10.5/1.00/0.32  for 
7"«=  0.5.  1.0,  and  2.0,  respectively.  Our  calculations 
agree  fairly  well  with  the  case  A  values  for  7\  =0.5  and 
1.0.  For  7\  =2.0,  however,  we  obtain  a  different  result. 
At  r4  =  2.0  and  the  densititics  we  consider,  collisional 
effects  arc  extremely  important  compared  to  recombi¬ 
nation.  In  fact,  the  collisional  creation  rate  of  La  from 
level  1  is  roughly  2.5  times  larger  than  the  direct 
recombination  rate  to  level  2.  Thus  it  is  not  surprising 
to  find  the  actual  L«/H«  ratio  roughly  three  times  the 
predicted  low  density  case  A  value. 

As  the  optical  depth  increases,  the  L«/H«  and 
H/J/Ho  ratios  fall.  The  formei  ratio  decreases  because 
La  has  a  rapidly  decreasing  escape  probability  due  to 
the  ever  increasing  La  optical  depth,  while  Ha  remains 
optically  thin.  The  latter  ratio  decreases  as  the  conver¬ 
sion  efficiency  of  L /?  photons  to  Ha  photons  increases 
as  Lft  becomes  optically  thick.  Still  deeper  into  the 
ELC,  the  Balmer  lines  become  optically  thick,  and  the 
H/J/Ha  ratio  begins  to  increase  as  the  line  source 
functions  begin  to  grow.  The  La/Ha/H/?  at  large 
optical  depth  is  determined  by  the  relative  photon 
escape  probabilities  since  the  source  functions  have  all 
reached  LTE  values.  The  low  La/Balmer  line  ratio  is 
due  to  the  very  inefficient  escape  of  La  as  compared  to 
other  lines.  This  confirms  the  suggestion  of  Baldwin 
(1977)  that  the  low  La/Ha  ratio  is  due  to  the  relative 
enhancement  of  Ha,  and  not  to  destruction  of  La.  The 
limiting  La/Ha  ratio  at  large  t  depends  upon  the 
escape  probability  in  both  La  and  1 1  a.  The  escape 
probability  for  La  in  turn  depends  upon  the  creation 
rate  of  photons  at  optically  thin  frequencies  by  inter¬ 
locked  transitions  (primarily  Ha).  The  escape  probabil¬ 
ity  of  Ha  depends  upon  the  size  of  the  radiattvciy 
damped  wings.  Thus  at  the  densities  we  consider  here, 
the  limiting  I.a/Ila  ratio  for  t-*oo  is  solely  a  (unction 
of  Tt,  The  final  Ha/H/i  ratio  is  determined  by  the 
relative  size  of  the  Voigt  damping  parameter  in  Ha  and 


H /?  and,  of  course,  the  electron  temperature  (see  Paper 

I). 

Figures  1  b  and  le  also  both  show  the  same  general 
trends  in  the  La/Ha/H//  ratio  as  in  Figure  In.  There 
arc  a  few  minor  differences,  however.  The  high  density 
case  in  Figure  I b  has  a  “wiggle”  in  it  between  ly,  -  10  ~2 
and  10*.  The  upturn  in  the  H/?/H«  ratio  at  rr,  — -10 
corresponds  to  the  point  at  which  Ha  becomes  opti¬ 
cally  thick,  while  the  sudden  break  in  the  rise  in  ll/l/Ha 
corresponds  to  the  point  at  which  H/?  becomes  opti¬ 
cally  thick.  This  effect  is  most  pronounced  in  the  high 
density  case  because  this  has  the  largest  recombination 
rate  and  produces  the  largest  emitted  optically  thin 
fluxes  of  any  model.  In  the  high  density  model,  it  was 
necessary  to  include  the  effects  of  Stark  broadening  in 
order  to  model  accurately  the  photon  escape  probabil¬ 
ity  (sec  Canfield  and  Puettcr  19816  for  a  detailed 
description  of  Stark  broadening  as  applied  to  photon 
escape).  In  Figure  1c  we  indicate  the  effects  of  different 
ionizing  radiation  intensities.  The  low  intensity  and 
standard  model  La/Ha/H/?  ratios  arc  similar  at  low 
optical  depth.  The  low  intensity  ratios  depart  from  the 
standard  model  values  as  the  optical  depth  increases 
because  the  higher  electron  density  of  the  standard 
model  causes  the  source  functions  to  thermahzc  at 
lower  optical  depth  values. 

In  Figure  2  we  explore  the  effect  of  the  model 
parameters  on  the  integrated  Balmer  continuum  (Re) 
emission  and  the  Fa  line  emission.  The  rectangle  corre¬ 
sponds  to  the  observed  range  of  Pa/Ha  and  Bc/Ha 
(Puetter  et  al.  1981).  At  low  optical  depths  the 
Pa/Bc/Ha  ratios  do  not  agree  particulaily  well  with 
the  case  B  values.  The  case  B  values  for  Pa/Bc/Ha 
are  0.13/1.1/1.0.  0.12/1.4/1.0,  and  0.11/0.95/1.0  for 
7'4-0.5,  1.0,  and  2.0,  respectively  (see,  for  example, 
Ostcrbrock  1974,  where  we  assume  «,=  104).  Hie  rea¬ 
son  for  the  departure  of  the  Pa/Ha  ratio  from  tin  case 
B  value  at  rc,  =  10'5  is  easily  understood.  Case  B 
calculations  assume  that  all  the  Lyman  lines  are  ex¬ 
tremely  optically  thick.  At  tcI  =  10 ' 3,  lines  connecting 
levels  3  and  4  with  level  1  are  not  extremely  thick.  The 
optical  depth  in  Ly  is  roughly  1  at  this  point  and  L6  is 
still  thin.  As  the  cloud  becomes  thicker,  the  Pa/ Ha 
ratio  approaches  the  case  B  value  but  continues  to 
decrease  because  of  the  larger  radiatively  damped  wings 
of  Ha.  The  enhanced  Bc/Ha  ratio  relative  to  case  B  at 
small  optical  depth  is  due  to  the  ovei estimation  of  the 
level  3  population  in  the  case  B  approximation  which 
results  in  producing  too  nigh  an  Ha  flux  at  this  optical 
depth. 

The  decrease  in  the  Bc/Ha  ratio  toward  the  case  B 
value  is  due  to  the  increase  in  the  optical  depth  of  the 
Lyman  lines.  The  general  “zigzag”  nature  of  the 
Pa/Bc/Ha  curve  can  be  understood  in  terms  of 
the  following  effects.  When  the  La  source  function 
reaches  its  maximum  value,  the  decrease  in  the  Bc/Ha 
ratio  stops  (see  discussion  of  Fig.  5  in  §  IV).  Instead, 
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the  Be  emission  now  increases  relative  to  II «  (which  is 
optically  thick)  as  the  Be  source  function  starts  to 
increase  toward  its  LTE  value.  This  increase  in  Bc/Ha 
stops  when  the  Balmer  continuum  becomes  optically 
thick  and  the  higher  escape  efficiency  of  II«  photons 
causes  this  ratio  to  decrease  towaid  large  optical 
depths.  The  unusual  appearance  of  the  high  density 
case  in  Figure  2  is  due  to  the  onset  of  the  importance 
of  linear  Stark  broadening. 

In  Figure  2,  there  are  several  portions  of  the  curves 
that  are-given  as  dashed  lines.  The  dashed  portions  of 
the  curves  indicate  regions  in  which  our  results  are 
uncertain.  Our  model  calculation  assumes  that  the  ELC 
is  a  semi-infinite  atmosphere.  In  order  to  obtain  results 
for  clouds  of  smaller  total  optical  depths,  we  truncate 
our  semi-inifintc  results  at  the  appropriate  optical 
depth.  Generally  this  turns  out  to  be  a  good  approxi¬ 
mation.  This  procedure,  however,  gives  poor  results 
when  the  source  functions  and  effective  Planck  func¬ 
tions  at  optical  depths  less  than  the  truncation  depth  r, 
arc  materially  affected  by  the  radiation  fields  from 
greater  optical  depths.  Clearly,  in  this  case  the  physical 
conditions  for  optical  depths  less  than  r,  in  a  cloud  of 
total  optical  depth  r,  differ  markedly  from  the  condi¬ 
tions  for  r  <t,  in  a  semi-inf'.nite  atmosphere  even  under 
otherwise  identical  conditions.  Realistic  results  in  the 
above  cases  could  be  obtained,  of  course,  by  solving 
the  radiative  transfer  for  a  slab  rather  than  a  semi- 
infinite  atmosphere  as  we  have  done.  Such  a  calcula¬ 
tion  employing  an  improved  treatment  of  the  radiative 
transfer  is  currently  in  progress. 


IV.  DtfAILS  OF  Ttir.  STANDARD  MODEL 

Having  now  discussed  the  different  physical  condi¬ 
tions  that  can  produce  the  obseived  line  ratios,  we  shall 
find  it  instructive  to  examine  one  particular  model  in 
more  detail.  Several  aspects  of  the  standard  model  and 
their  impact  on  our  understanding  of  the  physics  of  the 
ELCs  and  their  implications  for  the  conditions  in  the 
ELC  region  arc  quite  interesting.  Among  these 
are  the  run  of  the  various  level  populations,  source 
functions,  and  effective  Planck  functions,  B  (sec  Paper 
I),  through  the  ELC.  These  quantities  aid  in  under¬ 
standing  the  local  emission  rates  and  the  way  in  which 
this  emission  arises.  Another  important  quantity  is  the 
value  of  the  emergent  flux  per  unit  optical  depth 
M  ~ 1 prS0  in  each  transition.  Finally,  the  absolute  inten¬ 
sities  are  of  interest  as  they  give  information  on  the 
amount  of  emitting  area  required  to  produce  the  ob¬ 
served  emission.  This,  in  turn,  has  implications  for  area 
covering  factors  and  the  total  emitting  mass  in  the 
broad  line  region.  These  various  points  are  discussed  in 
the  subsections  below. 

a)  Level  Populations,  Source  Functions,  and 
EJfective  Planck  Functions 

In  Figure  3,  we  display  the  level  populations  relative 
to  the  LTE  values  for  our  standard  model.  In  Figures  4 
and  5  we  display  the  normalized  effective  Planck  func¬ 
tion,  B/B(Tt )  (sec  Paper  I),  and  the  normalized  source 
function,  S0/B(Tt),  for  several  different  lines  and 
bound-free  continua.  Along  the  bottom  of  each  figure 


Fig.  3. —  Level  populations  for  the  standard  model  (7)  «=  1.0,  n,  “  10.0,  7/%  ■*  1 .0)  relative  to  their  LTE  values,  as  a  function  of 
position  in  the  cloud.  In  addition  to  the  tcI  scale,  we  also  show  the  neutral  column  densit)  and  distance  into  the  cloud  from  the  edge  facing 
the  ionizing  scurce. 
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Fio.  5. — Source  functions  and  effective  Planck  functions  B , 
relative  to  the  Planck  function  B(Tt.)  for  (a)  the  Lyman  con¬ 
tinuum  and  (B)  the  liahnet  continuum  as  a  function  of  depth  into 
the  EI.C.  In  addition  to  the  tc,  scale,  the  neutral  column  density 
and  distance  into  the  ELC  arc  given. 


Fig.  4. --Standard  model  source  functions  and  effective  Planck 
functions  B,  relative  to  the  Planck  function  B(Tr)  for  various 
lines,  as  a  function  of  depth  into  the  cloud.  In  addition  to  the  rtl 
scale,  the  neutral  column  density  and  distance  into  the  LLC  from 
the  side  facing  the  ionizing  source  are  given  (a)  La,  ( b )  Ha,  (c) 
Hfl,  and  (d)  Pa. 

in  addition  to  the  Lyman  edge  optical  depth  we  give 
the  total  neutral  column  density  and  the  distance  into 
the  ELC  in  centimeters.  Inspection  of  these  figures 
reveals  several  interesting  features  which  we  discuss 
below. 

Figure  3  shows  that  the  electron  density  is  essentially 
constant  and  equal  to  the  LTE  value  throughout  the 
entire  ELC.  This  high  state  of  ionization  results  from 
the  rapid  photoionization  rates  out  of  the  higher  bound 
levels  The  large  line  fluxes  tie  the  higher  bound  levels 
tightly  to  level  1.  Thus  there  is  a  rapid  path  from  level  1 
(which  constitutes  the  majority  of  all  neutrals)  through 
the  upper  bound  levels  to  the  continuum.  At  the  depth 
at  which  the  standard  model  achieves  the  observed  line 
ratio,  the  photoionizations  are  due  to  the  external  radi¬ 
ation  field  since  the  ELC  is  still  optically  thin  in  the 
higher  bound-free  continua.  Deep  into  the  ELC,  how¬ 
ever,  the  external  radiation  field  drops,  but  the  diffuse 
bound-free  continuum  fluxes  grow.  The  growth  of  the 
diffuse  continua  maintains  the  high  ionization  rate.  In 
fact,  the  ionization  rate  per  bound  level  deep  into  the 
ELC  due  to  the  diffuse  continua  is  several  orders  of 


magnitude  greater  than  the  rate  due  to  the  external 
field  at  small  optical  depths. 

Figure  3  also  shows  the  behavior  of  the  bound-bound 
source  functions.  Consider  first  the  populations  of  levels 
1  and  2  which  give  direct  information  on  the 
Lyman  alpha  source  function,  Sj,.  Note  that  for  small 
optical  depths  the  relative  level  2  population  is  smaller 
than  the  relative  level  I  population.  This  means  that  the 
value  of  S2)  is  subthcrmal,  as  is  confirmed  by  Figure  4. 
Past  tci  =  10**',  however,  the  relative  level  2  population 
exceeds  that  of  level  1,  i.e.,  S;,  is  superthcrmal.  At 
tc,-~3x  I02,  71:/«Vtk  joins  with  )i,//i}-1L.  This  means 
that  S2|  has  thermalized  (.also  sec  Fig.  4).  Note  that 
Figures  3  and  4  both  show  the  rest  of  the  line  source 
functions  thermalizing  at  tc,  —  10A.  And  Figures  3  and  5 
show  the  bound-free  source  functions  tnurnahztng  at 
t(.,~  107.  Note  also  that  for  rc,;<IO  the  values  of  So. 
S't,  and  Sfi  are  all  superthermal. 

The  relative  behavior  of  the  level  populations  can  be 
understood  in  the  following  manner.  At  the  tup  of  the 
ELC  atmosphere,  the  external  radiation  field  is  very 
high.  This  results  in  a  highly  ionized  gas.  Since  the 
radiation  fields  in  the  lines  and  continua  are  very  much 
lower  than  the  LTE  values,  the  spontaneous  radiative 
downward  rates  result  in  a  large  superthermal  popula¬ 
tion  of  level  1  and  small  subthermal  populations  in  the 
other  bound  levels.  Since  the  La  radiation  field  is 
relatively  strong,  however,  even  at  the  tup  of  the  atmo- 
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sphere,  the  population  of  level  2  also  manages  to  be 
superthermal.  As  we  proceed  deeper  into  the  ELC,  the 
continually  growing  I. a  radiation  field  (which  is  "feed¬ 
ing”  off  the  strong  nonthermai  Lyman  continuum) 
causes  the  relative  population  of  level  2  to  exceed  the 
relative  population  of  level  I.  In  addition,  the  growing 
radiation  fields  in  the  other  transitions  cause  the  higher 
bound  level  populations  to  grow.  At  r^  —  IO2,  the  Ly¬ 
man  continuum  source  function  ceases  to  be  dominated 
by  the  nonthermai  external  radiation  field  (see  Fig.  5) 
because  of  the  large  Lyman  limit  opacity.  The  absence 
of  this  nonthermai  component  from  the  Lyman  con¬ 
tinuum  interlocking  term  in  the  La  effective  Planck 
function  causes  5>,  to  thermalize.  The  La  source  func¬ 
tion,  having  thermalized  causes  the  relative  nt  and  «2 
populations  to  be  equal  and  "track"  together.  As  the 
other  line  source  functions  begin  to  thermalize  near 
TrJ  - — 106  all  the  bound  level  populations  begin  to  drop 
towards  their  LTE  values;  however,  they  are  able  to 
obtain  their  thermal  values  only  when  the  continuum 
source  functions  thermalize  at  rfl  — 107. 

In  Figure  4  we  plot  the  effective  Planck  func¬ 
tions  and  the  source  functions  for  several  different 
transitions.  The  effective  Planck  functions  give  us  in¬ 
formation  on  what  is  driving  the  source  functions  to  a 
particular  value,  and  the  source  functions  tell  us  the 
emission  per  unit  optical  depth  in  each  transition.  At 
the  top  of  the  ELC  atmosphere  we  see  that,  with  the 
exception  of  La.  the  effective  Planck  functions  for  all 
the  lines  shown  here  decrease  toward  large  r.  There  are 
two  reasons  for  the  increase  in  the  effective  Planck 
function  for  Lu.  First,  the  destruction  rates  of  Lyman 
line  photons  remain  constant  because  the  optical  de¬ 
pths  of  the  interlocked  transitions  (i.e.,  the  lines  of 
higher  series)  are  still  less  than  unity.  Second,  the 
creation  rates  in  the  Ljman  lines  increase  due  to  the 
rising  populations  of  the  higher  bound  levels,  which 
cause  the  pnotoioni/ation  rates  and  hence  recombina¬ 
tion  rates  to  increase,  'the  effective  Planck  functions 
for  the  lines  of  higher  series  decrease  for  the  following 
reasons.  First,  indirect  destructions  increase;  the  rates 
at  which  electrons  from  the  upper  ievel  u  arrive  in  the 
lower  level  /  by  indirect  paths  increase.  For  example, 
one  indirect  destruction  path  for  Ha  is  3—*  1  — »2  (i.e., 
emission  of  1/3  followed  by  absorption  of  La).  The 
efficiency  of  this  path  is  .ncreased  into  the  ELC  be¬ 
cause  the  La  radiation  field  increases  faster  than  the 
L/5  radiation  field.  The  remainder  of  the  decrease  in 
the  effective  Planck  functions  of  the  lines  other  than 
the  Lyman  lines  is  due  to  the  decreasing  effectiveness 
of  indirect  creations.  To  create  a  ul  photon  indirectly, 
one  must  take  an  electron  from  /  to  it  by  an  indirect 
path  The  most  productive  indirect  paths  for  small 
optical  depths  involve  spontaneous  radiative  decays. 
The  transition  /-»!  is  among  these  transitions.  The 
effectiveness  of  any  path  containing  the  step  /-»!  de- 
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creases  as  the  radiation  field  in  that  transition  in¬ 
creases.  Thus  the  increasing  Lyman  line  radiation  fields 
directly  cause  the  reduction  in  Fi  in  the  other  transi¬ 
tions  by  decreasing  the  indirect  creation  rates. 

The  turnover  in  the  value  of  B  in  La  at  about  rcl~3 
is  due  to  the  onset  of  effective  destruction  of  La 
photons.  This  point  corresponds  to  the  place  in  the 
atmosphere  at  which  the  probability  of  escape  is  equal 
to  the  probability  of  destruction  (destruction  here  in¬ 
cludes  all  means,  direct  and  indirect,  radiative  and 
collisional,  of  destroying  ul  photons,  see  Paper  I).  At 
this  depth  the  energy  stored  in  the  La  transition  starts 
to  “flow"  back  into  the  other  lines,  the  value  of  B  in  La 
drops,  and  the  values  of  B  in  the  other  transitions 
increase.  By  1 02.  La  has  come  into  the  thermo¬ 

dynamic  equilibrium  with  the  electrons.  The  source 
functions  in  the  other  transitions  slowly  rise  past  rc,~ 
I01  in  response  to  the  continuing  increase  of  collisional 
effects  as  the  net  radiative  rates  decrease. 

In  Figure  5  we  consider  the  Lyman  and  Calmer 
continua.  At  small  optical  depths  the  source  function, 
is  dominated  by  the  strong  external  radiation  field. 
At  Tf|~l  the  external  radiation  field  begins  to  drop 
and  so  does  2?,,.  The  general  rise  in  fici  at  small  optical 
depths  is  due  to  the  increase  in  the  total  ionization  ratc 
from  the  upper  levels.  For  small  optical  depths  the 
other  bound-free  continua  are  also  thin,  and  the  in¬ 
creasing  bound  level  populations  cause  a  net  increase 
in  the  total  rate  to  the  continuum— i.e.,  the  Lyman 
continuum  is  “feeding"  off  the  external  radiation  fields 
in  the  other  continua.  The  La  source  function  reaches 
its  largest  value  at  rcl  — 3.  As  a  result,  Bcl  turns  over  at 
this  point  and  decreases  as  thermah/es.  The  de¬ 
crease  in  B'i  for  small  optical  depths  is  due  to  the 
decreasing  effectiveness  of  the  indirect  creation  path 
2—*  1  — *c.  The  increasing  La  radiation  field  competes 
strongly  with  the  l->c  step.  An  ever  increasing  number 
of  electrons  that  decay  from  level  2  to  level  1  find 
themselves  returning  to  level  2  via  a  La  absorption 
rather  than  finding  their  way  to  the  continuum.  This 
causes  Bc2  to  decrease.  As  S2l  thermalizes,  Bcl  and  Bel 
stabilize  and  eventually  grow  to  thermal  values  as  the 
net  radiative  rates  become  unimportant  in  comparison 
to  the  collisional  rates. 

b)  The  Depths  of  Line  Formation 

In  Figure  6  we  give  the  values  of  ptS0i  arbitrarily 
normalized  to  unity  at  the  point  of  maximum  \alue 
versus  logr,.,  for  several  different  tiansmons,  for  a 
semi-infinite  atmosphere.  Ir.  addition  to  the  rC|  scale 
we  also  include  the  t  scales  for  each  transition  plotted. 
The  function  ptS0r  measures  the  flux  that  emeiges  from 
optical  depth  r  per  unit  lnr.  The  relative  maximum  in 
the  La  emission  per  unit  logarithmic  optical  depth  at 
tC|~10'  is  due  to  the  superthermal  nature  of  S2l  at  this 
point.  The  \alue  of  ptS0r  for  La  begins  to  decrease 
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Flo.  6.— The  iclalivc  value  of  p,Sqt.  the  flux  emergent  from  depth  r,  per  unit  In  r.  the  standard  model.  In  addition  to  die  standard 
r,,  depth  scale,  we  give  optical  depth  scales  for  all  the  transitions  plotted.  The  dot-dashed  line  gives  the  relative  value  of  p,S0r  for  I.«, 
scaled  to  unity  at  its  point  of  maximum  value;  the  dotted  line  gives  the  Rainier  continuum,  and  the  solid  line  gives  Ho,  H/3,  and  Pti.  which 
are  essentially  identical. 


until  about  rc,  —  3xlOJ  because  .S2,  is  thcrinalizing. 
From  this  point  deeper  into  the  HLC  the  value  o !  p,S0r 
for  La  would  be  roughly  constant  since  S0  is  constant 
and  pf~~T~\  due  to  diffusion  in  space  (set  Paper  I) 
were  it  not  for  the  effect  of  interlocked  transitions. 
Destruction  of  La  by  interlocking  quickly  causes  the 
diffusion  in  space  by  multiple  scattering  to  become 
very  inefficient.  Hence  the  probability  of  photon  escape 
by  diffusion  in  space  decreases  faster  than  r'1  past 
rtl—  3xl0\  Compensating  for  this  effect,  however,  is 
creation  of  La  photons  at  optically  thin  frequencies  by 
interlocking  Thus  p,(r)  takes  on  a  t"i/j  dependence. 
Consequently,  past  rcl~3x  increases  as  tw1. 

In  contrast  to  La,  the  Baimer  and  higher  lines  are 
subthermal  far  deeper  than  where  La  thermalizes.  Thus 
initially  ptSvr  in  these  lines  will  grow  faster  than  La  in 
the  region  with  5^(La)  =  /?.  After  these  lines  thermalize 
a.  rfl~106  the  values  of  p,S0r  in  these  transitions 
increase  as  ti/j  because  p,~ ct'i/j  due  to  complete 
frequency  redistribution  over  the  radiatively  damped 
Voigt  profile.  Thus  past  tcI~106,  ptSar<xjx>'1  for  Ha, 
H/3,  and  Pa.  Hence  at  large  r  the  La/Ha/H/3/Pa 
ratio  locks  to  a  constant  value  as  long  as  Tf  is  constant. 

Figure  6  also  displays  the  value  of  p,S0 t  for  the 
Baimer  continuum.  As  can  be  seen  from  the  figure,  the 
largest  contribution  to  the  Be  emission  would  come 
from  the  region  tc2  — 10'  if  the  LLC  were  thick  enough. 
The  peak  in  p,S0r  in  the  Baimer  continuum  occurs  at 
tc2~10'  because  of  the  sharp  drop  in  p,{ tc2)  for  rf2 


exceeding  1  (sec  Paper  I)  and  the  steady  rise  of  S0 
throughout  this  range.  Thus  the  total  Baimer  emission 
increases  rapidly  until  the  total  ELC  optical  depth 
exceeds  tcI  —  10s  after  which  point  it  only  slowly  in¬ 
creases  and  remains  roughly  constant  for  clouds  ex¬ 
ceeding  tc,  ~10\  Tor  the  standard  model,  however,  the 
Baimer  lines  grow  much  more  rapidly  with  increasing 
column  density  than  does  the  Be  emission.  Thus  the 
Bc/Balmer  line  ratios  peak  at  about  rc,  — •  10 1  where  ihe 
Baimer  continuum  is  still  thin.  Thus  observationally, 
one  should  expect  the  objects  winch  show  the  largest 
Baimer  continuum  emission  relative  to  the  Baimer  lines 
to  exhibit  an  optically  thin  Baimer  continuum  profile. 
This  conclusion  seems  lo  be  confirmed  by  ihe  observa¬ 
tions  of  Puetter  ei  al.  (1921). 

The  above  considerations  indicate  that  ,l,e  low 
La/Balmer  line  ratio  may  imply  a  lower  limn  to  the 
column  density  of  emitting  gas.  Using  Figure  I  as  a 
guide,  we  see  that  apparently  no  models  with  r,,<10: 
are  able  to  produce  a  low  enough  La/B.  lmer  line 
ratio.  In  addition,  the  fact  that  the  La/Balmer  ratio  is 
not  observed  to  be  extremely  small  (La/Ha<0.l,  say) 
seems  to  require  that  the  total  emitting  column  density 
is  in  some  way  self-limiting.  Perhaps  the  gas  becomes 
too  cold  to  support  a  high  state  of  ionization  past  a 
certain  point  and  the  line  source  functions  drop  off 
sharply.  The  resolution  of  this  problem  will  have  to 
wait  until  energy  balance  models  th.u  incorporate  ade¬ 
quate  radiative  transfer  are  available  for  quasar  El.Cs. 
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c)  Total  Line  Intensities  and  Area  Covering 
Factors 

As  can  he  seen  from  Figure  2,  our  model  ELC 
populations  vary  by  several  orders  of  magnitude  over 
the  range  of  optical  depths  considered.  'I  his  dramati¬ 
cally  demonstrates  that  the  assumption  of  constant 
populations,  as,  for  example,  in  case  8  type  mode  >  of 
quasar  ELCs,  may  produce  grave  errors.  Nonetheless,  it 
is  instructive  to  compare  our  results  with  those  of  case 
B  since  the  large  majority  of  past  ELC  models  have 
made  use  of  such  assumptions. 

The  calculation  of  case  B  level  populations  or  line 
intensities  assumes  that  the  lines  other  than  the  Lyman 
lines  are  optically  thin.  In  addition,  it  has  become 
customary  to  also  include  collision-l  effects  '  ee,  for 
example,  Osterbrock  1974).  The  effects  of  collisions, 
however,  are  always  small  at  7j.  — 104  K.  unless  the 
optical  depths  are  large  (i.e„  the  net  radiative  rates  are 
small)  or  the  densities  are  considerably  larger  than 
thought  typical  of  quasar  ELCs.  Therefore  the  case  B 
lines  intensities  are  dominated  by  the  downward  spon¬ 
taneous  radiative  rates  and  arc  straightforward  to 
calculate.  Under  case  B  assumptions,  the  line  intensi¬ 
ties  arc  directly  proportional  to  the  volume  cmissivities, 
which  are  in  turn  proportion  it  to  the  population  of  the 
uppe.  level  of  the  transition  Since  the  net  radiative 
rates  in  our  ELC  at  the  top  of  the  atmosphere  are 
similar  in  all  transitions  but  L«  'o  the  optically  thin 
rates  assumed  in  case  B,  it  is  not  surprising  that  the 
level  populations  we  calculate  for  levels  1,  3,  4,  5,  and  c 
compare  favorably  with  the  case  B  values  (of  course, 
our  values  depart  significantly  from  case  B  as  we  move 
deeper  into  the  ELC).  Our  nc  population  is  in  nearly 
exact  agreement  with  case  B  while  our  /»,  population  is 
within  25%  of  case  B.  In  addition,  the  populations  we 
calculate  for  levels  3.  4,  and  5  are  all  within  a  factor  of 
2  of  the  case  B  values.  The  case  B  value  for  level  2,  on 
the  other  hand,  is  not  very  well  founded.  Case  B 
calculations  by  nature  do  not  include  in  detail  the 
effects  of  radiative  transfer  in  La  or  the  other  Lyman 
lines.  If  we  assume,  however,  that  every  recombination 
produces  a  La  photon  that  escapes  unimpeded,  the 
level  2  population  one  obtains  is  —  5.5 X  ’O'2  cm-5  at 
104  K.  Our  level  2  population  at  small  t(tc,  =  10  _J)  is 
2.7  x  10*  cm,  which  is  in  poor  agreement  with  the  above 
value.  We  can  improve  the  agreement  with  the  “case 
B"  level  2  population  by  assuming  only  p,(")  of  the 
created  La  photons  escape  and  thus  in  some  way 
account  f^r  the  “pile-up”  of  L  a  photons.  If  we  do  this 
the  new  “case  B”  value  for  the  population  in  level  2  is 
still  only  8.8  x  10  - 1  or  a  factor  of  roughly  30  tco  small. 
Thus  it  seems  that  there  is  no  simpte  extrapolation  of 
the  case  B  assumptions  that  is  able  to  reproduce  the 
correct  population  of  the  second  level. 

The  total  emitted  intensities  from  our  standard  model 
are  considerably  smaller  than  those  of  case  B  (a  factor 


of  18  for  Hfi  for  rf)~103  for  the  same  column  densi¬ 
ties.  Uowcvei,  this  is  not  unexpected.  With  large  opti¬ 
cal  depths  the  escape  of  photons  from  deep  in  the  ELC 
becomes  increasingly  unlikely.  To  compensate  for  this 
effect  and  maintain  an  ELC  that  has  a  high  efficiency 
for  converting  the  iom/.ing  energy  into  line  flux,  the 
production  of  photons  deep  into  the  ELC  must  in¬ 
crease.  Parenthetically  we  note  that  one  can,  of  course, 
always  produce  an  arbitrarily  large  amount  of  radiation 
in  any  line  with  pj  a  monotomcaiiy  increasing  function 
by  increasing  the  column  density  until  the  wings  be¬ 
come  sufficiently  thick  to  provide  the  radiadon.  This, 
however,  may  (and  probably  will)  upset  the  constraint 
of  ihe  observed  line  ratios. 

The  intrinsic  line  fluxes,  along  with  the  assumed 
intrinsic  ionizing  flux  per  hertz  at  1  Rydberg,  (T1"1,  and 
the  observed  values  cf  the  line  flux  and  continuum  flux 
unambiguously  determine  the  area  covering  factor: 

< jj°b »  rat 

e-i  “  cpTsT  ’  0> 

where  we  have  assumed  that  e ,  is  small  enough  that  the 
correction  to  5’ob*  due  to  obscuration  by  the  emission 
line  clouds  is  negligible.  The  value  of  S’,® ^/<S°  as 
calculated  from  the  data  of  Baldwin  (1975)  is  about 
10u  Hz.  We  have  not  included  3C  273  or  the  two 
extreme  spectral  index  objects  in  this  sample  in  calcu¬ 
lating  this  value  since  they  seem  atypical.  Thus  our 
standard  model  produces  a  value  of  eA  of  roughly  2. 
This  demonstrates  that  the  standard  model  is  unphysi¬ 
cal.  The  problem  is  that  the  standard  model  is  a  bit  too 
inefficient  in  producing  line  radiation  per  unit  ionizing 
flux.  However,  for  this  very  same  reason,  the  standard 
model  is  too  inefficient  at  cooling  itself  and  must  heat 
up  past  104  K.  The  T4  =2.0  model,  on  ihe  othei  hand, 
is  much  more  efficient  at  producing  line  radiation.  The 
value  of  the  covering  factor  for  this  model  for  the 
optical  depth  that  most  nearly  achieves  the  observed 
ratios  (see  Pig.  !)  is  e^a50.03.  In  addition,  the  models 
with  enhanced  density  and  less  intense  ionizing  radia¬ 
tion  field  also  produce  covering  factors  of  less  than 
unity  at  104  K  and  would  produce  covering  factors 
considerably  less  at  higher  temperatures.  At  this  time, 
in  view  of  the  fact  that  the  present  ELC  models  are  not 
energy  balance  models,  it  seems  unwarranted  to  worry 
about  the  exact  covering  factor  or  absolute  line  in.er.si- 
tics.  Suffice  it  to  say  that  the  covering  factors  produced 
by  the  present  models  fall  within  the  range  of  values 
commonly  accepted  for  the  broad  emission  line  region. 

v,  DISCUSSION 
a)  Previous  Calculations 

In  the  recent  past,  several  papers  have  appeared  that 
address  the  question  of  hydrogen  line  ratio,  in  QSOs — 
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most  importantly  the  Ha  (or  H/?)/La  ratio.  The  cin- 
piiasis  of  these  calculations  is  much  different  from 
ours,  and  it  seems  worthwhile  to  make  an  intcrcompari- 
son  in  order  to  highlight  the  important  issues. 

The  models  of  Krolik  and  McKee  (1978)  include 
some  processes  that  \vc  do  not.  Fiist,  unlike  our  mod¬ 
els,  they  treat  the  angular  momentum  substates  of  each 
principal  quantum  state  individually.  For  clouds  of 
densities  and  optical  depths  consistent  with  the  ob¬ 
servations  (sec  §  111),  however,  our  assumption  of  angu¬ 
lar  momentum  mixing  leads  to  errors  in  the  La/Ha 
ratio  of  probably  no  more  than  10%.  Second,  Krolik 
and  McKee  base  their  radiative  transfer  calculation  on 
a  mean  photon  escape  probability  assuming  complete 
redistribution  over  a  Doppler  absorption  coefficient 
profile.  We  include  the  effects  of  partial  and  complete 
redistribution  over  the  radiatively  dampled  line  wings. 
In  addition,  our  calculation  is  depth-dependent.  Krolik 
and  McKee  include  many  more  bound  levels  in  their 
model  atom  than  we  do.  We  included  only  those  bound 
levels  that  our  numerical  experiments  showed  were 
necessary  to  obtain  La/Ha/11/3  ratios  accurate  to  a 
few  percent. 

Another  calculation  addressing  the  hydrogen  line 
emission  from  QSOs  is  that  of  Shuo'er  and  MacAlpinc 
(1979).  Their  calculation  is  again  based  on  the  same 
mean  escape  probability  approach  as  in  Krolik  and 
McKee  (1978).  Apart  from  this  difficulty,  their  calcula¬ 
tion  is  more  sophisticated  than  ours.  The  most  im¬ 
portant  difference  is  that  they  attempt  to  treat  the 
complex  problem  of  energy  balance  of  a  multi-element 
cloud  in  equilibrium  with  li."  iodising  external  radia¬ 
tion  field.  We  ignore  this  complexity  by  assuming  con¬ 
stant  density  and  temperature.  They  also  consider  the 
effects  of  charge-exchange  reactions  and  of  dust  both 
internal  and  external  to  the  ELC,  neither  of  which  we 
consider.  The  models  of  Shuder  and  MacAlpine  are 
able  to  produce  some  of  the  observed  hydrogen  line 
ratios  by  adjusting  the  amounts  of  both  internal  and 
external  dust,  while  our  models  do  not  require  dust  to 
reproduce  the  observed  line  ratios. 

Our  models  represent  a  conceptual  advance  with 
respect  to  the  radiative  transfer  over  (he  so-called  mean 
escape  probability  calculations.  We  have  shown  else¬ 
where  (Canfield  and  Puettcr  1980)  that  large  (order  of 
magnitude)  errors  arise  due  to  the  breakdown  of  the 
assumptions  in  this  approach  because  no  single  point  in 
the  ELC  can  be  identified  as  the  depth  of  origin  of  the 
emergent  radiation  (also  see  §  IVb).  In  addition,  past 
calculations  have  used  an  escape  probability  based  on 
complete  redistribution  within  a  pure  Doppler  absorp¬ 
tion  coefficient  profile.  The  order-of-magnitude  error  in 
the  L a/l{a/\\p  ratios  due  to  this  assumption  is  dis¬ 
cussed  in  §  \’b. 

Ferland  and  Nctzcr  (1979)  also  have  carried  out 
calculations  aimed  at  understanding  the  La/Balmcr 


line  ratio.  However,  they  treat  the  radiative  transfer  in 
La  only  and  do  not  take  into  account  the  strong 
interlocking  between  La  and  the  other  lines  and  con- 
tinua.  Their  calculation,  like  ours,  is  more  a  study  of 
radiative  transfer  effects  under  possible  ELC  condi¬ 
tions  than  a  physically  realistic  model.  Their  ionization 
structure,  for  example,  has  not  been  calculated  in  a 
way  which  is  consistent  with  their  L.«  line  transfer 
solution  just  as  we  made  no  attempt  to  make  our 
temperature  structure  consistent  with  our  line  transfer 
solution.  We  will  return  to  this  point  in  §  Vc  Other 
differences  are  that  while  we  treat  the  radiative  transfer 
in  all  transitions  of  an  atom  with  five  bound  levels  and 
a  continuum  state,  they  treat  La  only;  while  we  use 
scaling  law  radiative  transfer  solutions,  they  use  a  more 
realistic  Monte  Carlo  method. 

Recently,  Kwan  and  Krolik  (1979;  have  completed  a 
study  of  ELC  emission  that  includes  heavy  elements 
and  attempts  to  perform  a  thermal  balance  calculation. 
Their  model  hydrogen  atom  is  very  similar  to  ours: 
they  assume  six  bound  levels  plus  the  continuum  while 
we  assume  five  levels  plus  the  continuum.  The  real 
advantage  of  their  calculation  is  that  it  is  a  thermal 
balance  calculation  that  includes  heavy  elements.  How¬ 
ever,  they  use  photon  escape  probabilities  that  assume 
complete  redistribution  in  a  Doppler  absorption  coeffi¬ 
cient  profile  in  all  transitions.  In  Paper  I  we  have 
shown  this  to  be  inaccurate  since  it  ignoies  important 
line  wing  redistribution  processes.  In  tact  it  can  lead  to 
errors  of  several  orders  of  magnitude  in  the  escape 
probabilities  at  optical  depths  of  interest  (see  §  IV/\  cl). 
In  addition,  they  have  not  considered  the  radiative 
transfer  in  the  diffuse  higher  bound  level  hydrogen 
continuum  (§  IVc  discusses  these  important  effects). 

b)  The  Effects  of  the  Form  of  p,  on  Fine  Ratios 

As  discussed  in  Paper  I,  the  scaling  law  solutions  of 
the  radiative  transfer  equation  (RTE)  require  knowl¬ 
edge  of  the  mean  number  of  scatterings,  A'|=l/p,(r) 
or  thus  equivalently  pc( t)],  of  the  average  line  or  con¬ 
tinuum  photon.  For  large  optical  depths,  the  radiative 
loss  from  an  isothermal  atmosphere  turns  out  to  be 
directly  proportional  to  the  probability  of  escape,  pc. 
For  this  reason,  the  exact  form  of  pt  is  extremely 
important.  Canfield  and  Puetter  (1980;  briefly  dis¬ 
cussed  the  variation  of  the  depth  of  formation  (i.e.,  the 
flux  divergence  per  unit  r,mc)  of  line  photons  as  a 
function  of  the  form  of  pt.  In  Figure  7  we  display  the 
variation  in  the  line  ratios  La/Ha  and  H /7/Ha  as  a 
function  of  optical  depth  at  the  head  of  the  Lyman 
continuum,  tcI,  for  four  different  assumptions  concern¬ 
ing  photon  escape.  All  four  curves  assume  n,  =  1.0, 
S/%  =1.0,  and  TA  =  1 .0.  All  curses  are  labeled  by 
marks  separated  by  one  decade  in  ret.  Curve  la  as¬ 
sumes  that  escape  in  all  lines  is  governed  by  a  single 
Flight  escape  probability  with  complete  redistribution 
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Flo.  7.—  Fhc  effects  of  four  different  escape  probabilities  on  the  emergent  H/J/lto  and  La/IIu  line  ratios,  for  7‘,  ~ ) .0,  /i,**1.0, 
-J/  ?„*■  1.0.  ui)  Complete  redistribution  |CRD)  over  a  pure  Doppler  core,  (b)  Partial  redistribution  (PRD)  result  of  Feriand  and  Neuter 
(1979)  (c)  Fcrlantl  and  Netrer p,  for  the  Lyman  lines  and  CRD  over  a  Voigt  prof.lc  for  the  other  lines,  (it)  Hie  most  real.s'ic  form  for p, 
in  ail  transitions,  Ad.aiis's  (1972)  PRD  and  CRD  over  a  Voiet  profile  for  the  other  lines  (see  Paper  I).  rick  marks  in jicate  1  decade 
intervals  in  t<|p 


(CRD)  over  a  Doppler  core.  Curve  lb  assumes  the 
I'erlai’d  and  Net/er  partial  redistribution  (PRD)  escape 
probability  for  all  lines.  Curve  7c  assumes  that  pt  for 
the  Lyman  lines  is  given  by  the  Feriand  and  Net/er 
partial  redistubution  result  while  for  the  subordinate 
lines  p,  is  given  by  a  single-flight  escape  probability 
assuming  complete  redistribution  over  a  radiatively 
damped  Voigt  pi  of  tie  (Aihay  1972).  Finally,  cuive  lii 
assumes  the  PRD  result  of  Adams  (1972)  for  La  and 
the  single-flight  CRD  value  of  pt  for  a  radiatively 
damped  Voigt  proltlc  for  the  other  lines. 

Note  that  the  order-of-tnagmtude  discrepancies  in 
the  line  ratios  for  the  same  value  of  rcl  are  typical  for 
different  forms  of  p,  ut  large  optical  depths.  In  view  of 
these  results  it  t„  quite  obvious  that  one  must  make 
every  effort  to  model  accurately  the  true  physics  >f 
photon  escape  ir  the  various  lines. 

Curve  la  employs  the  most  widely  used  form  of  the 
escape  probability.  The  assumption  of  CRD  over  the 
Doppler  core  is  excellent  for  small  op’tcul  depths 
whenever  some  portion  of  the  Doppler  core  is  thin. 
However,  once  the  entire  core  becomes  thick,  wing 
processes  st.>rt  to  dominate  photon  cvcape.  The  onset 
of  this  regime  is  at  about  tCI~1  for  /i^  — 1.0,  7^,  =  1.0, 
and  '•3/%  =  1.0  as  can  be  seen  from  Figure  7.  It  is 


interesting  to  note  that  not  only  do  the  various  escape 
probabilities  give  different  line  ratios  in  detail,  but  they 
also  give  different  asymptotic  limits.  At  large  optical 
depths  the  souce  functions  for  the  various  lines 
“saturate”  to  the  Planck  function.  Thus  for  a  given  T„ 
tnc  emergent  flux  depends  only  on  the  foun  of  pt.  The 
escape  probabilities  for  curves  la  and  lb  depend  only 
on  tne  optical  depths  which  in  turn  depend  only  on  the 
electron  temperature  deep  into  the  cloud  Thus  the  line 
ratios  in  curves  la  and  lb  are  converging  toward  a 
constant  (but  different)  value  that  depends  only  on  the 
electron  temperature.  The  situation  is  quite  different 
for  curves  7c  and  Id.  In  curves  7c  and  Id  the  escape 
probability  Jepends  on  both  the  optical  depth  and  the 
Voigt  parameter  a.  Thus  the  line  ratios  in  7c  and  Id  are 
functions  of  the  atomic  physics  as  well  as  the  electron 
temperature. 

Figure  7  shows  several  interesting  trends.  All  the 
curves  give  roughly  the  same  results  for  small  optical 
depths.  This  is  because  in  this  regime  Doppler  core 
CRD  determines  the  value  of  pe.  Tor  these  depths,  all 
the  curves  essentially  reproduce  the  “standard”  case  B 
line  ratios.  For  large  optical  deptns,  curves  la  and  lb 
go  to  constant  limiting  values  as  described  above. 
Curves  7c  and  Id  have  extremely  small  Lu/H«  ratios 
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when  compared  to  case  B  values.  The  continuing  de¬ 
crease  in  L«/Ha  in  curves  7c  and  Id  is  due  to  the  very 
inefficient  PRD  escape  in  La  due  to  coherent  wing 
scattering.  Finally,  a  comparison  of  the  large  t  L«/II« 
ratio  in  curves  7c  and  Id  to  the  asymptotic  value  shown 
in  Figure  1  shows  that  inclusion  of  the  interlocking 
increases  the  La  escape  probability  by  creating  some 
La  photons  at  optically  thin  wavelengths. 

The  high  density  limit  presents  a  regime  which  we 
have  not  adequately  treated  in  Paper  1.  In  this  limit, 
other  line  broadening  processes  become  important  to 
photon  escape.  Linear  Stark  broadening  starts  to  alter 
the  absorption  coefficient  profile  for  those  lines  with 
small  radiatively  damped  wings  and  intrinsically  large 
Stark  wings.  Of  the  lines  we  consider  in  our  model 
atom,  L5  and  B«  are  strongly  affected  even  at  an 
electron  density  of  I010  cm-3.  At  a  density  of  1012 
cm-3  there  arc  no  lines  that  are  not  strongly  affected. 
For  the  high  density  model  presented  in  Figures  l  and 
2,  we  have  used  escape  probabilities  that  incorporate 
Stark  broadening.  The  details  of  the  derivation  of  />, 
when  linear  Stark  broadening  is  important  are  given  by 
Wcishcit  (1979)  and  Canfield  and  Puetter  ( 1 98 16). 

At  extreme  optical  depths,  an  effect  we  have  ne¬ 
glected  becomes  important.  For  the  largest  optical 
depth  we  present,  the  effects  of  electron  opacity  are 
nonncgligiblc.  Once  the  optical  depth  to  electron 
scattering  approaches  unity,  the  continuous  emission 
begins  to  dominate  the  observed  spectra.  This  does  not, 
however,  compromise  the  results  for  the  optical  depths 
that  produce  the  observed  line  ratios.  At  these  depths, 
the  electron  scattering  optical  depth  is  still  considerably 
less  than  unity. 

c)  The  Importance  of  Consistency  of  Ionization  and 
Excitation 

It  is  imperative  to  incorporate  self-consistently  all 
ionization  and  excitation  processes  and  the  solutions  to 
the  radiative  transfer  equation.  It  is  a  serious  mistake  to 
calculate  an  ionization  structure  for  quasar  ELC 
without  regard  to  the  line  transfer  solution.  For  the 
range  of  physical  parameters  diovussed  in  this  paper, 
the  strong  diffuse  La  radiation  field  present  deep  in  the 
ELC  provides  a  very  rapid  rate  from  the  ground  level 
to  the  first  excited  state.  From  the  second  level,  a 
significant  number  of  atoms  can  be  ionized  by  electron 
collision  or  continuum  photoiom/alion  (photoioniza- 
tion  by  the  higher  diffuse  contmua  is  the  dominant 
effect  at  large  r).  This  rapid  rate  from  level  1  to  level  2 
(and  higher  bound  levels)  to  the  continuum  maintains  a 
high  ionization  state  deep  into  the  ELC.  While  our 
calculations  show  excellent  agreement  with  previous 
models  at  low  optical  depths,  we  find  that  if  the  elec¬ 
tron  temperature  is  greater  than  about  7x  103  K,  the 
neutral  fraction  deep  into  the  cloud  (rcl>103)  is  very 
small.  Thus  our  La  source  function  docs  not  drop 


dramatically  as  in  previous  models  due  to  a  drop  in  the 
electron  density,  but  eventually  settles  to  the  LTE 
value,  provided  there  is  sufficient  line  optical  depth. 

d)  Energy  Balance  Considerations 

The  hydrogen  lines  are  the  strongest  emission  fea¬ 
tures  present  that  are  likely  to  form  deep  within  the 
ELCs  (with  the  possible  exception  of  Mg  u).  Thus, 
unless  there  are  important  IR  cooling  lines,  hydrogen 
will  dominate  the  cooling  deep  within  the  ELC.  It  is 
unlikely  that  far-IR  lines  are  important,  because  at  104 
K  the  Planck  function  at  their  wavelengths  is  small.  If 
the  hydrogen  lines  are  the  dominant  coolants  (as  seems 
likely)  and  the  Lyman  continuum  is  the  dominant  heat 
source,  then  temperatures  deep  in  the  ELC  of  near  104 
K  arc  not  unreasonable.  For  our  standard  model  (T<  = 
1.0,  /i 9  =  10.0,  -f/%  =  1.0)  at  an  optical  depth  of  103  in 
the  Lyman  continuum  (the  depth  at  which  the  model 
produces  the  observed  La/Ha/Pa  ratio)  the  Lyman 
continuum  heating  is  1.1  X104  ergss-1  cm-2  per  unit 
rc,  (here  we  have  neglected,  of  course,  the  effects  of 
opacities  due  to  heavy  elements  which  will  reduce  this 
heating  rate).  The  cooling  from  our  three  different 
temperature  models  is  7.5X  102,  l.8x  103,  and  2.3x  I06 
ergss-1  cm-2  per  unit  r,.,  at  Tt**0.5,  1.0,  and  2.0, 
respectively,  summed  over  the  15  hydrogenic  transi¬ 
tions  that  we  considered.  Thus  while  we  assumed  104  K 
in  this  region,  it  seems  likely  that  the  tempemluie  be 
higher  than  this.  (This  conclusion  differs  from  that  of 
Canfield  and  Puetter  1980  because  of  slightly  modified 
escape  probabilities.) 

It  is  essential  to  note  that  in  the  construction  of 
energy  balance  models,  it  is  essential  that  a  physically 
realistic  form  of  p,(r)  be  used.  The  cooling  tale  at 
considerable  depths  is  very  sensitive  to  />,(  t).  For  ex¬ 
ample,  La  is  the  thermalized  at  rr)  =  10\  the  point  at 
which  the  standard  model  achieves  the  observed  line 
ratios;  a*  this  depth,  r2,  =  1.1  X  107.  This  means  that  the 
La  cooling  rate  is  directly  proportional  to  />t(r2l).  The 
values  of  p{( t;i)  at  this  depth  that  one  might  adopt 
without  full  consideration  of  the  physics  of  photon 
frequency  redistribution  range  over  more  than  three 
orders  of  magnitude.  The  Voigt  form  (Paper  I,  eq, 
[23c])  gives p,(t:i)=  1.3 X  10'6;  the  Ferland  and  Nec/er 
(1979,  cq.  [6])  form  gives  1.1  X  10 -7;  the  Adams  (1972) 
form  (Paper  I,  cq.  [25])  gives  1 .7  X  1 0  ~ 8 ;  the  pure 
Doppler  form  (Paper  I,  eq.  [23b])  gives  3.2  x  10  ~9.  The 
strong  need  for  care  in  the  choice  of  the  form  to  be 
used  for  pr(  r)  is  obvious. 

VI.  SUMMARY  AND  CONCLUSIONS 

In  this  paper  we  have  investigated  the  formation  of 
the  well-observed  lines  of  the  hydrogen  spectrum  in 
QSOs,  under  the  hypothesis  that  this  spectrum  is  due  to 
the  illumination  of  broad  emission  line  clouds  (ELCs) 
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by  a  power-low  external  radiation  field.  The  models  arc 
highly  idealized,  and  are  not  intended  to  be  definitive 
thermodynamic  models  of  quasar  ELCs.  In  particular, 
we  artificially  assume  that  density  and  temperature  are 
constant  throughout  the  ELC.  Furthermore,  we  use  a 
simplified  model  hydrogen  atom. 

We  have  taken  into  account  radiative  and  collisional 
excitations  and  ionizations.  Our  results  on  the  relation¬ 
ship  of  model  parameters  and  emergent  line  ratios 
show  that  the  La/Ha  ratio  is  very  sensitive  to  the 
optical  depth  of  the  cloud.  On  the  other  hand,  the  other 
ratios  are  much  more  complicated  functions  of  temper¬ 
ature,  density,  ionizing  flux,  and  ELC  optical  depth. 
Our  models  show  that  the  typical  observed  broad  emis¬ 
sion  line  ratios  of  La/H«,  H/J/Hn,  P«/Ha  and 
Bc/Ha  of  QSOs  can  be  understood  as  originating  in  an 
ELC  for  which  7x  I03<T,  <2x  10“  K,  10*  </!„<  1012 
cm'3,  and  (7<IG'6  ergsem'2  s Hz -l  at  the  Lyman 
continuum  limit.  It  is  not  necessary  to  postulate  dust 
either  external  or  internal  to  the  ELC  in  order  to 
understand  the  observed  ratios.  Our  results  suggest  that 
the  ELCs  must  have  considerable  optical  thickness: 
Tf)>102  at  the  head  of  the  Lyman  continuum. 

We  discuss  at  some  length  our  standard  model  which 
is  capable  of  producing  all  the  observed  line  ratios 
given  above  (this  model,  however,  is  not  the  only  model 
that  will  satisfy  the  observations).  An  important  new 
result  is  that  the  ELC  is  highly  ionized  at  large  optical 
depths  due  to  ionizations  from  levels  two  and  above. 
Another  important  realization  is  that  the  various  spec¬ 
tral  features  of  hydrogen  emerge  from  very  extended 
and  in  some  cases  different  regions  of  the  ELC.  It  is 
this  effect  that  most  compcllingly  demonstrates  the 
failure  of  mean  escape  probability  approximations. 

We  find  that  the  emitted  intensities  of  our  standard 
model  are  much  less  than  those  of  case  B,  for  the  same 
column  densities.  This  relative  inefficiency  of  photon 
production  is  shown  to  be  equivalent  to  requiring  too 
large  an  area  covering  factor,  or  in  other  terms,  assum¬ 


ing  an  unrealistically  low  temperature  from  the  point  of 
view  of  energy  balance  considerations.  Our  exploration 
of  the  effects  of  temperature  shows  that  a  somewhat 
greater  temperature  would  not  only  produce  a  physi¬ 
cally  acceptable  area  covering  factor,  but  is  compatible 
with  the  observed  line  ratios  and  energy  balance. 

We  discuss  recent  theoretical  calculations  that  ad¬ 
dress  the  question  of  the  hydrogen  line  ratios,  espe¬ 
cially  La/Ha  (or  II/)).  The  major  respects  in  which 
our  treatment  represents  an  advance  are:  (1)  depth- 
dependent  radiative  transfer:  (2)  photon  escape  proba¬ 
bilities  based  on  physically  plausible  frequency  redistri¬ 
bution:  (3)  self-consistent  (interlocked)  treatment  of 
ionization  and  excitation.  We  show  how  important  it  is 
to  use  the  proper  escape  probability,  since  in  particular 
the  La/Ha  line  ratio  is  extremely  sensitive  to  the  form 
of  pt.  In  addition,  the  adopted  form  of  p,  in  the  various 
transitions  has  a  major  impact  on  energy  balance  calcu¬ 
lations  since  the  cooling  rate  for  different  forms  of  p, 
can  differ  by  several  orders  of  magnitude  at  large 
optical  depths.  We  also  show  that  neglect  of  self- 
consistency  of  ionization  and  excitation  can  lead  to  the 
wrong  ionization  structure  of  the  ELC,  and  that  ioniza¬ 
tion  from  excited  levels  can  dominate  over  that  fiom 
the  ground  level.  Finally,  though  our  calculation  is  not 
intended  to  be  an  energy  balance  calculation,  we  show 
that  our  results  imply  that  the  actual  temperature  of  the 
cloud  with  the  density  and  incident  ionizing  flux  of  the 
standard  model  must  be  somewnat  higher  than  10“  K 
at  the  depth  implied  by  agreement  of  the  predicted  and 
observed  line  ratios. 
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Ill .  Flux  Divergence  and  Photon  Escape 

This  is  the  paper  in  which  the  basic  radiative  transfer  methods  used  for 
the  radiative  hydrodynamics  of  solar  flares  were  developed.  The  same  radiative 
transfer  equation  that  was  derived  here  for  the  quasar  problem  was  also  used  in 
the  solar  flare  work.  Even  the  mathematical  techniques  were  very  similar.  The 
transfer  of  radiation  in  atomic  lines  can  be  handled  with  the  same  theoretical 
techniques,  regardless  of  the  distance  between  the  source  and  the  earth  I  Because 
of  the  fundamental  role  of  the  radiative  transfer  equation  derived  in  this 
paper,  this  is  one  of  the  most  important  research  papers  of  this  grant. 
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ABSTRACT 

In  this  paper  we  develop  a  computationally  useful  version  of  the  probabilistic  first-order  differen¬ 
tial  radiative  transfer  equation  of  Fnsch  and  Frisch.  This  approximate  radiative  transfer  equation  is 
especially  appropriate  for  the  evaluation  of  radiative  transfer  effects  in  multilevel  atomic  systems  due 
to  its  extreme  computational  efficiency  and  reasonably  accurate  description  of  the  physics  of 
radiation  transfer.  In  particular,  it  recognizes  the  distinction  between  the  flux  divergence  coefficient, 
p,  and  the  photon  escape  probability,  pf.  We  show  that  this  distinction  is  crucial  for  calculations  that 
attempt  to  construct  self-consistent  energy  balance  models  since  substitution  of  pe  for  p  in  such 
models  leads  to  large  errors  (of  sign  as  well  as  magnitude)  in  the  local  cooling  rate. 

Subject  headings:  line  formation  —  quasars  —  radiation  mechanisms  —  radiative  transfer 


I.  INTRODUCTION 

Recently,  a  great  deal  of  effott  has  been  directed 
toward  understanding  physical  conditions  in  the  broad 
emission-line  regions  of  quasars.  Initial  attempts  to  ex¬ 
plain  "anomalous"  line  ratios  (c.g.,  Lyo/Ha  =1  — a 
factor  of  roughly  10  below  the  expected  case  B  recom¬ 
bination  value)  invoked  simple  recombination  plus 
reddening  by  dust  cither  internal  or  external  to  the 
emission-line  clouds.  More  recent  models  (eg.  Nctzer 
1975,  Krolik  and  McKee  1978;  Shudcr  and  MacAlpinc 
1979;  Kwan  and  Ktolik  1979;  Matthews,  Blumcnthal, 
and  Grandi  1980;  and  Canfield  and  Puetter  1980, 
198lo,A)  recognized  the  failure  of  dust  to  explain  com¬ 
pletely  the  observed  spectrum  and  explored  the  effects 
of  large  optical  depths  upon  the  structure  and  emergent 
spectrum  of  QSO  emission-line  clouds  Not  surprisingly, 
the  effects  of  large  optical  depths  were  found  to  be  qmte 
substantial. 

It  is  clear  from  observational  evidence  that  the  cool¬ 
ing  of  the  cmission-hne  region  is  dominated  by  the 
strong  pei  mitted  transitions.  Since  these  lines  arc  ap¬ 
parently  quite  optically  thick,  it  is  imperative  that  an 
accurate  physical  study  of  the  effects  of  radiative  trans¬ 
fer  on  the  cooling  rate  be  made.  On  the  other  hand, 
there  is  also  the  need  to  explore  a  wide  range  of  physical 
conditions,  the  effects  of  various  elements,  etc.  Thus  it  is 
advantageous  to  make  the  numerical  techniques  used  for 
this  study  very  efficient  from  a  computational  po.nt  of 
view.  The  ie>.ent  models  listed  above  used  photon  escape 
probabilities  or  scaling  laws  based  on  photon  escape 
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probabilities  to  calculate  the  physical  conditions  in  the 
emission-line  regions.  These  techniques  are  very  compu¬ 
tationally  economical;  however,  in  many  cases  they  arc 
too  inacctnatc.  Many  of  these  models  assumed  that  the 
local  cooling  rate  is  directly  proportional  to  photon 
escape  probability.  Strictly  speaking,  these  models  are. 
of  course,  not  radiative  transfer  calculations  They  make 
no  attempt  to  solve  explicitly  the  radiative  transfer 
equation.  They  assume,  in  effect,  that  the  net  rate  of  loss 
of  radiation  from  a  volume  element  is  alwavs  directly 
due  to  loss  through  the  boundary  of  the  atmosphere. 
This  neglects  the  often  dominant  effect  of  radiative 
exchange  with  adjacent  volume  elements.  Tliis  treatment 
is  accurate  only  when  restricted  to  cases  in  which  the 
source  functions  change  only  very  slowly,  as  is  the  case 
at  extremely  large  optical  depths  in  isothermal  clouds. 
Because  p,,  is  always  positive,  this  approximation  can 
never  reproduce  ret  heating  of  a  volume  element  by 
radiation  from  nearby  brighter  volume  elements,  i.e.,  the 
effects  of  a  sharp  rise  or  drop  in  the  source  function 
This  effect  is  particularly  important  in  the  study  of 
transition  regions,  in  which  the  sharp  drop  in  the  source 
function  produces  an  effective  boundary  to  the  emission 
region  which  may  be  nuivh  closer  than  the  physical 
boundary  of  the  medium.  In  this  case,  escape  of  radia¬ 
tion  to  the  transition  region  boundary  dominates  photon 
loss. 

Realizing  that  it  is  necessary  both  to  account  ade¬ 
quately  for  changes  m  the  source  function  in  calculating 
local  cooling  rates  and  to  employ  a  computational!;, 
economical  scheme  for  calculating  these  effects,  v.c 
turned  to  probabilistic  radiative  transfer  techniques. 
These  methods  have  been  demonstrated  in  the  past  (see 
Athay  1972;  Delachc  1974;  Frisch  and  Fnsch  1975; 
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Canfield  and  Riccliiazzi  1980)  to  be  relatively  accurate 
and  computationally  expedient.  This  technique  uses 
photon  escape  probabilities  in  an  approximate  radiative 
transfer  equation  to  calculate  the  mean  intensity  in  the 
gas.  In  §  I  T  this  paper  we  derive  a  form  of  the 
equation  of  Frisch  and  Frisch  (1975)  that  is  particularly 
useful  in  solving  the  radiative  transfer  in  multilevel 
atomic  systems.  In  §  III  we  discuss  the  local  cooling  rate 
predicted  by  this  equation  and  contrast  it  with  the 
rate  predicted  on  the  assumption  that  the  local  cooling 
rate  is  directly  proportional  to  escape  probability. 

II.  A  PROBABILISTIC  RADIATIVE  TRANSFER 
EQUATION 

We  wish  to  derive  a  first-order  differential  equation 
that  relates  the  changes  in' the  mean  intensity  with  depth 
into  the  cloud  to  changes  in  the  source  function  (i.c., 
upper  and  lower  atomic  level  populations)  and  in  the 
probability  of  photon  escape. 

The  mean  intensity  of  radiation  integrated  over  the 
absorption  coefficient  profile  J  is  related  to  frequency- 
independent  source  function  S  by  the  equation  (cf. 
Ivanov  1973) 

40  =  r  Kx(t ~r)S(t)dt,  (la) 

A) 

where 

J=Jjr<t>,dv  (lb) 


and 

K|(t)  =  /  (Ic) 

A) 

The  absorption  coefficient  profile  <b,  is  normalized,  i.c., 


Lemma:  If  Kt(i)  is  a  positive,  even  function  of  the 
variable  t  with 

r  deK,(()=rt<oo, 

^ -00 

and  with 

lim  S(t)  =  Sm, 

T  — OQ 

then 

jyrSi^-fytK^r-OSU^-ASl 

In  the  following  paragraph',  -vc  use  this  lemma  in  much 
the  same  way  as  Frisch  and  Frisch  (1975)  did  in  the 
development  of  their  equation. 

Following  Frisch  and  Frisch  (1975),  we  appty  the 
opeiator  /* drS(r)(d/dr )  to  both  sides  of  equation  (1) 
to  obtain 

(2) 

Now  using  equation  (2)  and  the  lemma,  we  obtain 


=  J*^S(r)±  {“dtK^T-tWO+jSl. 


If  the  scale  of  variation  of  AT,(  r )  is  smaller  than  that  of 
S(t),  we  can  approximate  equation  (3)  by 


and 


J$,dv=\,  (Id) 


2 hui  /  Su'i t 
c2  U/«« 


(le) 


Here  t  is  a  reference  optical  depth,  n,  and  g,  are  the 
population  and  statistical  weight  of  level  i  respectively, 
and  we  have  assumed  the  atmosphere  to  be  semi-infinite. 
From  this  equation,  we  will  derive  a  first-order  differen¬ 
tial  equation  relating  the  changes  in  the  mean  intensity 
to  changes  in  the  source  function  and  probability  of 
photon  escape.  A  mathematical  lemma  important  to  the 
present  discussion  was  developed  by  Frisch  and  Frisch 
(1975): 


We  can  now  evaluate  the  integral  in  equation  (4)  in 
terms  of  A'2(t),  the  probability  of  escape  of  outwardly 
directed  photons.  Note  that 

PrOMKiO).  (5a) 

where 


K2(t)  =  jXdtK,(t), 


(5b) 
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where p/r)  is  the  single-flight  photon  escape  probability 
in  a  semi-infinite  atmosphere.  That  is.  by  the  definitions 
of  A',  and  K2  we  have  (cf.  Ivanov  1973) 

fdtK,\ (o-0= prA'1(/)  =  |[l-A2(o)].  (6) 
•'o  •'o  1 


Equation  (4)  can  now  be  written 

/"*  5(  t)  =  - 1 52  [  1  -  tf2(  o )]  +  \  52  (7a) 

=  ±(s£-5.2)+ $?/>,(«).  (7b) 


Applying  the  operator  (l/5<J)(3/3o)  to  both  sides  of  (7) 
and  renaming  a  by  r,  we  obtain 


_  07 
0T 

3(7-5) 

3r 


or 


-  95  95 

3r  f  3t  5  +  2^3t’ 

(8a) 

(8b) 

,3  In  5 

-g7+(2,,-p)-3-r, 

(8c) 

where  p  is  the  flux  divergence  coefficient  (see  Canfield 
and  Puetter  1 98 1 «)  or  the  net  radiative  bracket  (sec 
Athay  1972) 

Integration  of  equation  (8)  with  semi -infinite 
boundary  conditions,  7X  =5X,  gives  an  explicit  formula 
for  7: 


J^dt  Pf/2(l)—[p,}'2(i)S(t)].  (9) 

It  should  also  be  noted  that  equation  (9)  gives  an 
accurate  expression  for  7{  r)  at  small  optical  depths  c\en 
if  the  scale  of  variation  of  5  is  much  smaller  than  that  of 
A',.  Equation  (9)  remains  accurate  at  small  r  any  time 
the  locally  created  photons  in  the  optically  thin  region 
of  the  atmosphere  are  dominated  by  photons  cieated  in 
other  volume  elements  regardless  of  the  scale  of  varia¬ 
tion  in  5.  Tills  is  genu  ally  the  case  in  thick  atmospheres 
unless  the  source  function  rises  dramatically  at  small 
optical  depths. 

Equation  (9)  is  of  a  form  that  is  much  easier  to 
implement  in  a  numerical  treatment  than  equation  (1), 
for  two  reasons.  First,  unlike  equation  (9),  the  presence 
of  a  difference  kernel  in  equation  (1)  forces  a  time- 
consuming  evaluation  of  the  entire  integral  at  each 
optical  depth.  Second,  a  direct  numerical  evaluation  of 
equation  (1)  requires  very  high  accuracy  at  large  optical 
depth  since  duplication  of  the  correct  asymptotic  behav¬ 
ior  of  7~5  (which  is  built  into  equation  [9])  is  essential 
in  the  calculation  of  the  radiative  loss. 


These  attractive  qualities  arc  also  shared  by  Frisch 
and  Frisch’s  (1975)  equation  6.10.  Wc  can.  of  course, 
use  their  equation  directly  to  calculate  the  values  of  7 
and  5.  However,  to  use  their  equation  we  would  fiist 
have  to  evaluate  the  values  of  e  and  B  (see  Canfield  and 
Puetter  1981a).Thc  quantities  e  and  B  are  the  effective 
values  of  e  and  B  when  the  multilevel  source  function  is 
cast  into  equivalent  two-level  form.  They  arc  directly 
related  to  the  local  photon  destruction  probability, 

Pd=e/(  l+O.  (10) 

and  the  local  photon  creation  probability  per  scattering, 
P',B.  The  calculation  of  ptl  and  B  is  very  complicated 
and  time-consuming  in  a  multilevel  atomic  system. 
Evaluation  of  7  directly  from  5  through  equation  (8)  is 
much  more  efficient. 

In  practice,  we  find  both  equations  (8)  and  (9)  arc 
useful.  Equation  (8),  in  differential  form,  is  suitable  for 
a  linearization  approach  (c.g..  Mihalas  1978)  in  which 
both  the  atomic  level  equations  and  the  radiative  trans¬ 
fer  equations  arc  solved  simultaneously  by  a  Nevvton- 
Raphson  type  approach.  In  this  regard,  equation  (8)  is  a 
major  improvement  over  the  equation  of  Frisch  and 
Frisch  (1975)  since  pcrfoiming  a  New  ton-Raphson 
calculation  with  their  equation  requires  extremely  com¬ 
plicated  and  time-consuming  evaluations  of  derivatives 
of  the  effective  Planck  function  with  respect  to  radiation 
fields  and  level  populations.  Equation  (9).  the  integral 
form,  can  be  used  in  an  iterative  scheme  (Athay  1972)  in 
which  the  atomic  level  equations  are  solved  alternatively 
with  tiic  radiative  transfer  equation  until  convergence  is 
achieved. 

One  must  remember,  however,  that  equation  (8)  is 
only  an  approximate  equation.  Its  accuracy  depends 
upon  the  variation  of  5(r)  being  slower  than  that  of 
Aj(r-r)  in  equation  (3).  The  extent  of  the  inaccuracy  of 
equation  (9)  has  been  shown  by  Fnseh  and  Frisch 
(1975),  in  their  Figures  3  and  4.  These  figures  give  a 
comparison  of  the  source  functions  calculated  exactly 
and  through  the  use  of  Frisch  and  Erich's  equation 
(6.10)  for  several  different  optical  depth  variations  of 
the  thermal  source  in  a  two-level  system.  To  find  the 
error  in  7,  wc  note  that  A7/7  =  A  5,  (S-pdB).  Since 
the  value  of  pdDa  5  in  the  Frisch  and  Fuseli  calculation. 
A 7/7  -  A 5/5.  As  can  be  seen  from  the  figures,  the 
largest  errors  occur  where  the  source  function  is  most 
poorly  approximated  by  a  constant.  Note  that  whenever 
the  local  value  of  the  source  function  overestimates  the 
average  value  of  5  vvitliin  the  characteristic  scale  of 
variation  of  A,(t),  the  approximate  scheme  overesti¬ 
mates  the  value  of  7  and  vice  versa. 

These  calculations  show  that,  m  general,  accuracy  to 
better  than  a  factor  of  2  can  be  obtained  except  in  the 
most  extreme  cases,  such  as  purely  exponential  source 
distributions.  Wc  need  not  concern  ourselves  with  iIicm 
extreme  cases  here.  In  our  models  (see  Canfield  and 


No.  1,  198! 

Puctter  1981a,  h).  heating  occurs  by  radiative  processes 
that  vary  only  gradually,  subject  to  scaling  laws  like 
Sccpc--W2(T).  In  such  cases,  Frisch  and  Frisch  (19' 5) 
have  shown  that  one  can  expect  to  reproduce  the  exact 
result  to  within  a  few  tens  of  percent. 

HI.  COOLING  RATES  IN  QUASARS 

Equation  (8c)  illustrates  most  clearly  how  departures 
of  p  from  pr  can  occur  if  the  line  source  function  is  not 
constant.  Note  particularly  that  p  can  take  negative 
values,  i.e.,  the  radiation  in  the  transition  can  heat  as 
well  as  cool  the  volume  element,  whereas  pe  is  always 
positive.  Since,  in  every  atmosphere  (even  isothermal 
ones),  the  value  S  varies  by  orders  of  magnitude,  there  is 
reason  for  concern  whenever  the  p—pe  approximation  is 
applied.  We  illustrate  this  point  in  Figures  1  and  2 
where  we  plot  the  ratio  of  pe/p  for  H/3  and  the  Balmcr 
continuum  (Be)  for  an  isothermal  atmosphere.  In  this 
calculation,  we  have  assumed  that  the  hydrogen  atom 
could  be  approximated  by  five  bound  levels  plus  the 
ionized  state.  The  electron  temperature  is  104  K,  the 
total  hydrogen  density  is  I010  cm'  \  and  there  is  an 
ionizing  flux  density  at  the  top  of  the  atmosphere  of 
F„  =FJ(v/vq)  where  Fn  ~  10 "s  ergs  cm*2  s"1  Hz  and 
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i'0  is  the  frequency  at  1  rydberg.  In  all  aspects,  this 
calculation  is  identical  to  the  standard  model  of 
Canfield  and  Puctter  (1981/;)  except  that  the  explicit 
radiative  transfer  equation  (9)  was  used  instead  of  as¬ 
suming  scaling  law  solutions.  In  all  of  the  15  hydrogenic 
transitions  of  this  calculation,  the  scale  of  the  variation 
of  S  was  larger  than  that  of  K ,  except  perhaps  at 
extremely  small  optical  depths.  In  none  of  these  cases 
was  the  validity  of  our  approach  compromised,  since  the 
contribution  from  smail  r  to  J(t)  was  negligible.  The 
variation  of  S  at  small  r  under  these  circumstances  was 
due  to  interlocking  effects  with  optically  thick  transi¬ 
tions. 

These  figures  show  that  errors  of  sign  as  well  as  large 
errors  of  magnitude  would  be  made  from  the  substitu¬ 
tion  of  pt  for  p.  In  particular,  in  the  region  ftom 
=  10  '6 -  10°  and  from  r!lc ^  10 ~7 -  10"',  the  H/3 
and  Be  transitions  respectively  heat  the  atmosphere 
rather  than  cool  it.  Note  too,  that  for  t1I/3  >  1  and  for 
Tllc  —  10,  p  is  given  approximately  by  p,  in  the  respective 
transitions  since  the  source  functions  have  thermalized. 
In  these  regions,  the  pf~p  substitution  would  be  excel¬ 
lent;  however,  when  pBc  -pt( Be),  the  cooling  rate  due  to 
the  Be  is  insignificant  and  can  be  ignored  altogether, 
while  the  importance  of  Up  cooling  varies  significantly 
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Fig  1  —The  ratio  of  the  photon  escape  probability  pc  to  the 
flux  dtcergcr.ee  coefficient  for  H/3  in  an  isothermal,  constant 
density  atmosphere,  as  a  function  of  the  optical  depth  at  the  center 
of  H/3 


Fig  2. — The  ratio  of  the  photon  escape  probability  p(  to  the 
flux  dnergcnvc  coefficient  for  the  Balmer  conunuuni  in  an  isother¬ 
mal.  constant  density  atmosphere,  as  a  function  of  the  optical 
depth  at  the  head  of  the  Balmcr  continuum. 
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in  the  pntl=pc(llp)  region.  Initially,  the  H ft  cooling  is 
totally  dominated  by  Be  cooling  for  which  pi*pt.  The 
variations  of  pe/p  in  both  of  these  transitions  arc  simi¬ 
lar.  This,  however,  is  somewhat  fortuitous.  Not  all  tran¬ 
sitions  (even  with  n  =  2  being  the  lower  level)  show  this 
behavior.  The  region  in  which  p< 0  in  these  transitions, 
in  fact,  arc  not  the  same.  The  beginning  of  the  pUc<0 
region  occurs  considerably  deeper  in  the  atmosphere 
than  the  beginning  of  the  pH/)  <0  region.  These  transi¬ 
tions  were  chosen  as  examples  because  they  dramatically 
illustrate  the  errors  that  can  arise  from  a  p=pt  substitu¬ 
tion.  In  addition,  they  illustrate  the  effect  in  an  easily 
observable  line  and  bound-free  continua.  On  the  other 
hand,  that  is  not  to  say  this  type  of  behavior  is  unusual. 


Of  the  15  transitions  that  we  model,  10  transitions  show 
similar  behavior  (five  lines  and  all  five  bound-free  con¬ 
tinua).  In  less  ideal  atmospheres  where  Te  is  not  con¬ 
stant,  we  expect  even  more  serious  difficulties  with  a 
p=pe  approximation.  Obviously,  great  care  should  be 
taken  in  evaluating  the  radiative  cooling  rates  in  such 
atmospheres. 
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v  1  The  Lvman-a/Ha  Ratio  in  Solar  Flares  and  Quasars 

We  wrote  this  paper  primarily  as  a  response  to  other  work  that  had  dealt 
with  both  solar  flares  and  quasars.  It  uses  as  part  of  the  observational  data 
base  the  measurements  of  Lyman  a  and  Ha  for  solar  flares  that  were  made  during 
the  skylab  Solar  Flare  Workshop.  Our  primary  conclusion  was  that  just  because 
there  are  many  similarities  between  quasar  and  solar  flare  spectral  line  ratios, 
one  should  not  generalize  that  there  are  profound  similarities  in  all  details 
among  these  two  diverse  astrophysical  phenomena. 
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ABSTRACT 

Recent  observations  of  the  Lya/Ha  ratio  in  both  solar  flares  and  quasars  confirm  Zirin’s  conclusion 
that  this  ratio  is  near  unity  in  both  these  phenomena.  However,  typical  values  of  the  Lyx  and  Hx 
brightness  temperature  in  solar  Hares  arc  not  about  17,000  K.  Instead,  Tb  -  10,000  K.  for  Lyot  and 
~  7,000  K  for  I  la,  in  medium  sized  (class  2)  Hares. 

We  have  constructed  constant  temperature  and  density  solar  Hare  models  based  on  the  same 
theoretical  framework  as  our  previous  quasar  models.  We  find  that  acceptable  values  of  the  intensity 
ratios  Lyx/Hx  and  H/J/H x  coriespond  to  temperatures  in  the  range  9,000  <  Tt  $  13.000  K  and 
hydrogen  density  in  the  range  10"  <  n(,  <  lO'^cm-3.  The  Ha  and  Lyot  soutce  functions  are 
thcrmalized  at  depths  consistent  with  those  tnferted  from  independent  studies,  but  this  does  not  mean 
that  the  observed  Lya/Ha  ratio  implies  an  electron  temperature  appropriate  to  the  Planck  function 
ratio.  We  show  that  our  model  values  of  /t,,  and  Tc  relied  reasonable  nonlinear  averages  of  those 
parameters  in  the  depth  dependent  solar  Hare  chromosphere  model  of  Liles  and  Cook  and  that  the 
value  of  Lyx/Hx  depends  on  ;i„,  T„  and  the  optical  depth  of  the  emitting  chromospheric  layer.  The 
existence  of  temperature  plateaus  is  not  required  in  quasar  emission  line  clouds. 

Subject  lietuliiujs:  quasars  —  Sun:  Hates 


l,  INTRODUCTION 

The  hydrogen  Lyx 'Ha  ratio,  particularly  in  quasars 
end  active  galaxies,  has  recently  leceived  consideiablc 
attention  from  observers.  Many  authors  have  pointed  out 
the  fact  that  the  observed  ratios  cannot  be  undci stood  in 
terms  of  basic  nebular  photoionization  and  recombina¬ 
tion  theory.  This  has  often  been  attributed  to  optical 
depth  effects  In  previous  papers  we  have  shown  that 
indeed,  optical  depth  effects  alone  can  account  for  the 
Lya/Mx  ratio,  as  well  as  many  other  hydrogen  li;  :  and 
continuum  ratios  in  QSOs. 

Several  interesting  suggestions  were  made  in  a  paper  by 
Zirin  (1978),  who  first  pointed  out  that  the  Lyx,  Hx  ratio 
is  approximately  unity  in  solar  Hares,  quasars,  and  the 
quiet  solar  chromosphere.  He  gave  two  explanations  for 
tins1  (1)  For  quasars  and  Hares,  the  unit  value  of  the 
Lyx/Hz  ratio  is  a  consequence  of  great  optical  depth  and 
a  thermal  stabilization  mechanism  that  leads  to  Planck- 
ian  emission  of  Lyot  and  Hx  in  plateaus  of  temperature 
15,000  20,000  K ;  and  (2)  for  the  quiet  chromosphere,  the 
unit  value  of  the  Lya/Ha  ratio  is  a  consequence  of  some 
ratio  stabilization  mechanism  independent  of  tempera¬ 
ture  and  density,  as  long  as  the  Lyx  optical  depth 
exceeds  I0;. 

Canfield  and  Pucttcr  (1980,  1981  a,  b }  have  discussed 
the  formation  of  several  lines  and  continua  of  hydrogen, 
including  Lyx  and  Hot.  in  quasars.  In  tins  paper  we  ex  tend 
their  methods  and  apply  them  to  solar  flares.  We  do  not 
discuss  the  solar  chromosphere  because  our  methods  of 
estimating  the  ouput  of  a  cloud  through  a  scmi-infmitc 
calculation  breakdown  due  to  the  impottance  of  the 
nonlocal  Balmcr  continuum  from  the  photosphere.  The 
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results  from  our  models  compare  favorably  with  those 
based  on  more  detailed  methods.  We  find  Zirm’s  explana¬ 
tions  of  the  Lyx  lb  ratios  are  too  simplistic  since  line 
ratios  depend  upon  both  photon  creation  and  photon 
escape,  not  simply  electron  temperature.  In  addition,  our 
models  require  considerably  lower  temperatures  than 
thosr  suggested  by  Zirin.  We  pr^'idc  an  alternative 
explanation  of  the  Lyx/Hx  ratio 

In  §  11  we  summarize  the  most  recent  observational 
data  on  the  Lyx  Ha  ratio  m  solar  Hares  and  quasirs  In 
(j  III  we  calculate  solar  flare  models  comparable  to  our 
previous  quasar  emission  line  cloud  models,  In  8  IV  we 
discuss  what  the  Lya/Ha  ratio  implies.  Our  conclu.-otis 
arc  summarized  in  J  V. 

II.  OBSERVATIONS 

In  the  two  years  that  have  elapsed  since  Zirm’s  (1978) 
paper,  a  much  more  complete  data  base  on  both  the 
solar  flare  and  quasar  Lya  and  Ha  lines  has  become 
available 

n)  Line  Huttos 

For  solar  llares.  there  is  still  very  little  Lya  Ha  data 
available.  Canlieldand  Van  Hoosier  (1980) have  icported 
the  first  calibrated  observations  of  the  piofilc  of  Lya 
before,  during,  and  after  maximum  of  two  llares.  I  la  data 
tire  not  available  for  these  flares,  however,  so  they  are  only 
able  to  conclude  on  the  basis  of  Svestka’s  (1976) "typi¬ 
cal  ’’  Ha  pi  ofiles  that  the  Lya,  I  la  ratio  was  about  unity,  to 
within  a  factor  of  2.  A  more  compelling  result  came  fiom 
Canfield  et  a!  (1980 b),  who  icported  estimates  of  the 
i  adiative  output  at  the  maximum  of  a  single  flare.  For  the 
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first  time,  their  data  give  values  of  Lya/Hx  based  on 
measurements  of  botli  Lyot  and  Ha  during  an  individual 
flare,  in  contrast  to  comparisons  based  on  "typical" 
values.  Tiiis  is  particularly  important.  It  is  hard  to  give  a 
typical  value  of  Ha,  since  the  H-x  output  of  Hares  varies  by 
orders  of  magnitude  from  Hare  to  flare.  Canfield  et  al. 

( I  9.806  )  find  Lya/  Ha  *=  0.5,  with  an  uncertainty  of  a  factor 
of  2. 

For  quasars  and  active  galaxies,  the  observational 
situation  is  much  better.  Values  of  the  Ly*/Ha  ratio  for  10 
quasars  and  active  galaxies  arc  given  in  Table  I.  We  give 
both  observed  values  (col.  f2])  and  values  corrected  for 
reddening  in  our  Galaxy  (col,  [4]).  We  have  used  the 
correlation  found  by  Burstcinand  Hcilcs  ( 1978)  between 
F.(B  -  V),  21  cm  hydrogen  column  density,  and  the 
galaxy  'ounts  of  Shane  and  Wirtancn  ( 1967)  to  calculate 
the  galactic  extinction  in  the  direction  of  each  object.  We 
then  dereddened  the  Lya/Ha  line  ratios  using  Suvage  and 
Mathis's  (1979)  mean  galactic  extinction  curve.  Clearly 
this  correction  does  not  materially  alter  the  conclusion 
that  tl  .ere  is  surprisingly  little  variation  about  the  average 
values,  which  are  <Ly.  /Ha),,*, «  1.3  +  0.7  and 
<LyaTh;VMI«  1.5  ±0.8,  where  the  estimated  errors 
reflect  only  the  scatter  of  the  Lya/Ha  values,  and  not  their 
individual  uncertainties. 

Our  improved  set  of  data  for  flares,  quasars,  and  active 
galax'es  clearly  supports  Zirin's  (1978)  assertion  that 
both  flares  and  quasars  show  characteristic  values  of  the 
Lya/Ha  ratio  of  about  unity. 

6)  Brightness  Temperature 

The  brightness  temperature  of  Lya  and  Ha  in  quasars 
is.  of  course,  not  known.  However,  the  situation  in  the 
case  of  solar  flares  is  somewhat  better.  Data  on  Lya  in 
flares  exist  but  are  very  limited.  The  only  calibrated  and 
even  crudely  spatially  resolved  line  profiles  are  those  of 
Canfield  and  Van  Hcosier  (1980).  for  two  flares  observed 
from  Skylub.  The  first  two  entries  in  Table  2  refer  to  these 


TABLE  t 

Lya  Ha  Raiu*  mu  Qiasahs  and  Acrivt  Gai  axils 


Object 

(t) 

LhHs*. 

(2) 

M  B-V) 
(3) 

lyi/Hi.*, 

(•») 

References 

(5) 

FCj  01*26  +  129  .. 

.  15+05 

0036 

1.8  -0.7 

t 

PIIL957  .  .  .. 

.  2.3  ±  OS 

0030 

2.7  +  0.9 

1 

PKS0237  -233. 

.  t  7  -  0.7 

OOU 

1.8  ±  0.7 

*1 

3C020 . 

.  09+0.4 

0.147 

1.4+04 

3 

MK  79  ......  . 

■  0.2  i  0  t 

0059 

0.7+02 

3 

Q  UOt -264,.  „ 

.  1.9  r  os 

(003)* 

2.2  +  06 

t 

NGC41SI  .  ... 

.  0.7  -  0.2 

00004 

0.7+02 

4 

B2  1225 - 317  .... 

09-03 

(00003)' 

09  +  0.1 

5.6 

3C  273  . . 

..  19-0? 

0.010 

2.0  +  0.7 

7 

3C  390  3*  .  .  .. 

04  -01 

0055 

0.5  +  01 

8 

4  Broad  component. 

*  From  Hi  only— no  galaxy  counts. 

‘  H  i  uncertain 

Rrim^ov -(I)  Puetter  ,-r  al  19'  3  (2)  Hyland,  Be  .tin,  and 
Neujieb  mcr  197s  t-v;  OLc  and  2  mmerman  1979  (4)  tXivlvn  19S0. 
(5'  Sotfir  or  al  1979  (M  Puetter.  Smith,  and  VVtllncr  1979  (7)  Bo^cess 
ct  ul  t«79  (Sj  Fcrland  et  al.  1979. 


data,  at  flare  maxima.  The  1973  June  15  flare  was  of 
moderate  si/e;  Hx  classifications  ranged  from  IN  to  2. 
The  1974  January  21  flare  was  very  small.  For  both  flares 
the  profile  appears  to  be  self-reversed,  so  we  give 
brightness  temperatures  T„  for  both  line  center  and  the 
brighter  peak.  The  latter  figure  is  more  physically  mean¬ 
ingful.  The  line  center  is  rendered  less  certain  by  the  need 
to  correct  for  geocoronal  Lya  absorption,  which  has  been 
done  as  well  as  possible  in  Tabic  2. 

For  Ha  more  line  profile  data  arc  available.  In  fact, 
Ellison  (1952)  has  shown  typical  Ha  profiles  for  flares  of 
vurious  importance  classifications.  Class  2  flares  arc  the 
largest  for  which  he  gives  profiles.  The  line  center  and 
emission  peak  values  of  brightness  temperature  are  given 
in  the  third  entry  in  Table  2.  The  more  extensive  data  set 
of  Schoolman  and  Ganz  (1980)  is  not  suitable  for  our 
present  purpose  because  of  uncertainties  in  the  calibra¬ 
tion  procedure.  The  oniy  profile  data  on  a  larger  flare  is 
that  of  Tanaka  (1977),  given  in  Brown,  Canfield,  and 
Robertson  ( 1978).  Observations  of  the  bright  flare  kernels 
were  obtained  by  Zirin  andTanaka  (1973). These  profiles 
were  obtained  nt  the  most  energetic  stage  of  a  major  flare. 

Zirin  (1978)  made  the  assertion  that  the  brightness 
temperature  of  Lya  und  Ha  in  flares  is  about  17,000  K. 
His  statement  is  clearly  not  supported  by  the  data  of 
Table  I.  Instead,  the  limited  data  for  medium  si/ed  flares 
(class  2)  seem  to  imply  that  for  Lya,  Tb  -  lO.CXXi  K,  and 
for  Ha.  T»  -  7.000  K.  In  addition,  although  there  arc  only 
limited  data  available  for  Ha  in  large  flares,  that  of  1977 
August  7  had  a  brightness  temperature  of  7i  »  8,000  K  in 
Ha.  To  guide  our  modeling,  we  will  use  the  class  2  Hare 
values. 


in.  flare  mooli* 

We  have  previously  calculated  (Canfield  and  Puetter 
19816,  henceforth  Paper  (l)hvdrogeneinission  line  ratio , 
from  models  of  quasar  emission-line  clouds  (ELCs). 
These  models  make  the  simplifying  assumptions  of  con¬ 
stant  temperature  and  density.  They  are  capable  of 
explaining  simultaneously  the  observ  ed  relative  v  alues  of 
Lya.  Ha;  H/J,  Pa,  and  the  Balmer  continuum  in  quasars. 
Our  purpose  here  is  to  make  comparable  models  of  solar 
flares,  to  see  (I)  if  they  are  capable  of  explaining  the 
observed  solar  flare  Lya/Ha  ratios.  (2)  how  the  values  of 
the  mode)  parameters  compare  with  those  derived  in¬ 
dependently  by  other  methods,  and  (3)  what  physical 
mechanisms  are  important. 

a)  Method 

The  models  are  constructed  as  described  by  Canfield 
and  Puetter  (I981u,  henceforth  Paper  t),  except  that  here 
we  obtain  explicit  numerical  solutions  of  the  radiative 
transfer  equation  of  Canfield.  Puetter,  and  Ricchiazzi 
( 1 9S 1 X  rather  than  using  scaling  law  solutions.  We 
assume  the  radiating  region  to  be  plane  parallel, 
composed  of  pure  Indrogen  with  mujonn  temperature  T, 
a  .!  uniform  hydrogen  density  nn  (wh'ch  includes  both 
.nitrogen  ions  and  atoms),  and  in  a  steady  state  (see 
below).  We  use  escape  probabilities  pe  that  take  into 


No.  I.  1981 
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TABLE  2 

Sou*  Flaw  Baigiitniss  Tlmphwcris 


Log  lt  T, 

Flare  Line  (cr^cnr's'1  sr'1  A"1)  (K)  References 


1973  June  15 . . .  Lya center  6.31  9,600  1 

Lya  red  peak  6.63  10,200 

1974  January  21  .........  Lya  center  3.48  8,300  1 

Lya  red  peak  6.24  9.500 

Class  2 . . . .  Ha  center  6.57  6,600  2 

Ha  red  peak  6.61  6,800 

1972  August  7..-. .  .  Ha  center  6.81  7,900  3 


Rwiirscrs.  ~( I )  Canfield  and  Van  Hoosier  1980.  (2)  HIILon  1952.  (3)  Tanaka  1977 


account  escape  by  single  flight  (Voigt  or  Stark  absorption 
coefficient  profile,  the  latter  following  Puclter  1981),  for 
both  subordinate  and  resonance  lines,  and  eventual 
escape  through  multiple  coherent  scattering  and  partial 
redistribution  due  to  Stark  or  radiative  broadening  for 
Lyaf.  We  model  the  hydrogen  atom  with  fisc  bound  levels 
and  the  ioni/cd  state.  By  iteration  the  radiative  transfer 
equations  in  the  various  transitions  are  solved  simultan¬ 
eously  with  the  steady  state  ionization  and  excitation 
equations.  For  convergence  we  require  that  the  popula¬ 
tions  change  by  only  a  few  percent  on  the  final  iteration. 
Because  soft  X-ray  irradiation  of  the  fiarc  chromosphere 
is  thought  to  play  only  a  secondary  role  (Canfield  et ai 
I980u).  we  set  the  intensity  of  the  incident  radiation  field 
to  zero  for  the  solar  flare  models.  The  resulting  run  of 
values  of  the  line  center  source  function  Su  and  the  flux 
divergence  coefficient  /» with  line  center  optical  depth  t  is 
used  to  compute  the  emergent  line  ratios,  as  discussed  in 
Paper  ?. 

The  assumption  of  a  steady  state  in  the  treatment  of  the 
radiative  transfer  and  atomic  rate  equations  is  suitable  for 
calculation  of  a  typical  solar  flare  Lya  Hx  ratio.  There  is 
no  observational  evidence  for  or  against  temporal  varia- 
bility  ofthc  Lyx/Hx  ratio  over  a  flare  We  thus  idopl  JOOs, 
which  is  short  compared  to  the  duration,  of  most  Ha 
flares,  as  a  conservative  lower  limit  to  the  characteristic 
time  on  which  this  ratio  changes.  Excitation  and  de- 
excitation  times  are  always  much  less  than  this  lime  for 
permitted  lines  in  flare  chromospheres.  Canfield  and 
Athay  (1974)  show  that  the  same  statement  applies  to  the 
ionization  and  recombination  times,  at  the  depths  of 
interest  in  the  formation  of  the  Lyx/Hx  ratio.  Hence  os  the 
temperature  and  density  in  flare  chromospheric  change, 
the  excitation  and  ionization  processes  evolve  through  a 
series  of  effectively  steady  states. 

b)  Lyx/Hx  Calculations 

We  have  computed  several  numerical  models  to  ex¬ 
plore  the  sensitivity  of  the  Lyx/Hx  ratio  to  die  values  of 
the  model  parameters  Tt  and  n,,  in  the  solar  flare  case, 
much  as  we  did  in  Paper  II  for  quasar  ELCs.  Figure  l 
shows  the  computed  dependence  of  log  Lyx'Hx  on  log 
in,,  the  Hz  line  center  optical  depth,  for  three  models.  The 
solid  curve  shows  T,  =  lO.lKX)  K,  n„  =  IOu  cm’1.  The 
dotted  curve  is  for  Te  =  12,000  K,  »i„  -  10U  cm~\ 


The  dashed  curve  is  for  Tt  •=  12.000  K.  »H  «  10* 3  cm" 
The  small  rectangle  indicates  the  range  of  L>  */  H  x  and  r„, 
values  compatible  with  the  observations.  In  the  Lyx/Hx 
coordinate,  the  observations  discussed  above  imply 
Lyx/Hx  -  0.5,  with  an  uncertainty  of  a  factor  of  2.  In  the 
tMj  coordinate  Kulander’s  (1980)  study  of  flare  Ha 
profiles  gives  60  $  tHl  $  300  as  representative  of  several 
flares;  this  is  the  most  extensive  recent  study  of  a  wide 
variety  ofHxpiofiles.  Before  proceeding,  we  consider  the 
results  of  other  models  and  measurements  that  show  that 
the  values  of  T,  and  »„  used  n  the  figure  are  reasonable 
values  for  solar  flares. 

A  value  of  7).  to  represent  the  Lyx/Hx  ratio  is  somewhat 
uncertain.  We  know  that  Lya  a. id  Hx  are  formed  at 
different  tcmpcutuies  in  the  quiet  Sun  (ef.  Verna/za. 
Avrctt.and  Locscr,  1973,  Fig.  I ).  and  the  same  will  be  t.  lie 


Fig  I  -  The  depcnd-ncc  of  the  Lya  Ha  ratio  on  Hx  optical  depth  at 
line  center,  for  three  different  solar  llare  models  Solid  cun  e  7,.  -  10.000 
K.  «„  =  10' 3  cm'  *.  iloitid  tune  7,  =  1 2.000  K.  h„  =  10' '  cm*. 
duduJ  curie ■  ft  =  12.000  k.  =  10'*  cm'*  The  small  rectangle 
indicate*  the  range  of  L>i  Hi  and  r„,  suggested  by  observations  The 
T,  =  12.000  k  and  «l(  =  IOl*em  *  model  is  referred  to  as  the  standard 
dare  model 
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Flo.  2  -The  dcpihUcpemlcni  \ol.ir  tlarc  chromosphere  model  of  tales  amt  Cook  (1979)  for  comparison  with  our  models  (sec  5  III)  LfcFT:  the  T, 
scale;  RIGHT:  the  »„  scale. 


in  Hares.  The  most  realistic  model  of  a  flare  chromosphere 
presently  available  is  that  of  Litcs  and  Cook  (1979).  it  was 
constructed  to  reproduce  Ci-Ctv  line  profiles  in  a  con¬ 
siderably  smaller  Rare  than  the  class  2  flares  we  are 
considering  in  this  paper,  but  nonetheless  it  is  illustrative 
of  the  run  of  T,  and  in  a  Rare  model.  Figure  2  shows  Tf, 
/i„,  r„„  and  rLw  as  a  function  of  height  above  the 
photomhcie.  The  :Hj  and  rLl>  scales  were  computed  by 
Canfield  and  Ricchiazzi  (1980).  Most  of  the  radiation  will 
emerge  from  the  Doppler  cores  of  those  lines,  e  g.,  in  the 
range  1  $  t  <  v9,  or  0  <;  log  r  <  4.  In  the  range  0  §  log 
rlw$  4.  the  Lites  and  Cook  atmosphere  has  11.000 
1\  ^  T,  <  50,000  K  and  U  6  $  log  $  1 2.2.  The  maxi- 
mum  \  alue  of  log  rMl  in  this  model  is  about  3  (note  larger 
Hares  show  lower  t,,,).  In  the  range  0  $  log  tt.  $  3,  the 
Lites  and  Cook  atmosphere  has  7,000  K  $  T,  $  14,000 
K.  and  12  5  log  «„  $  i4.2.  According  to  Svestka  (1976, 
Table  VIII),  typical  values  of  T,  derived  from  the  llalnicr 
lines  of  hydrogen  are  in  the  range  7,000  10,000  K.  One 
would  expect  the  Lyx  Ha  ratio  to  require  a  higher  value, 
since  Lva  comes  from  a  hotter  region  than  Ha  The 
typical  bnghtness  temperatures  for  Lyzund  Ha,  front  §  11 
of  this  paper,  are  10.000  K  and  7,000  K  respectively.  The 
brigntuess  temperature  will  be  less  than  a  typical  value  of 
T,  in  the  region  of  formation.  Lites  and  Cook  (s979),  for 
example,  found  that  where  rL,f  =  1  m  their  model, 
Tt  =  9.700  K.  while  Tk  -  8.500  K.  In  summary,  it  is  clear 
that  8,000  K  <  T,  <  15,000  K  is  a  plausible  range  of 
temperatures  to  represent  the  spatial  average  of  the 
regions  of  Lya  and  Ha  formation. 

Tnere  is  a  similar  uncertainty  in  choosing  a  value  of «, 
that  one  would  expect  to  represent,  in  an  average  sense, 
the  Lya  and  Ha  forming  region.  According  to  Svestka 


(1976,  Table  VII),  a  typical  value  of  />„  derived  from  the 
hydrogen  Balmer  series  lines  is  nt  -  2-3  x  10 13  cm'3. 
Since  Lya  is  formed  in  a  lower  density  region,  vve  choose 
nH  «•  10* 3  cm-3  as  a  value  that  one  would  expect  to 
represent  an  average  of  the  Ha  and  Lya  forming  regions, 
since  one  would  expect  «H  and  n,  to  be  of  the  same  order 
of  magnitude. 

Figure  1  shows  that  the  model  with  n„  =  10' 3  cm'3 
and  Tt »  12.000  K  does  a  satisfactoiy  job  of  explaining 
the  observations  and  independent  estimates  of  rH,.  One 
can  also  sec  that  the  Lya/Ha  ratio  is  quite  insensitive 
to  tH,  and  «n,  but  fairly  sensitive  to  T„.  The  value  of  T, 
that  is  best,  T,  «*  12,000  K,  is  quite  plausible  in  view  of 
the  arguments  cited  in  the  previous  paragraph.  For  this 
reason,  vve  refer  to  this  mode!  as  the  standard  flare  model 
below  and  discuss  it  in  further  detail  in  the  following 
section.  We  could,  of  course,  achieve  an  even  better  fit 
with  T  5:  1 1,000  K,  but  this  is  not  the  point  of  this  paper. 
We  could  also  make  many  calculations  to  determine  the 
combinations  of  T,and«n  that  produce  acceptable  values 
of  both  Lya/Ha  and  tHl.  This  does  not  seem  warranted. 
Based  on  the  variations  of  the  standard  flare  model  only, 
weestirrate  that  acceptable  values  of  temperature  will  fall 
in  the  range  9,000  X  <  T,  <  13,000  K.  and  density 
10"  5  «n  5  I015  cm'3. . 

As  an  aside,  vve  wish  to  point  out  that  for  the  same 
single  flare  for  which  the  LyaHa  ratio  has  been 
measured,  H/J  Ha  values  are  also  available.  Canfield 
et  ul.  (19806)  obtained  0.5  <  H/?,Ha  5  0.8.  Since  our 
model  is  based  on  a  model  hydrogen  atom  of  five  bound 
levels  and  the  continuum,  wc  can  compute  fairly  reliable 
values  for  H/J.  the  4-2  transition,  but  not  for  H,\  the  5-2 
transition.  It  is  recognized  that  the  highest  bound  level  is 
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considerably  affected  by  the  neglect  of  higher  levels  (this 
point  is  discussed  in  more  detail  in  Paper  II).  At 
rHj  =  160,  the  depth  at  which  the  standard  flare  model 
achieves  the  observed  Lya/Ha  ratio,  the  H/f/Ha  ratio  is 

O. 7,  in  complete  agreement  with  the  observations. 
However,  we  assign  little  importance  to  this  agreement. 
The  H/?/Ha  ratio  is  quite  insensitive  tOT(llin  this  range  of 
tHj.  For  a  specific  value  of  rl  yl,  which  we  use  as  an 
independent  variable,  H/3/Ha  depends  most  sensitively 
on  temperature. 

c)  The  Standard  Flare  Model 
The  reasons  for  the  optica!  depth  dependence  of  the 
Lya/Ha  ratio  can  easily  be  shown  with  the  standard 
model.  The  essential  features  are  shown  in  Figure  3.  The 
flux  divergence  per  unit  natural  logarithm  of  line  center 
optical  depth,  pS0 1,  is  an  approximate  measure  of 
the  depth  of  origin  of  the  emergent  radiation  (if  p  =  />,,  as 
is  the  case  when  S0  is  constant).  Its  slope  depends  on  the 
depth  dependence  ofbothpand  S0.  Values  of  the  depth  at 
which  S0  saturates  to  the  Planck  function  flare  shown  by 
asterisks  in  the  figure.  In  the  right  side  of  the  figure,  for 
r  >  x*  for  both  Lya  and  Ha,  S0  ■  fl  and  is  therefore 
constant.  There  arc  two  regimes  of  interest  in  Lya.  For 
4  £  log  T|.m  <  7,  partial  redistribution  within  a  Stark* 
broadened  absorption  coefficient  profile  dominates,  so 

P,  «•  rL),' 3,4  (see  Puettcr  1981).  For  log  tu?  5  7,  photon 
collisional  destructions  so  reduce  the  effectiveness  of 
escape  by  multiple  scatterings  that  single  flight  escape 
within  a  Stark-broadened  profile  applies,  so 

In  Ha,  the  latter  process  dominates 


ria 


Fig.  3  — 7 tie  optical  depth  dependence  of  the  llu\  divergence  per 
unit  In  t,  t)S,j  i.  in  the  standard  solar  Dare  model 


throughout  the  range  of  tHj  shown,  so  p,  -s.  t„,  " 3  5.  The 
ratio  between  tt,  and  t,lt  is.  of  course,  fixed  where  both 
source  functions  have  saturated  to  the  Planck  function. 

In  the  regions  for  which  t  <  r*.  where  the  source 
functions  are  not  saturated,  both  Lya  and  Ha  show  a 
different  behavior.  In  Ha,  for  log  tn,  <  0,  both  p  and  S0 
become  constant,  and  pS0  x  is  directly  proportional  to 
ttl,.  The  transition  between  this  regime  and  that  for 
t  >  t*  is  affected  by  source  function  variations  as  S0 
approaches  B.  In  Lya,  the  region  t,.(>  5  I  is  not  shown. 
On  the  far  left,  where  log  T)  >t  5  2,  />,.  for  Lya  makes  a 
transition  to  the  regime  where  />,.  is  dominated  by  even¬ 
tual  escape  by  multiple  scattering  (Adams  1972.  cf.  Paper 
I)  Here  />,-/.  t"  *,  and  since  p  *  pt,  pS„  x  is  proportional 
to  t1'2,  i.e.,  the  same  slope  as  pSnx  for  Ha  in  the  region 
Tiii  >  tHj*.  For  Lya.  the  transition  at  log  tUj  >  3  is  due  to 
the  saturation  of  S0  to  fl  and  the  loss  of  photons  by 
multiple  scattering  plus  Stark  partial  redistribution. 

The  behavior  of  the  Lya/Ha  ratio  for  the  standard  flare 
model  shown  in  Figure  1  follow*  quite  directly  from  the 
variation  of pSux  in  Figure  3.  The  total  emergent  radia¬ 
tion  that  determines  the  line  ratio  lends  to  be  dominated 
by  the  local  flux  divergence  at  the  relevant  value  of  r. 


tv.  discussion 

a)  Implications  for  Quasar  Models 

What  do  we  learn  from  the  fact  that  the  Lya/Ha  ratio 
has  a  certain  value?  Strictly  speaking,  it  give*  a  constraint 
on  the  relationship  between  Tr .  r.  and  the  incident 

flux.  Physically  speaking,  since  the  ratio  is  not  overly 
sensitive  to  n„  or  the  incident  flux,  the  ratio  depends  on 
the  optical  depth  to  which  the  atmosphere  is  heated  to 
T,  ~  104  K.  We  have  shown  above  that  when  we  have 
independent  constraints  like  tiic  estimate*  of  and  n„ 
for  flares,  a  rather  well  defined  value  of  T,  is  implied  by  the 
Lya/Ha  ratio.  Furthermore,  the  implied  value  of  T,  seems 
to  be  ■’representative,”  in  the  sense  that  it  falls  between 
the  somew  hat  different  values  of  temperature  at  which  we 
might  expect  Ha  and  Lya  to  originate.  To  sec  this,  we 
have  gone  back  to  the  calculations  made  previously  by 
Canfield  and  Ricchiazzi  (1979),  who  solved  the  transfer 
equation  for  the  full  variable  temperature  l.ites  and  Cook 
(1979)  flare  model.  We  have  determined  me  value  of 
temperature  above  which  half  of  the  emergent  radiation 
originates.  For  Ha.  this  temperature  is  about  9.000  K :  for 
Lya,  it  is  about  22.000  K.  Hence,  the  value  of  temperature 
implied  by  the  constant  temperature  analysis  is  represen¬ 
tative  in  the  sense  defined  above,  because  the  range  of 
values  of  Tt  found  here  for  a  constant  temperature  model 
(9,000-13,000  K)  lies  between  the  values  ot'9,000  K  (Ha) 
and  22,000  K  (Lya)  appropriate  to  a  variable  tempera¬ 
ture  atmosphere. 

On  the  other  hand,  what  does  it  mean  when  vv  ith  simple 
models  (constant  ;i„  and  T,.),  one  can  successfully  repro¬ 
duce  the  observed  Lya/Ha  value  for  flares?  In  flares,  as  we 
discussed  above.  Lya  and  Ha  do  not  come  from  the  same 
temperature  (or  density)  regions.  The  answer  to  tins 
question  is  that  the  observed  Lya,  Ha  ratio  by  itself  is  only 
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a  single  number  and  cannot  be  used  to  fix  more  than  one 
free  parameter  of  a  model.  Our  results  clearly  show  that  it 
docs  not  severely  constrain  the  run  of  Tt  and  nH.  since  a 
uniform  model  predicts  the  observed  ratio  for  a  plausible 
set  of  values  of  7j.,  and  rMl.  Among  other  things,  this 
shows  that  the  ability  of  the  uniform  ELC  model  to 
predict  the  observed  Lyx/Hx  ratios  should  not  be  used  to 
infer  that  the  regions  of  the  ELC  in  which  the  radiation 
originates  must  be  uniform  (cf  Paper  II). 

h)  Inferences  Drown  by  Zirin  (1978) 

The  models  discussed  can  also  be  used  to  comment  on 
some  difficulties  with  the  inferences  drawn  by  Zirin  (1978) 
on  the  significance  of  the  Lyot/Ha  ratio  itself,  as  well  as  the 
similarity  of  its  values  in  quasars  and  solar  Hares.  Zirin's 
inferences  include: 

1.  The  Lyx  and  Hot  emission  is  PUmckian.  Inour  models 
of  solar  Hares,  although  the  Lyot  and  Mot  source  functions 
have  essentially  saturated  to  the  Planck  function  by  the 
time  the  full  thickness  of  the  line-forming  region  is 
reached,  there  still  remains  a  dependence  of  the  Lyx/Hx 
ratio  on  optical  depth.  The  Lya.  Ha  ratio,  even  in  the 
thcrmali/cd  region,  is  not  determined  by  temperature 
alone. 

2.  Tlw  temperature  in  the  region  of  formation  is 
115.000  K  C  7,.  5  20,000  K.  Since  the  line  ratio  depends 
on  more  than  just  the  temperature,  one  cannot  im¬ 
mediately  conclude  that  because  the  ratio  of  twoemission 
lines  corresponds  to  the  ratio  of  their  Planck  functions  at 
a  certain  temperature,  the  actual  temperature  in  the 
region  ol  line  formation  has  that  value.  We  see  that 
although  ,B„,  =>0.5  for  Tt  *  18.000  K,  the  model 
temperature  which  best  matches  a  variety  of  appropriate 
constraints,  including  most  notably  that  of  the  radiative 
transfer  equation,  is  Tt  %  1 1.000  K.  The  observed  Lyx/Hx 
ratio  cannot  be  reconciled  with  15,000  $  T,  5  20,000  K 
lor  reasonable  values  of  «„  and  tHj,  using  our  constant 
temperature  and  density  models. 

3.  Temperature  plateaus  exist.  Apart  from  the  issue  of 
the  actual  value  of  the  temperature,  the  ability  of  the 
standard  Hare  model  to  predict  the  observed  Lyx/Hx  and 
H/t  Hx  ratios  for  plausible  values  of  Te  and  ji„  does  not 
require  the  existence  of  temperature  plateaus.  Empirical 
Hare  chromosphere  models  that  agree  with  the  observed 
profiles  of  a  v»  ide  variety  of  lines  formed  over  a  range  of 
temperatures,  such  as  the  model  of  Litesand  Cook  (1979), 
certainly  do  not  show  plateaus  that  extend  over  the  region 
of  formation  o'  Lyx  and  Hx.  It  ir.  only  reasonable  to 
expect  that  the  f.  that  one  derives  from  the  Lyx,  Hx  ratio 
is  some  kind  of  nonlinear  av  erage  of  ‘ lie  values  of  Tt  in  the 
regions  of  I. >  x  and  Hx  formation.  The  standard  solar  flare 
model  is  consistent  with  this  statement. 

4.  Some  mechanism  forces  Lyx/Hx  to  values  -  l  for  all 
tlA1  >  104  The  Lyx,  Hx  ratio  does  indeed  saturate  to,  a 
fixed  value  for  a  certain  regime  at  large  r,  through  this 
occurs  at  r  values  much  larger  than  104.  In  Figure  l  one 
clearly  sees  this  regime  for  7  <  log  rLyJ  <  9  Physically, 
this  regime  is  due  to  the  fact  that  both  Lyx  and  Hx  have 
the  same  functional  form  for/>,.(t).  i.e.,  that  appropriate  to 
single  flight  escape  from  an  absorption  coefficient  profile 


dominated  by  Stark  broadening.  This  form  will  obtain 
until  still  farther  into  the  wings,  where  the  Stark  wings  fall 
to  the  radiative  damping  wings. 

We  speculate  that  the  typical  value  Lyx/Hx  ~  I  ob¬ 
served  in  quasars  arises  because  the  optical  depth  in  Lyx 
(for  example)  and  the  temperature  of  the  Hx  and  Lyx 
emitting  region  is  uniquely  determined  by  the  radiative 
nature  of  both  the  heating  and  cooling  mechanisms.  This 
can  be  demonstrated  compellingly  only  through  a  phy¬ 
sically  realistic  treatment  of  radiative  transport  in  a 
multielement  cloud,  which  has  not  been  done  up  to  the 
present  time. 

V.  CONCLUSIONS 

The  conclusions  vve  reach  from  the  evidence  presented 
in  this  puper,  when  combined  with  our  previous  work  in 
quasars  (Papers  I  and  II),  arc  both  observational  and 
theoretical. 

o)  Observations 

1.  We  confirm  the  conclusion  first  reached  by  Zirin 
(1978)  that  the  value  of  the  hydrogen  Lyx/Hx  ratio  is  of 
order  unity  in  both  quasars  and  solar  Hares. 

2.  The  brightness  temperature  for  moderately  large 
(class  2)  solar  Hares  is  about  7,000  K  in  Hx  and  10.000  K 
in  Lyx,  contrary  to  Zirin's  assertion  that  T*  *  17,000  K  in 
both  Lyx  and  Hx. 

3.  The  value  of  Lyx/Hx  is  poorly  known  for  solar 
Hares,  having  been  measured  for  only  a  single  Hare,  but  it 
h  is  now  been  measured  for  enough  different  quasars  and 
broad  line  galaxies  for  the  variations  in  the  sample  to 
be  interesting. 

b)  Theoretical 

1.  We  confirm  the  suggestion  of  many  authors  that 
Lyx/Hx  -  1  means  the  optical  depth  in  these  lines  must 
be  large  in  both  solar  flares  and  quasar  emission  line 
regions. 

2.  For  solar  Hares,  in  which  r„,  is  independently 
known,  the  observed  value  Lyx/Hx  -  0.5  requires  that 
9,000  <T,<  13.000  K  and  10"  <  n„  <  10' 5  cm'3. 

3.  While  the  temperature  in  the  Lyx  and  Hx  emitting 
regions  of  solar  flares  and  quasars  are  similar  (not  a  very 
surprising  conclusion),  the  densities  in  solar  Hares  arc 
probably  about  three  orders  of  magnitude  higher.  The 
fact  that  Lya  Hz  -  1  in  both  solar  Hares  and  quasars  does 
not  require  that  they  have  the  same  physical  conditions. 

4.  We  can  explain  the  observed  solar  flare  Lyx/Hx 
values  in  terms  of  values  of  »i„  and  T,  that  are  compatible 
with  more  sophisticated  models.  This  lends  confidence 
that  the  values  inferred  in  quasars  are  indeed  reasonable 
average  values  of  these  parameters  over  the  region  of 
hydrogen  emission  line  formation. 

5.  The  inferred  model  parameters  are  only  representa¬ 
tive  values.  Our  success  in  explaining  the  observed 
hydrogen  line  ratios  with  models  with  certain  (constant) 
values  of  temperature  and  density  is  not  to  be  construed 
to  mean  that  plateaus  exist  m  w  Inch  these  values  obtain. 

6.  For  both  solar  Hares  and  quasars,  the  Lyx  Hx  uttio 
is  to  some  extent  sensitive  to  all  parameters  of  our  models. 
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7.  For  solar  Hares,  the  Lya/Ha  ratio  is  relatively  much 
less  sensitive  to  t>„  than  for  quasars. 

8.  The  fact  that  in  solar  Hares  the  lines  are  formed  in  a 
region  where  the  line  source  functions  are  very  close  to 
thcrmalizution  does  not  ensure  that  Lya/Ha  is  a  function 
of  T,  alone. 

9.  The  approximate  equality  of  the  Lya/Ha  ratio  in 
solar  Hares  and  QSOs  does  not  imply  that  their  mechan¬ 
isms  need  be  the  same.  In  this  paper  we  explain  the  solar 
flare  values  in  terms  of  models  for  which  we  set  to  zero  the 


incident  nonthcrmal  radiation  field  that  proves  very 
important  in  our  quasar  models. 
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This  is  another  paper  in  which  basic  radiative  transfer  techniques  are 
developed.  The  methods  developed  in  Section  iii  are  only  suitable  for 
semi-infinite  media,  such  as  the  surface  layers  of  the  sun  and  stars.  When  the 
layers  are  more  like  thin  slabs  or  cylinders,  the  techniques  developed  in  this 
paper  are  appropriate.  Although  these  methods  were  developed  primarily  for 
quasars,  where  the  emission  is  thought  to  come  from  clouds  that  can  be 
represented  by  finite  slabs,  the  same  methods  will  also  be  useful  for  solar 
phenomena  like  surges  and  prominences. 
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ABSTRACT 


Previous  papers  in  this  series,  have  been  based  on  an 
approximation  in  which  the  line  ratios  were  inferred  from  those 
computed  for  a  semi-infinite  cloud  model.  In  this  paper  we 
present  ?  superior  method,  which  permits  the  treatment  of  the 
emission  line  clouds  as  slab  atmospheres  of  finite  thickness.  Zn 
common  with  our  previous  semi-infinite  approach,  it  is  based  on 
photon  escape  probabilities,  yet  recognises  the  important 
distinction  between  the  photon  escape  probability  and  the  flux 
divergence.  This  distinction  is  neglected  in  all  existing  models 
of  energy  balance  in  QSO  emission  line  clouds.  This  neglect  can 
lead  to  order  of  magnitude  errors  in  the  cooling  rates,  casting 
doubt  on  the  results  of  past  models. 

The  present  method  reduces  to  the  previous  one  in  the 
semi-infinite  case.  It  not  only  produces  the  correct  source 
function  at  the  surface  of  a  semi-infinite  atmosphere  S  ;  (r  - 
0)  »  V?  B  for  a  constant  Planck  function  B  and  photon  destruction 
probability  e,  but  it  derives  the  empirical  relationship 
3t(t  •  0)  *  VT  Sw(r  -  T)  proposed  by  Avrett  and  Hummer  (1965, 
HKRKS  130.  295)  relating  the  source  function  at  the  surface  of  a 
finite  slab  of  optical  thickness  T  to  the  source  function  at  r  ■ 
T  in  a  semi-infinite  slab.  We  show  that  the  method  provides  a 
solution  that  departs  from  the  exact  solution  by  at  most  a  few 
tens  of  percent  in  cases  of  physical  interest,  while  retaining 
all  the  advantages  of  the  previous  method. 
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INTRODUCTION 

Previous  papers  of  this  series  have  developed  considerable 
formalism  for  handling  radiative  transfer  effects  in  QSOs.  We 
have  stressed  (Paper  III,  Canfield,  Puetter  and  Ricchiazzi  1981) 
the  importance  of  techniques  that  explicitly  distinguish  between 
the  photon  escapo  probability,  p#,  and  the  flux  divergence 
coefficient,  p.  Allowing  the  local  cooling  rate  to  be 
proportional  to  p#  can  never  account  for  the  possibility  that  a 
volume  element  may  be  heated  by  a  nearby,  warmer  element,  since 
p#  is  a  positive  definite  quantity.  There  exist  in  the  literature 
several  probabilistic  radiative  transfer  equations  that  recognize 

this  difference  (e.g.  Athay  1972,  Frisch  and  Frisch  1975, 

\ 

hereafter  FF).  However,  in  the  past  this  approach  has  been 
developed  only  for  the  case  of  semi-infinite  atmospheres.  Since 
it  seems  unlikely  that  the  emission  line  regions  of  quasars  and 
Seyfert  galaxies  are  well  approximated  by  semi-infinite 
atmospheres  and  since  in  many  cases  the  structure  of  slab 
atmospheres  cannot  be  deduced  from  semi-infinite  calculations 
(see  Paper  II,  Canfield  and  Puetter  1981b,  and  Paper  V,  Puetter 
and  Levan  1981)  it  is  important  to  develop  a  probabilistic 
radiative  transfer  technique  for  slabs.  In  the  following  section, 
we  show  how  the  probabilistic  radiative  transfer  equation  of 
Frisch  and  Frisch  can  be  generalized  to  finite  slabs;  we  then 
reform  the  expression  for  the  source  function  into  the  more 
computationally  useful  expression  for  the  mean  intensity.  In 
section  III,  we  compare  the  probabilistic  solutions  to  various 
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atmosphere*  with  the  analytical  solutions  of  Avrett  and  Hummer 
(1965),  and  finally  in  section  IV  we  summarize  our  results. 

ZZ.  AN  EQUATION  POR  SLABS 


As  is  well  known,  the  mean  intensity  of  radiation 
integrated  over  the  photon  absorption  coefficient  can  be  written 


*  jf  dt  S0(t)  K(t  -  t)  +  Jext  (t) 
K,(t)  «  1/2 Jdv  4vfy  E1Ct«v) 


<l*> 


(lb) 


Ej(t)  •  J  dx  - 


(1C) 


and  where  for  lines 


J(t)  *  J dv 


J  * 
v  v 


(Id) 


2hv„ 


so  * 


(Vi.,)'1 

V  Vu  / 


<!•> 


(see  Paper  Z,  Canfield  and  Puetter  198la  and  Paper  III)  and  for 
bound- free  continua 
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1 


0(t) 

•  hvoJ 

f  0  $ 

V 

2hv03 

(!A  V 

cT* 

IvJ 

(s-1)  e°  E$.2(«) 


<if) 


(19) 


0  a  hVkT  '  (Ih) 

(«••  Papas  V).  Zn  aquation  (l),  ia  tha  mean  intensity  of 
radiation  (i.a.  Jy  -  1/47? jdfl  Iy ).  T  ia  tha  maximum  optical  dapth 
of  tha  slab,  t  and  4y  ara  tha  anission  and  absorption 
coafficiants  raspactivaly  normalized  to  unit  integral  over 
frequancy,  $y  is  the  absorption  coefficient  scaled  to  unity  at  vQ 
(i.a.  $y  •  (v/vo)"),  and  vQ  is  tha  frequency  of  tha  line  or  the 
head  of  tha  bound-free  continuum.  Tha  quantities  gtf  and  g^  ara 
respectively  tha  statistical  weight  of  tha  upper  and  lower  level 
and  ny  and  n^  ara  tha  population  densities  of  those  levels. 
J  (T)  is  the  contribution  to  J( T )  from  external  sources. 
Throughout  equation,  (1)  wa  have  assumed  a  plane-parallel 
geometry. 

Zn  Paper  ZZZ,  we  developed  a  first  order  differential 
equation  for  J<  r )  from  the  definition  in  equation  (1).  This 
aquation  (which  is  essentially  a  recasting  of  the  FF  equation 
into  a  more  useful  form)  is  an  equation  which  is  well  suited  for 
rapid  and  accurate  evaluation  of  multi-level  radiative  transfer 
quantities  in  semi-infinite  atmospheres.  Zn  this  paper  we 
generalize  this  approach  to  include  finite  slabs.  Following  the 
lead  of  both  Paper  III  and  FF,  we  can  writes 
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J  dx  S( t)  3/3x  J(t)  *  J*  dx  S(x)  3/3x  j  dt  $(t)  K-j ( t-r ) 


-o  ra 

■  I  dx  S(x)  3/ 3x  I  dt  S( t).  Kn ( t-x) 

Jo  Jo  '  1 


<2) 


+J*  dx  ${x)  3/3x  y*  dt  $(t)  K-j(t-x)  . 

In  this  case,  however,  one  can  show  that  the  £ixst  term  o£  the 
tight  hand  side  of  equation  (2)  is  identically  zero  since  K^(t  - 
t)  «  Xj  (r  -  t).  Thus  the  fundamental  lemma  of  Papes  ZZZ  and  FF 
is  unnecessary.  The  derivation  may  be  completed  exactly  by 
analogy  with  FF  and  Fapsr  ZZZ.  Since  o  <  f  <  o  <  t  <  T,  and  the 
integrand  vanishes  for  r  -  t  >>  1,  we  can  write  S(r)  »  S(t)  - 
3(c).  Zf  3  is  slowly  varying  1/S  (ds/dr)  <<  i. 


J  dx  S(x)  3/3x  J(t)  «$^c)|*  dx  3/3x  J  dt  Kj(t-x)  (3) 


K,(t)  «  1/2  -  pe(x) 


(4) 


but 


rT 

J  dt  K'j(t-x) 


*  Pe(<J-x)  -  Pe(T-x)  . 


(5> 


J  dx  3/3x  JTdt  ^(t-i 


po(0)  -  Pe(°)  '  P.(T-o)  +  P-(T) 


(6) 
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Replacing  a  with  t  we  write  , 


3/3t  w(t)  ■2[pe(o)  +  Pe(T)  -  pe(t)  -  pe(T-t)]  3S/3t 
-  S(t)  3/3t  [pe(t}  +  Pe( T-t) ] • 


(7) 


For  the  constant  e  cut,  (here  C  -  €•/(!  +  C )  «  pd  in  II) 


.c|l  +  (l.s)  3J 

3t  3t  '  '  9t 


(8) 


Defining 


Pt(t)  -  e  +  2(l-e)  [pe(i)  +  Pe(T-t)  •  Pe(T)]  ,  (9) 


it  foliows  that 


d/dr  [S(t)  »"Pj( t)  ]  »  c  || 


(10) 


3$ 

3t 


C  H+  H-pt(t)3  ||  •  ^  ♦ 


(id 


This  result  is  identical  to  equation  (6.9)  in  FP  except  for  the 
redefinition  of  Pt(t).  h  moment’s  inspection  of  equation  (9)  will 
show  that  as  T  *•  *»,  the  two  defir..  j.ons  become  identical. 

Unfortunately,  the  selection  of  a  boundary  condition  for 
equation  (ll)  po3es  problems.  Whereas  FF  chose  the  boundary 
condition  S(«)  -  B(®),  our  atmosphere  is  not  defined  at  T  >  T  and 
we  crnnot  expect  that  S  -  B  at  any  point.  The  formal  solution  of 
equation  (11)  is: 
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<t*)  .  idlijSE .  f  dT  — i — 

T  ^(t*T  /p^TT  h*  SpJJT 


3B 
3  a 


(12) 


where  r  is  A,i  arbitrary  point  in  the  slab. 

Instead  of  directly  evaluating  the  value  S(T*)  which  would 
be  difficult,  we  will  place  limits  on  the  quantity  S(r)  through 
physical  arguments.  To  do  this,  we  will  fir3t  consider  the  semi- 
infinite  case  where  B(T)  goes  abruptly  to  zero  at  depth  T; 


(  UT) 


6(t) 


T  <  T 


T>  T 


(13) 


A  possible  expression  for  thi3  isi 


B(t)  - 


)  *  ».<o  jf 


dt  6(t-T) 


(14) 


The  FF  equation  can  be  applied  to  this  situation  with  the  result: 


(  — 

T(t)=  ^ 


cB0m 


sT(,).  W  ^ 

00  *  9  1 

\  o 


do 


/R7I 


3B0(o) 

— 


T  <  T 


.(15) 


T  >  T 


(In  this  and  ir.  the  following  equations  the  superscript  on  S 
indicates  the  thickness  of  the  region  in  which  B  is  non-zero  and 
the  subscript  indicates  the  total  optica)  depth  of  the 


atmosphere.)  We  compare  this  to  a  finite  slab  version  of  this 
problem  (i.e.  no  material  in  the  B  *  0  region)  where  our  equation 
(12)  yields: 

_  f fo 
rr  Jf  s»  '  <16) 

Physically,  the  finite  slab  solution  differs  from  the  semi¬ 
infinite  case  baceause  in  the  latter  case  some  radiation  i3 
scattered  from  the  region  r  >  T  back,  into  the  region  r  <  T 
instead  of  escaping  completely  as  it  would  for  a  finite  slab.  In 
the  absence  of  this  backwarming ,  S ^  (r)  <  Sm{T)  for  any  r  <  T.  To 
got  a  lower  bound  on  St(t),  we  can  consider  the  effectiveness  of 
this  backwarming. 

The  backwarming  of  the  T  <  T  region  by  the  t  >  t  region  can 
be  no  more  effective  than  placing  a  mirror  at  r  *  T  and 
reflecting  all  outgoing  radiation  back  into  the  region  r  <  T. 
Since  the  system  with  the  mirror  at  t  -  T  is  equivalent  to  a 
finite  slab  of  thickness  2T.  S„„(r)  >  S  T(t)  for  r  <  T  if  B  (r) 
is  symmetric  about  the  point  T.  If  Bq(t)  is  asymmetric  about  T, 
the  relation  will  still  hold  if  we  define 

B0(t)  =  min  (Bo(t),  B0(2T  -  T))  (17) 

—  _  ? 

and  use  Bq(t)  to  calculate  (r): 

S2T2T  (t)  >sJ(t)  .  (18) 


T,  *.  S(T) 

S  1  ( T  )  = - 1 - 

t 
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Therefore,  for  any  point  r  <  T/2 


Sj/2(x)  <  StT(t)  <  S  T( t )  . 


(19) 


To  evaluate  these  expressions  for  limits  on  S^( r )  we  will 

* 

consider  the  expression  at  the  point  T  *■  0,  PT(0)  »  (0)  *  1. 

As  always,  P^T)  *  1.  The  inequality  for  the  high  boundary 

condition  isj 


$T(t)  /Pt(t) 


skch  /ptttt 


Jim. 


r  f< 

yT,  3o 

/■ 


do_  f. 

/pjfypjrT  /pjtt  4*  30 


(20) 


evaluating  at  T  -  0,  and  solving  for  S  ( r ) 


$T(t)  < 


*  B(T) 

f  *  SBo  * 

rT  ^  3Bol 

U.w  j 

^  80  J 

o^tW  30  J 

^Pt(tT 


(21) 


The  corresponding  inequality  for  the  lower  limit  on  the  boundary 
condition  is 


Sj(t)  /PjCt) 

/p^ry  ’  /P 


_c _  C  da 

yrnr  4* 


da  0 


e  Bq(T/2) 


^jXTTTmr  /Fir 


7 — r  3° 

(o) 

AH 

^  L 


da 

/FTaT  3a 


3Bq  (22) 


again  evaluating  at  T  »  0,  and  solving  for  S^(  r ) 


Sj(t)  > 


Bq(T/2) 

/PjT/2) 


f; 


_do_ 

do 


cm 


+  f-Ja- 

•4^ 


C 

30 


Cm 


(23) 


An  interesting  limiting  case  of  this  expression  is  the  case 
where  B  is  constant  throughout  the  slab.  In  this  case,  all  of  the 
integrals  from  equations  (21)  and  (23)  vanish  and  we  are  left 
with  the  expression: 


e  B  (T/2)  B  (T) 

■■■■ . <  ST(t)  <  -  ■  ■  -  - — 

✓PT(x)  PJT/2)  1  /PT(x)  P„(T) 


(24) 


This  result  may  be  used  as  a  derivation  of  the  empirical 
observation  by  Avrett  and  Hummer  (1965,  eq.  4.9)  that 


ST(o) 

0.75  <  „■»  .....  <  1.0 

A"  S  JrT 


since 


(25) 


S„(T) 


G  B0(T) 

cm 


(26) 


and  in  general,  0.75  <  S(T/2)/S(T)  <  1.0  for  a  constant  B  slab. 

While  we  have  presented  our  results  in  terms  of  the  source 
function  S( r )  with  the  Planck  function  B( r )  defined,  it  is  often 
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more  useful  computationally  to  be  able  to  express  the  mean 
intensity  J (r)  in  terms  of  the  source  function  (see  Paper  III). 
In  thi3  case  we  cam  define 


P.*(t)  =  pjo)  +  pJT)  -  p  fr)  -  p  (T-x) 


(27) 


and  combine  it  with  equation  (7)  obtaining 


30  ,  ?n  *3S  .  ,  3pe* 

3?  2pe  3?  +  s^t)  — 


(28) 


as  a  differential  equation  for  J(t).  The  definition  of  J(T), 
equation  (la)  can  then  be  used  to  provide  an  explicit  boundary 
condition  for  equation  (28). 

III.  COMPARISON  OP  RESULTS 

In  Figure  la  we  have  plotted  our  approximation  to  the 

source  function  s ^(r)  for  the  constant  B,  e  »  10  4  case  for 

various  slab  thicknesses  T.  For  T  *•  of  course,  our  result  is 

2  4 

identical  to  that  of  FP.  Por  T  **  10  and  T  »  10  we  have  plotted 
our  solution  obtained  with  the  Dogsrithmic  average  of  high  and 
low  boundary  conditions! 


,  r  ,  log  [Srhigh(T)  -  log  (St1ow(t)] 
log  [St(t)]  * - 2 - 


(29) 


2  4 

The  error  bars  near  the  T  «■  10  and  Die  T  «  10  lines  represent 


the 


uncertainty  in  the  boundary  condition  for  that  line.  It  is 


wwwgpawaiiaMaaasg^^ 


important  to  realize  that  this  uncertainty  can  only  have  the 

effect  of  shifting  the  entire  curve  up  or  down  by  the  amount 

shown,  it  is  not  an  uncertainty  in  the  position  of  each 

2 

individual  point.  The  larger  uncertainty  in  the  T  »  10  boundary 
condition  is  related  to  the  difference  between  S  (T)  and  s  (T/2). 

09  CO 

For  a  slab  which  is  either  effectively  optically  thick  (T  *  1/e) 

or  effectively  optically  thin  (T  <<  1/e),  S^CT)  and  Sw(T/2)  axe 
not  much  different.  Eowever,  in  the  intermediate  case,  S  (T)  can 

CO 

differ  from  S  (T/2)  by  about  50%.  In  Pigure  lb  v.e  present  the 

09 

ratio  of  the  approximate  solutions  of  Figure  la  to  the  analytical 


Avrett  and  Hummer  results.  Por  the  T  »  10 


case ,  the 


approximation  is  excellent,  as  good  as  for  the  semi-infinite  FF 

2 

approximation.  For  the  T  *  10  case,  the  approximation  is  still 
good  to  about  30%  at  all  points. 

In  Figure  2a,  we  present  our  results  for  a  Planck  function 
that  is  peaked  in  the  center  of  the  slab: 

B(t)  *  1  +  exp(-lO)  -  exp(t/103)  -  exp[(T  -  t)/K)3]  (30) 


In  this  case  too,  the  results  are  quite  acceptable.  Once  more, 
the  error  bar  shows  the  uncertainty  in  the  boundary  condition  for 
this  case,  and  we  have  plotted  the  Planck  function  B(r)  as  a 
reference.  In  Figure  2b,  we  show  the  ratio  of  our  solution  to  the 
Avrett  and  Rummer  solution  to  the  same  Planck  function.  Once 
again,  our  results  are  correct  at  u  10-20%  level. 
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IV.  CONCLUSIONS 


We  have  presented  an  extension  of  previously  published 
probabilistic  approx ' matrons  to  the  solution  of  the  radiative 
transfer  equation.  Our  solution  recognizes  the  distinction 
between  the  photon  escape  probability  p^  and  the  flux  divergence 
coefficient  p.  This  approximation  gives  results  usually  within 
10-20  percent  of  the  analytical  solution  presented  by  Avrett  and 
Hummer  (1965)  in  those  cases  tested,  although  it  will  certainly 
suffer  the  same  inaccuracies  as  the  Frisch  and  Frisch 
approximation  in  cases  such  as  the  expone..c*ul  B  function.  When 
this  solution  is  used  as  a  formula  for  the  source  function  S(7), 
one  of  the  greatest  sources  of  error  is  the  uncertainty  in  a 
boundary  condition  S(0).  We  derive  the  empirical  observation  that 

S-f(o)  *  SJT)  Oi> 

for  constant  B  slabs.  With  this  boundary  condition,  it  is  easy  to 

see  that  the  greatest  uncertainty  in  the  boundary  condition  will 

come  where  the  function  S  (T)  is  changing  most  rapidly.  In  the 

00 

-4 

case  of  f  »  10  .  this  seems  to  result  in  a  maximum  uncertainty 
in  the  boundary  condition  of  about  50%.  Our  solution  is  valid  for 
the  case  where  the  Planck  function  in  the  slab  is  asymmetric,  as 
it  almost  certainly  will  be  in  any  realitic  case. 

While  generally  providing  an  accuracy  of  about  10%,  the 
major  advantage  of  this  method  is  tnat  it  is  very  fast.  Canfield 
and  Ricch'.azzi  (1980)  present  a  calculation  time  comparison 


between  exact  and  probabilistic  solutions  of  the  radiative 
transfer  equation  for  the  semi-infinite -case.  In  that  comparison, 
the  probabilistic  approach  had  a  factor  of  400  advantage  in 
computation  time.  This  paper  presents  an  extension  of  the 
probabilistic  solution  to  situations  where  a  semi-infinite  slab 
is  inappropriate. 
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FIGURE  CAPTIONS 

Pigure  la.  Probabilistic  source  functions) 

-4 

B  «  constant,  e  «  10 

Figure  lb,  Ratios  of  probabilistic  and  exact  source  functions: 

B  »  constant,  '€  »  10  4. 

Figure  2a.  Probabilistic  source  function: 

3  3 

B  -  1  exp(-lO)  -  exp(  T/10  >  -  exp((T-r)/lo  > 

C  -  lo“4,  T  -  104. 

Pigure  2b.  Ratio  of  probabilistic  and  exact  source  function  for 
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f )  Summary 


The  results  of  this  grant  can  be  summarized  as  follows: 


Contributions  to  Skvlab  Solar  Flare  Workshop 

(1)  We  participated  actively  in  this  two-year  workshop,  and  served  in  a 
leadership  role.  This  workshop  was  the  most  important  international  study  effort 
in  the  field  of  solar  flares  during  the  several  years  proceeding  the  Solar 
Maximum  Mission . 


Interpretation  of  Existing  Flare  Observations 

(1)  We  showed  from  Sky lab  observations  that  the  solar  flares  observed 
accelerated  protons  much  less  effectively  than  electrons. 

( 2 )  We  showed  that  the  observations  of  one  of  the  geophysically 
significant  August  1972  solar  flares  implied  that  most  of  the  flare  energy  goes 
into  heat,  not  particle  acceloration. 


New  Flare  Observations 

(1)  We  obtained  the  most  complete  data  presently  available  on  the  profile 
of  the  most  important  chromospheric  spectral  line,  the  hydrogen  Lyman-a  line, 
before,  during  and  after  two  solar  flares. 

( 2 )  Our  new  Sacramento  Peak  Observatory  observations  of  the  spectrum  of 
the  Ha  line  of  hydrogen  before,  during  and  after  a  very  interesting  Solar 
Maximum  Mission  flare  proved  that  the  chromosphere  was  the  source  of  the 
extremely  hot  plasma  that  emitted  the  flare  X-rays. 
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New  Theoretical  Techniques 


( 1 )  We  established  the  Hof  spectral  signature  of  chromospheric 
evaporation. 

( 2 )  We  established  the  Ha  spectral  signature  of  accelerated  electron 

beams. 

( 3 )  We  developed  a  method  of  theoretical  radiative  transfer  that  is  a 
major  improvement  in  computational  efficiency  and  physical  understanding. 

(4)  We  applied  this  method  in  the  development  of  a  powerful  radiative 
hydrodynamics  code  capable  of  simulation  of  the  chromospheric  flare  loop 
dynamics ,  for  comparison  with  our  observations . 

( 5 )  We  began  a  program  of  theoretical  magnetohydrodynamics  of  flare  loops , 
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